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Zusammenfassung

Massereiche Sterne spielen eine zentrale Rolle fiir das Verstindnis astrophysikalischer
Prozesse wie auch fiir die menschliche Existenz. In ihrem Inneren werden die schweren
Elemente wie Sauerstoff, Kohlenstoff oder Eisen geschmiedet, die fiir das Leben im Uni-
versum zwingend notwendig sind. Diese Elemente werden durch starke Sternwinde und
die Supernova am Ende des Sternlebens ins All katapultiert und tragen zur Bildung neuer
Sterne und Planetensysteme bei. Dadurch veridndern massereiche Sterne nicht nur die
chemische Zusammensetzung des interstellaren Mediums, sondern beeinflussen auch die
Dynamik und Entwicklung ihrer Galaxien.

Wihrend ihres turbulenten Lebens durchlaufen massereiche Sterne dramatische En-
twicklungsphasen. So lassen sie sich beispielsweise als blaue Uberriesen oder Wolf-
Rayet-Sterne beobachten. Nicht weniger spektakulir ist ihr Tod in einer gewaltigen Ex-
plosion, nach der nur ein kompaktes Objekt, d.h. ein Neutronenstern oder ein Schwarzes
Loch, zuriickbleibt. Diese Objekte sind von zentralem Interesse fiir die Forschung, da sie
es ermoglichen, Vorhersagen der Relativitétstheorie, der Teilchenphysik und der Plasma-
physik zu tiberpriifen.

Beobachtungen zeigen, dass massereiche Sterne hédufig in Doppel- oder Mehrfach-
systemen auftreten. Will man also ihre Entwicklung verstehen, ist die Einbeziehung
der Wechselwirkung mit einem Begleitstern, beispielsweise durch einen Massentrans-
fer, von zentraler Bedeutung. Die Entwicklung massereicher Doppelsterne miindet hiufig
in einem System bestehend aus zwei kompakten Objekten, die schlussendlich unter der
Aussendung von Gravitationswellen verschmelzen konnen.

In der Regel entwickeln sich die beiden Komponenten eines Doppelsternsystems unter-
schiedlich schnell, sodass einer der beiden Begleiter seinen Lebenszyklus bereits beendet
hat, wihrend der andere noch aktiv Kernfusion betreibt. In dieser Entwicklungsphase
besteht das System aus einem normalen Stern und einem kompakten Begleiter. Manche
dieser Doppelsysteme verraten sich durch Emission von Rontgenstrahlung (Rontgendop-
pelsterne) oder durch ihre gravitative Wechselwirkung, die mit Hilfe spektroskopischer
Messungen nachgewiesen werden kann.

Die vorliegende Arbeit widmet sich der theoretischen Untersuchung massereicher Dop-
pelsternen bestehend aus einem normalen Stern und einem Neutronenstern oder einem
Schwarzem Loch als Begleiter. Zunéchst untersuchen wir dabei den Massentransfer eines
bereits entwickelten Sterns auf einen kompakten Begleiter anhand numerischer Simulatio-
nen mit einem Sternentwicklungscode. Unser Ziel ist dabei den Einfluss des Wasserstoff-
/Helium-Gradienten in der Hiille des massereichen Sterns zu erforschen. Wir konstruieren
dazu Sternmodelle und variieren den Wasserstoff-/Helium-Gradienten sowie die Masse
der wasserstoffreichen Hiille. AnschlieBend simulieren wir ihr Verhalten bei konstantem
Masseverlust und bei Massentransfer durch einen kompakten Begleiter.
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Unsere Simulationen zeigen, dass das Vorhandensein eines Wasserstoff-/Helium-Gra-
dienten in den oberflaichennahen Schichten eines massereichen Sterns den Masse-Radius-
Exponenten vergroflert, was zur Stabilisierung des Massentransfers fiihrt. Wir kdnnen
somit zeigen, dass ein Massentransfer auf einer nuklearen Zeitskala stabil sein kann,
selbst dann, wenn das Massenverhiltnis der Doppelsternkomponenten grof} ist. Weiterhin
demonstrieren wir, dass ein so stabilisierter Massentransfer auf eine Common-Envelope-
Phase folgen kann. Um unsere Argumentation empirisch zu stiitzen, vergleichen wir un-
sere Modelle mit beobachteten Rontgendoppelsternen und ultraleuchtkriftigen Rontgen-
quellen und finden eine gute Ubereinstimmung zwischen Beobachtungsdaten und unseren
Modellen.

In einem weiteren inhaltlichen Schwerpunkt dieser Arbeit beschéftigen wir uns mit der
Detektierbarkeit von kompakten Begleitern massereicher Sterne. Unser Ziel ist es dabei,
einen Methodenapparat zu entwickeln, der die Identifizierung bisher nicht detektierter Be-
gleitsterne ermoglicht. Dazu betrachten wir fiir einen gegebenen massereichen Stern gle-
ichzeitig Rontgen- und Radialgeschwindigkeitssignaturen eines potenziellen Begleiters.
Dies fiihrt zu der Konstruktion von Diagnostikdiagrammen, die leicht auf einlinige spek-
troskopische Doppelsterne und scheinbar einzelne massereiche Sterne angewandt werden
konnen, um die Existenz und die Art eines Begleiters abzuleiten.

Um die Diagnostikdiagramme auf moglichst verschiedene Arten von Begleitern an-
wenden zu konnen, stellen wir verschiedene Modelle fiir Rontgenemission in massere-
ichen Doppelsternen zusammen. Diese Modelle beriicksichtigen die Rontgenemission
kollidierender Winde zweier Sterne, die Rontgenemission eines akkretierenden Neutro-
nensterns mit und ohne Propellereffekt und die Emission durch Akkretion eines Schwarzen
Lochs. Fiir letzteren Fall leiten wir eine Moglichkeit her, um abzuschitzen, ob eine
Akkretionsscheibe um ein Schwarzes Loch entstehen kann. Wir zeigen, dass die Rontgen-
emission nur bei Existenz einer solchen Scheibe stark genug ist, um detektiert zu werden.

Die so entwickelte Methodik wird anschlieBend auf ausgewdihlte massereiche Sterne
angewandt. Wir konstruieren die von uns entwickelten Diagnostikdiagramme sowohl fiir
verschiedene Wolf-Rayet-Sterne, als auch fiir einlinige und uneindeutig zweilinige spek-
troskopische Doppelsterne im Tarantelnebel. Unsere Analyse zeigt, dass mehrere der
scheinbar einzelnen Wolf-Rayet-Sterne ein Schwarzes Loch als Begleiter haben konnten,
das so rontgenschwach erscheint, dass es bisher noch nicht nachgewiesen werden konnte.
Weiterhin konnen wir nachweisen, dass der einlinige Doppelstern VFTS 234 mit hoher
Wahrscheinlichkeit ein solches rontgenschwaches Schwarzes Loch als Begleiter besitzt.
Ahnliche Ergebnisse finden wir fiir die Sterne VFTS 514 und VFTS 779.

Im Rahmen unserer Untersuchungen konnen wir schlussfolgern, dass massereiche Ster-
ne ein rontgenschwaches Schwarzes Loch als Begleiter besitzen konnen, wenn ihre Wind-
geschwindigkeit nur hinreichend grof ist. So konnten stellare Schwarze Locher in masse-
reichen Doppelsternen einer Detektion durch Rontgensatelliten entgehen, wenn die Or-
bitalperiode groBer als ca. zehn Tage ist. Unsere Resultate stirken somit die Anhalt-
spunkte fiir eine grofle, bisher unentdeckte Population stellarer Schwarzer Locher als
Begleiter massereicher Sterne, wie sie von verschiedenen theoretischen Studien bereits
vorhergesagt wird.



Chapter 1

Introduction

1.1 How astronomy makes the unseen visible

On January 7th, 1610, a mathematics professor in Padua pointed his self-made telescope
to the sky for the first time. It was none other than Galileo Galilei who saw the moons of
Jupiter that night as the first human. This discovery marked the revolution of astronomy
since Ptolemaios and the final assertion of heliocentrism (though it would take a few more
years to convince authorities in science and religion). The invention of the optical tele-
scope allowed astronomers to examine even faint and apparently small objects in detail,
which ultimately led to one of the greatest scientific revolutions in human history.

Several years later, in 1617, Benedetto Castelli, a student of Galileo, made another
significant discovery by identifying a binary companion of the star Mizar A (Marett-
Crosby|2013, p. 32). This companion, named Mizar B, marked the pioneering observation
of a telescopic binary system.

Decades and centuries of significant breakthroughs followed, not only in the devel-
opment of optical equipment used by astronomers but also in the astronomical theory
building. For instance, Kepler’s laws of celestial motion were based on accurate observa-
tions by Tycho Brahe. These laws, in turn, were generalized by Newton, leading to the
laws of motion and Newton’s law of gravity, describing not only the motion of celestial
bodies but also the mechanical behavior of terrestrial objects with high accuracy. One
of the successes of this new framework on observational astronomy was the discovery of
Neptune, the outermost planet of the solar systenﬂ By studying the orbital motion of
the planet Uranus, Alexis Bouvard found significant discrepancies between its observed
and predicted position. John Adams and independently Urbain Le Verrier used Newto-
nian mechanics to compute the position of another as-yet-unknown planet. The existence
of this planet was confirmed observationally by Johann Gottfried Galle. This example
illustrates how unseen astronomical objects can indirectly be uncovered by combined
consideration of observational data and theoretical approaches.

Until the last century, this observational data could only be obtained by analyzing the
optical light emitted by astronomical objects and eventually captured by scientists’ tele-
scopes. Consequently, it was only possible to measure the position and brightness of
the celestial bodies. This changed with the development of astronomical spectroscopy,

I'There is some evidence that Galilei saw Neptune in his telescope but mistook it for a fixed star.
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1.e., the decomposition of light into its individual color or wavelengths. William Hyde
Wollaston discovered absorption lines in the solar spectrum as early as 1802, which were
rediscovered 12 years later by Josef Fraunhofer. The interpretation of these dark lines
was initially unclear until Bunsen and Kirchhoff developed chemical spectral analysis in
1859. The dark lines are produced by the absorption of photons of certain wavelengths
by ions in the solar atmosphere. Shortly afterward, this method was used by William and
Margaret Huggins and Angelo Secchi to study the chemical composition of stars.

Fig. gives an illustration of the capabilities of stellar spectroscopy. The majority
of stars (e.g., Castor) show dark absorption lines in the optical spectrum. These provide
information about the temperature and chemical composition of the solar atmosphere.
There are also stars that show a different kind of spectrum. For instance, the Wolf-Rayet
star WR 1 shows strong emission lines in the spectrum, indicating a strong stellar wind
(cf. Sec. . Another example of an emission line star is X Per. Here, the Ha emission
line is attributed to the presence of the disc around the star (see Sec. [[.4.6/ on BeXB for
details). These are just three examples of many that show how the technique of spec-
troscopy enables astronomers to indirectly discover and study phenomena that are not
visible, even with telescopes of maximum magnification.

However, spectroscopy proved to be an even more powerful tool. In 1887, Edward C.
Pickering and Antonia C. Maury noticed a doubling of the absorption lines of Mizar A
that occurred with remarkable regularity. They concluded that Mizar A itself must consist
of two stars and thus found the first spectroscopic double star. This companion reveals
itself by its gravitational influence on Mizar A, which can be detected in the spectrum by
a Doppler shift. Consequently, Mizar A is a so-called spectroscopic binary. Once again,
a new development had widened the observational window of astronomy and could be
used to indirectly uncover an unseen object by studying its influences on another visible
object.

The next significant expansion of the observational window occurred in the 1930s when
the American radio engineer Karl Jansky found a strong radio signal while working on a
30m antenna. This signal correlated to the sidereal time, rather than solar time (Jansky
1933). Jansky realized that he was the first human to observe the center of our galaxy in
the radio regime and opened another window to the stars. The most important contribution
from radio astronomy to the understanding of the evolution of stars came from Jocelyn
Bell-Burnell and Antony Hewish. They found a pulsating, point-like radio source (Hewish
et al.|1968)). The short period of 1.3s and the point-like appearance of the radio source led
Gold| (1969) to the conclusion that these pulsars are, in fact, neutron stars, i.e., the dense
and highly magnetic remnants of massive stars emitting radio photons in a focused beam.

The fact that visible (optical) light and radio emission interstellar sources were the
first bands of the electromagnetic spectrum used for astronomical observations is not
a coincidence. Electromagnetic radion in these bands can reach the ground practically
unabsorbed by the terrestrial atmosphere, while more energetic radiation like X-rays is
blocked already 100 km above the ground. Hence, high-energy radiation from space can-
not be detected using ground-based telescopes. Consequently, X-ray astronomy could
only be developed in the space age, i.e., the 1960s, when rockets and satellites carrying
X-ray telescopes became accessible.

The most promising target of early X-ray astronomy seemed to be the sun. It is sur-
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Figure 1.1.: Optical spectra of the stars Castor A, WR 1 and X-Per. This image illustrates the
variety in which stellar spectra occur: Castor A shows absorption lines, as most stars do. WR 1 is
a Wolf-Rayet star whose spectrum is dominated by broad emission lines caused by a strong stellar
wind. X-Per is a Be-Xray binary showing a prominent hydrogen emission line due to a decretion
disc. All spectra were taken by the author using a low-resolution transmission grating and a 9.25-
inch telescope (Castor, X-Per) or a 24-inch telescope at the Sternwarte Kirchheim (WR 1).

Image credits: Martin Quast

rounded by a corona, i.e., an atmosphere of thin, hot gas that emits bright X-ray radiation.
Another prominent X-ray source is the moon, where solar particles hitting the surface
induce X-ray fluorescence. Surprisingly, while observing the latter, Giacconi et al. (1967)
discovered an intense, point-like X-ray source known today as Sco X-1. This pioneering
observation marks the first glimpse through the X-ray window beyond our solar system.
However, the necessity of space-borne X-ray telescopes delayed the development of X-
ray astronomy until the UHURU telescope was launched in 1970 and performed the first
X-ray survey of the sky (Giacconi et al.|1971).

Hundreds of new X-ray objects were found in the course of this survey. It was also
possible to link many objects to counterparts in the visible and radio bands, revealing their
nature and enhancing the physical understanding of these targets. Now, astrophysicists
could access observational data of objects that were (partly) already predicted by theory.
Such objects were active galactic nuclei and hot intergalactic gas in clusters of galaxies on
the large scale of the universe, as well as supernova remnants, young pulsars, and X-ray
binaries on the small scale.

Figure 1.2 gives an impression of how much the use of X-ray telescopes has expanded
the astrophysical view of the universe. It shows the constellation Cygnus in the optical
light band from the Digitized Sky Survey and an X-ray of the same region as seen by the
ASCA X-ray telescope (Sugizaki et al. 2001). The X-ray image shows multiple sources
of high-energy radiation, the brightest being Cyg X-1. This X-ray source, discovered by
Bowyer et al.| (1965), is of most scientific importance since it provided the first evidence
of a black hole (Miller-Jones et al.|2021). However, the nature of this X-ray source has
been debated for years after its discovery. While the source showed variability of a very
short timescale, indicating that the emitting region must be very compact (Oda et al.



4 CHAPTER 1. INTRODUCTION

Figure 1.2.: Left: The image taken with a DSLR camera shows how the constellation Cygnus
looks to the human eye when adapted to darkness. Right: The same field of view but in X-rays
(0.5 to 10keV band from the ASCA satellite). The most prominent X-ray source is Cyg X-1
(marked with a cross). Image credits Left: Martin Quast; Right: [Sugizaki et al.[(2001)

1971; Rappaport et al.|[1971), this behavior was no proof of the existence of a black
hole companion in Cyg X-1. The main problem in studying Cyg X-1 was the insufficient
accuracy in determining the position of the X-ray source in the sky. Help came from radio
astronomy. Braes and Miley|(1971) and Hjellming and Wade (1971)) discovered a variable
radio source that could be associated with Cyg X-1, providing an accurate determination
of the source’s position, which, in turn, could be linked to a blue supergiant star visible in
the optical band of electromagnetic radiation. Bolton| (1972) and independently |Webster
and Murdin| (1972) examined this star using optical spectroscopy and found a periodic
Doppler shift, proving it is host to a binary companion with a mass exceeding 3 My. An
optical counterpart of that companion could not be found. Thus, the authors identified
an optically faint object exceeding the upper limit for the stability of a neutron star. This
marks the discovery of the first stellar black hole. Note that this breakthrough is the result
of an interplay between X-ray and radio astronomy observing the accretion of stellar
material onto the black hole, as well as optical spectroscopy, which identified Cyg X-1
as a spectroscopic binary, and theoretical astrophysics providing an interpretation of the
observational data and arguments for a black hole companion based on stellar evolution.

The importance of understanding the physics of neutron stars and black holes comes
from their extreme character. Understanding the structure of neutron stars or the rela-
tivistic accretion flow in the vicinity of a black hole can be used to probe fundamental
theories, such as quantum physics (L1 and Wang||1995; |Ventural2003) or general relativ-
ity (e.g.Done and Zycki|1999; |Krawczynski 2012} Liu et al.|2019; Tripathi et al.|2020),
which is impossible in terrestrial laboratories. On the other hand, neutron stars and black
holes are the final products of massive star evolution. The observational understanding of
their population and their interaction with a possible companion star is a good testbed for
the evolution of massive stars in general and the formation and fate of interacting bina-
ries (Tauris and van den Heuvel 2006; Marchant et al.|2017; [Van den Heuvel et al.|[2017}
Tauris et al.2017; Repetto et al.|2017}; Shao and L12019).

But how do we find and study these objects? How do we investigate neutron stars,
which are faint due to their small radius, and black holes that swallow light instead of
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sending it to us on Earth? The key to answering these questions is to look for the effects of
compact objects on their environment. We can observe the Doppler shift in the spectrum
of a black hole’s companion star, detect the X-rays that matter emits when it is accepted
by a black hole, analyze the radio emission of charged particles captured by the magnetic
field of a neutron star, and study how compact objects influence the evolution of their
companion stars.

In this sense, this thesis aims to make a contribution to the understanding of neutron
stars and black holes through studying their interaction with a massive companion. We
will discuss how a compact companion influences the evolution of a massive star and
how such a companion may be uncovered under the combined consideration of X-ray
measurements and optical spectroscopy. Before we start with our study, we will lay out
the most important aspects of the structure and evolution of single stars and the effects
induced by a compact companion.

1.2 Massive stars

This thesis focuses on massive stars, i.e., stars that form a collapsing core at the end of
their lives (Langer|2012). Initially, the mass of massive stars exceeds about §...10 Mg
(Heger et al.[2003). Understanding these objects holds great significance in the field of
stellar astrophysics, the structure and evolution of galaxies, and astronomy in general
(Langer 2012} Eldridge and Stanway|[2022)). Their extreme mass and resulting intense
gravitational forces trigger a series of dynamic processes and energetic phenomena within
them. For instance, these stars serve as cosmic engines, forging heavier elements essen-
tial for the formation of planets, other stars, and even life (Pagel 2009). Due to their high
surface temperatures and luminosity, massive stars radiate copious amounts of ionizing
radiation and powerful stellar winds, influencing their immediate surroundings and shap-
ing the evolution of galaxies. In the Universe’s early days, massive stars played a pivotal
role in re-ionizing the interstellar medium (Haiman and Loeb [1997; Barkana and Loeb
2001).

Due to their high surface temperatures and luminosity, massive stars radiate copious
amounts of ionizing radiation and powerful stellar winds, influencing their immediate
surroundings and shaping the evolution of galaxies. In the Universe’s early days, mas-
sive stars played a pivotal role in re-ionizing the interstellar medium (Haiman and Loeb
1997; Barkana and Loeb 2001). The dramatic life cycle of massive stars culminates in a
spectacular explosion called a supernova. These energetic events also enrich the interstel-
lar medium with crucial elements and trigger the formation of subsequent generations of
stars.

The dramatic life cycle of massive stars culminates in energetic events such as a su-
pernova or a gamma-ray burst (Smartt et al.|[2009; |Aguilera-Dena et al.|2018}; |Gal-Yam
2019). As a result of such an energetic explosion, a compact object in the form of a neu-
tron star or black hole may remain (Bombaci||1996; [Heger et al.[2003). Although these
extreme objects are the final stages of massive stars, they can still appear as sources of
high-energy radiation, as we shall see in this thesis.
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1.2.1 Stellar structure

Stars are self-gravitating spheres of hot gas, mainly hydrogen and helium. Born in
contracting molecular clouds, they refute their gravity, which tries to contract them for
millions or even billions of years. Stars stabilize their selves against gravitational con-
traction through their internal pressure.

In the following, we will outline the basic principles underlying the theory of stellar
structure. These are the conservation of mass, momentum, and energy, respectively, as
well as the energy transport. Every principle yields a differential equation. This set of
differential equations, together with an equation of state, the opacity of the stellar material,
and a prescription of the nuclear reaction rates, has to be solved to model the structure of
a star. All the concepts discussed in this section are basic principles of theoretical stellar
astrophysics and are taken from the corresponding standard textbooks, e.g., Cox and Giuli
(1968), Bohm-Vitense| (1990), Prialnik (2009), and |Kippenhahn et al.| (2013).

Conservation of mass and continuity equation

Let m be the mass contained in a concentric sphere with radius r at a given instance of
time. We model the stellar interior as consisting of multiple shells of radius r and width dr.
The volume of a shell then is 47r2dr if dr is small compared to r. Consequently, the mass
dm contained in one shell is dm = 4mpr*dr, where p is the mass density. Rearrangement
of this equation yields the first equation of stellar evolution

or 1
om  4npr?’

(1.1)

Here, we made a change of variables. We treat m as an independent variable and r as a
function of m. The reason for using this Lagrangian mass coordinate is that the radius of
a star can change by orders of magnitude during its lifetime. Also, in the course of this
thesis, we will discuss the chemical profile of stars. The benefit of using the Langariang
description is that the chemical composition as a function of m is independent of any
expansion or contraction of the stellar radius. This would not be the case if we used r
instead.

Conservation of momentum and hydrostatic equilibrium

The gravitational force pulls the stellar material toward the center. The star does not
collapse under its own weight because of the gradient of the internal pressure P, which
pushes the stellar material outward. In most stars, the pressure arises from the thermal
movement of the gas particles (ideal gas pressure) and radiation (radiative pressure). The
material of some stellar objects, namely white draws or neutron stars, receives its pressure
from the degeneracy of electrons or neutrons, respectively (see section below).

If pressure force and gravity counterbalance each other, the star is said to be in hydro-
static equilibrium. If not, the resulting net force yields an acceleration, which causes a
contraction or expansion of the considered mass shell. From the equilibrium of forces and
Newton’s second law, the corresponding differential equation can be deduced.

oP _ Gm 1 0*r
om  4nrt  dnrt 082

(1.2)
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where G is the gravitational constant. For stars in hydrostatic equilibrium, the time deriva-
tive in the second term on the right-hand side vanishes. Hydrostatic equilibrium is a
reasonable assumption for most stars. This assumption is justified by the hydrostatic
time scale, which measures the time the stars need to restore hydrostatic equilibrium af-
ter applying a perturbation. If the deviation from hydrostatic equilibrium is slight, the
dynamical timescale is of the order of the free-fall timescale

3
Thydr ~ GR_M (1.3)
where R is the stellar radius and M the total mass. If hydrostatic equilibrium is disturbed
for any reason, the star will restore this equilibrium on this timescale. The hydrostaitic
timescale is of the order of minutes for stars like our sun and days for red giants. However,
these stars live for millions or even billions of years. Consequently, most stars can be
assumed to be in hydrostatic equilibrium during their evolution since any deviations from
hydrostatic equilibrium would be restored in a time much shorter than the stellar lifetime.
There are some situations where the deviation from hydrostatic equilibrium is essential,
such as the final supernova explosion of a massive star, stellar pulsations, or when mass
transfer becomes dynamically unstable. The last example will become important in this
thesis. However, processes on the dynamical timescale are often complicated to treat due
to a lack of radial symmetry and the occurrences of turbulence. Therefore, we will rely on
simplified analytical models to treat evolutionary processes on the dynamical timescale.

Conservation of energy and thermal equilibrium

Ideal gas pressure as well as radiative pressure require thermal energy. Consequently, a
star is a hot object that loses energy to its surroundings via radiation. The energy loss
has to be counterbalanced by some energy release process. The energy must then be
transported from the interior to the stellar surface by radiatiative transfer and convection
(see paragraph below).

Consider a spherical mass shell of radius r. Then, define / as the net energy per unit of
time that passes through this sphere. This local luminosity / may change over the star’s
profile due to the energy release of nuclear burning or due to a change 7 and P. By
drawing up the energy balance, one finds the differential equation for / as

%:EH—EV+CP%—];+S[;—f. (1.4)
€, 1s the energy source term related to nuclear burning. The second term (€,) accounts
for the energy lost due to neutrinos that leave the star directly without interacting with
the stellar matter. The third term, including the time derivative of the temperature 7, is
connected to the heating or cooling of the mass shell, which acts as an energy sink or
source, respectively. The last term accounts for energy release or consumption due to me-
chanical work done via compression or expansion of the stellar material. The coefficient
cp 1s the heat capacity assuming constant pressure, and ¢ reflects the dependence of p on
T at constant pressure (see Eq. 4.3 in Kippenhahn and Weigert |1994). Both coefficients
have to be determined from the EOS.

If the mass shell does neither change temperature nor pressure, i.e., it is neither heating
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nor cooling nor contracting. The energy change over the mass shell is only due to nuclear
burning and neutrino cooling. The shell is then said to be in thermal equilibrium. In this
case, the time derivates in Eq. [I.4] vanish, leaving only the terms of nuclear energy release
and neutrino cooling.

If thermal equilibrium is disturbed, the star can restore thermal equilibrium on a thermal
timescale
GM?
2RL
For instance, the Sun has a thermal timescale of 74, ~ 107 years. Other stars than the
Sun have a different mass, luminosity, and radius. Assuming hydrogen-burning stars, the
mass-luminosity relation is approximately L oc M>* and the mass-radius relation roughly
follows R o« M%® (Kippenhahn et al.[ 2013} p. 253). Introducing the two relations into Eq.
1.5yields

(1.5)

Tth ~

M -2
T ~ 1()7yr-(M—) ) (1.6)

©

Consequently, massive hydrogen-burning stars have a significantly shorter thermal timescale
due to their higher luminosity.

Energy transport and temperature gradient
The differential equations for r and P are coupled via the mass density p. This coupling
is mathematically reflected by the equation of state (EOS). In general, the EOS depends
on density and temperature, e.g., in the case of an ideal gas. Consequently, an equation
for the temperature profile inside the star is required to solve the system of differential
equations. This equation can be found by expanding the temperature gradient using the
chain rule.

or  GmT

dm — 4nr*P

Here V := dIn(7T")/dIn(P) reflects the change in temperature with pressure and has

to be determined under additional assumptions on the energy transport. As an example,

if the energy flux is carried via radiation within the optically thick staller interior, the
corresponding nabla is given by

(1.7)

3 klP
16macG mT*
The opacity « is caused by the scattering of photons on free electrons, absorption due to
free-free transitions of electrons in the electric field of an ion, absorption due to bound-
free transitions (separation of an electron from an atom or ion), and absorption due to
bound-bound transitions (an electron is lifted into a state of higher energy). The opacity
depends on temperature, density, and chemical composition and has to be read out from
corresponding tables.

Besides radiative transfer, energy transport can occur in connection with the movement
of matter. This phenomenon is called convection. If a portion of the stellar material is
shifted in the vertical direction so fast that no heat exchange with the environment occurs,
its thermal properties change adiabatically. The corresponding adiabatic temperature gra-
dient is V,4. For example, an ideal gas changes its temperature adiabatically with respect

Vrald = (18)
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to pressure according to T oc P?/°, and consequently, one finds V,q = 2/5 (Cox and Giuli
1968).

Scharzschild criterion for convection (Schwarzschild[1906). The energy transport in
a convective layer requires treatment of the (stochastic) motion of the convective stellar
material as well as the heat exchange between convection bubbles and their surroundings.
One approach to model these complex physical processes is the mixing-length theory, as
developed by Prandtl (1925) and applied to stars by [Biermann| (1932, |1942, 1948) and
Siedentopf]| (1935).

It is assumed that convection can be modeled by blobs of gas that rise due to buoyancy
and, after traveling a distance I (the mixing length), dissolve in their surroundings. The
value of the mixing length is assumed to be Iy = amy - Hp, where Hp := P/(dP/dr)
is the pressure scale height (Kippenhahn et al. 2013)). The mixing-length parameter ayy.
is a dimensionless, free parameter and can be used to make energy transport in a stellar
model artificially more or less effective. We will use this property of ayy. in chapter 2. A
full description of the mixing-length theory, including the calculation of the temperature
gradient V, is beyond the scope of this introduction and can be found, e.g., in BoOhm-
Vitense (1958)).

1.2.2 Stellar evolution

The virial theorem
The basic principle driving the evolution of stars is the virial theorem, which was already
mentioned in Sec. [I.2.1] It states that for a star in hydrostatic equilibrium, gravitational
binding energy E, and internal energy E; of the stellar material are related by

E, = -2F;. (1.9
Thus, the total energy of the star E = E, + E; can be written as

E:%Eg:—Ei. (1.10)
Note that the total energy has a negative value. Since the star releases energy from its
surface via radiation, E declines over time. Eq. yields that E, also decreases, i.e.,
most of the stellar material contracts and sinks deeper into the gravitational potential of
the star. At the same time E; increases, meaning that the mean temperature of the stellar
material also rises. Thus, stars heat up while they lose energy.

This somewhat confusing conclusion can be understood if we regard that the star has to
contract during energy loss. The gravitational energy released during contraction is partly
emitted via radiation and partly heats up the stellar material. This behavior of stars gives
rise to the “vicious virial circle” (Lewin et al.|[1995, p. 339): Due to radiation, the star
loses energy. This energy loss increases the temperature, which forces the star to radiate
even more, and so on. In the process, the star becomes denser and hotter.

At some point, the conditions in the interior are sufficient to start nuclear fusion. In
this phase, the radiated energy is not balanced by the release of gravitational energy but
by the transmutation of lighter into heavier elements. However, since the available fuel is
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Figure 1.3.: A Hertzsprung-Russel diagram showing the evolutionary tracks of four non-rotating
stellar models (green) with different initial masses and solar metallicity. The initial mass at the
ZAMS is noted above the corresponding track. The big green dots along the tracks correspond to
time steps of 10° yr. For every track, the onset of hydrogen burning is marked with a yellow star.
The ZAMS is sketched yellow. The dashed lines indicate the points in the HRD where the stars
have a certain radius. The evolutionary tracks were taken from [Brott| (2011)).

limited, nuclear burning stops after some time, and the star has to contract again to release
gravitational energy. This happens until the temperature and density in the stellar interior
are sufficient to ignite the next burning stage. The process of contraction interrupted by
temporary phases of nuclear burning happens until the material is so dense that quantum
mechanical effects become important that prohibit further contraction due to radiative
energy loss (e.g., in white dwarfs or neutron stars) or the star has contracted so far that it
becomes a space-time singularity (a black hole).

Simply stated, stars evolve since they sink deeper into their own gravitational pit, re-
leasing gravitational energy. This process happens on a thermal timescale and is inter-
rupted by phases of nuclear fusion. While nuclear fusion can take millions or billions of
years, it is not the driving mechanism of stellar evolution but rather a retarding momentum
delaying the inevitable end of the star’s life as a compact object.

Hydrogen burning
Stars are born in interstellar molecular clouds fragmentating and contracting under their
own gravity (McKee and Ostriker; 2007, For a review see ). During this contraction, the
material becomes dense and hotter, according to the virial theorem, until the conditions
in the stellar center are sufficient to fuse hydrogen until helium.

The ignition of hydrogen-burning is the usual reference point from which we talk about
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a zero-age main sequence (ZAMS) star. We discuss the further evolution of the star using
a Hertzsprung-Russel (HR) diagram (Russell [ 1914), which shows the effective tempera-
ture T and the total radiative luminosity L of a star on logarithmic scales. This diagram
can be regarded as a phase space of stellar evolution. For instance, the radius R of a
star can be determined directly from its position in the HR diagram using the Stefan-
Boltzmann law

L = 4noRT: (1.11)

where o is the Stefan-Boltzmann constant. Fig. [[.3] shows evolutionary tracks of four
stellar models (Brott|201 1)) with different initial masses. We assume solar metallicity and
neglect the effects of rotation. For every evolutionary track, the point where hydrogen
burning starts is marked with a yellow star. These points lie on a line within the HR
diagram, which is called the zero-age main sequence. The diagram shows that effective
temperature and luminosity at the onset of hydrogen burning increase with initial mass.

In massive stars, hydrogen is converted into helium via the CNO cycle. This nuclear
reaction cycle requires the presence of carbon, nitrogen, and oxygen isotopes, which serve
as catalysts for the individual reactions of the cycle [][Chap. 18](Kippenhahn et al.[2013).
Also, the energy production of the CNO cycle is very sensitive to temperature. Thus, the
energy release is concentrated in the stellar center, producing a high flux at a small m.
Consequently, V,,q4 is large in the stellar center, which causes convection in the stellar core,
keeping the core material well-mixed. Thus, the central hydrogen abundance decreases
with time within the entire convective region (cf. [I.4). At the same time, the core helium
abundance increases. On the other hand, no nuclear reactions occur outside the convective
core, and the energy is carried by radiation. In the case of hydrogen burning, the hydrogen
and helium abundances of the radiative envelope stay constant over time as long as no
mass is removed from this envelope.

As hydrogen burning proceeds, the star becomes more luminous while the effective
temperature decreases. Consequently, its position in the HR diagram shifts to the upper
right, which implies a radial expansion (cf. EqJI.T1). This shift happens on a nuclear time
scale 1., which is defined by the nuclear energy reservoir E,,. and the luminosity of the

star: £
Toue = T (1.12)

We find 7, ~ 10'yr for the hydrogen burning in our sun. Since the nuclear energy
reservoir depends on the amount of material that can be fused, one has E,,, o« M. To-
gether with the mass-luminosity relation for hydrogen-burning stars L oc M>#, we find the
nuclear timescale for hydrogen burning as a function of the stellar mass:

-2.4
M
o~ 100r- (—) | (1.13)
M,

This equation shows that the time for hydrogen burning decreases significantly with stellar
mass. While our sun takes 10 billion years to go through this phase, a 30 M, star takes
only 3 million years.

In Fig. we marked the position after equal time steps of 10° yr with green dots.
The density of dots along a track indicates how fast the star moves in the diagram. The
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Figure 1.4.: The helium profile of an evolved massive star (core helium abundance ~ 0.8). The
initial mass of the model is 30 M. The convective core and the hydrogen-rich envelope are colored
red and green, respectively. The transition zone with the helium-gradient is colored yellow.

stars start hydrogen burning at the ZAMS and, in the following, move slightly to the upper
right in the HR diagram. During this phase, the hydrogen in the convective stellar core is
converted into helium. At the same time, the mass of the convective core shrinks. This
process leaves a distinct imprint on the chemical profile of the star. A transition zone
above the convective core where the material becomes increasingly hydrogen-enriched
outwards. Fig. @] shows the helium abundance Y, i.e., the helium mass fraction, as a
function of the mass coordinates for a stellar model with an initial mass of 30 M, that
already consumed a large fraction of its core hydrogen. In this model, only 20% of the
core material is hydrogen. Consequently, the core helium abundance is Y¢ ~ 0.8.

When the core hydrogen is wholly converted into helium, the energy generation via
core hydrogen burning in the stellar center drops to zero. The star is left with a helium
core surrounded by a shell where hydrogen burning continues. Without energy release in
the stellar center, the central temperature gradient would vanish after a thermal timescale.
However, this is not a stable situation for the core since it has to maintain a pressure
gradient large enough to support itself and the stellar envelope on top against gravity.
This pressure gradient can only be acquired by a temperature gradient, which in turn
is related to an energy release from the core. The star’s only possibility to do this is
by contracting again and thereby converting gravitational energy into heat, i.e., the next
round of the vicious virtual cycle. While the core contracts, the hydrogen-rich envelope
expands. The stars’ effective temperatures decline further, and their luminosity increases.
The star moves rapidly to the upper right of the HR diagram (cf. Fig. and is now
called a red giant.

The contraction of the helium core increases its density and temperature according to
the virial theorem. Eventually, the conditions in the stellar center are sufficient to ignite
core helium burning. The principal reactions during this burning stage are the triple-alpha
process, which converts three helium nuclei into a carbon nucleus, and a successive alpha
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capture of the carbon nuclei, which leads to the generation of oxygen. After consuming
the core helium, a carbon-enriched core is left surrounded by a shell where helium burning
takes place. The vicious viral cycle starts round after round, producing heavier and heavier
nuclei. Carbon burning produces a neon-enriched core, neon burning yields an oxygen
core and oxygen burning produces a silicon core until silicon burning forms an iron core
(Woosley et al.[2002). At this point, nuclear burning in the core has to end since the fusion
of iron nuclei is an endothermic reaction.

At this stage, the star possesses an onionlike structure consisting of an iron core in
the center surrounded by shells of elements whose cores become lighter the further out
the shell lies (Kippenhahn and Weigert |1990, p. 329). Note that this is a significantly
simplified picture of the late stages of massive star evolution. The nuclear processes
taking place during this phase are much more complicated and require detailed modeling.
However, this picture is sufficient for this thesis since we will not deal with these advanced
evolutionary stages. This is justified by a timescale argument: Every of the subsequent
nuclear burning stages has a shorter time scale than the one before. The reason for this
is that the burning of heavier elements must take place at a higher temperature due to the
increase of the repulsive Coulomb forces of the nuclei. The larger temperature increases
the nuclear reaction rates and the energy loss due to neutrinos, which do not interact
with the stellar material and thus do not support the star against gravity (Clayton! 1968)).
Consequently, from the ignition of hydrogen at the ZAMS to the formation of the iron
nucleus, the star spends 90 percent of its lifetime burning hydrogen and about 10 percent
burning helium (Woosley et al.[2002). The higher burning stages are considerably shorter
in time. Silicon burning, for example, takes only a few days or hours. For this reason,
almost all stars we observe are burning hydrogen or helium in their cores.

1.2.3 The Eddington luminosity

Massive stars show large luminosities and, hence, large radiative pressure at the sur-
face. The Eddington luminosity is defined by the balance between the outward force of
radiative pressure and the inward force of gravitational attraction in a star. If the material
is optically thick, the energy transport can be written as a diffusion equation (Kippenhahn
and Weigert||1990), and the corresponding radiative energy flux is fi.,q = —éag—j‘d (Cox
and Giuli/|1968). Assuming hydrostatic equilibrium and introducing this into Eqns.

and[1.2]yields
¢ GM
foa = R
Note that M and R are the total mass and radius of the star since we consider the stellar
surface. The corresponding luminosity can be computed by multiplying the flux with the
stellar surface; this defines the Eddington luminosity

(1.14)

drcG

Lggq = M. (1.15)

The interpretation of Lgyq 1S that a body of mass M whose constituting matter has the
opacity « can only be stable if its luminosity is smaller than Lggg.
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Stars with luminosities close to Lgyq are like to several phenomena, including enhanced
mass loss (Griafener and Hamann! 2008 (Grafener|2021), envelope inflation (Sanyal et al.
20155 Gratener|2021) and the Luminous Blue Variable phenomenon (Gréfener et al.2012;
Guzik and Lovekin|/2012). In addition, the Eddington limit is a fundamental concept in
accretion physics, as we will see in Sec.

1.2.4 Stellar Winds

The large luminosities of massive stars also cause a strong stellar wind. The most
important quantities to characterize the stellar wind are the mass-loss rate My and the
terminal velocity v, 1.e., the wind velocity at infinity. Massive stars can exhibit mass-
loss rates of more than 107° M/yr (Vink et al.|2001). Thus, they can lose a significant
amount of their initial mass during their time on the main sequence. Consequently, the
wind mass-loss has a significant influence on the evolution of massive stars (De Loore
et al.|1977;|Chiosi and Maeder||1986; [Brott et al.|[2011)).

The winds of massive main-sequences stars are radiation-driven (Lamers and Cassinelli
1999, Chap. 8). The photons in the star’s atmosphere move preferentially outward, i.e.,
away from the photosphere. In the atmosphere, photons can be absorbed by an ion and
are subsequently re-emitted. Since the re-emission happens in a random direction, the
mean effect of this process is a transfer of momentum from the photon flux onto the cor-
responding ions in the atmosphere. The ions, in turn, are coupled to the other particles in
the atmosphere via scattering and electrostatic forces. This accelerates the rest of the stel-
lar material in the atmosphere and causes the matter outflow, known as stellar wind (Lucy
and Solomon||1970; [Castor et al.|1975; Kudritzki and Puls |2000; Vink| 2022} Bjorklund
et al.|[2023).

1.2.5 Wolf-Rayet stars

Wolf-Rayet (WR) stars were discovered by Charles Wolf and Georges Rayet in 1867
and are phenomenologically defined as hot and luminous stars showing broad emission
lines in their spectra (Underhill [1968). For instance, Fig. [I.I] shows the spectrum of
the Wolf-Rayet star WR 1 with prominent emission lines of helium and nitrogen. The
emission lines are the result of strong stellar winds (Beals||1929) with mass loss of 107°
to 107 My/yr (Grifener and Hamann/2008). The mass loss of Wolf-Rayet stars is driven
by radiation pressure (Griafener and Hamann/[2008) with photons being scattered multiple
times or successive redistribution and absorption of thermalized photons.

WR stars are classified into three main subtypes based on their spectral characteristics
(Adhyagsa et al.|2020; Crowther 2007):

e WN stars are characterized by strong emission lines of ionized helium and nitrogen.
They may still have some hydrogen in their outer envelopes, with some late-type
WN stars having up to 50% hydrogen mass fraction (Conti et al.||1983; Grifener
and Hamann|2008; Sander et al.[[2014).

e WC stars show strong emission lines of ionized helium carbon and are typically
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hydrogen-deficient (Torres et al.[|1986).

e WO stars are distinguished by prominent oxygen emission-line features compared
to WC stars (Aadland et al.|2022)).

Massive stars can evolve into WR stars as they lose their hydrogen envelopes, which
can happen through intrinsic mass loss(Smith and Owocki 2006), i.e., stellar winds or
eruptions, or via mass transfer in binary systems (Paczynski |1976} Schootemeijer and
Langer |2018)). Since WR stars are highly evolved massive stars, they are considered po-
tential progenitors of core-collapse supernovae (Skinner et al.2019) and may leave behind
a compact object such as a neutron star or a black hole (Heger et al.[2003; Belczynski and
Taam|2008; |Higgins et al.|[2021)).

1.2.6 Core-collapse supernova

After the conversion of silicon into iron, the star cannot go on with the vicious virial
cycle since the fusion of two iron nuclei is an endothermic reaction. Furthermore, the
iron core becomes unstable due to electron capture and photodisintegration, leading to the
collapse of the core (Janka|[2012; Couch et al.|2015)). At some point during the collapse,
the matter in the central region consists predominantly of neutrons since the extreme
central density causes the electrons to be captured by the protons. At the same time,
the collapse produces a shock front that initially moves inwards but is reflected outwards
when the core reaches nuclear density (Thompson et al.[[2003). As a result, the outer
layers of the star are expelled violently into space, producing a bright outburst of energy
and light (Kotake et al.[20006).

If the core is not too massive, the only thing left is the collapsed, neutron-rich core,
a neutron star. If, on the other hand, the core is massive enough, there is no stable con-
figuration for a neutron star, and the core material collapses into a space-time singularity
surrounded by an event horizon, a black hole is born. For the formation of neutron stars
and black holes during the core collapse, see (O’Connor and Ott (2011); Ugliano et al.
(2012); [Ertl et al.| (2016)); Sukhbold et al.| (2016)); Pejcha (2020)).

1.2.7 Neutron stars

One of the fundamental rules of quantum physics is the Pauli principle, which states
that a quantum mechanical state (defined by position and momentum) can only be oc-
cupied by one fermion (e.g., electrons, neutrons, protons, etc.). A consequence of this
rule is the strange behavior of fermion gases when compressed to high densities. The
compression decreases the distance between the particles, forcing them to occupy states
with higher momentum and, hence, higher energy. On the macroscopic level, the addi-
tional momentum induces pressure. This so-called degeneration pressure dominates the
total pressure, keeping ultradense objects like white dwarfs or neutron stars in hydrostatic
equilibrium (Kippenhahn and Weigert||1990).

The pressure-balancing gravity in a white dwarf is induced by the degeneracy of elec-
trons. It can be shown that white dwarfs become more compact as their mass increases
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(Camenzind|2007). Hence, the electrons in more massive white dwarfs have a higher mo-
mentum on average and, thus, a higher mean energy. As the energy becomes comparable
to the rest mass energy of the electrons, the particle behaves relativistic. This has dra-
matic consequences for the stability of the dwarf. A self-gravitating sphere balanced by
the degeneracy pressure of completely relativistic electrons is always unstable. The max-
imum mass to which a white dwarf is stable is ~ 1.4 Mg, also known as Chandrasekhar
mass (Chandrasekhar [1931). An impressive evidence of the Chandrasekhar mass limit
is the observation of supernovae of type I a, where a white dwarf accretes matter from a
companion until it reaches the mass limit and explodes. White dwarfs are the end stages
of stars with initial masses < 8 M, (Heger et al. 2003)).

At densities comparable to the density of atomic nuclei, it becomes energetically fa-
vorable for electrons and protons to form a neutron via electron capture. This happens
already during the core collapse of a massive star. Since neutrons are fermions, degener-
acy may support the neutron aggregation against gravity. The result is a spherical object
with a radius of 10 km and a typical mass of 1.4 Mg, called a neutron star (NS).

The physics of NSs, involving their structure, their formation, and their fate, is only
partly understood. It is known that an upper limit for their mass exists, comparable to the
Chandrasekhar limit of white dwarfs. With the advent of gravitational wave astronomy
and the observation of a merging NSs binary, the mass limit due to dynamical instability
was estimated to be ~ 2.2 My (Rezzolla et al.|2018} Ruiz et al.|2018; Cromartie et al.
2020).

In addition to their compactness, NSs are the most magnetic objects in the universe.
The strength of the magnetic field can be of the order of 10'? G as observed in some X-
ray pulsars (Taani et al.[2018) and even exceed 10'* G in magnetars (Gourgouliatos et al.
2016). Also, NSs are fast rotators, with a spin period of a few seconds down to a few
milliseconds. This magnetic field, together with the fast rotation, induces the emission of
radio light along the symmetry axis of the magnetic dipole. This radio beam acts like a
lighthouse when hitting the earth. A terrestrial radio telescope records a pulsating point-
like signal, a pulsar.

Pulsars are not the only observational manifestation of NSs. They also emerge as com-
pact companions in X-ray binaries. The accretion and consequent X-ray emission in-
volved make NS-hosting X-ray binaries important astrophysical laboratories to probe NS
physics independently of the radio pulsar phenomenon. For instance, the plasma of the
accretion flow interacts with the strong magnetic field of the NS. As a consequence, ad-
ditional absorption lines in the X-ray regime can be observed (Voges et al. |1982; Wilson
et al.|2008). These cyclotron absorption lines can be used to determine the magnetic field
strength of NSs (Taani et al.|[2018)).

The plasma of the accretion flow is also captured by the field lines at high field strength,
i.e., close to the NS. The region of space surrounding the NS, where the magnetic field
guides the motion of the plasma, defines the magnetosphere. Following Elsner and Lamb
(1977), the magnetospheric radius Ry,,, can be estimated using the Alfvén radius, which
is defined as the distance from the NS where magnetic energy density and the dynamical
ram pressure of the gas are equal,

B 1 )

s_1. 1.1
il VA (1.16)
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where B denotes the strength of the magnetic field, p the mass density, and v the velocity
of the accreted material. We assume spherical symmetry of the accretion flow and that the
material moves with free fall velocity. Furthermore, the NS’s magnetic field is assumed
to be a dipole field. Then, the three quantities depend on the distance to the neutron star

as
: 2GM, M
Bl v= Ly p=—t—. (117
anag Rmag 47[Rmag

where 1, 1s the magnetic momentum of the neutron star. This set of equations, together
with Eq. [1.16] yields the Alfvén radius (Bozzo et al.[2008))

1/7

i
Rinag = (L] . (1.18)
2GMys M2

It is important to note that the Alfvén radius is only a rough estimate for the magne-
tospheric radius since the magnetic field is assumed to be a dipole field. However, the
plasma inside and outside the magnetosphere disturbs the magnetic field. Thus, an ex-
act determination of the magnetospheric radius requires a full magnetohydrodynamical
treatment of the accretion flow and the magnetic field, which is beyond the scope of this
thesis. It is sufficient to note that numerical studies (Long et al.|2005; Bessolaz et al.
2008) suggest that R, is indeed of the order of the Alfvén radius.

Inside the magnetosphere, the plasma moves along the magnetic field lines , where it
falls consequently onto the magnetic poles of the NS. Consequently, X-rays are emitted
mainly from the polar regions, which act as two hot spots. This phenomenon is similar
to the beamed radio emission of a (radio) pulsar and is indeed observed as a periodical
X-ray pulsar as reported by Alpar et al. (1982).

1.2.8 Black holes

If the collapsing core of a dying massive star is too massive to form NS, it collapses
into a black hole and represents the highest compactness that an object of a certain mass
can achieve (Shapiro and Teukolsky|/1986; |(Camenzind 2007; Misner et al.|2017). Black
holes are an extreme configuration of space-time and are described by metric, which is
the solution of Einstein’s field equations (Einstein [1915). The collapsed material forms
a singularity and is wrapped in an event horizon, which separates its interior from the
surrounding space-time (Smith and Mann|[2014)). This means that no information from
the inner part of the black hole can leave the hole. On the other hand, material and even
light may pass the event horizon, falling to the singularity. The property of swallowing
information makes a black hole a simple object in the sense that a small set of independent
parameters describes it. According to the no-hair theorem (Herdeiro and Radu 2015;
Misner et al. 2017), a stationary black hole is fully described by three parameters: its
mass, angular momentum, and electrical charge.

In this thesis, we will focus primarily on non-rotation and electrically neutral black
holes, which are described by the Scharzschild metric (Schwarzschild 1916)). In this met-



18 CHAPTER 1. INTRODUCTION

ric, the radius of the event horizon is the Schwarzschild radius

_2GM

Rs
2

(1.19)
where c is the speed of light in vacuum.

In Newtonian physics, a test particle in the gravitational field cannot come arbitrarily
close to the center of gravity if it has a non-vanishing angular momentum. The reason
for this is the centrifugal barrier of Newtonian gravity, which arises from the fact that the
effective potential diverges as the particle comes closer and closer to the center of grav-
ity. Vividly said, the centrifugal force (that tries to push the particle outwards) increases
faster than the gravitational force (that pulls the particle inwards) when the distance to the
gravitational center becomes smaller. This means there is always an equilibrium situation
possible, where centrifugal force and gravitational force cancel each other out, and the
particle revolves around the center in a circular orbit.

The situation is quite different if we consider the trajectory of a test particle around a
black hole on scales that are comparable to the Schwarzschild radius. In this case, the
effects of general relativity have to be included. They cause the effective potential to di-
verge against negative infinity. This can be understood as the effect of higher terms of the
gravitational force in the post-Newtonian treatment. These higher terms cause the grav-
itational force to increase faster than the centrifugal force as the particle approaches the
gravitational center. Consequently, the distance from the center to the particle decreases,
which makes the gravitational force even stronger than the centrifugal force. In this situ-
ation, no stable circular orbit is possible. Since higher terms of the gravitational force are
only important for small distances from the singularity, particles far away from the center
of gravity can still find a circular orbit. Thus, an innermost stable circular orbit (ISCO)
must exist (Barack and Sago 2009). For a non-rotating black hole this ISCO is located at
Risco = 3Rs (Camenzind 2007; Misner et al.|2017)).

As we will see below, the existence of the ISCO has important consequences for the
accretion physics of black holes. Since an accretion disc is, simply speaking, only a mass
of particles moving on a circular orbit, the inner edge of the disc will never be closer to
the singularity than Rjsco. Every matter that passes the ISCO inwards will immediately
fall into a black hole. This also means that a disc with a size smaller than Rjgco will never
form.
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1.3 Aspects of binary stars

Until now, we have discussed the evolution of a single star, neglecting the influence of a
potential companion. However, the vast majority of massive stars are born in binaries or
higher multiple systems (Sana et al. 2008, 2009, 2011, 2013, |2014; Kobulnicky and Fryer
2007; |[Kobulnicky et al.|2014; Dunstall et al.|2015). In these systems, interactions such as
mass transfer, mergers, and tidal forces significantly influence the evolution of the stars
(Sana et al. 2012} |de Mink et al.2012). In addition, binarity enables us to detect compact
objects via their gravitational pull on their host star or due to accretion-powered X-ray
emission, as we saw in Sec[I.I] Hence, this chapter is dedicated to laying out the basic
processes associated with massive binary stars.

A binary system can be modeled as a classical two-body problem. The two stellar
components with masses M; and M, orbit their common center of mass with an orbital
period P, and in an ellipse-shaped orbit with a semi-major axis a. The orbital period,
semi-major axis, and the stellar masses are related via Kepler’s third law

a  GM;+ M)
P2, 452 ’

orb

(1.20)

We will often assume that the orbital is circular. In this case, a is equal to the distance of
the two stars.

1.3.1 The Doppler effect and spectroscopic binaries

Light can be described as an electromagnetic wave. Like other waves (e.g., sound, wa-
ter waves, etc.), the Doppler effect is also found with light. If a wave transmitter moves
towards an observer, the wave’s frequency appears larger to the observer and the wave-
length smaller. If the transmitter moves away from the observer, it does not measure a
lower frequency and a longer wavelength. This phenomenon is often observed in every-
day life with a passing ambulance. Its tone sounds higher when it comes towards us and
lower when it moves away from us. For a stellar spectrum, this effect causes a shift of
spectral lines toward the blue if the star moves in our direction and a red shift if it moves
away from us. Suppose a spectra line was observed at wavelength A if the star was at rest.
Due to the Doppler effect, the observed wavelength of the line is shifted by an amount
of AA. The Doppler shift depends on the star’s radial velocity v.,4 (RV), i.e., the velocity
component along the line of sight. If v, < ¢, where c is the speed of light, one finds

A/l_vrad
/1() B C .

(1.21)

If a visible star in a single-lined binary orbits the system’s center of mass, it will move
toward and away from us in one orbit. If we suppose the orbit to be circular, the star
moves with constant orbital velocity vom:. Due to the orbital motion, the radial velocity
of the star changes periodically between the values =+ sin(i) vy . Here, i is the orbital in-
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clination, i.e., the angle between the orbital axis and the line of sight toward the observer.
The period of the RV variations then corresponds to the orbital period of the binary Pgy,.
The quantity K; := sin(i) vow:; 1S the semi-amplitude of the periodic variation of v,,q and
can, in principle, be inferred from the minimum/maximum Doppler shift over one period.
From the P, and K; on defines the mass function f; of a single-lined binary as (Shore
1994)
_ Po - Kf)
hi= 2nG
Suppose the binary has a visible companion of mass M; and an invisible companion of
mass M,. The mass function can then be rewritten using Keplers third law, Eq.

(1.22)

M3 sin’ (i)

= —(M1 ryyaeS (1.23)

h

We see that f; has the dimension of a mass, and since sin(i) is always smaller than unity,
it can be used as a lower limit for the unseen companions mass M,.

1.3.2 Mass transfer and Roche potential

The most crucial effect of binarity is the fact that the binary components may interact
during their evolution. This happens, for instance, when one of the stars expands, and its
outer layers become subject to the gravitational attraction of its companion. Consequently,
mass transfer from one star (the donor) to the other (the accretor) is initiated.

A simplified picture of the mass transfer is the Roche-lobe overflow (RLOF). Assuming
that the binary orbit is circular and both companions are in corotation with the orbital
movement, the mass transfer can be modeled as a restricted three-body problem in a
corotating frame. In this case, one can define an effective potential (Flannery| 1977)

GM GM. 1 5
OF) = - ——— — s N (1.24)
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Here, indices 1 and 2 of the mass and position refer to the stellar companions, and Qs
the angular velocity vector of the binary, directly perpendicular to the orbital plane. The
first two terms in Eq. reflect the gravitational forces on a small test particle from
the two stars. The third term arises from the effect of centrifugal force in the corotation
frame. As an example, Fig[I.5|shows the effective potential of a binary system with mass
ratio ¢ = 2 as a function of the position in the orbital plane. It is important to note that
the figure shows a two-dimensional section through the potential defined in three spatial
dimensions.

The dashed lines indicate the intersection of the equipotential surfaces, i.e., surfaces of
constant @, with the orbital plane. Close to the center of mass of each binary component,
the equipotential surfaces are nearly spherical since the gravity of the corresponding star
dominates the potential. With increasing distance from the center, the equipotential sur-
faces become more elongated towards the other star. This is the effect of the gravitational
pull due to the companion star and centrifugal force.
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X-C00rdingpe

Figure 1.5.: Three-dimensional illustrations of the Roche potential for a binary with mass ratio
g = 2. The tiled surface at the top shows the potential troughs. The contour plot at the bottom
represents a projection of the Roche potential. The asterisks indicate the center of mass of each
binary companion. The dashed lines indicate equipotential surfaces. The red line indicates the
equipotential surface that delimits the Roche lobes. In both plots, the Lagrangian points L1 to L5
are shown as orange dots. The more massive star (1) has a larger Roche lobe than the less massive
companion (2). Note the potential spout at the first Lagrangian point, which can easily be seen in
the tiled surface between the potential pits of the two stars.

In Fig[I.5] five points can be identified where the gradient of ® vanishes. Consequently,
the total force, i.e., the sum of gravitational attraction and centrifugal force acting on a
mass element resting at such a point, is zero. The first of these Langragnian points lies
between the two binary companions on the line connecting the centers of mass. The Lan-
gragian points L2 and L3 are located on the same line; however, they lie on the opposite
side of the companion star. L4 and L5 are of minor importance to binary evolution.

The equipotential surface highlighted in red is highly important for mass transfer pro-
cesses. The two pear-shaped volumes enclosed by this critical surface are called Roche
lobes. If both stars in a binary are smaller than their corresponding Roche lobe, the system
is said to be detached. During its evolution, one companion may increase its radius so that
it fills its Roche lobe. In this case, mass transfer from this star to the other binary com-
panion is initiated. In this case, the system is semi-detached (Tauris and van den Heuvel
2023). If both stars fill their Roche lobes, the system is a contact binary (Qian et al.|2020).

In order to use one-dimensional stellar models, one defined the Roche-lobe radius Ry
as the radius of a sphere with the same volume as the Roche lobe. Assume the mass ratio
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of the binary is ¢ = M,7M,. Using numerical calculations Eggleton (1983) found an
approximation of the Roche-lobe radius of the star with mass M,

0.49¢2"

Ry = a,
L 0.6¢*3 +1In(1 + ¢g'/3) a4

(1.25)

where a is the orbital separation. Eq. [1.25] shows that Ry is proportional to the orbital
separation. Consequently, the mass transfer can be initiated if one of the stars expands
or if the orbital separation decreases. In both cases, the stellar radius of the donor star
matches the Roch radius at some point, i.e., the donor fills its Roche lobe. This leads to a
flow of mass from the donor via the Lagrangian point L1 into the Roche lobe of the binary
companion, where it can be accreted onto the star (Kolb and Ritter||1990).

Mass transfer can occur at different stages of stellar evolution. Consequently, different
cases of mass transfer are categorized based on the evolutionary stage of the donor star at
the onset of the mass transfer (Kippenhahn and Weigert|1967)). These categories help in
understanding the dynamics and outcomes of this process in a binary system.

e Case A: The mass transfer occurs when the donor star is still hydrogen burning (de
Mink et al.[|[2007; [Henneco et al.[[2024).

e Case B: If the orbital separation is large, mass transfer is not initiated during hy-
drogen burning. Instead, after core hydrogen depletion, the donor star expands and
fills its Roche lobe in this stage (Leonard 1996; |Gosnell et al. 2019).

e Case C: This mass-transfer case occurs when the donor star exhausts its core he-
lium. This late-stage transfer is characterized by deep convective envelopes and
significant expansion of the donor star, often leading to a common-envelope sce-
nario (Leonard 1996} (Gosnell et al.|2019).

1.3.3 Drivers of mass transfer

Mass transfer can be driven by a number of different processes. The timescale of the
driving process T approximately determines the mass transfer rate M:
.M
M~—=, (1.26)
T
where M, denotes the donor’s mass. The mechanisms driving the mass transfer may
be divided into intrinsic and extrinsic processes. Intrinsic processes are determined by
changes due to nuclear, thermal, or dynamical processes and occur on the corresponding
timescale (Ge et al.|[2010):

e Mass transfer on a nuclear timescale: The mass transfer is driven by the nuclear
evolution on the donor star, for instance, the expansion of the donor during hydro-
gen burning. The corresponding mass transfer rate can be found from Eq. [I.13}

. 3.4
My ~ 10719Mg /yr - (M%) , which implies a mass-transfer rate of 107 My/yr for
a 30 M main sequence donor.
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e Mass transfer on a thermal timescale: The mass transfer is due to thermal adjust-
ments of the donor star. The corresponding mass-transfer rate is (cf. Eq. [1.6)

. 3
My, ~ 107" My /yr - (Mﬂe) ,and 3 - 1073 My/yr for a 30 M, main sequence donor.

¢ Dynamically unstable mass transfer: If mass transfer becomes unstable on a nu-
clear and thermal timescale, the process accelerates on the dynamical timescale of
the donor star. This process may initiate a common envelope phase, in which the
companions spiral towards each other, leading to an ejection of the envelope or to a
merging of the binary.

Extrinsic driving processes are caused by the loss and/or redistribution of mass and angu-
lar momentum during the mass transfer, which is accompanied by a change of the orbital
separation and a corresponding change of the Roche-lobe radius. To illustrate this, as-
sume that the two binary components orbit their common center of mass along circular
orbits. One can show that the change in the orbital separation a can be expressed in terms
of the change in orbital angular momentum J and the change of the masses of the binary
components (Tauris and van den Heuvel 2006)
@ ool M My M+ M, (1.27)
a J M, M, M, + M,
In general, one needs to consider various channels of angular momentum loss (see below).
Moreover, it is important to note that angular momentum loss and mass loss are often
interconnected and not mutually independent.
A simple yet important scenario arises when both the angular momentum and total
mass of the binary remain conserved, i.e.,/ = 0 and M, = —M,. In this case, the first and
the last term at the right-hand side of EqJI.27] vanish, which yields

fzz(i—i)Ml. (1.28)
a M2 Ml

Assume that mass is transferred from M; to M,, i.e., M; < 0. Eq. shows that
the orbital separation will increase if M; < M,. Vice versa, a decreases if M, > M,.
Hence, conservative mass transfer leads to orbit expansion when matter moves from the
less massive companion to the more massive one and, conversely, causes orbit contraction
when the transfer is from the companion of larger mass to the less massive one.

¢ Gravitational wave emission
Angular momentum is lost due to the emission of gravitational waves (Landau and
Lifschitz|| 1976} Peters| 1964). However, the timescale of this process is large com-
pared to the lifetime of a massive star and thus neglected in massive binary evolution
(Tauris and van den Heuvel|[2006)).

e Magnetic breaking
The coupling of a magnetic field to the stellar wind efficiently drains the star’s spin
angular momentum, slowing down the rotation of the star (Mestel|1968;|Skumanich
1972). This process is also assumed to be neglectable in massive binaries since most
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massive stars do not show strong magnetic fields (Fossati et al.||2015; Grunhut et al.
2017).

e Spin-orbit coupling

If the donor star contracts or expands, the conservation of its spin angular momen-
tum makes the star spin faster or slower, respectively. However, tidal forces try
to keep the donor star in corotation with its binary companion. Thus, during the
contraction of the donor, angular momentum is transferred from the donor star to
the orbit, increasing the orbital separation (Tauris and Savonije2001). On the other
hand, if the donor expands, angular momentum has to be pumped from the orbit
into the donor’s corotation spin, which causes the orbit to shrink (Tauris|2001]).

e Mass loss from the system
In general, matter that leaves the binary carries a certain amount of angular mo-
mentum. In high-mass X-ray binaries, the mass loss is due to the donor star’s direct
stellar wind as well as the accretion and the subsequent isotropic re-emission of
mass by the accretor (Soberman et al. |1997; Tauris and van den Heuvel [2006).
Massive stars have a strong stellar wind. In addition, their thermal and nuclear
timescales (Eqns. [I.6] and [I.13)) are significantly smaller than those of low-mass
stars, which results in a correspondingly higher mass transfer rate. Consequently,
the angular momentum loss is considered the dominant drive of angular momentum
loss, especially if the donor star is massive (Tauris and van den Heuvel 2006, |[2023).

1.3.4 Stability of mass transfer

Once the mass transfer is initiated, the further evolution of the binary depends on the
mass transfer stability. Suppose the donor was in hydrostatic and thermal equilibrium
before it reached its Roche lobe and began to transfer mass. Due to the loss of mass, both
of these equilibria are disturbed. Consequently, the star will grow or shrink in radius to
restore them. However, since the mass transfer changes the mass ratio ¢ and the orbital
separation a, the Roche-lobe radius will change (cf. Eq. [[.25). As long as the star is
enclosed by the Roche lobe, mass transfer is stable.

On the other hand, if the Roche lobe shrinks faster than the stellar stellar radius, the
mass transfer rate would increase further, which reinforces the decrease of the Roche lobe.
In this case, the mass transfer becomes unstable. Thus, mass-transfer stability is deter-
mined by the response of the stellar radius compared to the response of the Roche-Lobe
radius (Hjellming and Webbink!|1987; |Soberman et al.||1997). To quantify the response
of the two radii, we define the mass-radius exponents (Ge et al.[2010) of the donor radius
(Zr) and the Roche radius (1),

__dIn(Ry) and __dIn(Ry)

= m L .= m . (129)

R

For stable mass transfer, the donor radius must not shrink slower than the Roche radius.
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Thus, the stability criterion for mass transfer can be written as

{r24L- (1.30)

Note that {g and {; can change during the mass transfer. Hence, an initially stable mass
transfer may become unstable and vice versa (Kalogera and Webbink1996).

The value of (g depends on the stellar model and whether or not the star can maintain
hydrostatic or thermal equilibrium, i.e., on the timescale of mass transfer. Considering
isotropic re-emission, Tauris and Savonije (1999) derived an analytical expression for
{1, which yields large values for i for high mass ratioﬂ Consequently, binaries with
large mass ratios, such as NS-hosting HMXBs, are more likely to undergo unstable mass
transfer. In Chap. 2, we will discuss the mass-radius exponents, their values, and their
implications for mass transfer stability in more detail.

1.3.5 Common envelope

When mass transfer becomes dynamically unstable, this runaway process causes the
accretor to be engulfed in the donor’s envelope (Paczynski| 1976). During this common
envelope (CE) phase, a drag acts of the accretor, which spirals towards the donor, thereby
injecting orbital angular momentum and energy into the envelope (Izzard et al. [2012).
This can cause the ejection of the envelope, leaving a close binary system behind. Another
possibility is the total coalescence (merging) of the binary companions to one object.

Although the CE phase is an important phase in the evolution of close binaries (Iben
and Livio|1993}; Taam and Sandquist|2000; Podsiadlowski 2001} [Taam and Ricker|2010),
the details of this process are poorly understood. A simple approach to model the outcome
of a CE phase was proposed by (Webbink1984) and de Kool (1990). Assuming that the
energy necessary to unbind the envelope is provided by the release of orbital energy from
the spiral-in of the binary, one can derive the change of orbital separation (see for instance
Tauris and van den Heuvel|[2006; Ivanova and Chaichenets|201 1§ Ivanoval[2011)).

1.4 High-mass X-ray binaries

The fact that binarity is common among massive stars leads to a crucial conclusion. As-
suming one binary component ends its life and forms an NS or BH, and provided the
orbit is not distributed due to a supernova kick (Tauris and Takens [1998)), the massive
binary enters the evolutionary stage where a compact object orbits a gaseous star. If this
is the case, matter released by the gaseous companion (hereafter referred to as the donor
star) may be captured by the gravitational attraction of the CO (hereafter referred to as
accretor), falling into the CO’s gravitational potential. This process, known as accretion,
causes the emission of X-rays, as explained below.

The binary system then is a bright source in the X-ray sky, i.e., an X-ray binary (XRB).
The observed X-ray luminosities of these sources range from 10*? erg/s to 10*8 erg/s

Zsee Eqns. 25 and Fig. 1 in Appendix to Chap. 2
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(Walter et al. 2015) but can exceed 10*° erg/s in some cases (c.f. Kaaret et al. 2017). The
accretion luminosity is proportional to the amount of material captured by the accretor
per unit of time, i.e., the accretion rate My, and may be written as

Ly = nc* M,y . (1.31)

Where c is the speed of light, and 7 is the efficiency factor describing which fraction of the
rest-mass energy converts into X-rays. This factor depends on the nature of the accretor.
It is about 0.15 for an NS companion and, depending on the spin, between 0.06 and 0.4
for a BH accretor (c.f. Marchant et al.2017). Assuming n = 0, 06 Eq. shows that an
accretion rate of 107! My /yr is required to obtain an X-ray luminosity of 3 - 10°* erg/s.
Any physical process transferring mass from the donor to the accretor must be efficient
enough to account for at least this mass-transfer rate.

The nature of the donor star has significant consequences for the evolution of the binary
system, e.g., determining the mass-transfer mechanism and the timescale of evolution.
Thus, it is reasonable to split X-ray binaries into Low-mass X-ray binaries (LMXB) and
High-mass X-ray binaries (HMXB), depending on the donor’s mass. Since this thesis
focuses on binaries with a massive donor star, we are mostly interested in HMXBs.

In these systems, the accretion can be caused by three processes:

e Mass transfer via Roche-lobe overflow from the donor to the accretor, as shown
in Fig. [1.7]and described in Sec. [1.3.2]

e Wind accretion, i.c., the capture of material from the stellar wind of the donor,
which we will discuss in Sec.

e Accretion of material from a circumstellar disc, which is observed in Be X-ray
binaries (see Sec. [1.4.6).

1.4.1 Wind Accretion

The X-ray emission in X-ray binaries is powered by accretion, i.e., the capture of matter
by the CO. One way the material is transported to the CO mass transfer is via RLOF (Sec.
[1.3.2). Fig. [I.7] gives an impression of how RLOF from the massive star to the CO leads
to the release of X-rays. However, RLOF is not the only process that can be used to power
accretion. For instance, if the donor launches a stellar wind, the material can be captured
by the accretor. This process is called wind accretion (Negueruela 2010; Shakura et al.
2014).

An approach to model wind accretion was provided by Bondi and Hoyle (1944)). It
is assumed that the mass flow is supersonic. This is a reasonable assumption for winds
of massive stars since the speed of sound is of order 10km/s and the wind velocity is
about 1000 km/s and above (Vink et al. 2001). Then, the fluid particles can be regarded
as following Keplerian trajectories in the gravitational field of the companion.

The principle situation is sketched in Fig. The streamlines are asymptotically
parallel to the left side and focus due to the gravitational attraction of the accretor. The
upper and the lower streams meet in the vicinity of the line of the center, where they
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Figure 1.6.: Streamlines (blue) of the accretion flow in the Bondi-Hoyle accretion model. Stream-
lines in the green area are accreted onto the companion (black circle). The impact factor of the
threshold (thick green line) defines the accretion radius Ra.

collide inelastically. In this collision, kinetic energy is converted into heat. Depending on
the remaining kinetic energy, the material can either escape the gravitational field (flow
to the right) or be accreted onto the companion. This yields a critical accretion radius R,
which is given by

_2GM,

Ry= 52, (1.32)
1%

rel
where M, is the mass of the accretor and v, is the relative velocity of the wind with
respect to the accretor. Note that the relative velocity is a superposition of the wind
velocity Vw and the orbital velocity of the accretor V.2, i.€., Viel = Vw + Vorb:2-

Matter moving along the streamlines with an impact factor smaller than R, is accreted
onto the companion (green area in Fig. [T.6)). Thus, the geometrical cross-section for wind
accretion is 7R} . Assuming an isotropic stellar wind, this yields an accretion rate of

G*M;
MA = v4

- My (1.33)

rel a?
where My is the mass-loss rate of the donor star. For instance, a 10 M, BH accretor in a
binary with 100 R, orbital separation and a relative wind velocity of 1000 km/s would ac-
crete a fraction of 3x 10~ from the donors wind. Assuming a mass loss rate of 107 My /yr
and and accretion efficient of 0.06, this would produce an luminosity accretion luminos-
ity of ~ 10° erg/s. If the accretor is a BH, this presupposes, however, that the matter has
time to radiate the released gravitational energy before it passes the event horizon, e.g.,
in an accretion disc. In the case of a NS the matter will eventually hit the surface of the
accretor and radiate the released gravitational energy anyway.

To form such a disc, the accreted material needs angular momentum. Naively, based
on the symmetry of the flow with respect to the accretor (cf. Fig[1.6), one would expect
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the angular momentum to vanish. However, Shapiro and Lightman| (1976) showed that
the superposition of the orbital motion of the accretor and radial symmetric motion of the
stellar wind induce angular momentum of the accreted matter with respect to the accretor.
The specific angular momentum j is given by

Vorb; RZ
o 2A (1.34)
a
Note that the accreted angular momentum is proportional to R% and thus proportional to
v} (cf. Eq|1.32). Hence, the angular momentum is significantly larger if the relative

velocity between wind and accretor is smaller. This has important consequences for the
formation of accretion discs, as we will see in the course of this thesis.

1.4.2 X-ray emission

Accretion is a process in which the gravitational energy of the accreted material is
released efficiently and converted into kinetic energy of the free fall. In general, the free
fall velocity is large, implying a large Reynold number and, consequently, turbulences,
which convert the kinetic energy of the directed movement into heat. As a consequence,
the accreted material starts radiating its energy into space.

Assuming a spherical accretor, we may estimate the amount of energy that is released
per unity time (i.e., the luminosity), assuming that the released gravitational energy is
converted into radiation. This yields an accretion luminosity of

MAM
m:G%A, (1.35)

M, is the accretion rate, M, the mass of the accretor, and R its radius. This equation
shows that the luminosity is not only proportional to the amount of accreted matter but
also to the compactness of the accretor %. Hence, it is not surprising that the most
efficient radiation sources powered by accretion are ultra-dense and exotic astrophysical
objects, like neutron stars and black holes. It is important to note that neutron stars have
a solid surface. The horizon of a black hole, on the other hand, is rather a boundary in
space-time, marking the point of no return for matter falling into the black hole. This
implies an important difference in the accretion physics for black holes: While matter
falling onto a neutron is always stopped and radiates its energy away, material falling into
a black hole can drag its heat over the horizon and into the black hole, where it can not
escape anymore. It is, hence, possible that a black hole, while the most compact object in

nature, has a much fainter accretion luminosity than a neutron star.

As most stellar radiation sources shine due to their internal heat, accreting NSs and
BHs may be modeled as black bodies for a rough estimate. Equating Eqns. |1.11|and
yields the effective temperature of the accreting body

4 G MAMA
E=J—— , 1.36
. 4o R3 ( )
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We then can apply Wien’s displacement law for black-body radiation

29x10°AK
Amax = T— s (137)
eff
where A, 1S the wavelength where most of the energy is released. Using Eq. we
may express this in the more convenient way as

(R My N M
Amax = 8.8 A | — —_ — . 1.
8.8 (km) (10‘14 M@/yr) (MQ) (1.38)

This equation show that a typical neutron star accretor (R ~ 10km, M, ~ 1.4 M) emits
mainly in the wavelength regime of 45 A when accretring 10~'* M /yr. This wavelength
corresponds to a photon energy of 27 keV, i.e. energetic X-ray photons.

As mentioned above, a BH has no definite surface from where it can emit black-body
radiation. However, hot plasma that orbits the BH in an accretion disc may spend enough
time in the vicinity of the ISCO to release a large fraction of its thermal energy as radia-
tion. A rough estimate for a 3 Mg black hole yields a typical wavelength of 80 A. While
it is still in the X-ray regime, the corresponding photons are less energetic than the X-ray
photons emitted by a neutron star. Consequently, the wavelength where most of the en-
ergy is emitted is larger for a BH than for a NS. This can be understood with Eq.
Since Rigco o« M we find A, o< MIIA/ 2,

1.4.3 Eddington accretion limit

The importance of the Eddington limit for accretion physics arises from the fact that
the accretion process itself releases energy in the form of radiation. This means that if
the accretion rate is so large that the released radiative energy per time exceeds Lggq,
the radiative force will push the accreted material outwards. Following this picture, the
accretion luminosity Ly is limited by Lgyqq and, since we assume Ly o M., so is the
accretion rate. Equanting Eqns. [[.15]and[I.31]yields an accretion rate of

Mo = 2, (139)
nKc

for an accretor at the Eddington limit (Bu and Yang2019). Assuming electron an electron
scattering opacity of k = 0.3cm?/g and a 10 M, BH accretor with n = 0.06, we find
an Eddington accretion rate of ~ 3 x 10'g/s corresponding to an accretion luminosity
~ 2 x 10%erg/s. This accretion rate is a theoretical limit for the rate at which mass can
be accreted by a 10 M, BH without ejecting incoming material away due to the radiation
pressure exceeding the gravitational pull.
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1.4.4 Accretion discs

Accretion discs are present on many scales in astrophysics, from mass transfer in stellar
binaries to accreting supermassive black holes. Hence, it is not surprising that the theory
of disc accretion onto compact objects has been a major research field in astrophysics for
half a century (Lynden-Bell |1969; |Shakural 1973]; Shakura and Sunyaev| 1973} [Novikov
and Thorne 1973). To model an accretion disc, suppose that a gas element with a certain
negligible mass m orbits the black hole with mass M on a circular, stationary orbit with
radius Rp and velocity v. In this case, the centrifugal force balances the gravitational
attraction. Equating these two forces yields

GM
Rp = — (1.40)
\%
which can be re-written as N
J
Rp = =, 1.41
T Gom (1.41)

where j denotes the angular momentum per unit mass. If we assume that this specific
angular momentum is equally distributed over the whole material in the accretion disc, it
follows from Eq. that the material would form a ring with radius Rp.

This ring would have a finite thickness, which may be very small compared to Rp but
not zero. From Eq. we deduce that v* o« Ry, i.e., the inner gas elements of the ring
move faster. This causes a shear and, hence, friction between the inner and the outer parts
of the ring. This generates torque, transferring angular momentum from the inner border
of the ring to the outer edge. As a consequence, the outer part moves outward, and the
inner part moves inward, as implied by Eq. [[.41] Hence, the ring expands and spreads to

a disc (see Fig. [1.7).

The physical nature of the angular momentum transport is not yet completely under-
stood. While the thermal movement of the molecules and atoms produces the shear torque
in most terrestrial flows, this process is too inefficient to fit the observations of astrophys-
ical accretion discs. It is discussed that angular momentum transport in accretion discs is
mostly due to micro-turbulence (Shapiro and Teukolsky||1986; Lipunov||1992) as well as
by the interaction of the accretion flow with magnetic fields, creating magnetohydrody-
namical turbulence (Balbus and Hawley| 1998)).

The discussion above implies that accretion discs would spread from the compact ob-
ject to infinity. This is, of course, not true since the density of the disc declines outward.
At a certain point, the disc is so thin that emission is inefficient, and the disc is virtually
invisible. In addition, the disc size is limited by the Roche lobe of the accretor. It may be
surprising that the inner edge of the disc is not determined by the surface of the compact
accretor (i.e., the surface of the neutron star or the horizon of the black hole). In the case
of a neutron star, the inner disc radius is of the order of the Alfvén radius (Sec. [1.2.7).
The inner edge for a black hole accretor is determined by the innermost stable circular
orbit (c.f. Sec. [1.2.8]).
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Figure 1.7.: Roche-lobe overflow in an HMXB. A massive star (blue) hosts a compact companion
(black). The Roche lobes are indicated by black lines, which intersect at the first Lagrangian point.
The star initially under-fills its Roche lobe (left). During its evolution, it expands and eventually
fills the Roche lobe and transfers matter via the first Lagrangian point to the Roche lobe of its
companion (right). The material accumulates and orbits the CO in an accretion disc. Angular
momentum transport by turbulent viscosity and dragged magnetic field lines causes the matter to
spiral down. The gained gravitational energy heats the material and leads to the emission of X-rays
(green rays).

1.4.5 Supergiant X-ray binaries

The majority of HMXBs fall into one of two subclasses depending on the nature of the
donor star: supergiant X-ray binaries or Be X-ray binaries (Coleiro et al. 2013; |Walter
et al.[[2015).

Supergiant X-ray binaries (SGXBs) involve a supergiant star as donor and a CO ac-
cretor. These systems are mostly persistent X-ray emitters with stable luminosity, occa-
sionally exhibiting flares (Walter and Zurita Heras|2007). These flares are thought to be
caused by the interaction of the neutron star with clumps in the accreted material (Oski-
nova et al.|2012).

The X-ray emission can be due to the accretion from the stellar wind of the supergiant
donor (Shakura et al.|[2014; Giménez-Garcia et al.[2016)) or due to mass transfer via RLOF
(Savonije||1978). However, RLOF would lead to a rapid shrinking of the orbit due to the
large mass ratio between the donor star and the accretor, possibly leading to a common
envelope phase. [Van den Heuvel et al. (2017) proposed that mass transfer would be un-
stable when the mass ratio g = M, /M, exceeds 3.5. Hence, RLOF in a SGXB consisting
of an O star donor, and an NS accretor would likely be unstable. Thus, RLOF is often
dismissed as the cause of the X-ray emission in the majority of observed SGXBs (Tauris
and van den Heuvel|2006). We will discuss this problem in more detail in Chapter 2.

To illustrate the importance of the SGXB phase for the evolution of massive binaries,
we will now briefly discuss the role of SGXBs in massive binary evolution. We will fol-
low an evolutionary scenario proposed by |De Loore and De Greve| (1975) illustrated in
Fig. [I.8 Note that this scenario is by no means to be generalized. The evolution of mas-
sive binaries depends on the initial parameters of the system and may lead to completely
different evolutionary paths (Marchant et al.|2016, 2017; Kruckow|[2018).

(a) The initial binary consists of two ZAMS stars, star A and star B, orbiting each other.
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Figure 1.8.: Evolutionary scenario for the formation of a HMXB adopted from (De Loore and De|
Greve|[1975). Image descriptions were included by the author.

(b) The more massive star A evolves faster than its companion. After core hydrogen
exhaustion, A expands and eventually fills its Roche lobe. Consequently, a phase of
Case B mass transfer via RLOF is initiated.

(c) Due to the mass transfer, star A has lost its hydrogen-rich envelope and has become
a helium-enriched star. Star B has gained mass. Due to the mass transfer, the orbital
separation has increased. The reason for this is that this first mass transfer is assumed
to be conservative (De Loore and De Grevel[1975)). However, this does not have to be
the case in reality. The proportion of mass lost from the system depends on complex
processes within the system and is not easy to determine (Soberman et al.|[1997).

(d) At the end of its life, star A finally explodes in a supernova. The binary now consists
of a compact object (A) and a massive star (B).
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Figure 1.9.: Accretion in BeXBs. A CO orbits a Be star hosting a circumstellar decretion disc.
The CO moves in a wide and eccentric orbit. Close to the apastron (A), the CO is too far from
the disc to be an efficient accretor, and the system is X-ray faint. As the CO approaches the Be
star on its orbit, perhaps penetrating the disc, the system becomes X-ray bright due to an enhanced
accretion rate (B).

(e) The stellar wind from star B is accreted by the compact companion powering the
X-ray emission. This may happen directly after the supernova of star A or due to
evolutionary changes of star B. As star B continues to evolve, it can fill its Roche
lobe so that another mass transfer phase takes place. Both wind accretion and mass
transfer make the system emerge as a HMXB.

The further evolution of the binary depends on the stability of the second mass transfer
from B to A. This mass transfer can involve a common envelope evolution, which may
lead to a merger of the two companions or a close binary. In the latter case, this leads to
a binary of two compact objects when B ends its life in a supernova. These close binaries
with compact components are progenitors of gravitational wave mergers
Pavlovskii et al.|[2017; Tauris et al.|2017; [Van den Heuvel et al|2017; Kruckow et al.|

2018).

1.4.6 Be X-ray binaries

The most numerous type of HMXBs involves a Bestar, i.e., a fast-rotating early-

29 .9

type star displaying spectral line emission, noted by e’ in their spectral type (Rivinius
et al.|2013}; [Porter and Rivinius|2003}; Balonal[2000; [Struve][1931). Typically, emission
lines from the Balmer series are observed alongside helium and iron lines in some cases
(Hanuschik![1996)). The presence of emission lines indicates the presence of a circum-
stellar decresion disc formed by equatorial mass outflow induced by rapid rotation and
centrifugal force (Struve|1931)). For illustration, we show the optical spectrum of Per X-
1. in Fig. [I.T] The He line is clearly visible in the spectrum and is a hint for the presence
of a circumstellar disc.

Packet| (1981)) and [Pols et al.| (1991) demonstrated that fast rotational velocity in stars
could result from spin-up via mass transfer from a companion star and subsequent angular
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momentum transfer. This aligns with Be stars commonly serving as donors in HMXBs.
According to this scenario, Be X-ray binaries (BeXBs) naturally emerge from binary
systems, where one companion evolves faster, undergoes mass transfer via RLOF, and
explodes in a supernova, leaving a CO remnant. However, it’s important to note that
not all Be stars are necessarily in binary systems; Hastings et al.| (2020) indicated that a
significant portion of Be stars may also form through a single-star pathway.

BeXBs have observed orbital periods ranging between 20 and 300 days as well as
moderate eccentricities of e ~ 0.3 (Reig|2011). This means that BeXBs are long-period
systems (compared to SGXBs). It is assumed that the wide orbital separation and the
eccentricity are footprints of a supernova kick during the birth of the neutron star (van
den Heuvel [1994; Tauris and van den Heuvel|2023). BeXBs typically show transient X-
ray activity that correlates with the orbital period, peaking when the CO interacts with
the Be star’s decretion disc (Kurfiirst et al.[2018). The CO accretes matter from the disc
during periastron, its closest approach to the Be star. In some cases, it may even penetrate
the disc. During this active accretion phase, the binary becomes a luminous X-ray source.
Fig. [1.9]illustrates the two phases of X-ray faintness (A) and brightness (B) in BeXBs.

It has to be noted that the accretion mechanism, as described above, only provides a
basic picture of the physics working in BeXBs. The observed X-ray behavior of these
sources is far more complex and diverse. For instance, while the accretion mechanism, as
depicted above, suggests that BeXBS should always be transient X-ray sources, Reig and
Roche (1999) showed that (although a minority) persistent BeXBs exist. Also, transient
BeXBs may undergo dramatic outbursts that occur rather spontaneously and seem to be
unrelated to the orbital phase (Wilson et al.2008; Reig|2011). These outbursts may reach
the Eddington accretion rate and lead to the total disruption of the disc, as can be seen
from the vanishing of the emission lines.

1.4.7 Ultra-luminous X-ray sources

It seems, indeed, that the majority of the observed X-ray binaries are not brighter than
the Eddington luminosity of a 10 My BH (Walter et al.[2015). However, there is a subclass
of stellar X-ray sources that are significantly brighter than the Eddington limit of a BH.
These sources are called Ultraluminous X-ray sources (ULX). These sources are found in
nearby galaxies and are not associated with the central nucleus (King|/2001} Kaaret et al.
2017; |[Fabrika et al.[2021). ULXs are thought to be X-ray binaries, which include either a
neutron star or a black hole accreting from a companion star at rates above the Eddington
limit (Erkut and Eksi12019)).

However, the nature of the CO in ULXSs is not yet fully clarified; some are stellar-mass
black holes possibly accreting at super-Eddington rates (Poutanen et al.|2007; Motch et al.
2014), while others could be intermediate-mass black holes (Farrell et al.[2011)), i.e., BHs
with masses above 100 M, (Colbert and Mushotzky|1999)). At the same time, some ULXs
have been identified as NS hosting, which is indicated by the detection of X-ray pulsations
(Bachett1 et al.|2014; Eksi et al.|2015; [Israel et al. 2017; Maitra et al. 2018)). The nature
of ULX, as well as their role in massive binary evolution, is not yet understood and is
an ongoing subject of research (Marchant et al.| 2017} Pavlovskii et al.|2017; Misra et al.
2020; [Fabrika et al.|[2021)).



1.5. THIS THESIS 35

1.5 This Thesis

The general aim of this thesis is to study and analyze the processes in binary stars consist-
ing of a massive star and a NS or BH companion from a theoretical point of view. We use
the Binary Evolution Code (BEC) (Braun and Langer||1993) to compute models of single
stars and binaries and apply the models for mass transfer, wind accretion, and angular
momentum loss to study the X-ray luminosity and the evolution of the binary orbit.

1.5.1 Mass transfer on a nuclear timescale in models of supergiant and ultra-
luminous X-ray binaries

In Chapter 2, we explore the impact of the proximity of supergiant donor stars to the
Eddington limit and their advanced evolutionary stage on the behavior of mass transfer in
supergiant and ultra-luminous X-ray binaries. We construct models for massive stars by
varying internal gradients of hydrogen and helium as well as the masses of hydrogen-rich
envelopes. These models undergo gradual mass loss to investigate the response of the
stellar radius. Additionally, we used our detailed binary stellar evolution code to calculate
the associated evolution of mass transfer through Roche-lobe overflow.

We observe that the presence of a hydrogen/helium gradient in the layers beneath
the surface, a characteristic likely found in extensively studied donor stars of observed
SGXBs, has the potential to facilitate mass transfer in SGXBs and ULXs on a nuclear
timescale with a black hole or neutron star accretor, even in systems with high mass ratio.
We study the change of the orbital separation and the orbital period and find our models
closely correspond with observed X-ray binaries. We argue that the SGXB phase might
be heralded by a preceding common-envelope evolution, which may help to dig out the
hydrogen/helium gradient and lead to a phase of stable mass transfer. Consequently, we
refute the long-standing argument that accretion in SGXBs must be due to wind accretion.
Our findings perhaps open a new perspective for understanding that SGXBs are numer-
ous in our Galaxy and are almost completely absent in the Small Magellanic Cloud. Since
ULXs are unlikely powered by wind accretion but rather RLOF, our results may also offer
a way to understand these systems and their role in massive binary.

1.5.2 X-ray emission from massive spectroscopic binaries

The aim of Chapter 3 is to develop a method for analyzing single-line massive binaries
and seemingly single massive stars for a compact binary companion. As we saw above,
these companions of massive stars reveal themselves through two processes. On the one
hand, X-ray emission due to the accretion of material from the stellar wind and RLOF.
On the other hand, the compact object induces RV variations on its binary companion.

We combine these two detection approaches by constructing a diagnostic diagram. For
a given massive star with known stellar parameters, this diagram shows the expected
X-ray luminosity of a putative compact companion as a function of the putative orbital
period and semi-amplitude of the RV variations.
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We discuss the X-ray emission of a BH fed by wind accretion and give a criterion for the
formation of an accretion disc based on the accreted angular momentum. By developing a
model for spherically symmetric accretion, we show that the X-ray detectability of these
companions depends significantly on the formation of an accretion disc. Only if the BH
forms an accretion disc, does the material have enough time to emit a detectable amount
of X-rays. Otherwise, the released gravitational energy of the accreted matter is dragged
into BH. The consequence of this result is that BHs can accrete a significant amount of
matter but still be X-ray faint.

To distinguish between a faint main sequence and a compact companion, we develop a
similar diagnostic diagram considering the ratio of the optical fluxes of the two compan-
ions and the X-ray emission that would be emitted due to the colliding winds of the two
binary partners. Furthermore, we develop a diagnostic diagram to predict the X-ray emis-
sion of a putative NS companion. This diagram takes different modes of the propeller
effect into account, i.e., the inhibition of accretion due to the coupling of the accretion
flow to the NS’s magnetic field.

1.5.3 Constraining the unseen companions of massive single-lined binaries by
their X-ray emission

In Chapter 4, we examine selected massive stars for an unseen compact companion us-
ing the methods developed in the previous chapter. We construct the diagnostic diagrams
for the seemingly single WR stars in the Small Magellanic Cloud, three Galactic WR
stars, and the Galactic WN 8 stars, all suspected of possessing an unseen companion. We
discuss a subset of eight of these stars in more detail.

We find that the seemingly single WR star SMC AB11 is a potential host to a com-
panion. This is also observed in the Galactic WR stars WR 3, WR 6, and WR 7. For
WR 124, our analysis suggests the existence of a low main-sequence companion. Our re-
search demonstrates that the single-lined binary system VFTS 234 contains an X-ray faint
BH companion. We find analogous outcomes for the single-lined binaries VFTS 514 and
VFTS 779.

Additionally, we offer a catalog of diagnostic diagrams for massive stars, showcasing
various effective temperatures and surface gravities. These diagrams can assist in identi-
fying stars with the potential to host an undetected companion.

Our results demonstrate the capacity to identify the companion type in single-lined bi-
naries by utilizing stellar parameters of the primary star, radial velocity data, and X-ray
observations. We identify three critical factors that facilitate the identification of a com-
panion using our diagnostic diagram: A small terminal velocity of the donor’s wind, a
large X-ray luminosity, and a small lower-mass limit of the putative companion. Conse-
quently, our findings suggest that O stars may host X-ray quiet BH companions due to
their high wind velocity. This is especially true when the orbital period of the putative
companion surpasses approximately 10 days. This provides increasing evidence for the
presence of an as-yet-undetected population of O+BH binaries.
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Summary: Supergiant X-ray binaries (SGXBs) and ultra-luminous X-ray sources (ULXs),
may offer insights into the physics of massive binary stars, the physical mechanisms asso-

ciated with mass transfer, and the formation of merging BHs and NSs, connecting directly

to gravitational-wave signals detected by observatories like LIGO and Virgo. Despite

their essential role in astrophysics, more needs to be understood regarding the genesis

and quantity of Galactic SGXBs. These systems comprise an evolved massive star with

either a neutron star or a black hole companion. The emission of X-rays is believed to

stem from the accretion of the supergiant’s material onto the compact companion.

The transfer of material in SGXBs is believed to occur through either wind accretion
or RLOF. However, in SGXBs, RLOF may lead to rapid orbit shrinkage due to the high
mass ratio between the donor star and the accretor, potentially triggering a common en-
velope (CE) phase. Systems with a mass ratio above a certain threshold are suggested
to inevitably undergo unstable RLOF mass transfer, limiting the X-ray lifetime of such
systems to the thermal timescale of the donor star, i.e., ~ 10*yr. Consequently, many
astronomers dismiss the notion of mass transfer via Roche-lobe overflow in the observed
SGXBs due to the short X-ray lifetime implied by the mass transfer instability. However,
the observed number of Galactic SGXBs and the characteristics of numerous ultralumi-
nous X-ray binaries (ULXs) challenge this perspective. In this chapter, we explore the po-
tential impact of supergiant donor stars nearing the Eddington limit and their progressed
evolutionary phase on the evolution of massive and ultra-luminous X-ray binaries.



38 CHAPTER 2. MASS TRANSFER ON A NUCLEAR TIMESCALE

To investigate the influence of a massive donor’s chemical composition profile on mass
transfer stability, we artificially constructed models of massive stars varying in internal
hydrogen and helium gradients and differing hydrogen-rich envelope masses. We per-
formed numerical experiments in which the models underwent gradual mass loss to in-
vestigate how the stellar radius would respond. Furthermore, using our comprehensive
binary stellar evolution code, we simulated the corresponding evolution of mass trans-
fer, treating the compact objects as point masses. We assume different approaches to
model the wind mass-loss rate of the donor star and investigate the influence of isotropic
re-emission versus conservative mass transfer on our binary models.

This chapter’s key result is that a hydrogen/helium gradient in the surface layers of a
massive donor star makes the donor’s radius much more sensitive to mass loss, resulting
in a large value of the donor’s mass-radius exponent {r. We show that this sensitivity is
related to the strength of the gradient: a high gradient means a strong shrinkage of the
stellar radius during mass loss. We also find that the radius of more evolved models and
more luminous stellar models is more sensitive to mass loss than the radius of less evolved
models.

We demonstrate the implications of this insight in our binary simulations, which reveal
that mass transfer from a massive donor to a less massive accretor can be stable on a nu-
clear time scale, even at mass ratios as high as ~ 20. This is due to the large value of {x in
accordance with the discussion in Sec. [1.3.4] Our models suggest X-ray lifetimes exceed-
ing 6 x 10° yr and accretion rates that could account for overluminous X-ray sources. We
conclude that an H/He gradient close to the surface of an evolved massive star facilitates
RLOF over a nuclear timescale, even if the companion mass is small resp. the mass ratio
is large. Consequently, we refute the long-standing belief that mass transfer in binary
systems with a high mass ratio is always unstable and lasts only a short duration. Instead,
we find in our binary evolution models that the donor stars rapidly decrease their thermal
equilibrium radius and can, therefore, cope with the inevitably strong orbital contraction
imposed by the high mass ratio.

A drawback of the stabilizing mechanism that we propose is a fine-tuning problem.
Since mass transfer is only stable if the H/He gradient is close to the surface, this requires
a precise alignment of conditions. Specifically, the expansion of the OB star must catch up
with the increasing Roche radius exactly when the H/He gradient appears near the stellar
surface. On the other hand, a large value of the H/He gradient means that the gradient
only extends over a small fraction of the envelope. We approach this fine-tuning problem
by proposing that the SGXBs and ULXs may have formed through an initially unstable
mass transfer followed by a CE evolution. During this phase, the donor star loses its
hydrogen-rich envelope. When the H/He is close to the surface, the thermal equilibrium
radius of the donor shrinks significantly, which ends the CE phase and initiates a phase of
stable nuclear timescale mass transfer. Thus, the CE phase helps to remove the fine-tuning
problem by facilitating the loss of the H-rich envelope.

We argue that different phenomena observed in SGXG and ULXs may be interpreted
as empirical evidence for mass transfer stabilized by a H/He gradient and a preceding
CE phase. Firstly, the observed orbital decay rates, i.e., the time derivative of the orbital
period P/P, of supergiant X-ray binaries (SGXBs) can agree with the orbital change due
to isotropic re-emission, as long as the mass transfer occurs on the nuclear timescale.
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Both highly non-conservative and conservative mass transfer show similar orbital decay
rates for high mass ratios, implying that SGXBs and ULXS should exhibit similar values
of P/P.

Furthermore, enhanced surface helium abundance has been observed in several SGXBs,
such as 4U 1700-377, GX301-2, and Vela X-1. This suggests that the chemically homo-
geneous part of the hydrogen-rich envelope has been removed, supporting our model’s
predictions.

Also, observations show that the donor stars in SGXBs do not match single-star tracks
of the corresponding mass, as they tend to be more luminous than their stellar mass would
suggest. This may indicate that the donor stars have lost a significant portion of their
hydrogen envelope, consistent with the model’s assumptions

Another observational support comes from the detection of ULXs with supergiant
donor stars and NS accretors: As super-Eddington accretion luminosities can hardly be
achieved by wind accretion, the discovery of ULXs with supergiant donor stars and NS
accretors, such as NGC 7793 P13, challenges the traditional view that high mass ratios
lead to unstable mass transfer. Our models show that stable RLOF can occur on a nuclear
timescale even with high mass ratios, which aligns with the observed properties of these
ULXs.

We further argue that the recently discovered obscured SGXBs, which may have cir-
cumstellar material producing obscuration, could be explained by the CE scenario for
pre-SGXB evolution.

Our findings reveal a new perspective, about the mass transfer mechanisms, the number
frequency and the formation of SGXBs. Additionally, our results provide a potential
method to identify more ULX systems and detect mass transfer on nuclear timescales in
ULX systems with neutron star accretors.






Chapter 3

X-ray emission from massive spectroscopic
binaries

3.1 Introduction

Massive stars play a crucial role in astrophysics due to their immense influence on the
cosmos. These stars exhibit intense gravitational forces and high-energy processes that
give rise to high-energetic phenomena, which profoundly shape the dynamics and evolu-
tion of galaxies (Eldridge and Stanway|2022). During their life cycle, massive stars forge
heavy elements in their centers, which drives the chemical evolution of their surround-
ings. At the end of their life, massive stars explode in a core-collapse supernova (Heger
et al.|2003), leaving behind a neutron star (NS) or a black hole (BH) remnant. The high
luminosity of massive stars gives rise to a strong stellar wind. These winds, as well as the
explosive deaths of massive stars, are important mechanisms for transporting mechanical
energy and momentum into the interstellar medium, triggering the formation of new stars
(Roberts|[1969; Mac Low et al.|2005)).

The majority of massive stars are formed within multiple stellar systems (Sana et al.
2008, 2009, 2011} 2013}, 2014} |Kobulnicky and Fryer|2007; Kobulnicky et al.|2014; Dun-
stall et al.[2015). Interaction between the stellar companions can influence and complicate
the system’s evolution. For instance, mass transfer between the two components of a bi-
nary system changes the orbital period and separation, the stars’ masses, and the whole
system’s mass and has a significant impact on the binary’s fate (van den Heuvel||1994;
Tauris and van den Heuvel 2006} Menon et al.[2021). Modeling the evolution of an inter-
acting binary requires detailed knowledge of the physical processes that take place during
the interaction phase. Consequently, massive binaries serve as pivotal laboratories for
probing not only the evolution of massive stars in a broader context but also the physics
of mass transfer and accretion, the terminal phases of massive star lifecycles, and the
formation of compact remnants. The last aspect is of particular interest since massive
binaries are progenitors of merging stellar black holes or neutron stars and hence give us
insights into the population of potential sources of gravitational waves (Marchant et al.
2016} Tauris et al. 2017), which have been detected for the first time a few years ago
(Abbott et al.[2016, 2017).

A common way to study binaries observational is via spectroscopy: In a binary system,
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two stars orbit around their common center of mass. As they do so, they periodically
approach and recede from Earth. This motion results in a regular change in their radial
velocity (RV), causing their optical spectra to show a periodic shift towards the blue and
red ends of the spectrum. Systems that display these periodic Doppler shifts are known
as spectroscopic binaries. Among them, we have the double-lined spectroscopic binary
(SB2), where we can observe spectral lines from both stars. In contrast, the single-lined
binary (SB1) is a type of spectroscopic binary where only one of the stars is visible in the
spectrum because it is significantly brighter than its binary companion. Although only
one set of spectral lines is apparent in SB1 systems, studying the orbital motion of the
brighter, observable star still provides valuable information. By analyzing the observable
star’s RV over a more extended period of time, a lower limit of the unseen star’s mass
can be derived (Shore |1994). Together with other data, e.g., from X-ray telescopes, RV
measurements help to uncover the nature of the unseen companion, as we will see in the
course of this paper.

The theory of stellar evolution shows that the more massive stars are, the faster they
evolve. If one of the two companions has already reached the end of its life and exploded
in a supernova, a system can remain that consists of a massive star and a compact object,
i.e., a NS or a BH. Due to its very nature, the compact companion does not impart any sig-
nificant optical flux. Consequently, the sole contributor to the visual spectrum emanates
from the non-compact star, rendering the system discernible as a SB1. Hence, SB1s stand
as promising candidates for the quest to find NSs and BHs, and discerning the concealed
companion is a pivotal task in unraveling the population of compact objects within the
Milky Way and its neighboring galaxies.

Compact companions, though not significant contributors to the optical flux of a binary,
possess the capacity to accrete matter and emit X-rays, which can be observed through
space-based X-ray telescopes. This process powers X-ray binaries (XRBs), consisting
of an ordinary, i.e., gaseous donor star and a compact companion. In these binary sys-
tems, the material is released from the donor and partly captured and accreted by the
compact companion (Verbunt 1992; Tauris and van den Heuvel 2006)). During this ac-
cretion process, gravitational energy converts into heat and is subsequently emitted as
X-rays (Shklovsky||1967} Frank et al.|1985). Combining RV variations and the detection
of X-rays from a putative binary system can help uncover the unseen companion’s na-
ture. Pioneering this approach, Bolton|(1972)) initially demonstrated that the X-ray source
Cyg X-1 represents a SB1 and argued that an accreting BH companion causes the X-ray
emission.

Accretion is not the only mechanism that causes the emission of X-rays in a binary
system. First of all, single stars themselves can be prominent X-ray sources (Nazé et al.
2021; Rauw and Nazé|[2016; Berghoefer et al.||1996; Seward et al.|[1979). This intrin-
sic X-ray emission is caused by the generation of shocks within the stellar wind of the
massive star (Feldmeier et al.[1997). If a non-compact binary companion is present, the
stellar wind of one star will collide either with the companion’s wind or directly on the
companion’s surface (Prilutskii and Usov|1976). The generated shock in these colliding
wind binaries is another important X-ray source.

The X-ray emission from accretion, intrinsic emission, and colliding wind produces
different amounts of X-ray flux. This can be used to narrow down the possibilities for the
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nature of an unseen companion. This method becomes even more efficient when includ-
ing RV data. In this study, we further develop the idea outlined by |Bolton| (1972). Our
objective is to devise a technique that integrates radial velocity data with X-ray observa-
tions to enhance our ability to discern the potential existence and the nature of hidden
companions in SB1s and apparently single stars. The structure of this paper is as follows:

In Sec. we discuss the X-ray emission assuming a wind-fed BH accretor. We de-
duce a criterion for the existence of an accretion disk and provide a scheme for estimating
the X-ray luminosity of an accreting black hole with and without an accretion disk. In
Sec. [3.3] we present a recipe to estimate the accretion luminosity of a wind-fed NS com-
panion, including the effects of the NS spin and magnetic field on the accretion stream. In
Sec. we discuss the observable effects of an MS companion. We develop a method
to estimate the X-ray luminosity of colliding winds and compare the computed X-ray lu-
minosities with observations of known colliding wind binaries. Also, we discuss how we
compare the optical fluxes of two MS companions. This is important to predict whether
a binary of two MS stars would be detected as a SB1 or a SB2. Using this diagram, we
investigate the well-known X-ray binaries Cyg X-1 and Vela X-1 in Sec. and show
that our approach identifies the companion correctly as a BH and a NS, respectively. We
draw the conclusion of our investigation in Sec. [3.6

3.2 Black hole companions

3.2.1 The parameter space

To describe the properties of a stellar wind’s velocity and density, we use models that
express these quantities as functions of a spatial coordinate. Since we are interested in the
wind velocity and density close to the accretor, we use the orbital separation. It is intuitive
that the gravitational mass of the accretor influences the accretion rate and, hence the
luminosity. Thus, given the properties of the donor star, such as mass, radius, mass-loss
rate, and terminal velocity, we can compute the X-ray luminosity of an assumed accretor
by knowing its orbital separation a and its mass M.

However, in general, neither a nor M, are directly accessible from observations. In
order to constrain observational limits, we transform the a and M, to the orbital period
P, and the orbital velocity v, p of the donor star. To compute the first, we use Kepler’s
third law

Ar?
Pop = {|=——a°, 3.1
’ \/G(Ml )" G-D

2na
(1 + M, /MZ)P '
Thus, we are able to compare detection thresholds of compact companions from spec-

troscopy and thresholds from X-ray photometry by computing the X-ray luminosity at a
given point in the (P, Vorp; 1 )-parameter space.

while for the latter, we use
(3.2)

Vorb;:D =
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3.2.2 X-ray detection limits

To discuss the possibility of detecting X-ray sources, we need to compare our estimated
X-ray luminosities to the detection limit of current X-ray observatories. The two most im-
portant X-ray satellites today are Chandra and XMM-Newton. Most of the X-ray studies
of stellar X-ray sources were performed with the first one. We will thus assume that an
X-ray source is detectable if the Chandra observatory is able to detect it. Chandra is
equipped with a Wolter telescope to focus X-rays, which are subsequently detected by the
Advanced CCD Imaging Spectrometer (ACIS). The ACIS broad band window is located
between 0.5 and 7 keV. The effective area reaches a maximum value of 600 cm? at about
1.5keV, where quantum efficiency exceeds 80%. This together results in a point source
detection limit for the X-ray flux of 4 x 10~!° ergcm™2s~! at an integration time of 10ks.
Neglecting interstellar absorption and assuming an isotropically radiating point source,
this translates into a limiting X-ray luminosity of

d 2
Ly timic = 4.8 X 10%erg/s (—) (3.3)
kpc

where d is the distance from the source to Earth.

As summarized by Walter et al.| (2015)), galactic HMXBs typically have a distance of
a few kpc up to about 10kpc. Hence, we adopted 10° erg/s as the detection threshold
for the Milky Way. We note that this is a lower limit for the detection threshold since we
assume that the point source is the only X-ray or at least the dominating X-ray source in
its vicinity. However, the fast wind of a WR star may emit intrinsic X-rays, e.g., when
the wind collides with the surrounding ISM that may be dense in the vicinity of massive
stars. This will increase the detection threshold for X-rays emitted from the accretor.

The Large and the Small Magellanic Cloud have distance modulus of 18.5 mag (Pietrzynski
et al.|2013) and 18.9 mag (Graczyk et al.[2013) respectively. The corresponding distances
of 50 kpc for the LMC and 60 kpc suggest a detection threshold of about 10 erg/s for
both galaxies.

3.2.3 Accretion from the stellar wind

To compute the rate at which material is captured by the CO and accreted, we assume
that the velocity profile of the donor wind obeys a Slaw (Castor et al.|[1975), that takes

the form
RV
vo(@) = Ve, (1 - ;) , (3.4)

where v, is the terminal velocity of the stellar wind and R; is the donor’s radius. S is a
parameter that is found to be of the order unity (Puls et al.|1996).

Using the continuity equation

M, = 4na*pyvy 3.5
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we find the wind density profile (Heger and Langer|1996)

M,
pula) = ; (3.6)
4y, (1 - %) a?
or, if we assume 8 = 1 ‘
M,
pw(a) = (3.7)

4dnve, (a2 — Ria)

Following Bondi and Hoyle (1944) the accretion radius R of the CO is given by compar-
ing the kinetic energy of the wind material with respect to the accretor and gravitational
energy, which yields (Frank et al.|2002)

2GM
Ry="—"-,

rel

(3.8)
1%

where v, 1s the relative velocity between the CO and the wind it accrets from. Assuming
that the wind flows spherically outwards, the direction of the wind flow is perpendicular
to the orbital velocity of the accretor vy, o (Tauris et al.|2017). Pythagoras theorem then
yields

v?el = V\Z’V + V(Z)rb A (39)
) ) 2
or, introducing ¢ = (V"v‘%) +1
R \°
Veel = EVer (1 - —1) . (3.10)
a

The accretion rate from the capture of a fraction of the stellar wind is given as

_G*M; M,
-8V (1 - &)‘waz '

a

(3.11)

My

3.2.4 Accretion discs

In the last section, we computed the accretion rate of a wind-fed accretor. However,
this is not sufficient to calculate the accretion luminosity. We also need information about
the accretion flow, i.e., the accretion geometry and the thermal properties of the gas.
Accretion flows may show extreme behaviors: On the one hand, the matter may fall
directly onto the CO, which implies a spherically symmetric flow. On the other hand,
material may orbit the CO in an accretion disc if it has enough angular momentum. In the
following, we will discuss both cases, starting with the latter.

If the wind flow was plane parallel and homogeneous, no accretion of net angular mo-
mentum is possible due to the symmetry of the flow geometry. However, since the wind
flow is spherically symmetric, it has a spherical density gradient. Also, the so-called ac-
cretion cylinder of the CO is not precisely aligned with the wind velocity since the relative
velocity between the CO and the wind flow is the vectorial sum of wind velocity and or-
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bital velocity. The result is a tilt of the accretion cylinder that “breaks” the symmetry and
allows for the accretion of non-vanishing net angular momentum (Shapiro and Lightman
1976; Wang||1981}; Livio et al.|1986).

Matter captured from the stellar wind has a certain amount of specific angular momen-
tum j with respect to the accretor. The value of j for each amount of material depends on

the impact parameter but is equally distributed over the whole accreted matter within the
accretion radius.

The mean accreted angular momentum per unity mass was computed by [Shapiro and
Lightman (1976) and expressed as

2
(oA vorb;AR A
2 a

Jj= (3.12)
The efficiency factor o considers our ignorance of the exact flow structure. In the study of
Shapiro and Lightman|(1976) it is assumed that o =~ 1 if v, o < vw, Which would be the
case if the donor stars was a 30 M, star with a wind velocity of 2000 km/s and compact
companion on a 0.3 d orbit or further away. |Wang (1981)) argued that rather

B

S R
7 2a/R, -1

(3.13)
also takes the gradient of the wind velocity into account. This yields an accretion effi-
ciency of o =~ 4.5 if the orbit is very compact, i.e., a = 2R;.

We note that the efficiency is much larger if the wind speed is slower, i.e., the order of
the sound speed. In this case, oo may be much higher, as found in numerical studies of
Matsuda et al.| (1987). The reason for this is that in slow winds, the force from the internal
pressure gradient cannot be neglected. Since flow velocities in radiation-driven winds are
much larger than the sound speed, the pressure gradient of the gas can be neglected in
our study and the ballistic approach by Shapiro and Lightman|(1976) and Wang (1981) is
applicable.

Also, if the primary is close to filling its Roche-lobe, tidal forces from the secondary
change the shape of the primary and alter its surface gravitational potential. Both ef-
fects influence the primary’s stellar wind. As a result, the wind becomes increasingly
anisotropic and slower. This increases the efficiency of angular momentum accretion and
makes the formation of an accretion disc more likely. The influence of tidal forces on
angular momentum accretion has been investigated by |[Hira1 and Mandel (2021). They
discovered that this can increase the accreted angular momentum by a factor of 10. How-
ever, the impact of tidal forces becomes significant only when the radius of the primary
has expanded to 80% of the critical Roche radius. In most cases discussed below, the
assumed orbital separation is assumed to be wide. Hence, the primary radius is assumed
to be well below the Roche radius.

We can use Eq[3.12]to predict where a possible disc should form. Suppose we neglect
angular momentum transport by shear within the accreted matter. In that case, we can
assume that all the material will cumulate at the disc radius Rp, which is the separation
of a circular Keplerian orbit, where the centrifugal force of a body with specific angular
momentum j balances the gravitational force. The disk radius can thus be expressed as
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(Frank et al.|2002)

_ 7

- GM,’
In this assumption, the material would instead form a ring-like structure around the black
hole. However, the large Reynolds number induces instability against turbulences. These
turbulences efficiently transfer angular momentum from the inner parts (closer to the ac-
cretor) to the outer, causing the disc to spread out (Frank et al.[|[2002). The material at the
inner disc edge will thus lose angular momentum and decrease its distance to the black
hole’s event horizon.

Rp (3.14)

Eventually, the material is so close to the black hole that the gravitational attraction can
no longer be expressed Newtonian, but higher orders of the gravitational force have to
be taken into account. In this post-Newtonian regime, the material does not necessarily
find a stable circular orbit (ISCO) since the gravitational force increases faster than the
centrifugal force if angular momentum is conserved. Instead, the matter will spiral in
rapidly. One can thus define an innermost stable circular orbit with an orbital separation
Risco(Misner et al.[2017). For a non rotation black hole Risco can be expressed as

6GM.
Risco =5 (3.15)

If Risco < Rp, the ISCO defines the inner edge of the accretion disc. If, however,
Risco > Rp, we would not expect that an accretion disc can form since the material
can not cumulate inside Rjsco. Combining Eqns. [3.8] [3.12] [3.14] and [3.15] we express the
condition for the existence of an accretion disc as

8 M
Py < \@ noGe —=, (3.16)

vrel

which can be rearranged to

2

2 O Vorb \ 2 v
= - 1+—=—=| >1. 3.17
3(1+q)2( c ) ( vgrb) -17)
Eq. is similar to the disk condition given by Sen et al. (2021). The difference is that
we do not investigate the effects of BH spin. This corresponds to a factor of y. = 1 in Eq.

10 of Sen et al.| (2021)).

Eq. [3.16] shows that the threshold for the existence of an accretion disc is sensitive to
the relative velocity of the BH and the stellar wind. Doubling the relative velocity yields
an upper limit for the orbital period that is 16 times smaller. Since v, 1s dominated by the
wind velocity vy, it is rather unlikely that an accretion disc forms if a BH on a wide orbit
captures material from a fast radiation-driven wind.

Figure [3.1] shows the threshold line in the vou,-Po-diagram where the equality sign in
Eq. [3.16]applies. This line was plotted for different values of v.,, assuming a 30 M, donor
star. This means that according to the disk criterion in Eq. [3.16] we would not expect
an accretion disk around a black hole if it would orbit the star in such a way that the
corresponding point was right and below the line determined by the donor’s wind velocity.
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Figure 3.1.: Disc condition for a 30 Mg, star hosting a compact object. Every line corresponds
to a certain terminal velocity of the donor wind. The lines are defined by equating the specific
accreted angular momentum to the specific angular momentum corresponding to the ISCO. For
a given terminal velocity, we expect the formation of an accretion disc for every point above the
line. Below the line, the accreted angular momentum is so small that the disc radius is smaller than
the ISCO. Hence, we assume that no accretion disc forms in this regime. In this plot, we adopt a
wind-acceleration parameter of § = 1.

As can be seen in Figure we do not expect an accretion disk around a 10 M, black
hole orbiting the 30 My donor with an orbital period of 30 days, if the terminal velocity of
the donor’s wind exceeds 1000 km/s. Note that this value is roughly the escape velocity
of a 30 M, with a 10 R, radius.

However, since v, & 2.3vs (Vink et al.[2001), we can assume that the wind velocity
is at least twice that high. A wind velocity of 2000 km/s would leave a large fraction of
the parameter space where we would not expect the existence of an accretion disk.

If an accretion disc is present, the X-ray luminosity can be computed from the rest-mass
energy of the captured matter as (Shapiro and Teukolsky| 1986)

Lx = nMxc? (3.18)

assuming stationary accretion. For an accretion neutron star, the efficiency factor is n =
0.15 and n = 0.06 for an accreting black hole with the disc. The efficiency of an accreting
BH without a disc has to be deduced from another emission model.

3.2.5 Optically thin, adiabatic, spherically symmetric accretion

In this section, we derive a prescription for the X-ray luminosity of an accreting BH
without accretion disc. Suppose that a BH accrets with an accretion rate M. Furthermore,
suppose that the material falls radially into the BH. Let the free fall time be short enough
so that energy transport and cooling are negligible, i.e., that the process can be treated as
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adiabatically. The accretion rate is connected to the flow velocity and the density of the
material
My = 4jrr2p(r)v(r) , (3.19)

where r is the distance to the CO. Assuming that the velocity matches the free fall velocity

2GM.
vi(r) = = (3.20)
r
we can write the density as a function of r
M
o(r) = —2 (3.21)
AY; 327T2GM2 r3
Using the adiabatic relation for ideal gas
T o p*3 (3.22)
we write the temperature profile as
o 2/3
T(r) = To( 2 } (3.23)
32m2G M, r3pg

where T and pg correspond to a point far away from the CO. We assume that they match
the donor’s wind temperature and density at the orbital separation a, i.e., pg = pw(a@).
We assume further that the wind expands isothermally starting at the photosphere, i.e.,
Ty = T.s. We note that this assumption gives a highly uncertain value for the temperature.
However, as we will see above, the wind’s temperature has only a small influence on the
X-ray luminosity. Thus, the assumption seems justified in order to estimate the accretion
luminosity.

If the material is optically thin and fully ionized, the spectrum of emitted radiation is
no longer given by Planck’s formula. Instead, emission by thermal bremsstrahlung dom-
inates the X-ray radiation. For thermal bremsstrahlung the integrated X-ray emissivity
(i.e., energy per unit volume and unit time) is given by (Courvoisier|2013)

€ = CgBZZneniTl/2 (3.24)

where n. and n; are the particle density of electrons and ions, respectively, Z is the mean
charge number of an ion, and g the integrated gaunt factor, with a value between 1.1 and
1.5. Assuming gg = 1.2 leads to an uncertainty of about 20% (Shapiro and Teukolsky
1986; Frank et al.|2002; Courvoisier 2013). The constant C is given as

~14x 10 ergem®s™ ' K™1/2. (3.25)

C:(20487r3)1/2 kg
27 ) mPen

As mentioned above, we assume a fully ionized gas. In addition, we suppose that the
gas from a stellar wind will consist mainly of hydrogen, with mass fraction X, and helium,
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with mass fraction Y ~ 1 — X. Thus, the electron and ion density may be written as

_X+1p

e 3.26
n > (3.26)
and AX + 1
+
7 = L (3.27)
4 np
where mp is the mass of a proton. The mean charge number is given as
2X +2
= . 3.28
3X+1 (3:28)
Inserting this, as well as Eq. [3.23]into Eq. [3.24] we find
e =SB X +1)° T, [ M )7/3 112 (3.29)
ff = . .
2my 3X +1 p(l)/3 V32m2GM,

The X-ray luminosity can be computed from Eq. under the assumption of radial
symmetry by integration from the Schwarzschild radius Rg to the accretion radius:

Ra
Q:Mf eqr2dr . (3.30)

Rs

This yields

X 1 3T1/2 M 7/3
g8 X+ 171y A R, (3.31)

LX =4nC—
\/327T2GM2

m 3K+ 1 plf

where we made use of the fact that R4 > Ry.

Using the same approach, Shapiro and Teukolsky|(1986) and |Frank et al. (2002) derived
a similar formula for the X-ray emission from a BH accreting from the interstellar medium
(ISM). Their results show that stellar mass BHs are basically undetectable in X-rays if
they accrete from the ISM. Only supermassive BHs may emit sufficient energy to be
detected by X-ray telescopes.

While wind density and velocity of the stellar wind are different from the conditions in
the ISM, Our approach suggests that wind-accreting BHs with spherical accretion flows
are also very faint in X-rays and may even be undetectable. To illustrate the dependence
of the accretion luminosity on the orbital separation, involving the formation criterion
of the accretion disk and the approach for spherically symmetric accretion, we define an
exemplary binary that consists of a 30 M donor star hosting a 10 M, BH companion
star. The mass-loss rate is arbitrarily set to 107° My /yr and the terminal wind velocity to
2000 km/s. Note that this setting does not represent a physical binary model but is only
for illustration.

Figure [3.2] shows the accretion luminosity of our exemplary binary setting for different
orbital periods. For narrow orbits, with a period of less than seven days, we expect the
formation of an accretion disc since Eq. applies (red solid line). Thus, the X-ray
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Figure 3.2.: Accretion luminosity of a 10My BH orbiting a 30 Mg donor star. The mass-loss
rate is 107° Mg /yr and v, = 2000 km/s. The red solid line shows the range of orbital periods
where the formation of an accretion desk is expected, and the blue solid line shows the period
range where we do not expect an accretion disk and assume spherically symmetric accretion. The
dashed red line is the extrapolation of the X-ray luminosity from a disk for illustration purposes.
The grey regions show the luminosity range that cannot be detected, assuming the source is in the
Milky Way or the Magellanic Clouds, respectively.

luminosity is computed using Eq. which gives a high luminosity up to 10 erg/s.
As the orbit widens, the accreted angular momentum is no longer sufficient to form an
accretion disc. Here, we use Eq. [3.31]to compute the total luminosity (blue solid line).
This gives a discontinuity, and the luminosity decreases roughly ten orders of magnitude.
We note that Eq. [3.31| might not apply close to the transition between disc formation and
spherically symmetric accretion. Thus, the luminosity values close to the discontinuity
must be considered cautiously. If the orbital separation is, however, much larger than the
value where the discontinuity occurs, i.e., an orbital period of a few hundred days and
more in Fig. [3.2] Eq. 3.3T]may be a good estimate.

We also displayed the detection limits of the Milky Way and the Magellanic clouds
as well as the X-ray luminosity that would be achieved if an accretion would always be
formed (red dashed line). Fig. illustrates that the formation of an accretion disk is crucial
for detecting a wind accreting BH: Assuming that an accretion disk forms, regardless
of the orbital separation, leads to the conclusion that galactic accreting BHs should be
detectable even at Py, ~ 10*d and still at orbital periods of ~ 300d. However, taking into
account the disk condition derived above and the luminosity for spherical accretion, we
may expect that accreting black holes are below the current detection limits if the orbital
period exceeds a few tens of days. This was also pointed out by [Vanbeveren et al.| (2020).

In the following, we check the self-consistency of our spherical accretion model. To
do this, we compute the optical depth 7 of the inner edge of the accretion flow, i.e., the
Scharzschild-radius. The mass column density of the Schwarzschild radius X, := f pds
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can be immediately computed using Eq. and reads
C M A

Tae = — - 3.32

47 GM2 ( )

For an optically thin flow, the optical depth 7 = xM, has to be smaller than unity. Eq.

[3.32]can be inverted and yields for 7 = 1

. 47GM
M, = FGM (3.33)
CK

This is the accretion rate of the spherically symmetric flow that yields a certain optical
depth at Rs. Thus, in order to apply thermal bremsstrahlung as the emission mechanism,
the actual accretion rate has to be smaller than the value given by Eq. If we assume
that the opacity arises from electron scattering, the accretion flow is optically thin if the
accretion rate is below 10'® g/s in the case of a 10 M, BH. This is the case for all regarded
donor stars if the orbital period is above ten days. Thus, the condition of optically thin
accretion flow is, in general, fulfilled.

3.2.6 The Eddington limit

The X-ray flux of an accreting CO generates radiative pressure onto the in-falling ma-
terial. Assuming spherically symmetric accretion of matter and spherically symmetric
emission of radiation, the force from radiative feedback balances gravitational attraction
at the Eddington luminosity (Heinzeller and Duschl 2007))

M
Leag = 1.3 % 10% (M—2) erg/s. (3.34)

©

We assume this is the maximum X-ray luminosity for all COs (BH and NSs). This means
if the computed luminosity of Eqn. [3.18|and[3.3T|exceeds Lgq4, we use the value of Lggq. It
is important to note that some X-ray binaries, called ultraluminous X-ray sources, exceed
the Eddington luminosity by a factor of 10 or more (Swartz et al.|2004). The reason for
violating the Eddington limit may be a non-spherical accretion geometry and instabilities
of the accretion flow (Kaaret et al.|[2017)).

3.2.7 X-ray attenuation

In the case of wind accretion, the companion is embedded in a more or less dense
medium, depending on the mass-loss rate and wind velocity of the donor. X-ray photons
will be scattered and absorbed if the wind is dense enough. This reduces the flux in the
observation band, making an accreting CO companion harder to detect.

In this approach, the fraction exp(—7) is not scattered but can be detected by an ob-
server. Here, the optical depth is 7 = f kp ds, where, in general, the opacity « depends on

the photon energy. Introducing the mass column density X := f p ds the optical depth can
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be expresses as
T =KX (3.35)

under the assumption that « is constant everywhere.
Assuming a coordinate system whose origin coincides with the position of the accretor,
we can write the hydrogen column density as

sz pds (3.36)
0

where ds is the path differential along the line of sight to the observer at infinity. Using
the wind profile of the mass density (Eq. [3.6), we rewrite the column density as

oM, 1
" Adnvg, 0 (1_&)5,,2

r

ds, (3.37)

where r is the distance to the donor star. The solution of the integral depends on the
orbital inclination as well as the orbital phase and thus is time-dependent in general. For
simplicity, we will assume two extreme cases of orbital inclination of 90° and the accretor
aligned along the line of sight and an orbital inclination of 0°. In the first case, s = r — a,
and thus )

M, 1

2= 4nve J, (1—&)ﬁr2

dr, (3.38)

which integrates to

=% _ . 3.39
4y Ry 1=(=Rija)'* : else ( )

M, {—ln(l—Rl/a) B=1
-8

This is the column density derived by Leutenegger et al.|(2010) corrected by a factor that
accounts for the fact that the wind is accelerated.

Eq. [3.39] sets a lower limit for the mass column density of an accretor with orbital
separation of a. As shown in Appendix the value of X may be larger by a factor of
about 1.6, depending on the inclination angle. We also note that our calculation holds
for a homogeneous and isotropic wind. The real column density may be affected by
inhomogeneities on small (wind clumping) and large scales (e.g., by gravitational wind-
focusing of the accretor). It will also be time-dependent since the binary changes, and the
donor star may undergo phases of strong mass ejection.

To estimate the attenuation of X-rays by the stellar wind material, a prescription of
the opacity « is needed. In general, this wind medium will be highly ionized due to the
donor’s intrinsic luminosity and the energetic X-rays from a potential accretor, i.e., the
wind consists of ions and free electrons that scatter incoming photons. Typically, the
photon energies do not exceed a few ten keV, which is less than the rest of the mass
energy of an electron. Thus, electron scattering can be modeled as Thompson scattering.

This gives a wavelength-independent contribution to the overall opacity. Under the
assumption that the whole material consists purely of hydrogen with mass fraction X and
helium with mass fraction 1 — X, the electron scattering opacity can be computed using
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Figure 3.3.: Energy dependent opacity of a partially ionized stellar wind from [Leutenegger et al.
(2010). Hydrogen and helium are supposed to be completely ionized. The absorption edges arise
mainly from Fe and the CNO elements. The white area indicates the Chandra broadband.

the formula given by Cox and Giuli (1968) (see also |[Kippenhahn and Weigert|1990)

ke = 0.2(1 + X)cm?/g. (3.40)

Another important contribution to the opacity comes from the interaction of X-ray pho-
tons with the innermost electrons of the metal ions that are not completely ionized. To
account for this so-called K-shell or bound-free absorption, we use the opacities ks com-
puted by Leutenegger et al. (2010) based on the cross-sections of |[Verner and Yakovlev
(19935)) to calculate the broadband X-ray absorption by stellar winds of O stars. The opaci-
ties were calculated assuming solar abundances and neglecting the effect of the absorption
edges of hydrogen and helium since these elements are completely ionized. Figure [3.3|
shows the energy dependence of the resulting opacity.

The most significant contribution to the X-ray opacity comes from the K-shell absorp-
tion edges of Fe and C, N, and O due to their high abundance. An important contribution
also comes from Ne, Mg, and Si. As noted by Pauldrach| (1987) and Hillier et al.| (1993)),
absorption by partially ionized helium has to be regarded if the stellar wind cools and
helium can partially recombine. However, we do not expect this to happen near the donor
star or the accretor since their powerful radiation will inhibit the recombination of he-
lium. Recombination processes may become important far away from the system. This,
however, implies a low mass density, which makes the absorption due to partially ionized
helium unimportant.

Since K-shell absorption makes the opacity wavelength dependent, we need a specific
X-ray spectrum to predict the overall X-ray abortion. For the purpose, we used the Xspec
version 12.1, an X-ray spectral fitting code (Schafer|1991; Arnaud|1996). We synthesized
X-ray spectra using the emission model grad for an accretion disc around a Schwarzschild
black hole (Hanawa |1989; [Ebisawa et al.||1991). The inclination was fixed to O degrees,
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Figure 3.4.: Synthetic X-ray spectra of a accretion discs around a 10 Mg BH that orbits a 30 Mg
donor star with a terminal velocity of 1000 km/s and a mass-loss rate of 107> My/yr. The color
indicates different orbital periods. The solid lines show the spectrum with absorption from the
stellar wind material. The dashed lines indicate the unabsorbed spectrum. The Chadra broadband
is indicated as a white area.

the spectral hardening factor was set to 1.7 as suggested by [Shimura and Takahara (1995)),
and relativistic effects were included. Thus, the only parameters left were the accretor
mass and the accretion rate. The latter is assumed to be the Bondi-Hoyle accretion rate as
given by Eq.

We computed a grid spectra for BH masses ranging between 3 and 100 My and ac-
cretion rates of between 10'° g/s and 10*° g/s. The upper limit of the accretion rates
corresponds roughly to the Eddington accretion rate of a 10 M, BH. Hence, Xspec does
not allow higher values for the accretion rate. In our study, we did not encounter the case
that a wind-accreting black hole exceeded the

We can now compute an accretion disc spectrum for given donor star parameters and a
given mass of the BH accretor as a function of the orbital period. Assume for instance a
30 M,, donor star with a terminal velocity of 2000 km/s. According to Figure[3.2] a 10 M,
BH companion would form an accretion disc if the orbital period is shorter than about
10 days. Further assume that the mass-loss rate is 10> My /yr. Based on this, we can
compute the accretion rate and the accretion spectrum as described above. Consequently
we multiply the spectrum with the absorption factor exp (—«X), where k = k. + kps. Figure
[3.4]shows the results for two orbital periods. Comparing the two spectra in Figure[3.4] we
see that the absorbed spectrum of the accretion disc is harder if the orbit is more compact.
This has two reasons: On the one hand, the accretion rate of a BH is higher if the orbital
separation is small. This gives rise to hotter accretion flows in the disc (Frank et al.
1985)). Consequently, the unabsorbed spectrum (dashed lines in Fig. [3.4) has to be harder.
In addition, the column density of the BH increases. Thus, X-ray absorption is more
important for an orbital period of 3 days than for 30 days. Since the opacity increases
with decreasing photon energy (Fig. [3.3), absorption tends to make the spectrum harder.
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Figure 3.5.: Total luminosity L, luminosity in the Chandra broadband without absorption Ly,ng
and with L.

To infer the total luminosity, we integrate the spectrum over the Chandra broadband,
i.e., from 0.5keV to 7keV. As shown in Fig. [3.4] the soft part of the accretion disc
spectrum is not in the Chandra band. This means, even if we do not take absorption
due to the stellar wind into account, we can only detect the X-ray luminosity Lya,q in the
Chandra broadband, which is only a fraction of the total luminosity L. However, an
even smaller fraction of the luminosity L, is detectable if we include absorption.

3.2.8 Caveats

We assume a non-rotation BH, i.e., a spin parameter of 0. For spin parameters close to
1, the ISCO is close to the event horizon, assuming the accreted matter rotates prograde
in the equatorial plane of the BH. In this case, Rjsco 1s smaller for a rotating BH than
for a non-rotating BH. Consequently, the threshold period up to which a disc can form
increases. Also, the accretion efficiency can increase up to a factor of 7 (Shapiro and
Teukolsky| 1986). However, incorporating the effects of the BH spin parameter requires
knowledge of its spin evolution, including the BH formation and the supernova explosion,
as well as the angular momentum accretion of the BH in the post-SN binary. Keeping
track of the BH spin evolution and the modeling of accretion discs around spinning BHs
is a more complicated task (cf. Medvedev and Murray||2002; [Sadowski et al.|2011}; (Cenci
et al.2021) and is beyond the scope of this study.

We also note that we use thermal bremsstrahlung only in the case of spherically sym-
metric accretion. Consequently, we neglected other non-thermal emission mechanisms,
such as synchrotron emission and inverse Compton scattering (Sen et al.|2024). The in-
teraction of relativistic electrons with a magnetic field results in synchrotron radiation,
which can dominate at low mass accretion rates. This emission is influenced by the mag-
netic field strength and can peak in hard X-rays. A problem with modeling synchrotron
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radiation arises from our ignorance of the magnetic field strength in the accretion flow.
Hence, we do not regard synchrotron emission in this study. Inverse Compton scatter-
ing, on the other hand, is expected to scatter the X-ray photons up, thereby hardening
the X-ray spectrum (Sridhar et al.|2021). However, this emission mode is expected to be
negligible at low accretion rates (Esin et al.|1997)). Thus, the X-ray luminosity for radially
symmetric infalls can only be regarded as a lower limit for the expected value.

In the absence of a disc, we assume a radial symmetric accretion flow. The disc and
the radial symmetric accretion have to be regarded as extreme cases. The treatment of
the threshold region is difficult due to the marginal stability of the accretion flow. [Shapiro
and Lightman|(1976) showed that an accretion flow near this threshold can spontaneously
form a disc due to the inhomogeneous stellar wind. This marginal stability makes an
analytic model for the accretion in the threshold regime implausible. Consequently, this
regime has to be regarded cautiously.

Disc models for advection-dominated accretion flows (ADAF) exist. However, analyt-
ical ADAF models presume a stationary accretion disc, where the cooling rate is small
compared to the viscous heating (Yuan and Narayan|[2014)). An interesting feature of the
ADAF solutions is that they decrease the accretion efficiency by a factor of 10 to 1000,
depending on the accretion rate and the advection parameter. However, the effects ADAF
become only crucial if the accretion rate is 10~ of the Eddington accretion rate and below
(Esin et al.[|{1997)). For the binaries discussed in this study, this would make the predicted
X-ray luminosity slightly fainter in the disc regime.

3.3 Neutron star companions

Accretion onto a NS differs from accretion onto a BH. The surface of a BH is the event
horizon, i.e., a threshold determined by the configuration of space-time. Hence, a large
amount of accreted material’s energy may be dragged into the BH before it is radiated
away. In contrast, the surface of a NS is solid. This means that a large fraction of the grav-
itational energy is converted into heat and consequently radiated in X-rays, even without
an accretion disk. Thus the formalism developed in section [3.2.5]cannot be applied.

On the other hand, NSs possess a strong magnetic field of the order of Bys ~ 10> G and
rotate quickly around their axis with a spin period Pys of a few to a few hundred seconds
in XRBs (Bhattacharya [1995). Table shows magnetic field strengths, inferred from
cyclotron lines by [Taani et al.| (2018), and spin periods of XRBs where X-ray pulsation
have been discovered.

This section briefly discusses how the magnetic field and the spin of the NS influence
the accretion flow. Different accretion modes have to be considered depending on the
accretion rate, the strength of the magnetic field Bys, and the spin period P of the NS.
Here, we outline the principal picture of the different accretion modes that we adopted
fromBozzo et al|(2008). Appendix [B.2|describes how we computed the X-ray luminosity
in every accretion regime.

The different accretion modes of a NS are determined by the accretion radius as defined
in Eq. the radius of co-rotation R, and the radius of the magnetosphere Ryag. Rco
is defined as the radius of an orbit around the NS with an orbital period that matches the
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NS’s spin period.
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Within the magnetosphere, the accreted material, which consists of highly ionized
plasma, couples to the magnetic field and flows along the field lines. The outer boundary
of the magnetosphere is called the magnetopause. Ry, is the radius of the magneto-
sphere and can be estimated by the Alvén radius, i.e., the distance from the NS where
the ram pressure of the gas is comparable to the magnetic pressure. If the wind velocity
dominates the velocity of the gas flow, the magnetopause is well outside of the accretion
radius, equating the magnetic pressure and the ram pressure yields
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If the magnetopause is inside the accretion radius, the flow velocity is comparable to the
free fall velocity of the gravitational potential. The radius of the magnetosphere then read
(Elsner and Lamb|[1977)
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where y ~ Bns R?\IS is the magnetic dipole moment of the NS.

The difference between Eq. [3.42] and Eq. [3.43] arises from the fact that in the second
equation, it is assumed that the gravitational field of the NS captures the plasma. This
leads to an acceleration and compression of the plasma, both increasing the gas pressure.
However, if the accretion radius is smaller than the magnetospheric radius, the influence
of the gravitation field on the gas can be neglected. Hence, the ram pressure pwv2, results
solely from the stellar wind velocity.

Outside the wind acceleration zone, the ram pressure decreases with distance from the
donor star since the velocity reaches v, and the density decreases. Consequently, Ry,
for a NS companion increases with orbital separation (cf. Eq3.42)). If Ry,y > Ra, the
NS accretes via the Magnetic Inhibition mode. The stellar wind material couples to the
magnetic field outside the accretion radius. A shock front forms at the magnetopause and
is heated by the conversion of the kinetic energy of the wind material. This shock front
contributes to the X-ray luminosity in this accretion mode.

From Eqns. [3.8/and one finds that magnetic inhibition applies if

128My G*M;
a> AW T2 (3.45)
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Here, we assume that the wind has reached terminal velocity, i.e., vi) ® V. For a donor
star with a mass-loss rate of 107® M /yr and a terminal velocity of 2000 km/s, a typical
NS of 1.4 Mg and with g = 10°°G cm?® would be in the Magnetic Inhibition accretion
mode if its orbital separation exceeds 1800 R,. This corresponds to an orbital period of
2000 d of the donor has a mass of 20 M. We can conclude that the Magnetic Inhibition
mode does not play a dominant role in regarding the parameters space in this study. It
may become, however, important for donor stars that show a large terminal velocity, such
as the Wolf-Rayet star WR 3 (see below).

If, in addition, Rp,e > Reo, the coupling of the shocked matter to the rotating field lines
induces a centrifugal barrier that prevents the matter from flowing into the gravitational
potential of the NS. The accretion mode is called the super-Keplerian Magnetic Inhibition
mode. One can show that the magnetosphere rotates supersonically. Consequently, cou-
pling the supersonic magnetosphere to the plasma results in the dissipation of rotational
energy of the NS. The released energy adds to the X-ray luminosity of the shock front.
We use the upper limit provided by Eq. 6 of Bozzo et al.| (2008) for our computations.

If Rmag < R, the centrifugal force at the magnetopause is not sufficient to prevent the
accreted matter from penetrating the magnetosphere. This is the Sub-Keplerian Magnetic
Inhibition mode. The shear between the material captured by the magnetic field and the
shocked material induces Kelvin-Helmholtz instabilities, resulting in an accretion rate
onto the NS surface (cf. Harding and Leventhal|1992; Burnard et al.[1983). The resulting
accretion luminosity is computed as outlined in Appendix [B.2.3| and adds to the shock
luminosity.

For the rest of this section, we suppose that R,,, < Ra, i.e., the accretion flow is
gravitationally accelerated towards the NS. Consequently, the magnetospheric radius is
estimated with Eq. [3.43] At Ry, the coupling of the plasma flow to the magnetic field
lines takes place. We assume that the material rotates with the NS’s spin frequency as
soon as it couples to the magnetic field. The faster rotation induces a centrifugal force,
which balances the gravitational attraction and hinders efficient accretion. This happens if
Rinag > Reo (Frank et al.|2002). This accretion inhibition caused by this centrifugal barrier
is known as the propeller effect (Stella et al. | 1986).

As the magnetic field couples to the accreted material, it induces a torque in the plasma
that increases the angular momentum until equilibrium between gravitational and cen-
trifugal force is reached. The torque can be computed assuming that the accreted ma-
terial has negligible angular momentum initially and the specific angular momentum is
Jj = +2GM,R,,, at the magnetopause. Consequently, the torque acting on the plasma
is N =~ My j (Tauris|2012). The angular momentum needed to accelerate the plasma is
gained from the NS. We assume that the NS can be modeled as a sphere of homogeneous

density. Consequently, its moment of inertia is Iys = %MQRIZ\IS. The NS’s total angular
2nlNs
Pps

The timescale of the propeller accretion state can be computed as the time needed to
transfer the NS’s angular momentum to the entire plasma, i.e., Tpop = Jns/N. This can be
expressed by combining the above formulas as

P! M SR 4 by
os5sx10tyr (2] (—2A ) (22 (—NS ) (346
forop yr( s ) (IO‘IOM@/yr) (M@ 109G cm? (3.46)

momentum Jys =
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If then Re, < Riag, the wind material will be first captured gravitationally as described
above but can not pass the magnetopause. This results in an accumulation of shocked
matter forming an “atmosphere” between R, and R,. Material that falls in from further
outside is braked quickly. The pressure at Ry, 1.€., at the bottom of the atmosphere, can
then be approximated by the ram pressure of the infalling plasma.

In this case, the spin velocity of the magnetosphere is larger than the adiabatic sound
speed of the gas. This leads to the dissipation of the NSs rotational energy at Ry, as in
the super-Keplerian accretion mode. The rotational energy of the NS is converted into
the kinetic energy of the plasma. It is transported to the upper parts of the atmosphere by
turbulence, which is also induced by the supersonic rotation of the magnetosphere. Sub-
sequently, the energy is released as X-ray emission. This so-called Supersonic Propeller
mode was considered by Davies et al. (1979) and |Davies and Pringle (1981)), who also
computed the X-ray luminosity in this regime assuming an adiabatic atmosphere.

The supersonic propeller effectively converts the NS’s rotational energy into X-ray ra-
diation. Consequently, the NS slows down until the material can be directly accreted
again or until the subsonic propeller (see below) is initiated. The time scale for the NS to
slow down can be estimated from the rational energy of a homogeneous sphere and the
released X-ray luminosity. We yield

P\ (M L -!
supers — 1 > L 2 . 47
Tsup >x10 yr( S ) (M@)(1033erg/s (3.47)

If Rco > Rmag, the centrifugal barrier does not operate, and the rotation of the magneto-
sphere is no longer supersonic. However, dissipation (less efficient than in the supersonic
propeller) still occurs and heats the material. As noted by Davies and Pringle| (1981), the
material has to cool sufficiently to be accreted onto the NS surface. This prohibits efficient
accretion if the accretion rat is larger than a critical value(lkhsanov et al.[2001). We use
the critical accretion rate defined in Eq. 23 of Bozzo et al.| (2008)). Only a fraction of
the material that falls inward through Bohm diffusion and Kelvin-Helmholtz instabilities
contributes to the X-ray luminosity. This accretion state is called the Subsonic Propeller
mode.

To compute the X-ray luminosity in the supersonic and subsonic propeller regimes,
we rely on the work of |Bozzo et al. (2008), who applied the investigations of Davies
et al. (1979) and Davies and Pringle (1981) to wind fed supergiant X-ray binaries. If the
accretion rate is lower than the critical value of the subsonic propeller, the direct accretion
mode takes place, releasing an X-ray luminosity as estimated by Eq.

In their paper Bozzo et al.| (2008) express the X-ray luminosities in the five accretion
modes discussed above as a function of accretion rate, spin period, and magnetic momen-
tum of the NS, fixing its mass to 1.4 My. While the first parameter can be calculated from
the position in the vy, p-Pop-diagram, Pys and uns have to be considered.

Table shows that the magnetic field of observed X-ray pulsars is about 10! G, which
corresponds to a magnetic momentum of 10°° G cm?, under the assumption that the NS
has a radius of 10km. That scatter of the magnetic field is quite low. Consequently,
we fix u = 10 Gem?®. The detected spin periods, however, vary over several orders of
magnitude. If we fix the NS mass to 1.4 M, the orbital separation and the donor star’s
orbital velocity become unique functions during the orbital period. We thus lose one free



3.3. NEUTRON STAR COMPANIONS 61

38

BiectyACE:
36

Subsonic Kepl.

o ofoP: -
\050\,\\5 P 34 =
(={V)

log(Lx [erg/s.

log(Ps [s])

w
N

30

=t
)
AV
v
=
()
(%)
e
@
o
=]
(Up)

Supersonic prop.

28

-1.0 -0.5 0.0 0.5 1.0 15 2.0 25 3.0

|Og(Porb [d])

Figure 3.6.: X-Ray luminosity of an accreting neutron star depending on the orbital period and
spin period, according to Bozzo et al|(2008). The black lines distinguish the different accretion
modes. M; = 30Mg, R| = 10Ry, My = 107 Mg /yr and v, = 2500 km/s.

parameter, which can be replaced by the spin period of the NS in the diagnostic diagram.

For illustration purposes, we show a diagnostic diagram for a NS in Fig. [3.6] Every
point in the diagram corresponds to a certain orbital period and spin period of the NS
companion. For given parameters of the donor star, we compute the orbital separation,
local wind velocity, and accretion rate as outlined in the previous sections. We compute
R, Rinag and R, using Eqns. [3.8] [3.41} 3.42] and [3.43|to distinguish between the different
accretion modes. Consequently, we compute the X-ray luminosity for every accretion
mode relying on the recipes provided by Bozzo et al. (2008) and outlined in Appendix
[B.2] for alle accretion regimes discussed above.

Fig. [3.6] shows the result of our analysis. The stellar parameters of the donor star
are given in the caption. As in the previous section, we marked the parameter space
where RLOF is initiated in black. In the upper middle of the diagnostic diagram, the
NS companion accretes in the direct accretion mode. The NS does not spin fast enough.
Consequently, the propeller effect can not work in this regime. Since the accretion is not
inhibited, the X-ray emission reaches its maximum in the direct accretion regime for the
most minor orbital periods.

At the bottom of the diagnostic diagram, the NS accretes in the supersonic accretion
regime. By comparing the X-ray luminosity of an NS with spin period 10*s (di-
rect accretion) and 1 s (supersonic accretion) at the same orbital period, we find that the
supersonic propeller reduces the X-ray luminosity by a factor of 1000.

The subsonic propeller regime becomes important for NSs with spin periods above a
few seconds and orbital periods above a few days. Hence, it is located in the middle of the
diagnostic diagram. The X-ray luminosity in the regime is comparable to the supersonic
propeller.

The sub- and super-Keplerian inhibition regimens are at the diagnostic diagrams’ right.
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As discussed above, they become essential when the terminal wind velocity of the donor
star becomes large. If the NS spins with a period of 10's ore more, the resulting X-ray lu-
minosity in this regime is low, i.e., less than 10°° erg/s. However, if the NS spins faster, the
X-ray luminosity increases in the super-Keplerian accretion mode. As described above,
the increase of X-ray emission with a decreasing spin period results from the dissipation
of rotational energy into heat. We will see below that for most of our analyzed stars,
the Keplerian inhibition modes are not expected to be initiated at orbital periods below
1000 d. Since we restrict ourselves to an orbital period smaller than this, we will not cover
the Keplerian accretion modes for these stars. These accretion modes become important
only for a few stars with large terminal velocities.

We can hence conclude that a NS in the direct accretion regime is expected to show
the largest X-ray emission compared to the other accretion regimes. If the NS spins fast
enough or revolves in an orbit of a few days or more, its X-ray luminosity is too dim to
be detected.

Table 3.1.: Magnetic field strengths (Taani et al.[|2018) and spin periods (Walter et al.|[2015) of
X-ray pulsars.

Name Bns[102 G Pns|s]

LMC X-4 11.2 13.5
Cen X-3 3.4 4.82
J16393 3.3 912
4U1538 24 530
J18027 2.6 140
J16493 3.7 1093
401907 2.1 4.4
Vela X-1 6 8.96
0a01657 4 38.2
250114 2.5 9700

3.4 Main sequence star companions

It is also possible that the companion of a massive star is a main-sequence (MS) star
instead of a CO. A MS companion differs from a CO companion in three ways. On the
one hand, a MS star is extended. Thus, the gravitational potential on its surface is much
lower compared to a CO, and in addition to RLOF from the primary to the MS secondary,
RLOF from the secondary to the primary may occur. On the other hand, a MS companion
has an intrinsic luminosity, which could be comparable to the primary’s luminosity. At
last, a main sequence companion may also launch a strong stellar wind. Especially if
the companion is luminous, mass-loss rates comparable to the primary’s mass-loss rate
may be achieved. The shock front of two colliding winds is the source of energetic X-ray
emission due to thermal bremsstrahlung.
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3.4.1 X-ray emission from colliding stellar winds

If the MS companion is a massive star, it will have a mass-loss rate comparable to
the primary’s wind. Consequently, the interaction of the two wind flows will lead to a
shock of the wind material, which can heat the gas to temperatures of 10’ K and above.
For a review on these colliding-wind binaries, see Rauw and Nazé| (2016). The hot gas
emits X-rays with a luminosity up to 10°* erg/s if both companions are O stars (Pittard
and Dawson|[2018). In WR+O binaries, the X-ray luminosity can reach up to 10% erg/s
as in the case of WR 25 (Gagné et al.[|2012)). Other WR+O binary systems are too dim
to be identified in the X-ray band. This is illustrated by Nazé et al. (2021), who propose
that the faintness of these systems could result from significant X-ray absorption due to
the dense WR wind. They also consider the likelihood that WR+O binaries may exist
without a noticeable X-ray bright wind collision zone.

Consequently, determining whether a WR+O binary produces intense X-rays is not
straightforward. The complicated flow structures within these colliding-wind binaries
contribute to the complexity of addressing this question. Thus, a full treatment to repro-
duce the X-ray luminosity as a function of the stellar parameters, such as the mass-loss
rate or terminal velocity, requires full 3D numerical simulations. Since this is beyond
the scope of this study, we developed a much simpler approach to estimate the X-ray
luminosities from colliding stellar wind.

1

Assuming radial symmetry the dynamic pressure pqy, = 50v of the stellar wind reads

¥ v(r)

Pan = g5 (3.48)

Regarding the connecting line of the two binary components, the shock front is located at
the point where the dynamic pressure of the wind from the primary equals the pressure of
the secondary’s wind (Stevens et al.|[1992; [Usov||1992). Equating the dynamic pressures

leads to 2
1—-R{/r)r

A-Ri/r)yn 2-¢, (3.49)
(1 =Ry /r)Pr

which defines the location of the equilibrium of forces, i.e., a fixed point. Here, & := %

is the ratio of the wind momentum at infinty. From here, we assume the same S-value for
both companion winds. Note that r; and r, are the distances of the shock front from the
corresponding binary companion, i.e., r; + 1, = a.

We define the radius of the shock front as rg,ecx := min(ry, r). Suppose that r; and r,
are large compared to the stellar radii or that the wind is launched fast, i.e., 8 = 0. In this
case, Eq. [3.49 may be solved analytically and yields

vé a
- VE
In the following investigation, we assume 8 = 1, and the shock radius may be of the same

order as the stellar radii. In this case, a numerical solution has to be computed. We use
Newton’s method to solve Eq.

(3.50)

Tshock =
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In the case of a non-vanishing g value, Eq. has multiple solutions in general.
While every one of these points is a fixed point, since force equilibrium holds, they are
not all stable against perturbations. This can be seen from a brief analysis: assume a
small amount of matter at a distance r from the primary’s center of mass. The matter is
subject to forces from the dynamic pressure of the stellar wind from the primary and the
secondary star. The total force is proportional to the difference of the dynamic pressures

Ap(r) = pi(r) — p2(r) . (3.51)

If Ap is positive, the matter is pushed away from the primary towards the secondary. On
the other hand, if Ap is negative, the matter is pushed away from the secondary. At a fixed
point rgx, we have Ap(rgx) = O per definition, and the matter experiences no total force.
Now assume that the matter is close to a fixed point. A Taylor expansion then yields

Ap(r) = Ap' (ra)(r = riy) - (3.52)

Here, the dash denotes the derivative with respect to r. Since Ap’(rx) = p'(rax) — pP5(rhix),
we can conclude that the pressure difference grows with r if p; grows faster than p, i.e,
P (rax) > pi(rex).

This means a small perturbation that pushes matter from a fixed point toward the sec-
ondary would lead to a positive pressure difference and a subsequent force toward the
secondary. This would increase the perturbation even more. Vice versa, a perturbation
that shifts the matter closer to the primary would lead to a negative pressure difference,
which means that the secondary’s wind would overcome the primary’s wind, pushing
the matter closer to the primary until the primary’s surface is reached. At this point,
the dynamical wind pressure of the primary vanishes since the wind velocity vanishes
at the photosphere. However, the gas pressure at the primary’s photosphere now bal-
ances the secondary’s wind pressure. This leads to an equilibrium where the shock radius
equals the primary radius. We can conclude the discussion with the result that fixed points
where p/(rsx) > p,(rix) are unstable against perturbations, while fixed points are stable
pll(rﬁx < plz(”ﬁx)-

A shock front can only exist at stable fixed points. The algebraic analysis of Eq. [3.49]
shows that either one or three fixed points exist. Regard the fixed point that is closest
to the primary. We find Ap < 0 at the primary’s photosphere since the primary’s wind
has vanishing velocity. At the fixed point Ap = 0, which means the pressure difference
changes from negative to positive, i.e., A’p > 0. Thus, the fixed point that is closest to
the primary must be unstable. The argument holds vice versa for the fixed point that is
closest to the secondary. If three fixed points exist, the point in the middle must be stable
since Ap is a continuous function.

As an illustration, we show the dynamical wind pressure in the colliding wind binary
HDO93161A in Fig. The stellar parameters are inferred from the discussion below.
The radial extensions of the two binary components are visible as shaded areas, where the
primary is blue and the secondary is orange. The lines show the dynamic wind pressure.
The fixed points are the points where the two lines intersect (red and green dots). We
find three of these points in Fig. The discussion above shows that the two red dots
must be unstable since they are the closest fixed point to the primary and the secondary,
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Figure 3.7.: Dynamical wind pressure as a function of the distance from the primary in the collid-
ing wind binary HD 93161A. The orbital separation of the binary is 60 Rg. The shaded areas show
the radial extension of the primary (blue) and the secondary (orange). The lines show the dynamic
pressure of the corresponding stellar wind normalized to the maximum. The colored dots mark
the points where the dynamical pressure is equal, i.e., fixed points. Red dots mark unstable fixed
points, while green dots mark the stable fixed point, i.e., the shock front.

respectively. The green dot in the middle marks the stable fixed point, which we assume
is the shock’s location. Thus, the shock rgocc = 22.4 Rg, which is the distance from the
secondary’s center of mass.

Two examples where no stable fixed point exists are shown in Fig. [3.8] The top panel
shows the dynamic pressure in HD 215835. The orbital separation of the binary is rela-
tively small and comparable to the size of the wind acceleration zone. This leads to the
situation that only one fixed point exists, which is the closest fixed point to the primary
and the secondary and, hence, unstable. We call binaries having only one unstable fixed
point due to a small orbit separation compact unstable.

The bottom panel of Fig. [3.8] shows the dynamical pressure in QZ Car. The orbital
separation of this binary is larger than the wind acceleration zone. After computing the
shock radius, we compute the shocked wind material’s X-ray emissivity €. If a stable
fixed point exists, we do this for the primary’s and secondary’s wind and add the inferred
emissivities. If no stable solution exists, we only compute the emissivity of the stronger
wind.

We first compute wind density and the wind velocity at the location of the shock front
using Eqs[3.4]and[3.6] where we use the distance to the shock front for a. The density and
temperature of the shocked material are inferred from using the Rakine-Hugonoit jump
condition for an ideal gas with adiabatic exponent y = 5/3 (Regev et al|2016). These
conditions imply that the density of the shocked wind material is

(v + DHM?
y+ D+ - DM -1

Pshock = (353)
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Figure 3.8.: Similar to Fig. for the colliding wind binaries HD 215835 (top) and QZ Car. Both
binaries have an unstable fixed point. In the first case, the unstable fixed point arises from the
small orbital separation, and the fixed point is the wind acceleration zone. In the second case, the
primary’s wind is much stronger than the secondary’s wind. Since the only fixed point is unstable
in both cases, the shock radius is chosen to be the radius of the wind-weaker star (orange).

where M := vw/c, is the Mach-number of the un-shocked wind material and vy is the
wind velocity at rgok. Since the flows that we regard are highly supersonic, we compute
the limit of Eq. for M > 1 and find

Pshock = 4PW > (354)

which we use in our calculations. The thermal pressure of the shocked gas can be ex-

pressed as
Y+ 1D +2yM-1)

(y+1)

Pshock = Pw . (3.55)
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Note that pw denotes the thermal gas pressure of the unshocked wind material. Taking
again the limit for M > 1 we simplify this equation and obtain

5
Pavock = ZMpw. (3.56)
Since we assume an ideal gas, we have T « pp~!, which yields

5
ook = - MTy . (3.57)
16
This can further be simplified using the formula for the sound speed of an ideal gas ¢? =
y% Tw, R is the universal gas constant (Kippenhahn and Weigert|1990) and u the mean
molecular weight. Using this relation, we find

3pu o,
Tohock = — =Viyy . .58
shock 16RVW (3.58)

Using pshock and Tghock, We can compute the emissivity under the assumption of thermal
bremsstrahlung as the dominant radiation mechanism. The emissivity is computed using
Eq. together with Eq. to(3.28] which yields

[ n Cgg (X+1P
shock = 12— .
Eshock R X 2 X 3X 1 1 X PwVw 3 59)

P

Neglecting metals, the mean molecular weight is ¢ = 0.62 for a hydrogen abundance of
X = 0.7(Kippenhahn and Weigert|1990). Assuming these value for u and X the emissivity
simplifies to

Enock = 2.85 X 10" ergem? g7 X pivw . (3.60)

As written above, we compute and add the emissivities of both shocked winds. The
stable fix-point of the colliding winds defines the shock-front and consequently rgpock.
The total luminosity is then inferred by multiplication with the volume occupied by the
shocked material. To estimate this volume, we use the radius of the shock-front as a char-
acteristic scale length and consequently rfhock as a characteristic volume. This estimate
was suggested and applied by Stevens et al.|(1992) and|Usov|(1992). However, numerical
studies (Pittard and Dawson|2018) suggest that emission volume is rather the product of a
characteristic surface rfhock and a length scale (thickness of the shock-front ) that is inde-
pendent of the wind parameters. While we could also follow this approach, we decided to
use the first since we cannot give a reasonable assumption for the universal length scale.
In addition, our X-ray luminosity predictions are insufficient to prove which of the two
mentioned approaches to derive the shock volume yields better results.

3.4.2 Main sequence models

To estimate the X-ray emission for the case of a main-sequence companion, we need the
stellar parameters and wind properties as a function of the stellar mass. We used the grid
of detailed evolutionary models computed by Brott et al.| (201 1)) using the stellar evolution
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code BEC (e.g. Yoon et al.[2010) to infer the stellar radius R, and the luminosity L, as
a function of the total companion mass M,. Both parameters were taken at the ZAMS,
i.e., the onset of hydrogen burning. Hence, we assume the companion is not in an evolved
stage, i.e., late main-sequence, hydrogen shell burning, or helium burning.

We use a cubic spline to interpolate R, and log(L,). The interpolation enables us to
compute the effective temperature T, and the escape velocity Ve, of the companion.
The terminal wind velocity is computed as a multiple of the escape velocity using the
scaling formula provided by |[Kudritzki and Puls| (2000), where

2.65 T =21kK
Voo/Vese =31.4 1 10kK < T < 21kK . (3.61)
1.0 :T.5 <10kK

The mass-loss rate as a function of stellar mass, luminosity, effective temperature, and
terminal velocity is inferred using the prescription of (Vink et al.[2001). The mass-loss
rate at the bi-stability jump between 22.5 and 27.5 kK is computed by linear interpolation
of log(M) between the two threshold temperatures.

We used the list of colliding wind binaries compiled by Gagné et al.| (2012), who list
spectral types, periods, distances, and X-ray luminosities of multiple colliding wind bina-
ries. We selected 13 O+O binaries where the spectral type and luminosity class are known
sufficiently well. In addition, we selected 3 WR+O binaries where the spectral type of the
O star is known and |Hamann et al.| (2019) provided stellar parameters of the Wolf-Rayet
star.

The listed X-ray luminosities were corrected for the Gaia distances d (Salgado et al.
2017; |Luri et al.|2018) by re-scaling the luminosity according to

d\2

LX = Lx-o - N (362)
’ (do)

where the subscript O refers to the X-ray luminosity and distance listed by Gagné et al.

(2012). In the following analysis, we use the corrected luminosity Ly for comparison with

our theory. The corrected X-ray luminosities are listed in Table 3.2

The stellar parameters of the O stars were inferred by Muijres et al.| (2012), who lists
the stellar mass and radius, based on calibration of [Martins et al. (2005)), as well as wind
mass-loss rates based on the prescription provided by Vink et al.| (2001). The terminal
velocity of the stellar wind is assumed to be 2.6 times the escape velocity of the star
(Muijres et al.|2012). The stellar parameters and wind parameters of the WR stars are
adopted from |Hamann et al.| (2019).

Once the stellar masses are known, we compute the orbital separation under the as-
sumption of circular orbits. Using the mass-loss rates and terminal velocities, we can
determine the location of the shock front as described above. For this, we assume a wind
acceleration parameter of 5 = 1. We further discriminate between cases where the shock-
front is a stable fixed point and binaries where the fix-point is compactly unstable or
widely unstable. Finally, we compute the density and temperature to infer the emissivity
of the shocked material and, consequently, the X-ray luminosity as described above. The
assumed stellar parameters and the predicted X-ray luminosities are listed in Tab.
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The top panel of Fig. shows the X-ray luminosity predicted by our model against
the observed X-ray luminosity for the 16 colliding wind binaries. For comparison, we
included a dashed line to indicate where the theoretical model matches the observation.
We find that our model predicts the order of magnitude of the X-ray luminosity fairly
well in most cases, independently of the stability of the fix-point. For comparison, we
present a similar plot using the model proposed by [Usov| (1992) in the bottom panel of
Fig. We find a similar agreement between theory and observations as with our model.
Consequently, we will use our model in the further course of this study.

We note that WR 3 shows the largest deviation from our model. Based on the param-
eters in Tab. our model predicts an X-ray luminosity of ~ 10% erg/s; however, the
observed X-ray luminosity is three orders of magnitude smaller. Using the model pro-
vided by [Usov| (1992), we find an even bigger deviation between theory and observation.
This raises the question if WR 3 is an actual colliding wind binary. In Sec. we discuss
the possibility of an MS, BH, and NS companion of WR 3 in more detail.
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Figure 3.9.: Top panel: Observed X-ray luminosity and X-ray luminosity as predicted from our
theoretical model. Every point indicates a colliding wind binary from Table [3.2] This color in-
dicates the stability of the fix-point and the nature of the primary (OB or WR). The dashed line
indicates the point in the diagram where the theoretically predicted luminosity matches the ob-
servation. Bottom panel: The same as the top panel, but using the theoretical model provided by
Usov| (1992).



Table 3.2.: Parameters of the 16 colliding wind binaries analyzed in this study. The spectral type (SpType), orbital period, and the observed X-ray
luminosity (log(Lx) obs.) — corrected for Gaia distances — are adopted from |Gagné et al.|(2012). The stellar parameters, the O stars are adopted from
Muijres et al.|(2012). The parameters of the WR stars are from |[Hamann et al.|(2019). We also list orbital separation (a), the shock radius (rshock), and
the X-ray luminosity as predicted by our prescription (log(Lx) theo.). In the last column, we indicate if a stable fixpoint for the shock-front exists (stb.)
or if the fix-points are compactly unstable (cu) or wide unstable (wu).

Name Sp 1 Sp 2 P M, M, R, Ry Vel Veorz  log(M,) log(M)) a Fshock 108 Lxq log Lxops  stability
[dl [Mo] [Mo] [Re]l [Re] [km/s] [km/s] [Mg/yr] [Mo/yr] [Re]l [Re]  [erg/s] [erg/s]
HD 165052 06.5V 06,5V 6.14 290 29.0 9.8 9.8 2810 2810 -6.43 -6.43 55 27.5 33.77 32.98 stb
HD 47129 061 07.51 1440 458 392 203 21.7 2460 2200 -5.44 -5.78 109 72.1 35.00 33.37 stb
HD 101131 06.5V 08.5V 965 29.0 19.8 9.8 8.1 2810 2560 -6.43 -7.17 70 52.6 32.39 33.10 stb
HD 101436 06.5V O7V 37.37 290 26.5 9.8 94 2810 2750 -6.43 -6.62 179  100.6 32.76 33.36 stb
HDO93161A 08V (0% 857 220 18.0 8.5 7.7 2630 2500 -7.02 -7.37 60 37.6 31.89 32.29 stb
HD 93343 o8V (01:3Y 4415 220 220 8.1 8.1 2700 2700 -7.17 -7.17 185 92.5 31.63 31.80 stb
QZ Car 09.51 O9ll 20.72 304 23.1 231 13.7 1880 2120 -6.15 -6.56 119 48.1 33.36 31.91 stb
HD 100213 O7V 08V 1.39 265 220 94 8.5 2750 2630 -6.62 -7.02 19 8.5 34.10 32.73 cu
HD 1337 09111 O91II 352 231 23.1 13.7 13.7 2120 2120 -6.56 -6.56 35 13.7 33.21 32.23 cu
HD 215835 055V 06.5V 2.11 342 29.0 10.6 9.8 2940 2810 -6.01 -6.43 28 9.8 33.94 33.66 cu
HD 101190 04V 07.5V 6.05 462 242 123 8.9 3170 2690 -5.57 -6.82 58 8.9 32.69 32.85 wu
TR 16-34 o8V 09.5V 3.00 220 165 8.1 7.4 2700 2450 -7.17 -7.59 30 7.4 30.73 31.52 wu
HD 93205 o3V 08V 6.08 583 220 138 8.5 3360 2630 -5.38 -7.02 60 8.5 32.92 32.69 wu
WR3 WN3h 04 V(?) 46.85 17.0  46.0 25 123 2700 3160 -5.40 -5.57 217  117.2 34.77 31.97 stb
WR 22 WN7h Q0O9V 80.34 49.0 18.0 22.7 7.7 1785 2500 -4.40 -7.37 318 7.7 31.70 33.03 wu
WR 25 WN6h 04V 207.80 58.0 46.0 20.2 123 2480 3160 -4.60 -5.57 694  508.7 34.60 35.03 stb
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3.4.3 Optical flux ratio

Since we are mainly interested in the investigation of single-lined binaries, it is nec-
essary to predict if the absorption lines of the companion are detectable in the optical
spectrum of the binary. Since hot stars release most of their energy in the UV range, it
is not sufficient to compare the bolometric luminosities of the two binary companions.
Instead, we use the visual magnitude My to measure the visual band’s flux. The visual
magnitude can be computed from the stellar luminosity and effective temperature with

My = Moo = 2.510g(L/Le) = BC(Ter) (3.63)

where My, o is the bolometric luminosity of the sun and BC the bolometric correction.
We adopt My, = 4.72mag (Gray|[2005; [Torres|2010). The bolometric correction as
a function of effective temperature is adopted from the empirical fit relation of Flower
(1996), which was rectified by [Torres| (2010). The analyzed data set included stars of all
luminosity classes from I to V. The fit relation is a sixth-order polynomial of log(7 ) that
reproduces the BC in the temperature range between 5 and 50 kK with an uncertainty of
about 0.1 mag.

Below this range, the accuracy of the fit suffers from a lack of measurements. Thus,
the BC is less reliable and unusable for M stars. However, the absolute value of the BC in
the cool temperature regime hardly exceeds 3.5 mag (Ridgway et al.||1980), i.e., a factor
of 25 in linear flux. This means that main-sequence stars with effective below 5000 K are
always undetectable if their binary companion is a massive star. Consequently, we do not
have to consider the cool range where the fit relation of Flower (1996) is inapplicable.

At the hot threshold, at 50000 K, the fit polynomial swings up. This behavior results
from the high polynomial order. As shown in Fig. the fit relation suggests the
absolute value of the BC decreases with increasing temperature (dashed line). Since this
is un-physical, we extrapolate the BC linearly as a function of log(7g.

In the following investigation, we will exclude the regime of the parameter space where
the difference of absolute visual brightness between the two companions exceeds 2.5 mag.
This corresponds to a flux difference of 10% in the optical spectra of the two stars, which
observers would detect. We also mark the regime where the difference of the visual mag-
nitudes is Smag. This corresponds to the case where the companion’s optical spectrum
has only 1 % of the primary spectrum’s flux. Stars less massive than this second threshold
are assumed to be utterly undetectable due to their faintness.

3.5 Validity check

This section discusses the three cases of Cyg X-1 and Vela X-1. We do this to illustrate
our method on well-studied objects and to compare them with observations. The first two
can be regarded as archetypal examples of wind-fed X-ray binaries hosting a BH and a
NS, respectively (Bolton| 1972; Ziolkowski|2014). The latter is known to be a colliding
wind binary.
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Figure 3.10.: Bolometric correction as inferred from observations by [Flower (1996) and rectified
by Torres|(2010). The blue line shows the fit relation proposed in the cited studies. The fit relation
reproduces the observations between 5 and S0kK (solid blue). Above this range, the polynomial
fit relation starts to oscillate up (dashed). We apply a linear extrapolation instead. Stars with
temperatures below this range are not considered in this study.

3.5.1 Diagnostic diagram of Cyg X-1

Cyg X-1 was the first HMXB recognized to host a BH (Bolton|{1972). The HMXB
is one of the brightest X-ray sources in the sky and one of the best-studied stellar X-ray
sources. Assuming a distance of 2.5 kpc, Schulz et al.[(2002) derived an X-ray luminosity
of the accretion disc of 5.3 x 10’ erg/s and a total luminosity of 1.6 x 10*” erg/s. Cor-
recting for the Gaia distance of 2.25 kpc we find a disk luminosity of 4.3 x 10°° erg/s and
a total X-ray luminosity of 1.3 x 10% erg/s.

The BH orbits an O type supergiant with a period of 5.6 d (Brocksopp et al.|1999; Wal-
ter et al.|2015]). The mass of the donor and the accretor was estimated to be 27 M and
16 M, respectively by Ziolkowski (2014) using evolutionary models. Recent studies by
Miller-Jones et al.|(2021) suggest significantly higher masses of 41 M, for the donor star
and 21 M, for the BH accretor, based on radio interferometry. The system has a distance
of 2.2 kpc and is inclined by 27° to the line of sight (Orosz et al.|2011}; Miller-Jones et al.
2021).

Based on mass-luminosity relation [Miller-Jones et al.| (2021) also derived log(L/Ly) =
5.63 and Tz = 31.1kK for the donor star, which implies a stellar radius of 22 R. The
binary interaction, as well as the fact that the system is almost Roche-lobe filling, makes
a reliable determination of the wind parameters v.,, My and  difficult. Kudritzki and
Puls| (2000) inferr a terminal velocity of 1430 km/ s® . However, given the parameters in
Tab. [3.3] this value yields ve/veie = 1.7, which is significantly below the value of 2.65
that is expected according to Kudritzki and Puls| (2000) (cf. Eq. [3.61)). Davis and Hart-
mann (1983)) infer a larger value for the terminal velocity of 2300 km/s. This is in better
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Table 3.3.: Adopted parameters for Cyg X-1. References: 1 Miller-Jones et al.[(2021)), 2 Brock-
sopp et al.|(1999), 3 |Vrtilek et al.|(2008)

M, 41 M, P
R, 22 R,V
Tet 31 kK"
M, 21 M,V
log(L;/Lo) 5.63M

P 5.6d@

B 0.75®

i 27 deg
log(M/Mgyyr~!) -5.30

Veo 2234 km/s

agreement with what would be expected from Eq. However, the simplified picture
of an isotropic wind is insufficient to describe this binary system’s flow. As a result, the
wind parameters may not be deduced uniquely, as pointed out by (Gies and Bolton/ (1986)).
Using a model for the focused stellar wind, we estimated a value between 1650 km/s and
2540 km/s, depending on the Roche-lobe filling factor and the direction in which the wind
is launched.

Since a determination of the wind velocity is beyond the scope of this study, we will use
Voo = 2234Kkm/s, 1.€., 2.65 X Vegc.

The wind mass-loss rate is also subject to uncertainties. Values for log(My) reach from
—5.9 (Gies and Bolton|[1986) to —5.6 (Gies et al.|2003) and —5.3 (Vrtilek et al. 2008).
However, theese values agree with the receipe of (Vink et al.[2001) which implies log(MW) =
—5.6. We shall adopt this value in our calculations.

An additional constraint for the wind parameters comes from the measurement of the
hydrogen column density. Schulz et al.| (2002)) derived a column density of Ny = 6.2 X
10?! cm™2. Together with a hydrogen mass fraction of X = 0.7 (Miller-Jones et al.[2021)
the column mass density can be computed using

z= Na. (3.64)
We thus find the mass column density £ = 0.015 g/cm?, which is in good agreement with
a value of 0.019 g/cm? that is derived by Eq. . The Bondi-Hoyle accretion model
yields an accretion rate following Eq. of My = 2.8 x 107°Myyr!.
Figure[3.11]shows the X-ray luminosity of a hypothetical CO orbiting the donor stars of
Cyg X-1. White dashed lines correspond to the CO’s mass. For comparison, we marked
the observed BH in Cyg X-1 using the observed orbital period and the inferred mass of
the BH. The parameter space, where R < R; is marked black. If the orbital parameters
were close to the edge of this area, Roche-lobe overflow would power the accretion. The
luminosity would be comparable to the Eddington limit, and the binary would be a bright
X-ray source.
All companions less massive than 3 M, are treated as neutron stars. In this plot, we as-
sume a direct accretion onto the NS. A more detailed analysis of NS accretion is demon-
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Figure 3.11.: Expected X-ray luminosity of a hypothetical CO in Cyg X-1 as a function of orbital
period and projected orbital velocity of the donor star. The white dashed lines mark the mass of
the companion star. A companion less massive than 3 Mg is assumed to be a neutron star (NS).
A more massive companion is treated as a black hole (BH). The BH regime is subdivided into
a part where an accretion disc is formed around the BH and a part where no disc is expected to
form. In the accretion disc regime, the BH emits a large amount of X-rays (green, yellow area in
the BH regime). We apply the spherically symmetric accretion model in a regime where no disc
is expected. This leads to the prediction of faint X-rays from the BH companion (blue area). The
black area marks the regime of Roche-lobe overflow (RLOF). The orange dot shows the observed
orbital parameters of Cyg X-1. The error bars correspond to the error of the companion mass
provided by Miller-Jones et al.[(2021). We marked the observed X-ray luminosity (red) and the
expected intrinsic X-ray luminosity from the stellar wind of the primary (pink).

strated in the next section. More massive companions are treated as black holes. The
BH regime in two areas: An X-ray bright area (log(Pow) = 0.6... 1) where the angular
momentum of the accreted material is sufficient to support an accretion disc according to
Eq. 3.16 and an area where we assume that the matter falls spherically symmetric into
the black hole. In the first case, the X-ray luminosity is computed using Eq. [3.18} we
use Eq. for the spherically symmetric in-fall regime. While the plot suggests a sharp
threshold between these two regimes, we note that this results from simplification. In
our model, we do not treat the transition between the accretion disc area and the area of
spherically symmetric in-fall. Thus, the computed X-ray luminosities in the vicinity of
this threshold are very uncertain.

According to Fig. the X-ray luminosity of Cyg X-1 exceeds 10° erg/s. This is
in fairly good agreement with observations as we model the X-rays from the accretion
disc. Following the dashed line of a 20 M; BH, our model predicts a transition from the
accretion disc regime to spherically symmetric in-fall at an orbital period of about ten
days. According to our model, the X-ray luminosity drops below 10** erg/s at an orbital
period of 20 days. This means that the X-ray emission of Cyg X-1 would be undetectable
with current telescopes if its orbital period were only four times larger than its actual
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value.

3.5.2 Diagnostic diagram of Vela X-1

Here, we discuss the diagnostic diagram of a NS companion using the example of
Vela X-1. Vela X-1 is one of the best-studied NS-hosting HMXBs. It has a persistent
X-ray luminosity of 4 x 10° erg/s (Nagase et al.|1986), but shows some variability on
short time scale (Kreykenbohm et al. [2008). The variability is believed to arise from
changes in the donor star’s wind and clumping of the wind matter (Haberl and White
1990; (Odaka et al.|2013). These two effects and their influence on the accretion rate
are poorly understood. Hence, we investigate the persistent X-ray luminosity only. The
neutron star has a mass of 1.8 My (Rawls et al.[2011)). It possesses a strong magnetic field
of 2.6 x 10> G (Kreykenbohm et al.[2002). Assuming that its radius is 10km and that
the magnetic field is a dipole field, it implies a magnetic moment of 1.3 x 10* erg/G.
The orbital separation of the binary is 55R,. Eq. yields a wind velocity 743 km/s at
the position of the NS, which results in a relative velocity of 797 km/s between the wind
material and the NS. The corresponding accretion radius (Eq. [3.8)) is Ry = 1.2 R, and the
Bondi-Hoyle accretion rate (Eq. is 2 x 1071°M, /yr.

From the NSs spin and mass, we find the value of the co-rotation radius (Eq.
R., = 0.12Rg. According to Eq. the radius of the magnetosphere is below 0.01 R,,.
Since Rpae < Reo < Ra, the accretion flow is not inhibited by the propeller effect. The
relatively small wind speed of the donor star and the compact orbit of Vela X-1 result in
a high accretion rate. This, in turn, leads to a high gas pressure of the in-falling material.
As a result, the magnetosphere is small, and the centrifugal force at the magneto-pause
is not strong enough to push the accreted matter outwards. Hence, the NS in Vela X-1
accretes directly from the stellar wind. In this cases Eq. yields an X-ray luminosity
of 1.7 x3¢ erg/s. This agrees with observations already pointed out by Sako et al.| (1999)
and [Watanabe et al.| (2006)).
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Table 3.4.: Adopted parameters for Vela X-1. References: 1 Falanga et al.[(2015), 2 [Watanabe
et al.| (2006)), 3 |Prinja et al.| (1990)

M, 26 M,V
R, 30R,V
M, 2M, P
P 8.96d"
B 0.50
i 73 deg'
log(M /Mg yr™') -5.8@
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Figure 3.12.: Expected X-ray luminosity of a neutron star in Vela X-1 as a function of the orbital
and spin periods. As in Fig. [3.T1] the black area marks the parameter space where the system
undergoes RLOF. The remaining parameter space is subdivided into three regions. In the bottom
section, the supersonic propeller effect inhibits the accretion onto the NS. In the midsection, the
accretion inhibition is due to the subsonic propeller effect. In the upper section, the accreted matter
falls directly onto the NS. The orbital and spin periods of the NS in Vela X-1 are marked with an
orange dot. The observed X-ray luminosity is marked in the color bar with a red line. The expected
X-ray luminosity from the stellar wind is marked with a pink line.
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3.6 Conclusion

The theory of stellar evolution predicts a significant number of OB+BH binaries (Langer
et al. 2020; Sen et al. 2024). At the same time, only a few massive binaries that host
a BH have been discovered by X-ray observatories (Walter et al.|[2015). To understand
this gap between prediction and observation, we have to investigate the mechanisms that
cause the emission of X-rays in OB+BH binaries. In addition, understanding the cause of
X-ray emission from massive binaries with NS or MS companions may help us to uncover
the existence and the nature of the companion of single-lined spectroscopic binaries and
apparently single stars.

In this chapter, we provided recipes to predict the X-ray emission from a binary con-
sidering a BH, NS, or MS companion, respectively. We note that our approaches are basic
in the sense that they provide only an order-of-magnitude estimate of the X-ray emission.

In Sec. [3.2.4] we derived a criterion for the formation of an accretion disc of the
BH. By assuming radial symmetric infall of the accreted material into the BH we derive
a lower limit for the X-ray luminosity of an accreting Bh without disc. Subsequently,
we show that the X-ray luminosity of an accreting BH without a disc can be orders of
magnitude smaller compared to a BH with an accretion disc. We demonstrate that the
X-ray luminosity may drop below the detection limit in the absence of an accretion disc.

We also found that the formation of an accretion disc depends significantly on the wind
velocity of the host star and the orbital separation of the binary. The larger the wind
velocity, the less likely it is that an accretion disc can form, as the matter accreted by
BH carries less angular momentum. If the host star has a wind velocity of 2000 km/s
a BH companion would have an accretion disc with an orbital period of less than 10d.
At the same time, we expect that many OB+BH binaries have orbital periods above 10d
(Langer et al.|2020; [Sen et al.[|2024). Thus, the lack of observed X-ray bright, massive
binaries with BH companion could be caused by the absence of an accretion disc due to
the fast wind of the OB star. This hypothesis is strengthened by the detection of an X-ray
quiet BH companion in the single-lined binary VFTS 243 in the Large Magellanic Cloud
(Shenar et al. 2022). We will discuss this binary in the next chapter in more detail and
show that our approach indeed predicts an X-ray faint BH as the companion of VFTS 243.

The next central result of this chapter is the development of the diagnostic diagram.
This diagram can be created given known stellar parameters (mass, mass-loss rate, termi-
nal velocity, etc. ) of a host star. The diagnostic diagram serves as a phase diagram and
shows the expected X-ray luminosity as a function of the binary’s orbital period and the
expected value of RV variations as independent variables. In this way, we combine RV
signatures of massive binaries with the X-ray detection from these systems. This enables
us to draw conclusions about detected or putative BH companions of massive stars. We
see this in the case of Cyg X-1, where the diagnostic diagram predicts the right order of
magnitude of the observed X-ray luminosity from this X-ray binary. However, the diag-
nostic diagram of Cyg X-1 also shows that a BH companion can be X-ray faint within a
large fraction of the phase space. Hence, these diagrams can predict whether a BH com-
panion would be bright or quiet, given that the stellar parameters of the host star and the
RV data are known.
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To enhance our method and draw a better conclusion about the existence and nature of
a putative binary companion, we also investigate the emission from accreting NS com-
panions and X-ray emission from the collision of the primary’s stellar wind with the wind
of a MSS companion. The goal of this analysis is to distinguish between BH, NS, and MS
companions by the amount of detected X-rays.

For a NS companion, we distinguish between different accretion regimes depending
on the strength of the NS’s magnetic field and its spin period. We use recipes for the
X-ray luminosity provided by (Bozzo et al.[2008). The corresponding diagnostic diagram
shows the X-ray luminosity as a function of the orbital period and the NS spin period. By
constructing this diagram for the X-ray binary Vela X-1 we find that the detected amount
of X-rays and the orbital period of this system correspond to a NS companion that accretes
directly, i.e., not inhibited by the propeller effect.

For MS companions, we develop a prescription to estimate the X-ray luminosity from
colling stellar winds based on the stability of the collision point. Our estimate shows
a reasonably good agreement with the magnitude of the observed X-ray luminosity in
colliding wind binaries.

The diagnostic diagrams of these three companions types, i.e., BH, NS, and MS com-
panion, can be constructed and analyzed simultaneously to narrow down the phase space
and draw a conclusion about the existence and the nature of a putative companion of a
single-lined spectroscopic binary or an apparently single star. We will apply this method-
ology to differents stars in the next chapter.






Chapter 4

Constraining the unseen companions of
massive single-lined binaries by their X-ray
emission

4.1 Introduction

The detection of gravitational waves has introduced a new observational avenue in astron-
omy (Abbott et al.[|2016| 2017). To advance our understanding of the origins of stellar
gravitational wave sources, we need to explore the evolutionary pathways of massive bi-
nary stars. However, in many binary systems, only the brighter star can be studied through
optical spectroscopy, leaving the companion often undetected. Investigating the presence
and nature of these unseen companions provides crucial tests for the predictions of mas-
sive binary evolution models.

The advent of X-ray astronomy in the last century opened a new observational win-
dow, especially for the detection and investigation of binary stars. Thus, even when the
companion is too faint in the optical range to be detected, various effects within the bi-
nary system can result in X-ray emission. These effects include accretion from the stellar
wind of the host star onto a compact companion in X-ray binaries (van den Heuvel and
De Loore 1973; [Hanawal|1989}; King| 1995; Negueruela 2010; Tauris and van den Heuvel
2023) as well as X-ray emission due to the collision of the host star’s and the compan-
ion’s stellar winds in cooling wind binaries (Portegies Zwart et al.|2002; Gagné et al.
2012; [Zhekov|[2012; [Pittard and Dawson!2018)).

Depending on the donor mass, X-ray binaries are divided into low-mass- (LMXBs)
and high-mass X-ray binaries (HMXBs). HMXBs are divided in two main subclasses
(Corbet|1984,[1986; Bildsten et al.| 1997} [Walter et al.[2015)). The more numerous subclass
contains Be type donor stars that are orbited by a NS on a wide and eccentric orbit (Reig
2011). The donor star is surrounded by a decretion disk (Lamers and Waters|1987; Waters
et al. |1988; Rivinius et al. [2013). Accretion occurs every time the NS penetrates the
decretion disk and captures some of the disk material (Apparao,1985).

The second subclass contains X-ray binaries with an OB type supergiant donor star. The
mass-transfer mode operating in these supergiant X-ray binaries (SGXBs) is uncertain,
and no general consensus has yet been reached. While RLO provides the high mass-
transfer rates that are necessary to produce X-ray luminosity observed in some SGXBs, it
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is believed that the X-ray emission in most SGXBs is due to wind accretion (Chaty et al.
2019). This accretion mode occurs as the compact companion captures a fraction of the
wind material ejected by the massive donor Bondi and Hoyle| (1944). The observed X-ray
luminosities of SGXBs often agree with the accretion rates provided by accretion from an
OB supergiant’s stellar wind (Shakura et al.|[2014; |Bozzo et al.|2016). We note, however,
that many studies suggest mechanisms that cloud lead to a long-term stable RLO (Pratt
and Strittmatter||1976; Basko et al.||1977; |Pavlovskii and Ivanoval2015; [Pavlovskii et al.
2017; |Quast et al.|2019).

Since the majority of massive stars are formed within multiple stellar systems (Sana
et al. 2008, 2009, 2011} 2013, 2014; Kobulnicky and Fryer||2007; Kobulnicky et al.|[2014;
Dunstall et al.2015), one can expect that a significant number of massive stars hosts a
BH companion (Langer et al.|[2020). However, it is not always true that a BH is X-ray
bright if it orbits a massive star (Shapiro and Lightman|1976; Sen et al. 2021} |2024, and
Chap. 3 of this thesis). Binaries with X-ray faint black hole companions may appear as
single-lined spectroscopic binaries (SB1). It is thus crucial to investigate these SB1s for
the presence of a X-ray faint companion in order to better understand the BH population
and to probe the models of binary evolution.

In addition to massive SB1s, Wolf-Rayet (WR) stars may also potentially harbor a BH
companion. As massive stars with initial masses of > 20M,, evolve, they may strip their
hydrogen-rich envelope and enter the WR phase (Crowther|2007). The hot and luminous
WR stars are evolved stages of massive stars. Their high luminosity of the WR stars
causes an intense radiative pressure, which launches a dense stellar wind, leading to the
formation of broad emission lines predominantly of nitrogen and helium (WN-stars) or
carbon (WC-stars)(Lamers| 1991). With wind mass-loss rates up to a hundred times that
of an OB star, it is natural to expect that Wof-Rayet X-ray binaries (WRXBs) should be
easily detected (Tutukov and Yungelson|1973). However, the only known WRXB in the
Milky Way is Cyg X-3 (Giacconi et al.||[1967}; van den Heuvel and De Loore 1973), while
about 40 SGXBs and over a hundred HMXBs in total are known in our galaxy (Walter
et al.[2015). This raises the question of whether some of the apparently single WR stars
have a companion that is not visible by RV variations or by emission of X-rays.

In this chapter, we explore various stars for the possibility of a binary companion. Our
selected targets are chosen such that indications of a binary companion in the literature
have been reported. These include SB1s, stars exhibiting unusual light curve behavior, or
those suspected to be part of a binary system based on arguments from binary evolution
models. We use the diagnostic diagrams developed in Chap. 3. This chapter is dedicated
to applying this method to investigate the selected massive stars for the presence of an
unseen compact companion. We create diagnostic diagrams for seemingly single WR
stars in the Small Magellanic Cloud (Sec. #.2)), as well as three Galactic WR stars (Sec.
to[.5)), the Galactic WN 8 stars (Sec. {.6)), and the single-lined and uncertain double-
line spectroscopic binaries from the Tarantula Massive Binary Monitoring (Sec. and
[4.8), all of which could harbor an unseen companion. Additionally, we provide a catalog
of diagnostic diagrams for massive stars, illustrating various effective temperatures and
surface gravities (Sec. [4.9). These diagrams assist in identifying stars that could harbor
an unseen companion and help refine the potential nature of the suspected companion.
We conclude our investigation in Sec. .10
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4.2 The apparently single Wolf-Rayet stars in the SMC

Investigating the evolution of massive stars at low metallicity is of particular importance if
we want to understand the sources of gravitational waves as detected by the LIGO/Virgo
observatories (Giacobbo et al.[2018])). In order to comprehend the formation of black holes
in low-metallicity environments, it is crucial to understand how massive stars shed their
hydrogen-rich envelopes. This loss can occur either through the stellar wind or through
interactions with a binary companion (Yusof et al. 2013; Szécsi et al.|2015; Pauli et al.
2022). With a metallicity approximately one-fifth that of the Sun (Venn/1999), the Small
Magellanic Cloud (SMC) offers an ideal testing ground for studying binary evolution
models in low-metallicity environments, as it is close enough to allow for detailed inves-
tigation of individual stars. Thereby, WR stars and their potential binary companions are
of particular interest, as they represent advanced stages of massive binary evolution.

In a spectroscopic campaign, Foellmi et al. (2003) studied the binarity of eleven Wolf-
Rayet stars in the SMC by searching for periodic radial velocity variations. Their results
suggest a binary companion for the five WR stars AB 3, AB 5, AB 6, AB 7, and AB 8. No
radial velocity variation above the detection limit of 30 km/s could be found for the other
WR stars. A recent spectroscopic study by Schootemeijer et al. (2024)) on these seemingly
single WR stars found no evidence of binarity, with a mean RV standard deviation of
Skm/s. The authors showed that the probability for any of the apparently single WR stars
to have a companion more massive than 5 M with an orbital period of less than a year is
below 5%.

In this section, we discuss the possibility of the apparently single WR stars in the SMC
by combining constraints of X-ray emission, which we developed in the previous chapter,
and the detection limits of RV variations by Schootemeijer et al.| (2024). Table gives
the parameters of the apparently single WR stars in the SMC adopted to construct the
diagnostic diagrams. Stellar masses were taken from [Schootemeijer and Langer (2018),
while all other parameters were derived by |Hainich et al.| (2015).

A survey conducted by |Guerrero and Chu| (2008) for X-rays from the WR stars in the
Magellanic Clouds did not detect any X-ray flux. The findings indicated an upper limit
of approximately 5 X 107> counts per second. Assuming a mean photon energy of 1keV,
an effective area of 600 cm? for the Chandra telescope and es distance of 60 kpc to the
SMC, the upper limit of the count rate corresponds to an upper limit of 6 x 10°? erg/s for
the X-ray luminosity of the SMC WR stars. This value agrees with the detection limit
discussed in Sec. and we will use it as the upper limit of the X-ray luminosity for
all SMC WR stars in the following discussion.

In the following, we discuss the possibility of a compact companion for some promising
SMC WR stars. We discuss SMC AB 11 in more detail, the WR star with the fastest
wind velocity among the considered stars. Figure shows the diagnostic diagrams as
developed above and applied to AB 11. We indicated the detection limit of RV variations
by Schootemeijer and Langer| (2018]) with an orange dashed line in the top and mid panel.

The expected X-ray emission for a main-sequence (MS) companion is illustrated in the
top panel of Fig. This diagnostic diagram displays the anticipated X-ray luminosity
as a function of the orbital period and the expected value of the radial velocity (RV)
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semi-amplitude of the WR star. Additionally, the parameter space where a hypothetical
MS companion would be less than 2.5, mag fainter than the WR star is highlighted (red
hatched area), along with the region where it would be 5, mag fainter (red dotted line).
These magnitude differences correspond to flux ratios of 10% and 1%, respectively. A
MS companion contributing 10% to the total optical flux would likely have been detected
by its signature in the spectrum. For companions with a flux ratio between 1% and 10%,
i.e., those situated between the red dotted line and the red hatched area, detection in
the optical spectrum is still possible, though it cannot be entirely ruled out that such a
companion has evaded detection thus far.

This diagram indicates that a MS companion, more massive than 7M, would be visible
in the optical spectrum since its absolute magnitude exceeds the magnitude of the WR star
(red area). Even if the companion was a 2.8 Mg, star, detection of the binary partner would
be possible (red line). In addition, a MS of 2.8 M or more would have been detected by
Schootemeijer et al.| (2024) if its period was smaller than about ~ 1 yr.

For such a low-mass MS companion, the X-rays would be produced mainly due to the
direct collision of the WR wind onto the companion’s surface since the companion does
not possess a stellar wind strong enough to produce a stable sho front. In the area of the
parameter space, where the orbital velocity of the WR star is below the detection limit
of RV variations, the X-ray emission does not exceed 10*3erg/s for periods larger than a
fraction of a day. Since this is of the order of the X-ray detection limit of the SMC, we
conclude that a MS companion of AB 11 would be basically undetectable in X-rays.

The mid panel of Fig. shows the X-ray emission expected from a compact object
(CO) companion of AB 11. The figure shows that BHs accreting with an accretion disc
(bright area on the left) are above the detection threshold of Schootemeijer et al.| (2024)
for most of the parameter space that corresponds to a black hole companion, spherically
symmetric accretion takes place. The X-ray luminosity does not exceed 10*%erg/s in this
accretion regime and, thus, does not exceed the detection limit. Consequently, detection
of a putative BH companion by X-ray telescopes would only be possible for small orbital
periods, e.g., three days for a 10 M, BH. However, such short periods contradict the limit
of RV variations of [Schootemeijer et al.| (2024). If the period exceeds a few years, the RV
variations were small enough to fall below the detection limit of 5 km/s. Another possi-
bility could be a small inclination reducing the RV semi-amplitude. Supposing a 10 M,
BH companion with an orbital period of 100 days would induce a RV semi-amplitude of
the WR star of less than 5 km/s is the inclination was smaller than 7°.

Given a random orientation of the orbital axis, the probability that the inclination i
is smaller than a particular value x is defined by the probability distribution function
P(i < x) = 1 = cos(x). For the cases under consideration, the likelihood of the orbital
inclination being less than 7° is 0.7%. Consequently, it is unlikely that AB 11 possesses
an X-ray faint BH companion that avoided detection spectroscopically.

The expectation for the case of a NS companion is shown in the bottom panel of Fig.
4.1} This panel illustrates that X-rays are detectable if the NS companion accretes directly
from the stellar wind, i.e., the orbital period of a putative NS is below 100 days and the
spin period is above 1000s. A NS companion would accrete in the subsonic accretion
regime for orbital periods between 3 days and about 1000 days and spin periods between
10 and 1000 seconds (depending on the orbital period). In this stage, the NS would not
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Table 4.1.: Assumed parameters of the SMC WR-stars without a detected companion. Stellar
masses are from |Schootemeijer and Langer (2018)), all other paramters from Hainich et al.| (2015]).

SMC v R, My logM M,
AB  [km/s] [Rp] [mag] [Mg/yr] [Mo]

1 1700 57 -4.57 -5.58 32

2 900 9.1 -4.96 -5.75 18

4 1000 13.0 -5.85 -5.18 22

9 1800 35 -394 -5.65 30

10 2000 2.2  -338 -5.64 20

11 2200 3.5 -3.69 -5.56 26

12 1800 24  -3.34 -5.79 28

exceed an X-ray luminosity of a few 10**erg/s. The Bondi-Hoyle accretion rate of the NS
would be roughly 3 x 10'*M,/yr at 10 days orbital period and 5 x 10''M,/yr and at 1000
days. This gives a lifetime of the propeller accretion state of 2 X 10* yr and 4 x 10° yr
according to Eq. and assuming a spin period of 100s.

A NS with a spin period smaller than 10s would accrete in the supersonic accretion
regime and would also emit X-rays that were too faint to be detected. Since the spin period
of the supersonic accretion regime is at least one order of magnitude smaller compared to
the spin period of the subsonic accretion regime, Eq. [3.46] implies that the time scale of
the supersonic propeller regime is longer than 10° yr at an orbital period of 10 d and longer
than 107 yr at 1000 d. Thus, a NS accreting in the supersonic propeller state could last in
this phase as long as the WR star lives. Additionally, a 1 M® NS companion would induce
a RV semi-amplitude of less than 5 km/s if its orbital period were greater than 30 days.
For a 1.4 M© neutron star, the orbital period would need to exceed 140 days for the same
effect. Consequently, we cannot rule out a fast-spinning NS companion of AB 11 based
on the limits of RV observations and our X-ray emission constraints.

We conclude that in the case of AB 11 a MS companion would be undetectable as
long i is less massive than a few solar masses. Signatures of a BH companion will be
undetectable if the orbital period is above 100d. However, the mass range of BH’s with
masses exceeding 5 MO makes the existence of such a comparison very unlikely due to
the large RV variations induced on the WR star. Third, a NS would be undetectable if its
spin period were smaller than roughly 100 s and its orbital period exceeds tens of days
since the subsonic and supersonic prohibit an efficient X-ray emission.

Constructing similar diagrams for the other apparently single SMC WR stars yields
comparable results (see Appendix [C.I). We conclude that BH and massive MS com-
panions are highly unlikely for these apparently single WR stars. However, it cannot be
entirely ruled out that these stars might have a low-mass MS companion or a NS compan-
ion. Schootemeijer et al.| (2024)) argued that a NS companion seems unlikely because the
progenitor of a compact companion would initially need to be more massive than AB 11,
which would typically result in a black hole rather than a neutron star.

Taking this into account, we can conclude that our analysis supports the conclusion of
Schootemetjer et al.|(2024)) that the apparently single WR stars in the SMC are likely truly
single stars.
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Figure 4.1.: Diagnostic diagram for SMC AB 11. The dashed orange line represents the mean
standard deviation of RV by Schootemeijer et al.| (2024).
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4.3 The galactic Wolf-Rayet star WR 3

WR 3 is a galactic hydrogen-rich Wolf-Rayet star of spectral type WN3h (Hamann et al.
2019). The binary nature of the star is debated in the literature (Massey and Conti||1981;
Marchenko et al.[2004; Dsilva et al.[2022). While the WR catalog (van der Hucht 2001)
classifies the star as WN3+04 binary, Hamann et al.| (2006) did not find contamination
of the spectrum by an OB companion. A spectroscopic study by Moffat et al. (1986)
suggested the existence of radial velocity variations with an amplitude of 33 km/s and a
period of 46.85d. Moffat et al.| (1986)) argued that WR 3 may host an undetected binary
companion of at least 5 M. A re-investigation by Marchenko et al.|(2004) did not reveal
any radial velocity variations down to a lower limit of 8 km/s. A more recent study by
(Dsilva et al. [2022) could not find radial velocity variation down to an upper limit of
5km/s within a time span of 120d.

The detection of X-rays with a luminosity of 8 x 10°!' erg/s (Ignace et al.[2000) was
interpreted as intrinsic X-ray emission by |[Ignace et al.| (2000) and as emission from col-
liding stellar wind by |Gagné et al. (2012).

To shed new light on the possible existence of a companion hosted by WR 3, we used
the stellar parameters provided by Hamann et al. (2019) and listed in Table Fig.
shows the corresponding diagnostic diagrams.

Table 4.2.: Parameters for WR 3 adopted from |Hamann et al.[(2019).

M, 17 M,

R, 25R,
log(L;/Le) 5.56
log(M/Myyr™) -5.4

Voo 2700km/s
My —3.13 mag

The top panel illustrates the expected X-ray emission of the binary system assuming a
main sequence (MS) companion. The vertical orange line represents the lower limit of the
orbital period, set at 120 days. Similarly, the horizontal orange line represents the upper
limit of RV variations, measured at 5 km/s according to Dsilva et al.| (2022).

This plot shows that a MS companion more massive than 5 My would contribute more
than 10% to the total optical flux of the supposed binary. The existence of such a highly
luminous binary companion would lead to noticeable characteristics in the optical spec-
trum. Consequently, the parameter space indicated by the hatched area can be ruled out
through observations. Thus, an early O star companion does not seem plausible as it
would be clearly visible in the spectrum and most likely be brighter than the WR star
itself (Martins et al.|2005). Similarly, the red dashed line indicates 2 M, MS compan-
ion, which would be 5 mag fainter than the Wolf-Rayet star and consequently, contribute
1% to the total flux in the optical band. Below such a flux ratio, the companion could
potentially go undetected in the optical spectrum.

We can use the X-ray luminosity to narrow down the possible parameter space. Sup-
pose that the observed X-ray emission is due to the interaction of the companion with the
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Figure 4.2.: Diagnostic diagrams for WR 3. The vertical and horizontal orange lines correspond
to the lower limit of the orbital period and the upper limit of the RV variations, respectively.
Both limits are provided by Dsilva et al. (2022). The red-orange dot in the top and mid panel
corresponds to the period of RV claimed by Moffat et al.| (1986) and the upper limit of RV semi-

amplitude by Dsilva et al.| (2022).
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WR wind. Our model of colliding wind emission predicts that a 2 My MS companion will
produce 8 x 103! erg/s, i.e., the observed amount of X-rays if its orbital period is about 3
days.

In this configuration, the WR star would have an orbital velocity of 41 km/s, and the
expected value of the amplitude of the RV would be 33 km/s, which would have been
observed in previous studies. However, if the orbital inclination is less than 7 degrees, the
observed RV would be less than 5km/s, i.e., the detection limit of |Dsilva et al.| (2022).
Assuming a random distribution of the orientation of the orbital axis, the probability that
the orbital inclination is less than 7° is 0.7%. It is, therefore, unlikely that a 2 Mgy MS
companion could be close enough to the WR star to produce the observed amount of
X-rays and at the same time not be detected by the RV of the WR star.

The situation is somewhat relaxed if we assume a less massive binary companion. In the
case of a 1 My MS companion, a similar discussion shows that the orbital period is about
2 days to reproduce the observed X-ray emission. Consequently, the orbital inclination
must be less than 11° to avoid detection by RV. The probability that i is below that value
is roughly 2%.

We can conclude that the X-ray emission of WR 3 is not likely to come from a colliding
wind process with a MS companion. Massive MS companions are too bright and would
be visible in the spectrum. Low-mass MS companions must be close to the WR star to
produce enough X-rays to match observations. This requires a low orbital inclination to
avoid detection by RV, which is unlikely. At the same time, WR 3 may have a low-mass
MS companion that avoids detection due to a large orbital period.

We note that a putative MS with an orbital period of 46.85d as proposed by Moffat
et al.|(1986) my exists if it is less massive than 1 M. In this case, the X-ray emission from
the colliding WR wind is more than three orders of magnitude fainter than the expected
intrinsic emission of the WR star. A similar argument holds if the putative MS companion
had a period of 120d or above, i.e., the lower limit given by [Dsilva et al. (2022). A
companion in this area of the diagnostic diagram could be as massive as 2 Mg due to the
exclusion of companions that contribute more than 1% to the optical flux. Our estimate
shows, however, that the expected X-ray luminosity from colling winds is still four orders
of magnitude below the observed value. We may conclude that the X-ray emission is
unlikely to stem from the interaction of the WR star with the surface or the wind of a MS
companion.

The mid panel of Fig. shows the diagnostic diagram of a CO companion. If the
orbital period is smaller than 1d, the condition for building an accretion disc applies.
We expect X-ray luminosities of 10** erg/s and above. This is two orders of magnitude
above the observed X-ray emission. In addition, as the BH companion must be close to
the WR star it should induce observable RV of the host star. Assuming a SMg ina 1d,
we find the expected value of RV to be ~ 100 km/s. To be below the detection limit of
~ 5km/s, an orbital inclination of i < 2° or below is required. The probability for this is
P(i < 2°) = 0,06%. We see that a BH hosting an accretion disc would be too X-ray bright
to be compatible with observations and requires an improbability small orbital inclination
to avoid detection via RV. Hence, a BH with an accretion disc can be ruled out as the
source of X-ray radiation from WR 3.

We now discuss a putative BH companion without an accretion disc. Our model pre-
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dicts that a BH is practically undetectable in the X-ray band if the orbital period is above
~ 1d. In this case, the accretion luminosity is expected to be smaller than 10! erg/s,
assuming an orbital period of more than one 1d. At the period suggested by Moffat, the
X-ray luminosity is below 10°8erg/s and, hence, at least four orders of magnitude be-
low the observed value. The same holds for the lower period limit suggested by Dsilva
et al. (2022). In this case, the X-ray radiation due to the intrinsic emission of the WR star
is expected to be at least four orders of magnitude above the X-ray luminosity expected
from the spherically symmetric accretion flow into the BH. Consequently, in this case, the
observed X-ray flux would be due to intrinsic X-ray emission.

Supposing a 5 My BH companion with an orbital period proposed by Moffat, we find
an expected value of RV of ~ 30km/s. With a putative inclination of 8° and below
the observable RV drops below the detection limit of |Dsilva et al.| (2022). However,
the probability of the system having orbital inclination below 8° is ~ 1%. Assuming
a more massive BH companion, this probability is even smaller. Also, in the case of a
putative 3 M, the probability of the orbital inclination not detecting it via RV is ~ 2%.
Hence, given the orbital period provided by Moffat, it is unlikely that an X-ray quite BH
companion would avoid spectroscopic detection.

The diagnostic diagram shows that the observations cannot exclude BH companions
with orbital periods above 120 d. Their expected X-ray brightness is more than four
orders of magnitude below the expected intrinsic X-ray emission of the WR star. Since
observational data for RV variations are lacking beyond the 120 d limit provided by Dsilva
et al.| (2022)) and an X-ray quiet BH is consistent with the observations, such a companion
cannot be ruled out.

For companion masses below 3 Mg, i.e., a putative NS companion, the mid panel in
Fig. [4.2]shows that we expect a brighter accretion luminosity. In more detail, the expected
value of a Chandrasekhar mass NS companion with orbital, as proposed by Moftat would
be ~ 9km/s. If the orbital inclination of this system were below 25° the RV would drop
below the ~ 5km/s limit. The X-ray emission from wind capture and direct accretion
would be ~ 10?2 erg/s.

The bottom panel of Fig. 4.2 shows a diagnostic diagram of a putative NS companion
in more detail. The Bondi-Hoyle accretion rate of a NS in a 120d orbit is about 8 X
1071 M,/yr. For this orbital period, the direct accretion regime applies for spin periods
larger than 1000 s (area top left). The X-ray luminosity in the direct accretion regime
would be about 10** erg/s and thus above the observed value. The subsonic accretion
regime applies for spin periods between 25 and 1000s. We predict an X-ray luminosity
less than 10°? erg/s. The same holds true for the supersonic accretion regime below 25's
spin period.

Assuming 100 s spin period for the subsonic propeller regime and 1s in the super-
sonic regime, as well as a mass accretion rate of 8 x 1074 M, /yr, Eq. implies that
the lifetime of the subsonic state is about 3 X 10° yr, and 3 x 107 yr in the supersonic
regime. Consequently, an accreting NS in the subsonic propeller state is possible since
the timescale of this state is comparable to the lifetime of a Wolf-Rayet star. Also, the
supersonic accretion state can not be ruled out since the time scale is much longer than
the lifetime of the Wolf-Rayet star.

Considering the discussion above, we draw the following conclusions for a putative
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companion: WR 3 may possess a low mass MS companion, a BH companion with an
orbital period above ~ 100d or a NS companion. In the case of an undetected MS or BH
companion, the observed X-ray radiation is intrinsic to the WR star itself. An accreting
NS companion may be X-ray luminous enough to be compatible with observations.

Interestingly, WR 3 has a radial velocity of ~ 100 km/s (Duflot et al.|1995; Kharchenko
et al.|[2007). The radial velocity may result from a previous supernova (Blaauw||1961;
Tauris and Takens| 1998)). If this was the case, the question arises if WR 3 is still in a
binary system or broke up during the supernova. Neither of these two possibilities can be
ruled out based on our discussion. A long-term observation of the RV and an investigation
of possible evolutionary scenarios that could lead to a similar system are necessary to
clarify the nature of WR 3.
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4.4 The galactic Wolf-Rayet star WR 6

WR 6 is a nitrogen-rich WR star of spectral type WN 4 (Hamann et al.|2019) exhibiting
an X-ray luminosity of 8 x 10* erg/s (Oskinova et al.[2012). The binary status of this
WR star is still unclear. WR shows remarkable photometric (Marchenko et al.|1998]) and
spectral (Morel et al.|1997; [Flores et al.|2007) variations of which occur with a period of
~3.77d.

Interestingly, the period of the lightcurve variability changes over timescales of about
two weeks (Drissen et al.| 1989; Robert et al.|[1992). By analyzing the times of minima
in the photometric lightcurve, Schmutz and Koenigsberger| (2019) found that this lack of
coherence can be explained if one supposes WR 6 to be a binary with an orbital period of
3.6d and an apsidal motion with a period of 100d. Schmutz and Koenigsberger (2019)
speculate that WR 6 is part of a hierarchical triple system where the WR star and its inner
companion form a close binary that is orbited by a third body with an orbital period of
22 d or above.

The Galactic Catalogue of WR stars (van der Hucht2001) designates WR 6 as a possi-
ble SB1. Firmani et al.| (1980) detected a periodic RV variation with a period of 3.76 d and
a semi-amplitude of 36.1 km/s. Assuming a WR mass of 10 Mg, and an orbital inclination
of 71°McLean|(1980) concluded that WR 6 possesses a companion with a mass of 1.3 Mg
and argued that this companion may be a NS. In another scenario proposed by Skinner
et al. (2002)), the WR star hosts a non-degenerate low-mass star. The observed X-rays can
then be explained by the direct impact of the WR wind onto the companion’s surface. In
a reacent spectroscopic survey, Dsilva et al.|(2022) found the RV of WR 6 varies between
—108 and +62km/s, i.e., a difference of RV of ARV = 170km/s. However, they could
not deduce any periodicity in the RV variations.

In the following analysis, we will discuss multiple putative companions: An inner com-
panion corresponding to an orbital period of 3.6d and RV semi-amplitude of 36 km/s as
deduced by Firmani et al.| (1980). We also discuss a putative outer companion for which
we assume an orbital period of 22 d and above. In addition, we investigate the possibility
that the ARV detected by Dsilva et al. (2022) is induced by a binary companion. Under
this assumption, the corresponding semi-amplitude of RV is ARV/2 = 85 km/s.

Table 4.3.: Parameters for WR 6 adopted from [Hamann et al.| (2019).

M, 23 M,
R, 3.25R,
log(L;/Le) 5.79
log(M/Myyr™') —42

Veo 1700 km/s
My —5.33 mag

Using the stellar parameters provided by Hamann et al| (2019) (cf. Tab. B.3), we
construct the diagnostic diagrams for WR 6 . First, we discuss putative MS companions of
WR 6. In the diagnostic diagrams (Fig. [4.3), the red-orange dot marks the period and RV
semi-amplitude induced by a possible inner companion. The dotted vertical orange line
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marks the minimum orbital period of a putative outer companion estimated by Schmutz
and Koenigsberger (2019). The dotted horizontal orange line marks the half value of ARV
reported by Dsilva et al.| (2022).

Given the RV, the period, and the semi-amplitude of RV, we deduce a mass to a ~
3 M, companion with an orbital separation of ~ 30 R,,. The difference to|McLean| (1980)
comes from the fact that we use a different mass of the WR star. Assuming that the inner
companion is a MS star, we see from the diagnostic diagram that the contribution of the
putative companion to the optical flux is less than 1%. Hence, such a MS companion
would not be detectable in the optical spectrum of WR 6. Also, the stellar wind of such a
companion would be smaller compared to the WR star’s wind. This would lead to a direct
impact of the WR wind onto the surface of the MS companion. The X-ray luminosity
released in this process would be ~ 103 erg/s. This is two orders of magnitude above
the observed value. Given the orbital separation of 30 R, and the wind parameter of the
WR star the mass column density of the MS in the WR wind would be T ~ 1 g/cm? (Eq.
[3.39). Assuming that the WR wind is hydrogen deficient, the electron scattering opacity
is ke = 0.2cm?/g. This yields an optical depth of T ~ 0.2, which would reduce the X-
ray flux by only 18%. Thus, the observed X-ray flux is not significantly smaller than the
value we expected from our model. Consequently, it seems unlikely that WR 6 possesses
an inner MS companion.

We can estimate the radius of the companion that produces the observed amount of
X-rays via a direct impact of the WR wind on the companion surface: Assuming an
orbital separation of ~ 30R., we can deduce the wind velocity and wind density. With
equation we find the emissivity of the shocked material to be o ~ 10 erg/(cm?s).

Assuming that the characteristic volume is defined by the shock radius as r2,_, , we find
1/3
Lx
Tshock = ( ) . 4.1)
€shock

Given the emissivity, we find that the observed X-ray luminosity of 8 x 10°%erg/s is
consistent with a shock radius of 0.6 R,. Interestingly, this is roughly the radius of a
~ 3 M, He star. A detailed analysis of He star companions is beyond the scope of this
study. However, answering the question if WR 6 possesses a He star companion is an
interesting task for future research.

For an outer companion, we find that it can remain undetected in the optical band
as long as it has a mass of less than 5 M. The expected X-ray luminosity of such a
companion is 10** for an orbital period of 22 d or below for wider orbits. Suppose a 5 Mg,
MS with orbital period of 100d. The expected X-ray luminosity would be 10* erg/s and
thus three orders of magnitude below the observed value. Thus such an outer companion
could have avoided detection in the optical and the X-ray band.

The vertical dotted line shows that the RV variations detected by Dsilva et al.| (2022)
are unlikely to be caused by a MS companion: Given the RV semi-amplitude of 85 km/s,
the orbital period of the MS companion cannot be smaller than ~ 1 d. Otherwise, RLOF
from the MS companion to the WR star would be initiated (black area). For orbital periods
between 1 and ~ 15 d along the horizontal line, we find that the expected X-ray luminosity
ranges between 10?7 and 10** erg/s. This is at least one order of magnitude above the
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Figure 4.3.: Diagnostic diagrams for WR 6 with stellar parameters from Tab.
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observed value. In addition, the MS companion would contribute a significant fraction of
the optical flux. For orbital periods above ~ 15 d, the MS would contribute more than 10%
to the total optical flux, which should make it detectable in the spectrum. Consequently,
MS companion that induces a RV of +85 km/s is not compatible with the observed X-ray
flux and the optical spectra.

Next, we explore the potential presence of a compact companion for WR 6. As il-
lustrated in the middle panel of Fig. our analysis suggests that the RV data could
correspond to either a massive NS or a BH as an inner companion. We discuss a NS
companion further below. The results of this analysis must be viewed with caution: If
WR 6 is a triple system, the inner companion will disturb the flow of the WR wind. Thus,
the wind velocity field can not be assumed to be radially symmetric at the position of the
outer companion. In this case, the analytical estimates provided by (Shapiro and Lightman
1976) break down. To make reliable predictions for the formation of a wind-fed accre-
tion disc, more sophisticated methods are needed. Nevertheless, we apply our model to a
hypothetical outer companion to make a first guess if it could be undetectable in X-rays.

Assuming the inner companion of WR 6 is a black hole, we find from our analysis that
we don’t expect the formation of an accretion disc. Interestingly, the model for radial
symmetric infall would predict an X-ray luminosity of ~ 10*?erg/s, i.e., of the same
order as the X-rays observed. Hence, we cannot rule out the possibility that the inner
companion of WR 6 is an X-ray quiet BH.

A putative outer companion of WR 6 could be a BH as well. At orbital periods above
22.d, we do not expect the formation of an accretion disc for all BH masses investigated.
Consequently, the X-ray luminosity does not exceed the observed luminosity. For instance
a 10 M, BH with orbital period of 100d is expected to emit ~ 10?° erg/s. Such a faint
X-ray source would be difficult to detect, even if it were not outshone by the intrinsic
X-ray emission of the WR star.

A companion that would induce RV with semi-amplitude of 85 km/s would form an
accretion disc at an orbital period of 4d or less. This would correspond to a 8 M, BH.
For larger orbital periods at the same RV variations, the expected BH mass increases.
Intersteingly, at an orbital period of 22 d would correspond to a 18 M. Since we do not
expect the formation of an accretion disc for such a companion, the X-ray luminosity from
the spherically symmetric infall ~ 10* erg/s is slightly smaller but of the same order of
magnitude as the observed value. Hence, the hypothesis that the RV variations detected
by Dsilva et al.|(2022) are induced by a BH companion with an orbital period of ~ 22d
is not in contraction with observations. Such a companion could be the reason for the
observed X-ray flux and cause the apsidal motion of the (hypothetical) inner companion.
Furthermore, it can not be ruled out that a BH companion with a wider orbit exists at
WR 6. Such a companion could also cause the apsidal motion. However, we expect its
X-ray flux to be significantly fainter and the RV variations induced to WR star smaller.
Thus, in this case, the X-rays emission may be an intrinsic emission by the WR wind and
the RV variations may be caused by clumps in the wind.

The lower panel in Fig. .3| presents the diagnostic diagram of a hypothetical NS com-
panion. As mentioned earlier, the mass of a hypothetical inner companion would be large
for a NS. In addition, the Bondi-Hoyle accretion rate for the NS would be approximately
2 x 107°,Mg/yr. The NS would accrete the material directly if the spin period of the
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neutron star exceeds ~ 3s. In this case, the predicted X-ray luminosity would be around
~ 2 % 10%, erg/s, surpassing the observed value. If the NS spins faster, the supersonic
propeller will reduce the X-ray luminosity to ~ 3 x 10**, erg/s, which is still two orders of
magnitude above the detected luminosity. Thus, the assumption that the inner companion
of WR 6 is a NS is not compatible with the detected X-ray flux. This result is in agreement
with |Stevens and Willis| (1988)) and Pollock! (1989)).

A hypothetical outer companion would still have an X-ray luminosity that is larger than
the observed value if it accretes directly. However, for an orbital period above 20d, the
supersonic and the subsonic propeller apply if the spin period is smaller than 10 s at Py, =
20d orbital period and ~ 200s at P, = 1000d. In the case of supersonic or subsonic
propeller accretion, the X-ray luminosity is reduced to a value between ~ 10*° erg/s and
~ 10*3erg/s. Thus, the expected X-ray emission is of the same order of magnitude or
below the detected X-ray flux. However, the timescale for converting the neutron star’s
rotational energy into X-ray radiation (as indicated by Eq. is of the order of y few
Myr and hence, comparable to the lifetime of the WR star. Consequently, a hypothetical
outer companion could NS with undergoing propeller-inhibited accretion. If we assume
that the mass of this outer NS companion is 1.4 M, the expected value for the RV semi-
amplitude is 10km/s for an orbital period of 22d and even smaller for larger orbital
period and low inclination. Hence, it cannot be ruled out that WR 6 possesses an outer
NS companion that avoided detection in the X-ray band and via spectroscopic studies.

We conclude that the inner companion, if it exists, is unlikely to be a MS star since we
would expect brighter X-ray emission from the collision of the WR wind onto the MS
star’s surface. An inner BH companion cannot be excluded. However, it would be close
to forming an accretion disc, which makes the scenario rather unlikely. A NS companion
does not seem plausible since we expected a significantly larger X-tray luminosity even if
we included propeller-inhibited accretion. In addition, the mass of the inner companion
would suggest a very massive NS. For the hypothetical outer companion, we find that
a MS with a mass below ~ 3 Mg is possible. Also, an outer BH companion or a fast-
spinning NS cannot be ruled out.
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4.5 The galactic Wolf-Rayet star WR7

WR 7 is another galactic Wolf-Rayet star. It shows an X-Rayet luminosity of 2x10* erg/s
(Toala et al.|2015) in the soft X-ray band. The luminosity is consistent with the self-
shocking mechanism in Wolf-Rayet stars as described by |Oskinoval (2015)).

Interestingly, Toala et al.| (2022) found a variability of the light curve with a dominant
period of 2.64 d. However, theoretical work by (Grassitelli et al. (2016) suggests that WR
stars in the mass range of WR 7 show pulsations of the order of minutes. Thus, pulsation
seems to be unlikely as the origin of the variability. Instead, [Toala et al. (2022) addresses
whether WR 7 has an unseen companion. They did not find a signature of binarity in
their spectroscopic analysis. They conclude that a possible companion must be a main
sequence star not earlier than B5 V. On the other hand, they point out that WR 7 could
host a CO.

We assume a terminal velocity of 1600 km/s a BH more massive than 5 M would host
an accretion disc and produce a significant amount of X-rays. However, if we assume
that the period of light-curve variability corresponds to the orbital period of a putative
BH companion of 5 Mg, the system would be close to the threshold between the disc
formation regime (i.e., X-ray bright) and accretion regime without disc formation (see
Fig. @.2). To investigate the existence of a BH companion of WR 7, more reliably, a more
sophisticated model is needed that treats the transition from the accretion disc regime to
the regime of spherically symmetric in-fall. At last, a directly accreting NS can be ruled
out due to its X-ray brightness. A NS companion whose accretion is inhibited by the
supersonic propeller seems possible. This would imply a spin period of the NS of a few
seconds or less.

Table 4.4.: Parameters for WR 7 adopted from |Hamann et al.[(2019).

M, 13 M,

R, 1.26R,,
log(M/Myyr™) —4.8

Veo 1600 km/s
My —3.62 mag

Using the stellar parameters provided by Hamann et al| (2019) (cf. Tab. B.4), we
computed the diagnostic diagrams for WR 7. The orange line marks the detected period
of the light-curve variability. If we assume a MS companion, we find that a companion
more massive than ~ 6 M, would be optically detectable since the brightness difference
between the two companions is less than 2.5 mag. This matches the results of [Toala et al.
(2022)). If we assume that a spectroscopic detection was possible down to a magnitude
difference of 5 mag, we may rule out companions more massive than roughly 3 M.

In addition, the wind of the WR star should produce significant amounts of X-rays, as
can be seen from the top panel in Fig. 4.4] If we assume the detected period as orbital
period, a 3 M, companion would yield an X-ray luminosity above 10** erg/s which could
be detected. Toala et al.| (2022)) argue that the orbital period may be twice the period of
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Figure 4.4.: Diagnostic diagrams for WR 7 with stellar parameters from Tab. The orange line
indicates the period of the variable light curve. For further explanation see Fig. @
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Figure 4.5.: Same as mid panel in Fig. but with terminal wind velocity of 2000 km/s.

variability. In this case, our prediction of the X-ray luminosity would be one order of
magnitude smaller and thus comparable to the observed X-ray luminosity of WR 7.

If we increase the terminal wind velocity to 2000 km/s, we find that the range of pos-
sible undetected BH companions increases significantly. This is shown in Fig. 4.5] For
the larger wind velocity, we find that a BH companion could not be detected in the X-ray
regime as our model does not predict the formation of an accretion disc. The resulting X-
ray luminosities for an orbital period of 2.6 d do not exceed 10°? erg/s in the investigated
parameter space. A detection is even more unlikely if an orbital period of 5 d is assumed.
We conclude that a BH companion may not be directly detectable if the wind velocity is
larger than suggested by the study of Hamann et al.| (2019).

A NS companion (cf. bottom panel in Fig. f.4)should be X-ray bright if it spins slower
than ~ 3s the material would be accreted directly on the NS’s surface. In this case the
luminosity would exceed 10%” erg/s at 2.6 d and is still larger than 10% erg/s even at 10d.
Consequently, a slow-rotating NS can be ruled out as it would be a prominent X-ray
source.

The supersonic propeller effect would inhibit the accretion if the NS spins slower. In
this case, an essential amount of the radiated energy stems from converting the NS’s
rotational energy into X-rays (see Sec. [3.3). We predict an X-ray luminosity of 2 X
103 erg/s for a 1.4 M, NS companion with 2.6 d orbital period.

If we suppose that the orbital period of the NS was twice the period of the light-curve
variability, the predicted X-ray luminosity would be about 8x 10 erg/s. This is still larger
than the observed X-ray luminosity. However, we note that our NS accretion model does
not include absorption effects. We compute the mass column density to estimate how
strongly the absorption may affect (Eq. . We find a value of 0.4 g/cm?. Assuming
a mean opacity of k ~ lcm?/g, we find that the NS would have an optical depth of
7 = 0.4, corresponding to a loss of roughly 30%. In addition, the time scale to convert
the NS’s rotational energy into X-ray radiation (Eq. is about 70000 yr assuming a
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spin period of 1s. This is about 15% of the life lifetime of a Wolf-Rayet star as predicted
from evolutionary models (Woosley|2019). If the spin period were a factor of 10 smaller,
the timescale of the supersonic propeller would increase by a factor of 100. Since this
is much longer than the lifetime of WR 7, a NS companion in the supersonic propeller
regime can not be ruled out regarding the expected X-ray luminosity and the timescale of
the accretion state.

We conclude that WR 7 is unlikely to have a main-sequence companion since its pres-
ence should be visible either in the optical spectrum of the star or as a bright X-ray source
due to the colliding Wolf-Rayet wind. We assume a terminal velocity of 1600 km/s a BH
more massive than 5 Mg would host an accretion disc and produce a significant amount
of X-rays. However, if we assume that the period of light-curve variability corresponds
to the orbital period of a putative BH companion of 5 Mg, the system would be close to
the threshold between the disc formation regime (i.e., X-ray bright) and accretion regime
without disc formation (see Fig. .2). To investigate the existence of a BH companion of
WR 7, more reliably, a more sophisticated model is needed that treats the transition from
the accretion disc regime to the regime of spherically symmetric in-fall. At last, a directly
accreting NS can be ruled out due to its X-ray brightness. A NS companion whose ac-
cretion is inhibited by the supersonic propeller seems possible. This would imply a spin
period of the NS of a few seconds or less.
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Table 4.5.: Stellar parameters of the galactic WN8 stars adopted from Hamann et al.| (2019).

WR SpTpr Teff log L M, Ry Voo MV ]Og M XH
1D kK] [Lol [Mol [Rel [km/s] [mag] [Mo/yr]
12 WN8h + OB 447 598 31 16 1200 -6.7 -4.3 0.27
16 WNS8h 447 572 21 12 650 -6.1 -4.6 0.25
40 WN8h 447 5091 28 15 650 -6.9 -4.2 0.70
66 WNS(h) 447  6.15 41 20 1500 -1.2 -3.9 0.05
89 WNB&8h 39.8 633 53 31 1600 -7.6 -4.4 0.20
107 WNS8 50.1 6.20 44 17 1200 -7.2 -4.0 0.00
116 WNB8h 39.8 5.44 14 11 800 -5.8 -4.4 0.10
123 WN8 (WNE-w) 447 528 12 7 970 -5.3 -4.6 0.00
124 WN8h 46.0 5.5 22 12 710 -6.6 -4.3 0.13
130 WN&(h) 447  6.25 47 22 1000 -7.2 -4.2 0.12

147  WN8&(h) + B0.5V 39.8  6.30 51 30 1000 -7.2 -3.8 0.05
148  WN8(h)+B3IV/BH 39.8 6.20 44 27 1000 -7.2 -4.5 0.15
156 WNS8h 39.8  6.01 32 21 660 -7.0 -4.6 0.27

4.6 WR 124 and the galactic WN 8 stars

WR stars that display strong lines of nitrogen in the optical spectrum of their stellar winds
are classified as WN stars. Most of the cooler (later) WNL stars contain hydrogen in their
atmospheres. This distinguishes them from the hotter (earlier) hydrogen-free WNE stars
(Hamann et al. 2006). Among the WNL stars, the subclass of WN 8 stars are considered
peculiar compared to other WNL stars (Moffat et al.| 1986; Antokhin et al.|[1995). These
WR stars are variable (Chené et al.|2011) and show a suspiciously small binary fraction.
Furthermore, many stars of this class are runaway stars with high galactic latitudes. The
last property is a hint of a past supernova kick that catapulted the star out of the galactic
disk (Blaauw| 1961; De Donder et al.|1997; Marchenko et al.|1998)). Consequently, it is
speculated that some of the WN 8 stars are binaries with an unseen compact companion
or Thorne-Zytkow-Objects (TZO) (Foellm1 and Moffat 2002).

We analyzed 13 galactic WN stars classified as WN 8 by [Hamann et al.| (2006) and
estimated the expected X-ray emission for possible MS, BH, and NS companions. For
our investigation, we used the stellar parameters provided by Hamann et al. (2019) as
cited in Tab. 4.5] We discuss WR 124 below in more detail. The diagnostic diagrams of
all other WN 8 stars are provided in Appendix [C.2](see. Figs. [C.§|to [C.19).

WR 124 is an example of a WN8 star showing a light-curve variability with a period
of 2.4d (Moffat et al.|[1986)). A dense nebula surrounds the star. The bipolar nebula
morphology is interpreted as another hint of a binary companion (Chu and Treffers|1981).
An X-ray observation of WR 124 has been performed by Toala et al. (2018) revealing
hard X-ray radiation of the order of 10*! erg/s. Taking the wind parameters and the bipolar
nebula into account, the authors come to the conclusion that WR 124 is either an advanced
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evolutionary stage of a TZO or a WR+NS binary.

We provide diagnostic diagrams for WR 124 in Fig. 4.6] We marked the 2.4 d period of
the light-curve variability as a possible orbital period of a putative companion. From the
top panel of the figure, it can be seen that a MS companion of about 3 M, with an orbital
period of 2.4 d would result in the WR star filling its Roche-lobe leading to a mass transfer
from the WR star to the MS companion. If the MS companion were less massive, the WR
wind would directly collide with the companion’s surface. This process would produce X-
rays of the order of 10°? erg/s, which is two orders of magnitude above the observed value.
Consequently, a MS companion in a 2.4 d orbit would either be X-ray bright or would have
initiated a mass transfer from the WR star to the companion. In the second case, the high
mass ratio of the binary companions would make the mass-transfer unstable, leading to
a common envelope, if no stabilizing effects, such as a helium gradient, are taken into
account (Tauris and van den Heuvel 2006; |Quast et al.[2019). From the top panel of Fig.
we see that a putative MS companion less massive than 7 M would be at least S mag
fainter in the V band than the WR star. Supposing an orbital period above 30 d, we expect
that such a companion would be detectable neither in the optical nor in the X-ray band
of the electromagnetic spectrum. Thus, a MS companion cannot be completely ruled
out. However, the companion seems unlikely to have an orbital period corresponding
to the light-curve variations period. Also, a helium star companion is possible. In both
cases, the nature of WR 124 as a runway star cannot be explained from a SN kick. A
possible mechanism is the dynamical ejection of the binary system from an open cluster
as discussed by Poveda et al.|(1967) and proposed for the runaway star WR 148 by Munoz
et al.| (2017).

A BH companion seems unlikely, as shown in the mid panel of Figld.6l We would
expect that a BH in an orbit of 2.4d would lead to a RLO. Assuming a 10 My BH com-
panion, the WR star would fill its Roche-lobe if the orbital period was 2.9 d. In this con-
figuration, the mass column density of the BH would be (Eq. T~ 2.5¢g/cm?. If we
suppose an opacity of x ~ 1 cm?/g we find an optical depth of T ~ 2.55. This means that
the X-ray flux is reduced by a factor of 12. In the case of mass transfer, we expect that
the BH accretes at the Eddington limit. This implies a luminosity of ~ 10 erg/s (Eqn.
. Consequently, we expect a luminosity of ~ 10® erg/s taking the absorption into
account. Hence, the WR wind’s X-ray attenuation is insufficient to hide a BH accreting
with Eddington accretion rate.

While we assume 8 = 1 in the upper discussion, we can also assume that the stellar
wind is launched slower, i.e., 8 = 3. In this case, the X-ray flux would be reduced by
a factor of 150. Although absorption decreases the luminosity by more than two orders
of magnitude, it is not sufficient to reduce the 10* erg/s (Eddington luminosity) down
to the observed value 10°!' erg/s. A putative 10 M, BH orbiting WR 124 with a period
of more than 120d would not form an accretion disc. As can be seen in Fig. §.6] the
spherically symmetric accretion model predicts an X-ray luminosity of 10°? erg/s for a
120d orbital period. This is of the same order of magnitude as the X-ray intrinsic X-ray
luminosity from the WR star (violet mark at the color bar). Consequently, we conclude
that observations can not rule out a BH companion in a sufficiently wide orbit.

The last possibility investigated here is a NS companion. The X-ray attenuation can be
computed as shown for the BH case. We find the X-ray flux is reduced by a factor of 20
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Figure 4.6.: Diagnostic diagrams of WR 124. The 2.4 d period is indicated with an orange dashed
line. For further explanation see Fig. [i.1]



104 CHAPTER 4. COMPANIONS OF MASSIVE SINGLE-LINED BINARIES

assuming S = 1 and by a factor of 8 000 assuming 5 = 3. A directly accreting NS should
still be detectable since its X-ray luminosity would still exceed 10** erg/s.

However, a NS with an orbital period of 2.4d in the supersonic propeller accretion
regime would emit ~ 10°° erg/s as shown in the lower panel of Fig Supposing a slow
wind acceleration (8 = 3), the wind absorption could reduce the X-ray flux sufficiently
to make the NS companion undetectable. Assuming a spin period of 0.1 s of a newly
born NS and an X-ray luminosity of 5 x 10* erg/s, we find a timescale of the supersonic
propeller accretion (Eq. of ~ 10° yr. This is larger than the dynamical time scale
of the nebula, which is ~ 10* yr (Marchenko et al.[2010). Hence a rapidly rotating NS
would be faint enough to be ruled out from the observed X-ray flux and would stay in this
accretion regime long enough to provide for the creation of the observed nebula.

As outlined in the method section, we only discuss wind accretion in the Bondi-Hoyle
model. As shown in the lower panel of Fig. the WR star would be close to Roche-lobe
filling if we assume a 2.4 d period for the NS companion. In this case, the mass transfer
rate would exceed the Eddington limit of the NS. Consequently, this would result in an
X-ray luminosity of the order of ~ 10* erg/s (Eqn. . As shown in the paragraphs,
this would also yield a detectable amount of X-rays even if attenuation by the wind is
regarded. If, on the other hand, the NS has initially been spun up by the mass-transfer
(Tauris and van den Heuvel|2006), accretion in the current phase may be prohibited by
the propeller effect. As in the case of a MS companion, a mass transfer on a long time
scale seems unlikely since the mass ratio of the putative WR+NS binary is large. This
would lead to a coalescence of the binary faster than the thermal timescale (~ 1000 yr),
which is in contradiction to the nebula’s dynamical age.

Quast et al.|(2019) showed that a mass transfer could be stable for more than 100 000 yr
even if the donor was a 30 M, star and the accretion a NS. However, this requires a steep
He-gradient in the donor’s chemical profile and fine-tuning regarding the orbital sepa-
ration at the beginning of the mass transfer. In the context of mass transfer stabilized
by a He-gradient, it is interesting to note that the NS could dig out the He-gradient in
a common envelope phase, which would then initialize the stable mass transfer. From
this perspective, the hydrogen abundance of 13% (Hamann et al.|2019) could be inter-
preted as evidence for the He-gradient at the surface. Suppose that the gradient is of the
order of O.4M51, which is the highest value assumed in the calculations of |Quast et al.
(2019). In the NS configuration, their models yielded a mass-transfer rate between 107°
and 107> M, /yr. Consequently, the remaining time of the stable mass transfer would be
30000 to 300 000 yr. This first value is of the same order of magnitude as the dynamical
age of the nebula, which could be evidence for the stable mass transfer. We note, however,
that the discussion in this paragraph is highly speculative.

Our analysis shows that a companion more massive than ~ 1My, with an orbital period
that corresponds to the period of the light-curve variations seems to be unlikely. This
rules out a BH companion in a compact orbit as well as a massive MS companion. Our
model predicts a low-mass MS companion or a fast-spinning NS to be in agreement with
the observed X-ray flux.
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4.7 The single lined binary VFTS 243 in the LMC

The star VFTS 243 is a massive star in the LMC and one of 51 O-type single-lined spectro-
scopic binaries investigated by the Tarantula Massive Binary Monitoring (Almeida et al.
2017). A detailed spectral analysis by [Shenar et al. (2022) found an orbital period of
10.4 d and a companion mass of at least 9 M, with a median value of 10 M.

The authors argue that the companion has to be a BH since a non-compact companion
should leave detectable signatures in the spectrum. Observations with Chandra show no
detectable X-rays from the system above a lower limit of 7 x 10*! ergs/s (Crowther et al.
2022)). This makes VFTS 242 one of the few known X-ray quiet O + BH binaries. We
investigate the binary system using our diagnostic diagrams (see Fig. 4.7). We marked
the detected companion mass and orbital period in our plots for the following discussion.
The error bars correspond to the 1o error provided by Crowther et al. (2022). The upper
error bar is an arrow to indicate that the companion mass may be much larger if the system
has a low orbital inclination. Table[d.6|shows the adopted stellar parameters of VFTS 243.

Table 4.6.: Parameters for VFT'S243 adopted from [Shenar et al.| (2022).

M, 26.2M,
R, 103R,
T 36 kK
log(L;/Le) 5.2
log(M/Mgyr™) -6.3

Voo 2100km/s

The top panel in Fig. shows that a MS companion is inconsistent with the fact
that no spectral signature of a non-compact companion has been found. If the companion
was a MS star, the brightness difference of the two stars would be at least 2.5 mag. This
means that roughly 10% of the flux would come from the companion star. Thus, a MS
companion can clearly be ruled out as concluded by Shenar et al.|(2022). This even holds
for stars down to 4 M, since all stars more massive than this contribute more than 1% to
the total flux (red dashed line in Fig. {.7).

From the lower panel in Fig. we see that a 10 My BH companion should be X-ray
faint. The fast wind velocity yields a narrow accretion cylinder and a low amount of spe-
cific orbital angular momentum. Consequently, Eqs. [3.14 and [3.15] yield a disc radius of
Rp ~ 4km and an innermost stable orbit of Risco = 90 km. Hence, we do not expect the
formation of an accretion disc around the BH companion. Assuming spherically symmet-
ric in-fall (Eq. we obtain an X-ray luminosity of ~ 10?7 erg/s. This is 5 to 6 orders
below the current detection limit for X-ray sources in the LMC, hence undetectable. This
was already pointed out by [Shenar et al. (2022).

VFTS 243 is one of 11 SB1 identified by |Shenar et al.| (2022) (see next section). A
BH hosting binary is not unexpected since [Langer et al.| (2020) predict a probability of
up to 8% of finding a BH companion in a randomly chosen O star. Thus, in a sample
of 11 massive SB1, we would expect about 1 BH hosting binary. If we include the 12
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Figure 4.7.: Diagnostic diagrams for VFTS 234 with stellar parameters from Tab. The orange
dot indicates the companion mass and the orbital period detected by |Shenar et al. (2022)). For
further explanation see Fig. [.1]

systems identified as uncertain SB2, we expect about two X-ray quiet OB+BH systems.
We discuss this question in the next section.

In its further evolution, the primary of VFTS 243 will expand. This will lead to a slower
terminal velocity of the stellar wind. As the stellar radius of the star doubles, the terminal
wind velocity decreases to 1500 km/s assuming that v., o ve,e < VR;!. In this case, the
disc radius would increase to 300 R, implying the formation of an accretion disc. We
note that the ISCO does not change. Thus, VFTS 243 will become a wind-capturing high-
mass X-ray binary, similar to Cyg X-1. After a wind-capturing phase, a mass transfer
would be initiated due to further expansion of the primary if we assume the current mass
ratio of ¢ ~ 2.6. As shown by |Quast et al.| (2019), the mass transfer may be stable on a
nuclear timescale emitting large amounts of X-rays close, or even above the Eddington
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limit (see also (Tauris and van den Heuvel 2006)).

4.8 The OB stars in 30 Dor

The VLT FLAMES-Tarantula survey (VFTS) obtained multi-epoch spectroscopy of over
800 massive OB and WR stars in the 30 Doradus region (Evans et al. 2011). In the Taran-
tula Massive Binary Monitoring, |Almeida et al.|(2017) studied 102 massive binaries and
obtained orbital solutions of 51 single-lined (SB1) and 31 double-lined (SB2) spectro-
scopic binaries.

A detailed analysis of the seemingly 51 SB1s has been performed by Shenar et al.
(2022) showing that a large fraction of them was either SB2 systems, eclipsing binaries or
multiple systems, and therefore hosting at least one non-compact companion. They found
11 SBI systems, including VFT 243 (see Tab. 4.7). However, the spectral classification
as SB1 is uncertain for 3 of these systems, namely VFTS 619, VFTS 827, and VFTS 829.
Furthermore, 12 systems are classified as uncertain SB2s (see Tab. 4.8§).

To obtain the stellar parameters necessary for our analysis, we relied on the effective
temperature, luminosity, and stellar provided by Shenar et al. (2022). We also used the
orbital periods and the supposed companion mass as well as the 1o error bars from this
study. We note, however, that the upper limit of the companion mass is not strict since
a low inclination would make the mass of the binary companion substantially larger. We
then computed the terminal velocity (Eq. and the mass-loss rate (Vink et al.|2001).
The visual brightness was obtained as described in Sec. We discuss two stars in
more detail below. The diagnostic diagrams of all other analyzed stars are provided in
Appendix [C.3]

Besides VFTS 243, there are two other promising candidates for an X-ray quiet BH
companion: VFTS 514 and VFTS 779, both hosting a companion with an assumed mass
of 5 Mg, with an orbital period of 185 d and 60 d respectively. Because the mass rules out
an NS star as a binary companion, we only discuss the case of a main-sequence companion
and a BH companion in this study.

The analysis of VFT 514 is shown in Fig. The diagram for an MS companion
(top) shows that the companion is close to the optical detection threshold, i.e., the visual
brightness difference between the two stars would be close to 2.5 mag. The reason for
this is the low luminosity of the host star. As shown in Tab[4.7, VFTS 514 is the faintest
star in the SB1 sample. Consequently, an MS sequence companion should provide a
non-negligible amount of light flux in the optical band. Hence, it would have been likely
identified by the analysis of Shenar et al.| (2022). We note that a strict upper limit on the
companion mass cannot be inferred solely from the Doppler shift. Consequently, an MS
companion more massive 5 M would contribute even more to the total flux of the system,
making it very likely to be detected. Hence, a more massive MS companion can be ruled
out.

Fig. [4.8] also shows that the lower mass limit is well above the 5 mag threshold (red
dashed line). [Shenar et al.| (2022)) rule out a companion contribution of more than 5%
to total flux, which corresponds to a magnitude difference of 3.3mag. Thus, a compan-
ion fainter than O mag would be the lower limit for spectral detection. This brightness



Table 4.7.: Single-lined binaries in the TMBM. Parameters marked with (1) are adopted from Shenar et al.|(2022). VFTS 243 is not included since it is

discussed in a separate section. The SB1 classification of VFTS 619, VFTS 827, and VFTS 829 is uncertain.

VFTS  SpType" T logL® MY R ve My logM P MY
1D [kK]  [Lo]l [Mo] [Ro] [km/s] [mag] [Mo/yr] [d] [Mo]
225 B0.71II 2450 453 15 102 1720 4.2 781 82 22
514 09,7V 3250 444 19 52 2700 -33 -8.17 1849 5.3
619 08:V 3690 4.86 23 66 2650 -3.8 723 145 44
631 09.7V 3250 475 19 75 2260 -4.0 749 54 3.6
645 09.5V 3290 468 20 67 2450 -3.8 766 125 3.2
743 09.5V () 3290 472 20 7.1 2390 -39 757 149 25
769 09.7V 3250 474 19 74 2270 4.0 751 24 22
779 B1II-III 2350 473 14 140 1420 48 724 599 4.8
827 BL.5II 2100 503 13 248 1030 -5.9 647 432 3.1
829 BIL.5II 2050 478 13 195 1160 -5.3 -6.68 2029 2.5

SHIIVNIF AANI'T-HTONIS HAISSVIN A0 SNOINVAINOD v JHLdVHD 801



Table 4.8.: Uncertain double-lined binaries in the TMBM. Parameters marked with (1) are adopted from |Shenar et al.|(2022).

VFTS  SpType" T logL® MY R ve My logM P MY
ID [kK]  [Lo]l [Me]l [Ro] [km/s] [mag] [Mo/yr] [d]  [Mo]
73 09.51V + B: 31.85 500 19 104 1920 47 697 1506 6.8

171 O8S5IL(f) + BLS:V 3425 543 21 148 1690 -56  -599 6770 4.
184 06.5Vn+ OB: 38.90 491 30 63 3100 -38 @ -7.24 321 21
256 07.5V: + OB: 3690 498 25 7.6 2580 42 701 2460 438
332 09I +09.2V 31.80 519 20 130 1760 -52  -6.58 10250 114
409 03.5: V:((H)+B:  47.00 594 45 141 2540 58  -5.18 222 93
479 045V ((fc)z+B: 4290 5.14 39 6.7 3420 41  -6.85 147 129
603 04 IIL:(fc) + OB: 4220 598 61 183 2590 -63  -5.27 1.8 L1
657 O7IL(f) + OB: 3530 552 35 154 2140 57 -6.06 63.5 93
736 09.5V + B: 3290 470 20 69 2420 -39  -7.61 68.8 47
750 09.5V +B: 3290 464 20 64 2500 37 -7.74 4170 6.5
812 04 V((fc)) 4390 548 40 95 2910 -49  -6.12 173 64

d0d 0€ NI SY4VLS 40 HHL 8V

601
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translates into a stellar mass of 4 M, and a spectral type of B 8 to 9, assuming a MS star.

If we assume a BH companion, the lower panel in Fig. shows that no detectable
amount of X-rays would be expected from the system. The reasons for this are the wide
orbit of the binary and the low mass-loss rate predicted from Vink et al.| (2001)). Since
5M, is a lower limit for the BH, we see that even more massive BH companions are pos-
sible if the binary has low orbital inclination. In agreement with [Shenar et al. (2022)), we
conclude that VFTS 514 has a high probability of being an X-ray-quiet OB+BH binary.

The analysis of VFTS 779 is shown in Fig. While the companion is supposed
to have a similar mass as VFTS 514, the orbit is more compact, and the primary star is
brighter by 1.5 mag. The top panel of Fig. [4.9| reveals that a low-mass MS companion
could have been undetected in the spectrum if the real companion mass is at the lower limit
provided by the error bars. A mass higher than 4 M, would yield a brightness difference
of 5mag, which should be visible in the optical spectrum. MS stars more massive than
10M,, can be ruled out due to their brightness. As Fig. [.9] suggests, we do not expect
a significant amount of X-rays from the presence of an MS companion. The reason for
this is the low mass-loss rate of the O star compared to a WR star. We conclude that a
MS companion of VFTS 779 can escape detection if its mass is in the lower range of the
confidence interval provided by Shenar et al.| (2022).

The lower panel of Fig. shows that a BH companion is also undetectable in X-rays.
The assumption of a BH companion is supported by the analysis of Shenar et al.| (2022).
However, they note that a stripped helium star companion cannot be ruled out.
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Figure 4.8.: Diagnostic diagrams for VFTS 514 with stellar parameters from Tab. The red dot
indicates the companion mass and the orbital period detected by [Shenar et al.| (2022)). For further
explanation see Fig. 1.1}
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Figure 4.9.: Diagnostic diagrams for VFTS 779 with stellar parameters from Tab. The red dot
indicates the companion mass and the orbital period detected by [Shenar et al.| (2022)). For further
explanation see Fig. 1.1}
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4.9 Catalogue of diagnostic diagrams

The aim of this section is to provide a catalog of diagnostic diagrams based on the spectro-
scopically derived properties of the primary star in SB1 systems. This enables the reader
to investigate the expected X-ray flux due to the presence of a compact or main-sequence
companion. We chose effective temperature T.g and surface gravity g as parameters for
our catalog.

We used these values to infer the stellar mass and luminosity from the BONNSAI
code (Schneider et al. 2014}, a Bayesian statistical method that predicts stellar param-
eters based on a set of observables. We use a parameter grid of 7.z = 15...45kK and
log (cmgs%) = 3.0...3.8. We assumed an uncertainty of 1 kK for the effective temperature
and 0.1 dex of log(g/(cm s2)). The values of effective temperatures and their correspond-
ing uncertainties provided us with a value of the most likely stellar mass and luminosity.

Note that the quantity £ := T:ff /g (Langer and Kudritzki |2014) cannot be arbitrarily
large since large temperature and small gravity would imply a large L/M. For sufficiently
large temperatures and small surface gravity, the star would exceed its Eddington limit,
which means that the force implied by radiation pressure exceeds the star’s gravitational
force. Consequently, no hydrostatic configuration of the star is possible (Sanyal et al.
20135). This limit occurs at log(L/Ly) =~ 4.6 (Langer and Kudritzki 2014). Since stellar
models that exceed the Eddington limit do not exist, BONNSAI does not provide stellar
parameters for corresponding values of T.¢ and log(g). Consequently we excluded the
parameter pairs log(g/(cms=2)) = 3.4 and Tz = 45kK, as well as log(g/(cms™2)) = 3.0
and T > 35 kK from the catalog.

We used these values to compute the terminal velocity and the mass-loss rate described
above. The computed values are listed in Table Based on the inferred values, we
provide diagnostic diagrams in Appendix [C.4]
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Te log(g) M; log(Ly) Voo  log(M) Figure
[kK] [cm/s?] [Mo] [Lol [km/s] [Mo/yr]
15 3.8 4.8 2.89 931 -12.17 C.39
20 3.8 7.8 3.62 1040 -10.71 C.40
25 3.8 11.8 4.19 2180 -10.30 C.41
30 3.8 17.0 4.67 2382 -9.53 C.42
35 3.8 242 5.11 2573 —-8.57 C.43
40 3.8 364 5.53 2832 -5.79 C.44
45 3.8 584 5.91 3243 -5.21 C.45
15 34 6.0 3.39 781  —11.20 C.46
20 34 9.8 4.15 859 -9.67 C.47
25 34 150 4.70 1832 -9.32 C.48
30 34 232 5.22 2027 -6.50 C.49
35 34 372 5.77 2182 -5.37 C.50
40 34 72.0 6.15 2788 -4.82 C.51
15 3.0 7.4 3.76 701  -10.50 C.52
20 3.0 134 4.60 775 —-8.85 C.53
25 3.0 228 5.28 1618 -6.28 C.54
30 3.0 53.6 5.90 2083 -5.49 C.55
35 3.0 498 6.18 1994 -4.64 C.56

Table 4.9.: Stellar parameters as function of 7. and log(g). Masses and luminosities are inferred
from BONNSAI (Schneider et al.|2014). Terminal velocities and mass-loss rates are computed
based on [Kudritzki and Puls| (2000) and |Vink et al.| (2001). The last column gives the figure
number of the corresponding diagnostic diagrams.
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4.10 Conclusion

The majority of spectroscopic binaries identified in various observational campaigns are
categorized as SB1s. For instance, the B-type binaries characterization (BBC) program
(Villasenor et al.|[2021) classified 70 out of 84 systems as SB1. The Tarantula Massive
Binary Monitoring (Almeida et al.[2017) lists 51 SB1 systems out of 82 identified binaries.

We combined these approaches to investigate the nature of unseen companions based
on spectroscopic and X-ray data as well as measurements of the primary’s stellar param-
eters. We used models for X-ray emission of a putative MS, BH, or NS companion to
construct the diagnostic diagrams. These diagrams can be used to compare data from RV
measurements with X-ray observations and narrow down the possibilities for the com-
panion’s nature. This method is particularly useful for excluding one or more companion
types.

We saw this in the example of WR 124, where we could show that the RV period is not
compatible with the existence of a BH companion or a slowly spinning NS companion.
Furthermore, our diagnostic diagram reveals that the unseen companion in the X-ray-
quiet SB1s VFTS 234, VFTS 514, and VFTS 779 is likely to be a BH. It is important to
note that the diagrams depend exclusively on the current stellar parameters of the primary.
Hence, the diagnostic diagrams are independent of the stellar and binary evolution and the
associated uncertainties.

However, we also saw that our model cannot always clearly identify a putative com-
panion’s existence or its nature. We found that the following factors facilitate the identi-
fication of a putative companion with our diagnostic diagrams:

1. A small terminal velocity of the primary wind: A wind velocity of about 1000 km/s
and below makes the existence of an accretion disc more likely. Consequently, a
putative BH would be X-ray bright in a larger fraction of the parameter space and
may be ruled out based on the non-observation of the X-ray luminosity.

2. A large observed X-ray luminosity: The X-ray emission from an accretion disc
or an accreting NS tends to be more X-ray luminous than from colliding stellar
winds. Hence, if an SB1 system is observed as an X-ray source, a comparison
between the diagnostic diagrams provides evidence of a MS, BH, or NS companion,
respectively.

3. Large minimum mass of the unseen companion. If the RV of an SB1 implies a
minimum companion mass of a few solar masses and above, we find that a MS
companion can often be ruled out due to the optical flux ratio, as seen, i.e., in the
cases of VFTS 234, VFTS 514 and VFTS 779. Also, a NS companion can be ruled
out if the minimum mass is above 2 M. In this case, it is a reasonable assumption
that the companion is an X-ray-quiet BH.

If the primary star does not show these characteristics, it is harder to identify a putative
companion based on the diagnostics diagrams. An example shown in this study is WR 3.
The large terminal velocity of this WR star’s wind makes it difficult to exclude the exis-
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tence of a BH. In addition, no definitive companion identification could be made based
on X-ray or RV measurements.

An interesting extension of our model would be the inclusion of decretion discs around
the primary. Including a model that estimates the X-ray luminosity emitted from a CO
that captures material from a circumstellar disc of its host star could extend our model so
that it is applicable to Be stars as well. [Hastings et al. (2020) showed that Be stars can
be formed via a single star path. Therefore, the existence of a decretion disc around a
star is no proof of a binary companion. With the interference of the diagnostic diagrams
developed here, the question of whether a particular Be star has a companion may be
addressed. Modeling the expected X-ray luminosity in BeXRBs requires knowledge of
the decretion disc’s structure, and the orbital geometry of the binary is necessary to predict
the accretion rate of a putative companion and the X-ray luminosity. Models of decretion
discs have been vividly investigated in the past, as well as the formation of Be stars (Lee
et al.[1991; McGill et al.|2013;; |Cochetti et al. 2019; Hastings et al.|2021}; Cur¢ et al.|2022).

Also, since diagnostics diagrams depend on the stellar parameters of the primary star,
the diagrams of a given primary star would change throughout the primary’s evolution.
Assuming BH companions, such a study of the time dependence of accretion has been
performed by Sen et al.| (2021) to investigate the future of observed OB+WR binaries.
Our approach can be used to extend this idea to colliding wind binaries and OB/WR+CO
binaries, including NS companions.

In those cases where our diagram is inconclusive, the possibilities of identifying a com-
panion could be improved by including other characteristics of the primary. One way to
do that is to apply our models of X-ray emission to a synthesized population of binaries.
This would provide a probability distribution of periods and RV variations for a given
primary. Using our diagnostic diagrams, we could narrow down these distributions to
the area of the parameter space that agrees with observations. This approach could not
only identify putative companions but would also provide an estimate of the likelihood
for the companion in question to exist. Also, applying our diagnostic diagrams could give
insights into the question of the missing BH companions. The disadvantage of including
population synthesis is that the uncertainties of stellar and binary evolution are introduced
into the model.

Nevertheless, we briefly illustrate here how the diagnostic diagrams can be combined
with population synthesis to gain new insights into the population of O+Co binaries: For
instance, a population synthesis performed by Shao and Li|(2020) suggests that the period
distribution of OB+BH binaries peaks between 7 and 10 d. From the O stars analyzed in
the previous sections, we see that in some cases, a 10 My BH companion with a 10 d would
be X-ray quiet. The question arises: How many X-ray-quiet BH companions would be
predicted?

Langer et al.| (2020) used a grid of binary evolution models to estimate the population
of OB+BH binaries, which emerge after mass transfer. They found that most OB+BH
binaries originate from Case B mass transfer. The periods of the Case B systems distribute
between 10 and 1000d with a maximum of ~ 180 days. OB+BH binaries that emerge
after Case A mass transfer occur less frequently and have smaller orbital periods between
3 and 20 d with a distribution peak at ~ 6d. We can use this distribution of orbital periods
to discuss the observability of these systems in the X-ray regime.
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To accomplish this task, we construct diagnostic diagrams for two OB stars, contin-
gent on assuming specific stellar parameters for the primary star. As indicated by |[Langer
et al.[(2020), the likelihood of a star in a binary system having a black hole companion is
highest when the OB star’s mass falls within the range of 15 to 22, M. In constructing
the diagrams, we rely on the stellar parameters outlined in Tab4.9] We adopt a primary
with Ty = 30,kK and log(g/(cms=2)) = 3.8, referred to as the first primary. Addition-
ally, we consider a primary with Ty = 25,kK and log(g/(cms~2)) = 3.0, , referred to
as the second primary. These parameter values correspond to stars with masses of 17
and 22.8, Mo, respectively (cf. Tab[4.9). We intentionally opted for these parameters to
represent extreme cases of surface gravity.

Fig. shows the diagnostic diagrams of the two primary stars. In both diagrams, we
included the range of orbital period and BH mass predicted by the population synthesis of
Langer et al. (2020). We distinguished between the systems originating from Case A and
Case B mass transfer, respectively. The dot marks the orbital period and BH mass, where
the corresponding frequency distribution peaks. The diagrams show that all synthesized
systems are predicted to be X-ray quiet if we assume the stellar parameters of the first
primary.

The reason for this is simply the small mass-loss rate of such a star (cf. Tab4.9). How-
ever, if we consider the second primary, we find that most O+BH systems that originate
from Case A mass transfer are X-ray bright. Interstingly, the Case A systems show pro-
nounced RV variations of 50km/s and above. Consequently, these systems would be
identified as SB1 in spectroscopic surveys. The systems from Case B mass transfer have
significantly larger orbital periods, which also leads to smaller RV variations. Both the
large orbital period and the smaller RV variations make it less likely that such a system is
identified as an SB1.

Regarding the diagnostic diagram of the second primary, we find that effectively all
systems from Case A mass transfer undergo RLFO or are wind-accreting systems with
an accretion disc. Consequently, we predict these systems to be X-ray bright with X-
ray luminosities of 10’ erg/s and above. Most of the Case B originating systems are
predicted to be still X-ray quiet. Only the systems with periods smaller than ~ 20d are
expected to form an accretion disc. We find that the majority of the O+BH from Case B
mass transfer is expected to be X-ray quiet, as shown by the red dot in Fig. and since
most of the O+BH binaries in the population synthesis by |[Langer et al.| (2020) originate
from Case B mass transfer, we have to come to the conclusion that most of the O+BH
are X-ray faint. Again, we point out that this conclusion also depends on the models used
to perform the population synthesis. Applying our scheme to construct the diagnostic
diagrams to a population synthesis with a different methodology could show how robust
this result is.

Our approach helps clarify the nature of the invisible companion in SB1s, providing
new insights into the evolution of binaries. For instance, the diagnostic diagrams may help
uncover the undetected population of O+BH binaries predicted by [Langer et al.| (2020)
so far. Identifying this population not only holds substantial promise in mitigating uncer-
tainties within models of massive binary evolution. Also, by finding and studying X-ray
faint O+BH binaries, like VFTS 234, we may improve our understanding of the accretion
processes of wind-fed BHs.
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Figure 4.10.: Top: Diagnostic diagram for a CO companion hosted by a primary star with Teg =
30kK and log(g/(cm s72)) = 3.8. Mass, luminosity, terminal velocity, and mass-loss rate of the
primary are listed in Tab. 4.9] Bottom: Similar to top panel, but primary has Ty = 25kK and
log(g/(cms™2)) = 3.0.

The blue and red lines outline the regimes of the BH mass and orbital period of the OB+BH
binaries synthesized by |Langer et al.| (2020). The dots mark the orbital period and the BH mass
where the corresponding distribution reaches a maximum.



Chapter 5

Summary and Outlook

Massive binaries are linked to a variety of astrophysical phenomena, such as WR stars
(Paczynski|1976; Schootemeijer and Langer 2018]), supernovae (Dessart et al.[2020), X-
ray binaries (Marchant et al.2017), gamma-ray bursts (Fryer and Heger| 2005), or the
emission of gravitational waves (Marchant et al.|2016]). Consequently, understanding the
intrinsic processes and the evolution of these systems is of high significance for astro-
physics. As massive stars can end their life as a NS or a BH, the stage where the binary
consists of a massive normal star and a compact companion emerges naturally. This thesis
aimed to investigate and analyze the processes responsible for the emission of X-rays in
binary systems consisting of a massive star and a companion, either a neutron star (NS)
or a black hole (BH). Our investigation focused on the interaction between the binary
components, including mass transfer from the normal star to the compact companion and
accretion of the compact companion from the massive star’s wind. We investigated how
these processes influence the evolution of the binary and how they enable us to determine
the nature of the companion in seemingly single stars and single-lined binaries. This is
important when we want to understand the evolution of massive binaries and compare
theoretical results with observational evidence.

Chapter [2| was dedicated to studying mass transfer via RLOF from a massive star to
a compact companion to understand the mechanisms powering the X-ray emission in
SGXBs and ULXs. The key finding of this chapter was that the presence of a hydro-
gen/helium gradient at the surface of a massive star increases the mass-radius exponents of
the thermal equilibrium radius. This constitutes the possibility of stable mass transfer on a
nuclear timescale, challenging the conventional belief that mass transfer in binary systems
with a large mass ratio is unstable and short-lived. We showed this by constructing de-
tailed binary evolution models featuring an evolved massive star with a hydrogen/helium
gradient as the donor and a NS or BH companion as the accretor. Our models defy the
anticipated instability of mass transfer despite the considerable orbital contraction of the
binary. During the mass transfer, the donor stars undergo significant radius reduction,
transitioning from hydrogen- to helium-enriched stars. While our models are hypothet-
ical constructions and not directly derived from previous binary evolution phases, their
central premise finds support in observations, particularly regarding the helium-rich and
overluminous nature of SGXB donors.

Moreover, our models offer insights into various observational phenomena connected
to SGXBs and ULXs. Firstly, they may help to understand the abundance of SGXBs in
the Milky Way, since the number frequency of observable X-ray sources is proportional
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to the duration of their X-ray phase, which our models significantly extend. Secondly,
they may elucidate the presence of ULXs featuring supergiant donors and NS accretors.
We showed that a binary consisting of a ~ 30 Mg, star and a 2 M NS accretor can undergo
a stable mass transfer, leading to an X-ray lifetime of a few hundred thousand years (see
for instance Model d2ns0 cons. in Chap. 2). We found, however, that the stabilizing
effect relies on a large value of the hydrogen/helium gradient. Consequently, H and He
abundances change significantly over a small mass fraction of the envelope. This imposes
a fine-tuning problem, which we addressed by proposing that SGXBs, and potentially
ULXs with NS accretors, may have formed through a CE evolution phase facilitated by
the loss of the H-rich envelope of the donor star that is initially unstable as the H/He
gradient is zero in the outer part of the envelope. Similar results were for instance found
by Marchant et al. (2021), Vigna-Gomez et al. (2022), |[Klencki et al.| (2022)) and Misra
et al.| (2024).

Enhancing observational constraints on the CE evolution of massive binaries could
provide further validation and insights into these phenomena. For instance, recent X-ray
observations by Belfiore et al. (2024)) of the ultraluminous X-ray pulsar NGC 5907 ULX-
1 indicate a binary period of 5.7d. Depending on the donor radius, which is currently
unknown, this may be evidence that the system undergoes RLOF. Moreover, Belfiore et al.
(2020) detected an expanding nebula powered by the wind of NGC 5907 ULX-1 with a
dynamical age of 7 x 10* yr. If the formation of this nebula is connected to a mass transfer
or a CE phase at the beginning of the mass transfer, NGC 5907 ULX-1 may currently
undergo nuclear timescale RLOF stabilized by a hydrogen/helium gradient. This would
be a direct observation of the stabilizing effect proposed in Chapter[2] In particular, a long-
term observation of the orbital period to determine the orbital decay rate Py, would be
interesting. A match with our predicted values would provide further evidence to support
our models. Additional observational support for RLOF stabilized by a hydrogen/helium
gradient comes from observations of Zhou et al.| (2023)) showing that the donor star of the
ultraluminous X-ray source NGC 247 ULX-1 is helium-enriched. If the ULX originates
from a CE phase, a stripped and thus helium-enriched donor star is precisely what one
would expect.

In Chapter 3, we combined models for X-ray emission and RV variations, aiming to
clarify the nature of the unseen companion. These processes included X-ray emission
mechanisms such as X-rays from accretion, intrinsic emission from the massive star, and
colliding stellar winds. We compiled approaches from the literature to estimate the emit-
ted amount of X-rays and developed a technique that integrates radial velocity data with
X-ray observations to discern the potential existence and the nature of hidden companions
in single-lined massive binaries and apparently single stars.

The central benefit of this chapter was the development of diagnostic diagrams as a
tool to study binaries. These diagrams link RV data (RV variation and orbital period)
to expected X-ray emission and thus enable us to combine X-ray and RV data to clarify
the existence and/or the nature of a putative binary companion. They can be constructed
depending on the stellar parameters of the primary star only without assumption about
the evolution of the primary star or the binary system. This makes them useful tools for
understanding observed RV and X-ray data of a putative binary system.

We showed this in Chapter 4, where we investigated different apparently single stars
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Table 5.1.: Summary of the results of the detailed discussed stars in Chapter 4. For each star
under investigation, it is indicated whether a MS companion, BH companion, or NS companion
is compatible with the observed X-ray data and RV variations. If not, the corresponding type of
companion is categorized as unlikely. See the corresponding section in Chapter 4 for discussion
and details.

Name MS BH NS
SMC AB 11 compatible unlikely unlikely
if low-mass

WR3 low mass only compatible compatible
WR 6 unlikely compatible compatible
WR7 unlikely compatible compatible
WR 124 compatible unlikely unlikely
VFTS 234 unlikely compatible unlikely
VFTS 514 unlikely compatible unlikely
VFTS 779 unlikely compatible unlikely

and SB1s. We discussed a subset of eight of these stars in more detail. The corresponding
results of this discussion are summarized in Tab. where we indicated for every star if
a certain companion type is compatible with observations based on the analysis using our
diagnostic diagrams or not.

Furthermore, we provided a catalog of diagnostic diagrams for massive stars with dif-
ferent effective temperatures and surface gravities. These can be used to identify stars
that have the potential to host an undetected companion. In addition, we demonstrated
that a large fraction of the O+BH binary population predicted by Langer et al.| (2020) is
potentially X-ray quiet and thus has avoided detection until today. In particular, we were
able to refute the paradigm that a BH companion of a massive star with strong stellar wind
is always X-ray bright. Instead, we argued that the X-ray brightness of a BH depends on
the parameters of the stellar wind, especially the terminal velocity, whereby a high wind
results in a low X-ray brightness.

These findings, in turn, generate a series of new questions, which we will briefly dis-
cuss three of them in the following paragraphs:

What is the exact number of undetected BHs in massive binary systems?

We saw in Chap. 3 and 4 that it is possible for an OB star to host an X-ray with a quiet BH
companion. On the other hand it is expected that most massive stars are part of a multiple
system (Sana et al. 2008, 2009, 2011, 2013, 2014; Kobulnicky and Fryer[2007; Kobul-
nicky et al.|[2014; Dunstall et al.|[2015). This leads to the assumption that a significant
fraction of the OB+BH binaries may be X-ray quiet due to the inability to form an accre-
tion disc. A similar result was found by Sen et al.[|(2021) and Hirai and Mandel (2021)).
Since X-ray observation is the main way to detect BHs, our results led to the conclusion
that our sample of observed stellar BHs is most likely incomplete. Indeed, evidence for a
large as-yet undetected population of stellar BHs is growing over the past years (ITimmes
et al.|[1996; Breivik et al.|2017; Langer et al.|2020; Chawla et al.|[2022; [Sen et al.|2024)).
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Where are the X-ray bright WR+BH binaries?

During the evolution of a massive binary, one would expect that the phase where one
companion is a WR star and the other a BH should also arise naturally. However, the
only WR+BH candidate we know in the Milky Way is Cyg X-3 (Belczynski et al.|2013;
Zdziarski et al.[2013}; van den Heuvel [2019). In Chap. 4 of this thesis, we demonstrated
that there are WR stars that could host an unseen BH companion (for instance, WR 3
and WR 7). In these cases, increased monitoring of RV variations and X-ray observa-
tions would be interesting to deduce if these WR stars have companion stars and, if so,
of which nature are these companions. On the other hand, we found multiple examples
(for instance, WR 124) where a BH companion is very unlikely due to the expected, but
not observed, X-ray brightness that such a companion should induce. For these stars, the
question remains if they are indeed single stars or if these stars were born as binaries. In
the second case, a possible explanation of the missing BH companion may be found in
Chap. 2 of this thesis, where we showed that an unstable mass transfer can result in a CE
phase that unbinds large fractions of the hydrogen-rich envelope. This may be followed
by a phase of stable mass transfer due to a large H/He at the surface. After this phase,
a second CE may follow the stable mass transfer, ultimately leading to the merger of the
two companions. A similar scenario has also been described by (Van den Heuvel et al.
2017), but more theoretical and observational research needs to be done to clarify the
seeming lack of BH companions in WR binaries.

How can we find X-ray quiet BHs in binaries?

In the introduction of this thesis, we argued that BHs can reveal themselves by interacting
with a stellar companion. One such interaction is the gravitational pull of the BH, causing
a Doppler shift of the normal companion’s spectrum. A binary with an X-ray quiet BH
companion may thus be classified as an SB1. Several of these SB1s were discovered in the
past years (Almeida et al.[|2017; |Villasenor et al.|[2021; [Shenar et al.[2022). The number
of these systems is expected to grow significantly in the next decades as the first light
of the world’s largest optical and near-infrared telescope, the European Extremely Large
Telescope, is expected in 2028. With an aperture diameter of nearly 40 meters, it will be
able to collect 16 to 25 times more light than the largest current telescopes (Padovani and
Cirasuolo|2023), thereby increasing the limiting distance of observable objects by a factor
of 4 to 5 and the observable volume of the universe by a factor between 64 and 125. In
particular, we will be able to study significantly more apparently single stars and single-
lined binaries. By introducing the diagnostic diagrams, this thesis provided an approach
that can help to characterize unseen companions. This would provide a good sample to
test our predictions about the detectability of different types of companions in massive
binary stars.

Besides improvements in optical astronomy, we expect refined X-ray considerations
(Sen et al.[2024) and the possibility of better X-ray observations for the next generation
of X-ray observatories, including the space observatories eROSITA (Predehl et al.[2021]),
LYNX (Gaskin et al.[2019), and Athena (Barcons et al.|[2017). With improved sensitivities
in addition to long exposure observations, these new X-ray telescopes might be able to de-
tect X-rays from BH companions as well as isolated BHs that are too faint to be found yet.
The diagnostic diagrams developed in this thesis may be useful tools for estimating what
X-ray flux is expected from a putative companion of a certain star, thereby improving
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the target scheduling of X-ray observatories. On the other hand, long exposure observa-
tions and detailed X-ray analysis of known X-ray quiet BH in massive binaries (such as
in VFTS 243) may help to improve the X-ray estimations for our diagnostic diagrams,
especially at the faint X-ray regimes of the parameter space.

Besides optical and X-ray observations, we expect an enormous increase in observa-
tional data from the new generation of gravitational wave observatories. Since the first
detection of gravitational waves from merging compact objects(Abbott et al. 2016, 2017),
LIGO and VIRGO have detected almost 100 merger events (Benjamin 2022). The next
generation of gravitational waves observatories, including the Einstein Observatories and
Cosmic Explorer, will be equipped with larger interferometer arms and enhanced isola-
tion from external noise, resulting in an increased sensitivity for gravitational wave detec-
tion and an increased detection frequency of merging compact objects (Chassande-Mottin
et al.|2011}; Bertocco et al. 2024). These observations provide another way to deduce the
parameters of the massive binary population, particularly the birth rates, the masses, and
the number frequency of these systems. This provides an independent way to probe our
conclusions concerning the X-ray quiet BHs in massive binaries.

In addition to the three methods of uncovering unseen companions, other techniques
have shown their potential: Compact companions can be found via gravitational lensing
(Sahu et al.|2022) or precise astrometric measurements (Gaia Collaboration et al.[2024).
All the detection methods outlined above have been developed and improved over the last
decades. Considering the results of this thesis and the variety of theoretical and obser-
vational work cited above, we expect the next years and decades to be very fruitful for
the research of compact objects in massive binaries. The recent advancements in obser-
vational astronomy and theoretical astrophysics have broadened our understanding of the
universe, allowing us to detect faint black holes and gain deeper insights into the past and
future of massive binary stars. By uncovering the unseen, we unravel the secrets of the
universe step by step, just like astronomers have done since Galileo in 1610.
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ABSTRACT

Context. The origin and number of the Galactic supergiant X-ray binaries is currently not well understood. They consist of an evolved
massive star and a neutron star or black-hole companion. X-rays are thought to be generated from the accretion of wind material
donated by the supergiant, while mass transfer due to Roche-lobe overflow is mostly disregarded because the high mass ratios of these
systems are thought to render this process unstable.

Aims. We investigate how the proximity of supergiant donor stars to the Eddington limit, and their advanced evolutionary stage, may
influence the evolution of massive and ultra-luminous X-ray binaries with supergiant donor stars (SGXBs and ULXs).

Methods. We constructed models of massive stars with different internal hydrogen and helium gradients (H/He gradients) and differ-
ent hydrogen-rich envelope masses, and exposed them to slow mass-loss to probe the response of the stellar radius. In addition, we
computed the corresponding Roche-lobe overflow mass-transfer evolution with our detailed binary stellar evolution code, approxi-
mating the compact objects as point masses.

Results. We find that a H/He gradient in the layers beneath the surface, as it is likely present in the well-studied donor stars of
observed SGBXSs, can enable mass transfer in SGXBs on a nuclear timescale with a black-hole or a neutron star accretor, even for
mass ratios in excess of 20. In our binary evolution models, the donor stars rapidly decrease their thermal equilibrium radius and can
therefore cope with the inevitably strong orbital contraction imposed by the high mass ratio. We find that the orbital period derivatives
of our models agree well with empirical values. We argue that the SGXB phase may be preceded by a common-envelope evolution.
The envelope inflation near the Eddington limit means that this mechanism more likely occurs at high metallicity.

Conclusion. Our results open a new perspective for understanding that SGBXs are numerous in our Galaxy and are almost completely
absent in the Small Magellanic Cloud. Our results may also offer a way to find more ULX systems, to detect mass transfer on nuclear
timescales in ULX systems even with neutron star accretors, and shed new light on the origin of the strong B-field in these neutron stars.

Key words. binaries: general — stars: massive — X-rays: binaries

1. Introduction

X-ray binaries represent an evolved stage of the evolution of mas-
sive binary systems (Verbunt et al. 1992; Tauris & van den Heuvel
2006; Marchant et al. 2017). They contain an ordinary star, the
mass donor, and a compact object, namely a neutron star (NS) or
ablack hole (BH). In these systems, X-ray radiation is released by
the accretion of matter that is released by the mass donor onto the
compact companion (Frank et al. 2002). Depending on the mass of
the donor star, X-ray binaries are divided into low-mass (LMXBs)
and high-mass X-ray binaries (HMXBs).

High-mass X-ray binaries may also help us to understand
rare ultra-luminous X-ray sources (ULXs; Kaaret et al. 2017),
their more luminous cousins in the X-ray sky. Furthermore,
HMXBs may be progenitors of merging BHs (Marchant et al.
2016) and NSs (Tauris etal. 2017), and thus have a direct
connection to the gravitational-wave signals detected by the
Virgo interferometer, which is part of the Laser Interferome-
ter Gravitational-Wave Observatory (LIGO; Abbott et al. 2016,
2017). A study of HMXBs, their formation and evolution
thus provides a better understanding of future results from
gravitational-wave surveys.

Article published by EDP Sciences

While the mass-transfer and accretion processes in LMXBs
are quite well understood (Tauris & van den Heuvel 2006), our
knowledge of these processes in HMXBs is more limited. The
mass-transfer mode in HMXBs is thought to be either wind
accretion (Shakura et al. 2014) or Roche-lobe overflow (RLO;
Savonije 1978). Because the first mode requires an extreme stel-
lar wind with mass-loss rates of the order of several 10~> Mg, yr~!
to achieve the observed X-ray luminosities, this is only expected
to occur in HMXBs. RLO is often thought to occur in LMXBs
because it provides a sufficiently high mass-transfer rate to
explain the luminous X-ray emission. In HMXBs, however, RLO
is expected to lead to a rapid shrinking of the orbit as the result of
the high mass ratio between the donor star and the accretor, lead-
ing to a common-envelope (CE) phase. Van den Heuvel et al.
(2017) argued that systems with a mass ratio 3.5 would always
undergo unstable RLO mass-transfer. This would mean that a
system containing an O star (220 M) and an NS (<3 M) would
quickly enter a CE phase. In this case, the resulting X-ray life-
time cannot exceed the thermal timescale of the donor star.
Savonije (1978) indeed found an X-ray lifetime of only 3x 10* yr
for a system with a mass ratio of 16, which is of the order of the
thermal timescale of the O star.
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High-mass X-ray binaries are subdivided into two main
groups (Lewin et al. 1995). The first group harbours an evolved
O- or B-type supergiant. These systems typically have a short
orbital period (Walter et al. 2015), indicating that the supergiant
might be close to filling its Roche lobe. The two mass-transfer
modes, wind mass-transfer and RLO, could explain the persis-
tent and luminous X-ray emission. The binaries of the second,
more numerous, subgroup consist of an early Be-type donor and
a compact object. The appearance of emission lines indicates the
existence of a circumstellar disc of material that is thought to be
streaming off the nearly critically rotating B star along its equa-
torial plane. Orbiting its host, the compact object eventually pen-
etrates this disc and accretes matter at this stage (Apparao 1985).
This process is seen as a transient X-ray source recurring within
a few 10-100 days, corresponding to the period of the wide and
eccentric orbit. This inefficient accretion mode does not greatly
affect the orbital separation. Thus, the expected X-ray lifetime is
the main-sequence time of a B star, about a dozen million years.
Building on this, Meurs & van den Heuvel (1989) estimated the
total number of X-ray binaries in our galaxy that host supergiants
(SGXB) and Be stars (BeXBs). Taking observational biases into
account, they expected that about 30 SGXB and 3000 BeXBs
host X-ray binaries in the Milky Way. The fraction of SGXBs
to BeXBs reflects the ratio between their expected X-ray life
times, that is, thermal to nuclear timescale, which is roughly
1/100. This estimate agreed well with observations at the time
(Lewin et al. 1995).

Bird et al. (2007; see also Birdetal. 2010) discovered
that some SGXBs show peculiar behaviour. While some of
them show X-ray transients on a timescale of a few hours
(Heise & in’t Zand 2006), a second group has a character-
istic high absorption corresponding to a column density of
Ny = 10% c¢cm=? (Manousakis et al. 2012). The first subgroup
of SGXBs is referred to as supergiant fast X-ray transients
(SFXTs). The other group is called obscured SGXBs. The mech-
anisms leading to their formation as well as the role these mech-
anism play in the evolution of SGXBs are poorly understood.
The configuration of the obscured SGXBs has been considered
to extend from the existence of a cocoon of dust that enshrouds
the whole system (Chaty etal. 2008) to an unusually slow
and dense stellar wind (ve, ~400km s™!) (Manousakis & Walter
2012). While a dust cocoon could indeed form as the result of
CE evolution, it is not obvious why a supergiant donor should
exhibit a very slow wind velocity because neither observations
nor numerical calculations suggest such slow winds for single
stars. It is therefore reasonable to assume that the high attenua-
tion might be connected to the existence of a companion and is
not an intrinsic attribute of a supergiant.

Recently, Walter et al. (2015) reported 20 new SGXBs and
8 new BeXBs found by ESA’s International Gamma-Ray Astro-
phyiscs Laboratory (INTEGRAL). This leads to a total number
of 36 SGXBs and 60 BeXBs known in the Milky Way. The cur-
rent observed number of supergiant systems therefore appears to
be too high to be explained by thermal timescale RLO of SGXBs.
A way to address this problem is to postulate wind accretion in
SGXBs (Shakura et al. 2014; Bozzo et al. 2016). However, pop-
ulation synthesis studies by Dalton & Sarazin (1995) predicted a
number ratio of SGXBs/BeXBs of <0.15, even if wind accretion
is assumed to be the main mass-transfer mode.

On the other hand, stabilising processes during RLO
are a highly debated field of research (Ivanova 2015;
Dermine et al. 2009; Blondin & Owen 1997; Savonije 1979).
Pratt & Strittmatter (1976) discussed mass-transfer stabilisation
due to the rotational slow-down of the donor star, caused by tidal
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breaking, and the subsequently diminishing centrifugal force in
its outer layers. Stabilisation by widening of the Roche-lobe due
to mass loss by a stellar wind was studied by Basko et al. (1977).
Hjellming & Webbink (1987) investigated mass transfer on
dynamical timescales using semi-analytical models. They found
that any initial stability due to the rapid adiabatic expansion of
the primary’s outer layer will switch to an unstable mode if these
layers are super-adiabatic. Tauris et al. (2000) discovered the
possibility of long-term stable mass transfer even if the mass
ratio exceeds a value of 4. More recently, Pavlovskii et al. (2017)
showed that RLO can be stable if the primary is a post-main-
sequence star (case B mass transfer) that has already expanded
through the Hertzsprung gap but has not yet developed a deep
convective envelope (see also Pavlovskii & Ivanova 2015).

A similar timescale problem as in the SGXBs may exist
in some ULX sources, many of which radiate highly above
the Eddington accretion limit of a ~10 M, BH (Long et al.
1981; Kaaretetal. 2017). An interesting case is the ULX
NGC 7793 P13. In this source, X-ray pulses were discovered by
Israel et al. (2017b), indicating that the companion is an NS.
With an estimated donor star mass of ~20 My, the mass ratio
of the system is high, such that, again, stable mass transfer is not
expected to occur. However, wind accretion alone cannot explain
the high X-ray luminosity. How NGC 7793 P13 and three more
X-ray pulsating ULXs (Bachetti et al. 2014; Israel et al. 2017a;
Maitra et al. 2018) form and transfer mass is therefore not well
understood.

In this study, we work out conditions under which stable
mass transfer on a nuclear timescale can occur even though the
donor star is much more massive than the compact companion.
We explain our methods for modelling single-star and binary
evolution in Sect. 2, including mass transfer to a compact object,
and work out the criteria for long-term RLO and the connec-
tion of these evolutions to the internal structure of the donor.
In Sect. 3 we investigate the sensitivity of the donor star radius
to mass loss, and we present our binary evolution models in
Sect. 4, including examples of systems with high mass ratios
that undergo mass transfer on a nuclear timescale. In Sect. 5 we
discuss the possible properties of NS and BH hosting ULXs in
the light of our findings. In Sect. 6 we investigate possible paths
for the evolution of SGXB and ULX progenitors, and in Sect. 7
we discuss their likely evolutions. Our conclusions are presented
in Sect. 8.

2. Method
2.1. Modelling stellar evolution and mass transfer

We used the binary evolution code (BEC), a one-dimensional
hydrodynamic Lagrangian code, to solve the equations of stellar
structure (Kippenhahn & Weigert 1990) and model the binary
interaction (Braun & Langer 1993). The code includes up-to-
date physics (Wellstein & Langer 1999; Wellstein et al. 2001)
and uses the OPAL opacity tables (Iglesias & Rogers 1996).
For convection zones, the mixing length theory (MLT) by
Bohm-Vitense (1958) was applied, where we adopted ay, = 1.0
unless stated otherwise. We note that the value of ayq, is uncer-
tain (Pinheiro & Fernandes 2013) and may differ for stars in dif-
ferent evolutionary stages and/or mass ranges. Nevertheless, a
mixing length parameter of the order of unity is in agreement
with observations (Cox & Giuli 1968; Ferraro et al. 2006). The
rotation and magnetic fields were not taken into account. For
stellar wind mass loss, we followed the assumptions made by
Brott et al. (2011), unless stated otherwise.



M. Quast et al.: Mass transfer on a nuclear timescale in supergiant X-ray binaries

We investigated the case of X-ray binaries. We evolved an
ordinary star with a point-mass companion that represents the
NS or BH. The point mass induces mass transfer when the donor
star exceeds its Roche radius, and mass is carried to the com-
pact companion accretor via the first Lagrangian point. Here, the
Roche lobe is approximated by a sphere of radius Ry that has the
same volume as the Roche lobe, following Eggleton (1983),

~ 0.494%3 .
©0.6¢%3 +1In(1 +¢'/3) "

R ey

where g = Mp/Maj is the mass ratio of donor and accretor, and
a is the orbital separation. The mass-transfer rate was calculated
using the method of Kolb & Ritter (1990). When the donor star
did not fill its Roche volume, we computed the accretion of stel-
lar wind material onto the compact star using the description of
Bondi & Hoyle (1944).

When matter falls onto the compact object, it heats up and
releases a large portion of the gained gravitational energy in
X-rays. This leads to a feedback on the remaining material, of
which the radiative force may expel a certain fraction. Hence
the accretion rate and therefore the X-ray luminosity are self-
regulated and are usually not expected to exceed the Eddington-
accretion rate and luminosity of this object (but see Sect. 4.6).
When we write the Eddington luminosity of an accretor with
mass My as

4ncGM
Lpgg = ———, b
the Eddington accretion rate can be expressed as
4nGM
Edd = = 3)
nek

where 7 is the fraction of rest-mass energy of the accreted mate-
rial that is released as radiation, and « is the opacity. We adopted
n = 0.06, assuming a non-rotating BH, and n = GR’CWZA for an
NS. Furthermore, we assumed only electron-scattering opac-
ity (Kippenhahn & Weigert 1990). Under these assumptions, we

may calculate the Eddington-accretion rate as

4.6 x 1078 - (Mx/Mo)™'/3 My yr™" for NS

4
7.3 X 1078 - (M /M) Mo yr™" for BH, “)

Mg = {

where we distinguish between NSs and the more massive BHs.
In this equation, X is the hydrogen mass fraction of the accreted
material. The different scaling of the Eddington rate with respect
to the accretor mass arises from different mass—radius relations

of BHs and NSs. While the BHs Schwarzschild radius is pro-
portional to its mass, the NSs radius scales as Mgl/ 3 for a per-
fect Fermi gas. The NS mass—radius relation was scaled such
that a 2 M NS has a radius of 12 km (Demorest et al. 2010). We
computed the actual accretion rate as the minimum of the mass-

transfer rate Mgy o and the Eddington rate given by Eq. (4), that
is, Ms = min [MRLO7MEdd]-

2.2. Internal H/He gradients

Schootemeijer & Langer (2018) derived the internal hydrogen
and Helium gradients (H/He gradients) in the hydrogen-rich
Wolf-Rayet stars of the SMC. They found that these gradients
are different by more than a factor of ten for different objects.
Because we show below that these gradients can play a key role

in stabilising the mass transfer in SGXBs, we consider it as a
free parameter in our models.

We evolved three stellar models of solar metallicity (Brott
2011) and initial masses of 50 My, 60 My, and 80 M, to core
helium mass fractions of 0.6, 0.7, and 0.8.

Subsequently, we adjusted the helium profile by setting the
helium mass fraction above the convective core to

dy

Y(m) = max | Yeore + @(m — Meore), 0.2638], 4)
with prescribed fixed values of dY/dm. Here m and Y denote
the Lagrangian mass coordinate and the helium abundance,
Meore 18 the mass of the convective core, and Y ope 18 its helium
abundance. We then relaxed the models thermally, disregard-
ing changes in their chemical profile due to mixing or burn-
ing. Then we exposed the models to a constant mass-loss rate
of 107 Mg yr~!, which is of the order of magnitude of the mass-
transfer rate on a nuclear timescale, Mp /Ty, p, to the response
of the stellar radius and derived the mass—radius exponent

dInR
dinM

The results of this exercise are presented in Sect. 3.1.

While the initial masses of our models are in general higher
than the donor masses observed in SGXBs, the masses of the
stellar models are in good agreement with observations after the
artificial mass loss. The advantage of first producing very mas-
sive models and a consequent mass reduction is shown in Sect. 6,
where this procedure will provide an interpretation of the over-
luminosity found in SGXBs.

(M) :=

6)

2.3. Response of the Roche radius

If mass is transferred from the donor to the accretor, the Roche
radius Ry, changes due to changing orbital separation. We consid-
ered the orbital evolution by changes in stellar masses and hence
in mass ratio, by angular momentum loss through the donor’s
stellar wind, and by angular momentum loss by isotropic re-
emission of matter near the compact object. Additional effects,
such as spin-up of the compact companion, spin-orbit coupling
due to tidal effects, magnetic breaking, and gravitational-wave
radiation are neglected.

For a circular orbit, the orbital angular momentum can be
written as

s MAMp
PM °
where a is the orbital separation, M, and Mp are the accretor
mass and the donor mass, M = M, + Mp and P is the orbital
period. Using Kepler’s third law to replace P and solving for a,
we find
M
=
GM My

J =2nra

(N

®)

a

The derivative with respect to time provides the change in
orbital separation with time as
' J M M
9 _p2 D %A,
J Mp M

MD+MA

Mp + Ma (9)

Following Tauris & van den Heuvel (2006), we consider the
donor mass to decrease by dMp per time unit. Because only stel-
lar wind and mass transfer can change the orbital separation, we
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introduce « as the fraction of dMp lost in a stellar wind and 3 as
the fraction that is transferred to the accretor and then re-emitted
isotropically with the specific orbital angular momentum of the
accretor. In our simulations we adopted

Mwind

= —— (10)
Ming + MrLo
and
Myt - M
5= MT A (11)

Mying + MRio
Hence, we have that the accretion efficiency (accreted mass
fraction of dMp) € = 1 — @ — B. Using this nomenclature, we
express the loss of orbital angular momentum as
J + Bqg* M,

J_athq My (12)
J 1+qg Mp

Inserting this into Eq. (9), with My = Mp/q and My =
—eMp, yields after integration

a g+ 1 ( q )2(a—1)( eq+1 )3+2((152+ﬁ)/(6(1—e))
a  qg+1\qo

where the subscript O refers to the initial state before the mass
loss. Investigation of the limits of Eq. (13) using ’"Hospital’s
rule with respect to @, 8, and € helps to understand the orbital

behaviour in the extreme cases. For pure wind mass loss (@ = 1),
it is

, 13
€qo + 1 (13

+1
4 _Dr (14)
aop q+ 1
for dominating mass transfer and re-emission (S8 = 1),
a  qo+1{q)\
= = = 2qg — , 15
o w0 o 0
and for conservative mass transfer (¢ = 1), we obtain
(/)
a \q+1)\q] "

In HMXBs, all of the three cases tend to decrease the mass
ratio, hence ¢ < go. Keeping this in mind, we find that the
orbit will always widen in the case of wind-dominated mass
loss according to Eq. (14). For mass transfer with subsequent
re-emission or accretion, we find a decreasing orbital separation
because the exponential term in Eq. (15) and the fourth-power
term in Eq. (16) dominate the total change in a.

Massive donor stars have a strong stellar wind, which makes
wind mass transfer just before RLO unavoidable. In this pre-
RLO phase, where the accretion is purely wind fed, orbital
changes occur due to mass loss and angular momentum loss of
the donor star and mass accretion onto the compact object. It
is interesting to study the influence of pure wind accretion on
the binary system because the wind mass loss is the main rea-
son of orbital change in the pre-RLO phase. The widening of
the orbit increases the Roche radius. However, a main-sequence
donor does not increase its radius much for most of its lifetime.
This would inhibit RLO until the donor star is relatively evolved.

When we consider pure wind mass loss and subsequent
accretion of a mass fraction €, we can rewrite Egs. (9) and (12)
as

a MD
1+q!

2
2= —a+26q—2+
a

1+q an
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We note that Mp is negative, hence the orbital separation
only decreases if

2
@ > 0.

+2eq -2+ ——
+q “d 1+q!

This gives us the condition for a decreasing orbital separation
in a phase of pure wind accretion as

(18)

2% -1
a 2 -1
€ q

On the other hand, if vying/vor, > 1 and g > 1, the Bondi-
Hoyle formula

(19)

242
M3
acc = 1 B
wind

(20)

wind

can be expressed in terms of orbital and wind velocity

. 4 2
€= M _ ( Vorb ) ( 1 )

M wind Vwind q+ 1)
and hence the condition for a shrinking orbit is

4 2

win 2 -1
(V_d) (g+17-1< A =D
Vorb q

21

(22)

Because (Vyind /vorb)4 > 1 and q2 > 1, we simplify the cri-
terion to

2
\ = (23)
Vorb q

Vwind

For an initially well-detached binary system that hosts a
supergiant donor, the orbit is quite likely to widen because the
orbital velocity will barely exceed a few 100kms~!, while the
wind velocity can be an order of magnitude higher. It is therefore
difficult to start RLO during the early main-sequence phase of
the donor star. The stellar wind widens the orbit while the donor
radius increases hardly at all. A faster expansion, for instance,
in the advanced stage of core hydrogen burning (Yeore ~ 0.8),
might overcome the orbital increase induced by the wind mass
loss and start a RLO phase, however. We conclude that donor
stars in RLO systems are therefore likely to be evolved.

We describe the change in Roche radius by defining a mass—
radius exponent similar to Eq. (6) as

dlnRL

24
din M (24

(M) =

With this description of the orbital evolution, we find an ana-
lytical expression for the Roche-lobe responses to mass transfer
as a function of mass ratio (Tauris & van den Heuvel 2006) as

a@=[1+0-pql¥+(5-30)g, (25)
where

04+ 1/3g713 (1447
lII:_i q + /q ( +q ) (26)

3 1+q 06+qPIn(1+47P)

Figure 1 shows the mass—radius exponent of the Roche lobe
{1 plotted as a function of the mass ratio ¢g. Because the typical
mass ratio of HMXBs is >8, we would need {;, > 12 in order to
find long-term mass transfer through RLO.
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Fig. 1. Mass-radius exponent of the Roche radius (Eq. (25)) as a func-

tion of mass ratio g. The different colours denote different mass-loss

modes. For the blue line the entire mass is transferred and re-emitted

isotropically, while for the green line the entire transferred mass is
accreted.

The evolution of an SGXB where the donor star fills its
Roche lobe depends on the mass—radius exponents. If (g < (i,
the Roche lobe shrinks faster than the star, which will overfill
its Roche lobe even more, leading to a higher mass-transfer rate,
and so on. This runaway process results in a CE evolution. If
{r > {1, however, the donor radius is more sensitive to mass
loss than the Roche radius, and the mass-transfer rate becomes
self-regulated and can be estimated using the donor mass and its
nuclear timescale as M ~ Mp /Ty (Soberman et al. 1997).

2.4. Binary evolution models

After investigating the mass—radius exponent of our single-star
models, we selected those with high values of {r. We added
point-mass companions with 2 or 10 M, and started the binary
evolution. The initial orbital separation was selected such that
the Roche radius exceeded the initial photospheric radius of the
donor by 3%. We used the method described above to calculate
the mass transfer and the accretion rate. We evolved the models
with BEC until the hydrogen in the core of the donor star was
exhausted or the mass-transfer rates exceeded ~1072 My yr~!,
where we assumed that the mass transfer becomes dynamically
unstable and the system enters a CE phase. Subsequently, we cal-
culated the X-ray lifetime, defined as the time interval where the
compact companion accretes at a higher rate than 10~'3 M, yr~!,
which corresponds to an X-ray luminosity of ~10°3 ergs~!.

3. Results from single-star models
3.1. Response of the stellar radius

Here, we explore how the radii of our potential donor stars are
affected by mass loss on a nuclear timescale. The resulting val-
ues of {r can then be compared to the functions (i, plotted in
Fig. 1 to obtain an estimate for which mass ratios we can expect
stable mass transfer.

Figure 2 shows the mass—radius exponent g of our 60 M
model evolved to a central helium mass fraction of Y, = 0.8.
At the start of our mass-loss experiment, the model has a mass
of 51 M, a convective core of ~32 M, and a H/He gradient of
about 0.2 M! in the core-envelope transition zone.

We stripped the mass through a constant mass-loss rate of
107> Mg yr~!'. As explained above, this rate is sufficiently low to
maintain thermal equilibrium inside the model. Figure 2 shows
that with decreasing stellar mass, the mass—radius exponent is
low and negative at first because the stellar luminosity-to-mass
ratio decreases. However, when He-enriched layers approach the
surface, the mass—radius exponent climbs to values of 30, before
it drops again to a low value when the stellar core is exposed. A
value of {p = 30 implies that a mass decrease by 1% induced
the radius of the star to decrease by 30%. According to Fig. 1,
such high values of {p could give rise to a phase of stable mass
transfer even for mass ratios as high as 15.

The drastic shrinkage of our models is related to the tran-
sition from a hydrogen-rich supergiant stage, with a radius of
about 68 R, to a much more compact and hydrogen-poor Wolf—
Rayet-type structure with 6 Ry. This is eminent from the cor-
relation of the mass-radius exponent with the change in sur-
face helium abundance, as shown in Fig. 2. Here, we note
that the mass—radius exponent changes sign and evolves to
high values somewhat before helium-enriched layers reach the
surface of the star because the average envelope properties
determine its radius. This is in agreement with previous stel-
lar structure and evolution calculations (e.g. Kohler et al. 2015;
Schootemeijer & Langer 2018).

Figure 3 shows that the internal H/He gradient is a suit-
able way to tune the mass—radius exponent {p in our models.
It depicts the result of the same experiment as explained above,
but for six models with different steepness of the H/He-gradient.
The models with steeper gradients reach higher values of {p,
even exceeding {p = 40 in the most extreme case. While this
may appear surprising at first because such high values of the
mass—radius exponent have not yet been reported in the lit-
erature, it is a simple consequence of the mass in the transi-
tion layer between the He-rich core and the H-rich envelope,
AMy 1, becoming very low for a steep internal H/He gradient,
and {p = (Ry — Rue)M/(Rue AMy ne) becoming higher the lower
AMyme — 0. Here, Ry is the stellar radius in the H-rich state,
and Ry, is the radius in the He-rich state, while M is the mass of
the star.

Infinite H/He gradients, although not strictly excluded,
are not expected in massive stars. However, it is important
to point out that the range in steepness explored in Fig. 3
remains well within the range that has been derived by
Schootemeijer & Langer (2018) from the observed properties of
the WN-type Wolf-Rayet stars in the SMC. As we discuss in
Sect. 5 below, this group of stars is quite relevant here because
SGXBs may evolve into WN-type Wolf—Rayet binaries.

The mass—radius exponents of all our single-star models
(50 My, 60 My, and 80 M) and core helium abundances (0.6,
0.7, 0.8) are shown in the appendix (Figs. A.1-A.3), where we
explore six different H/He gradients per models, as in Fig. 3.
These figures show that in addition to the clear correlation
between the mass-radius exponent and the helium gradient,
higher mass—radius exponents are also obtained for a higher ini-
tial mass and for a later evolutionary stage (larger core helium
mass fraction). Figure 4 summarises these results by showing
the maximum value of the mass—radius exponent {g as a func-
tion of the adopted internal helium gradient dY/dm for all our
single-star models.

3.2. Influence of stellar inflation

In their analysis of the massive single star evolutionary models
for LMC composition of Brott et al. (2011), Kohler et al. (2015),
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Fig. 2. Mass-radius exponent (blue) of our initial 60 M, model evolved
to a central helium abundance of 0.8, and a H/He gradient of 0.2 M !
that is then exposed to a constant mass-loss rate of 1075 My yr~! as a
function of the remaining stellar mass. The green line gives the sur-
face helium abundance. Because mixing is inhibited during the mass-
loss phase, the surface helium-abundance evolution reflects the internal
helium profile of the initial model.
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Fig. 3. Mass-radius exponent of our initial 60 M, model in the same
way as for the blue line in Fig. 2, but here for models where the internal

helium gradient dY/dm has been artificially adjusted (see Sect. 2) to
values indicated in the legend.

and Sanyal et al. (2015) found that the envelopes of models
for stars above ~40 M, are inflated because they exceed the
Eddington-limit in their subsurface layers. Whether such inflated
envelopes (see Fig. 5, e.g.) exist in reality is still a matter of
debate, although they have been confirmed by 3D radiation-
hydrodynamic calculations (Jiang et al. 2015).

The mass of the inflated envelope is mostly very low, that
is, about 107° M, in our models. However, its radius may be of
the order of the radius of the un-inflated stellar interior. Obvi-
ously, radius inflation may play a great role in binary evolution.
It is therefore important to analyse how inflation may affect the
mass—radius exponent.

For this purpose, we investigated our 60 M single-star
model at a core helium mass fraction of Yo = 0.8 and dY/dm =
0.2 M', from which we constructed three different initial mod-
els for our mass-loss experiment. The only difference in these
models is the chosen mixing length parameter ayy, = I/Hp, were
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Fig. 4. Maximum value of the mass-radius exponent {g as a function
of the chosen internal helium gradient dY/dm for stellar models derived
from three different initial masses as indicated in the legends. Differ-
ent colours indicate different core helium abundances at the start of the
mass-loss experiments (see Sect. 2).

[ denotes the mixing length and Hp the pressure scale height (cf.
Sect. 2). We computed models with values for apg of 1 (our
default choice), 1.5, and 50. Whereas the first two values are in
the range discussed in comparison to 3D models of convection
and real stars (Sonoi et al. 2019), we used ap, = 50 to produce
a stellar model in which inflation is suppressed but not absent
(cf. Sanyal et al. 2015).

The mass—radius exponents of these three models are plot-
ted in Fig. 6. We find that stellar inflation has a significant effect
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Fig. 5. Mass density as function of radius for our initially 60 M, models
with Yeoe = 0.8 and dY/dm = 0.2 M(g‘ for three different values of the
mixing length parameter ay , as indicated.
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Fig. 6. Mass—radius exponent as function of stellar mass, with the three
models displayed in Fig. 5 as initial models before assuming a constant
mass-loss rate of 107 M, yr~!. The colours correspond to the density
profiles in Fig. 5.

on {g. While for strong inflation (apy, = 1) the maximum value
of (g reaches 34, it only reaches 21 when inflation is suppressed
(amL = 50). We also note that the value of the mass—radius expo-
nent is initally more negative for the inflated models. However,
the high peak of {gr occurs only when a H/He gradient appears
beneath the surface.

In Fig. 7 we compare the radius extension of the un-inflated
part with that of the inflated envelope layer during the mass-loss
experiment for our three models. Here, we followed Sanyal et al.
(2015) to define the bottom of the inflated envelope as the point
where the gas—pressure contribution Pgy/(Pgas + Prag) drops to
15% for the first time when going from the stellar center out-
wards. We refer to this position as R;s. As the gas—pressure frac-
tion in our model computed with ap, = 50 never drops below
15%, we define the radius Rzp as the position where the gas—
pressure fraction first drops below 30%. The near coincidence of
these two radii in the top and middle panel of Fig. 7 suggest that
the exact threshold value of the gas—pressure fraction in defining
the bottom of the inflated envelop is not important.
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Fig. 7. Mass—radius exponent (g (grey), stellar radius R (blue), and radii
where the gas pressure contributes only 15% (R;5) and 30% (R3) to the
total pressure (see text), as function of the remaining stellar mass for the
three models with different values of the mixing length parameter a.
shown in Fig. 6 (the lines for ¢ are identical). All radii are measured in
units of the initial stellar radii Ry, which can be read off Fig. 5.

Figure 7 shows that before the helium gradient appears
beneath the stellar surface (cf. Fig. 2), the stellar radius expands
significantly as a result of inflation. This effect is stronger in the
model computed with lower ayy. because the radius of the un-
inflated part of the star (defined through R;s and Rj( in Fig. 7)
behaves in the same way in all three cases.
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All three models have the same final configuration after they
are stripped down to the helium core, therefore Fig. 7 offers a
simple explanation of the dependence of the maximum of the
mass—radius exponent on the mixing length parameter found in
Fig. 6 because inflation is a much smaller effect for hot and com-
pact models (Sanyal et al. 2015). For smaller ayy, the hydrogen-
rich models are more extended, and the drop in radius towards
the compact stage is thus stronger than when ) is larger. We
conclude that inflation is not a critical factor in producing high
mass—radius exponents, but that it can contribute at the quanti-
tative level, that is, it can enhance the mass—radius exponent by
factors of the order of 2 for stars that exceed the Eddington limit.

4. Binary evolution models for SGXBs

In the previous section, we found that models of supergiant stars
may show very high mass-radius exponents, with values up to
~40. When we compare these to the mass—radius exponents of
the Roche radius in Fig. 1, we expect that mass transfer on
nuclear timescales may occur even in binaries with mass ratios
of 20 or higher. To demonstrate this, we constructed appropriate
initial models and combined them with point masses in model
binary systems. We then calculated the detailed binary evolution
of such systems with our binary evolution code (BEC).

We drew our initial models for these calculations from our
60 M, models with a central helium mass fraction of Y o = 0.8,
from which we took one model with a rather shallow helium gra-
dient (dY/dm = 0.04 Mg 1) and a second one with a helium gra-
dient that was ten times steeper (dY/dm = 0.4 Mgl). The helium
profiles of these two models are shown in Fig. 8. We note that
a helium gradient of dY/dm = 0.04 M3' corresponds to the gra-
dient that is left by the retreating convective core during core
hydrogen burning, whereas a gradient that is steeper by about
ten times can be established above the helium core during hydro-
gen shell burning, as derived for the SMC Wolf-Rayet stars by
Schootemeijer & Langer (2018).

From each of these two models, we constructed five differ-
ent initial models to calculate the binary evolution by removing
the envelope mass down to the mass indicated by labels a to e in
the top panel of Fig. 8. The choice of these amounts of removed
envelope mass becomes clear from the bottom panel of Fig. 8,
which shows the mass—radius exponent of the two models as a
function of the remaining mass. It indicates that with the chosen
envelope masses, our binary evolution models sample the possi-
ble range of the initial mass—radius exponent of the donor star.

For each of the ten initial donor star models described above,
we performed several binary evolution calculations. We consid-
ered two different compact objects, a 2 My NS and a 10 Mg
BH. Furthermore, we ran models with different assumptions on
the donor star’s stellar wind mass loss, that is, without wind,
with a constant stellar wind mass-loss rate, and with the mass-
loss rate according to the prescription of Vink etal. (2001).
Table B.1 gives an overview of the different binary evolution
models, the details of the initial donor star models, and key quan-
tities describing the evolution of the model binaries.

For the following discussion, we label the initial donor
star models depending on their initial mass (using letters atoe
according to Fig. 8), and numbers 1 or2 depending on their
helium gradient. For instance, model al refers to the initial donor
star model with a helium slope of d¥/dm = 0.04 M;! (orange
curve in Fig. 8) and an initial mass of 50 My, while model e2
has dY/dm = 0.4 Mgl (blue curve in Fig. 8) and an initial mass
of 32 M.
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Fig. 8. Top panel: helium surface abundance as function of the total
mass of the two stellar models from which the initial donor star models
for our binary evolution calculations are derived. They are constructed
such that mass located above the lines labelled atoe was removed
before the binary calculation was started. Botfom panel: mass—radius
exponent for the models as a function of the remaining stellar mass.
Dashed lines correspond to the masses (labels a to e) in the upper panel.

We further label the binary evolution models by indicat-
ing whether the accretor is a 10 M BH or a 2 M NS, using
two letters (bh or ns). Finally, we indicate whether the donor
star undergoes no mass-loss (0), mass loss with a constant rate
of 107° Mg yr~! (c), or time-dependent mass loss according to
Vink et al. (2001)(v). For instance, the binary model d2ns0 con-
sists of the initial donor model d2 as defined above and an NS
accretor. During the binary evolution, the donor loses no mass
through stellar wind.

4.1. Detailed example: Donor model d2 with a neutron star
companion

Here, we discuss one of our binary evolution models in detail. For
this we chose model d2 as donor star, which we placed together
with a 2 My NS in an orbit of 9.1 d. The initial mass ratio in this
binary is 16.8, such that highly unstable mass transfer might be
expected. However, the envelope mass of model d2 was chosen
such that the steep helium gradient in the initial donor model is
located just beneath the surface, such that we expect an initial
mass—radius exponent of {g =~ 40 in this case (Fig. 8).
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Figure 9 shows the evolution of the mass-transfer rate as
function of time for this model, where stellar wind mass loss is
neglected. It shows that after a brief switch-on phase (~10*yr),
the model establishes a rather stationary mass-transfer rate of
3 x 107® M yr~!, which is maintained for ~250 000 yr. During
this time, the orbital period decreased from 9.1d to 1.4d. This
was possible without leading to a CE situation because the donor
star radius shrank from 36 R, to 10 R, at the same time. This
shrinking of the donor star was enabled by the continuously
increasing surface helium abundance during the mass transfer
(Fig. 9): the donor star starts the mass-transfer phase as an early
B-type supergiant (7T ~ 25 kK) and ends it as a late-type WNh
star (Teg =~ 50kK).

Figure 9 also gives an indication of the X-ray luminosity that
might be expected from binaries similar to our system d2ns0.
In the evolutionary calculations, we assumed Eddington-limited
accretion onto the NS, which would produce an X-ray luminos-
ity of the order of 10* ergs™! (dashed horizontal line), compara-
ble to what is found in some SGXBs. However, Fig. 9 also shows
that if the NS could accrete at super-Eddington rates, X-rays of
up to 10*' ergs~! could be achieved. We discuss this possibility
further in Sect. 5.1.

The mass transfer lasts for about 0.25 Myr with a mass-
transfer rate of 3 x 107 M, yr™!, which is two orders of mag-
nitude above the Eddington limit of 3.6 x 1078 M, yr~! of an
NS and corresponds to an accretion luminosity 2.5 x 10* erg s~
(Fig. 9). The orbital period decreases from nine days to one
day. Because the mass-transfer rate is much higher than the
Eddington-accretion limit, most of the transferred mass in this
calculation is re-emitted. According to Eq. (15), the orbital
separation shrinks exponentially with the mass ratio. Because
g o< Mp and Mgy o is roughly constant during most of the mass-
transfer phase, the orbital separation also shrinks exponentially
with respect to time.

During the mass transfer, about 1.5 M, are removed.
Figure 10 shows the evolution of the donor star during the mass-
transfer phase in the Hertzsprung—Russel diagram. The evolu-
tionary track starts at T.g ~ 25kK). As discussed before, the
donor star becomes hotter and slightly more luminous during the
mass-transfer phase. Its temperature remains for the longest time
between 25 and 40 kK, which coincides with the regime where
SGXB donor stars are observed (cf. Sect. 6.1).

The connection of increasing surface helium abundance and
increasing effective temperature has been recognized before
by Brott (2011) and Kohler et al. (2015) for the evolution of
massive single stars. In the cited works, the increasing sur-
face helium abundance was due to rotational mixing and strong
wind mass loss. Therefore only massive stellar models (>60 M)
with high rotational velocities evolved to the hot part of the
Hertzsprung—Russel diagram during core hydrogen burning.

4.2. Models without stellar winds

We first discuss the binary models with a a shallow helium gra-
dient of 0.04 M , neglecting stellar wind mass loss. Figure B.2
shows the evolution of mass-transfer rate, orbital period, and
donor mass with time for binary models albh0, b1bh0, c1bh0,
d1bh0, and e1bh0. Of these, models b1bh0 and c1bh0 undergo an
extended phase of mass transfer of 0.5 Myr and 0.15 Myr, respec-
tively. Despite the rather high mass ratio of ¢ =~ 4, this is much
longer than the thermal timescale of the donor star (~10* yr).
Figure B.2 also shows the X-ray luminosity corresponding
to the mass-transfer rate, assuming an accretion efficiency of a
non-rotating BH (7 = 0.06). Because the accretion rate might be
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Fig. 9. Evolutionary properties of our model d2ns0, neglecting a 2 M,
NS companion and stellar winds. Top panel: surface helium mass frac-
tion of the donor star as function of time during the mass-transfer phase.
Bottom panel: evolution of the mass-transfer rate for the same model
(left Y-axis). The right axis indicates the X-ray luminosity correspond-
ing to the mass-transfer rate (not Eddington limited) assuming an accre-
tion efficiency of = 0.15. The dashed line gives the Eddington accre-
tion limit for the NS that is applied in this calculation. Despite the high
initial mass ratio of 16.8, the model settles into a stable mass transfer
for about 0.25 Myr, with a mass-transfer rate of about the rate of the
mass transfer on a nuclear timescale.

0 50 100

Eddington limited, this shows the highest achievable X-ray lumi-
nosity, where realistic values are expected between this and the
value corresponding to the Eddington-accretion rate for a non-
rotating BH. For super-Eddington accretion in these systems, a
luminosity up to ~10*’ erg s~ could be achieved. This matches
the order of magnitude of X-ray luminosities that are observed
in ultra-luminous X-ray sources. We note that our models do
not only show a high mass-transfer rate, but also a long X-ray
lifetime.

It is a remarkable feature of the two binary models b1bh0 and
clbhO that the mass-transfer rate increases steeply after some
hundred thousand years. This occurs at the time where the flat
inner part of the helium profile (Y (m) = 0.8; cf. Fig. 8) reaches
the surface, supporting the idea that a steep H/He gradient is
needed to stabilise the mass transfer. As soon as the helium pro-
file close to the surface is flat again, the mass transfer becomes
unstable, as expected for a high mass ratio.
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Fig. 10. Hertzsprung—Russel diagram for the donor star of binary model
d2ns0. Black dots correspond to time differences of 10* yr.

Why do only models blbhO and c1bhO show a long-term
mass transfer? As shown by Fig. 8, the donor star of model
albhO contains a massive hydrogen-rich envelope. The com-
panion has to remove about 5 M to dig out the H/He tran-
sition layer. By doing so, the orbit shrinks dramatically (cf.
Table B.1). When we assume that most of the transferred mass
is re-emitted, we indeed find according to Eq. (15) that a/ay =
0.42. This means that the orbital separation and hence the
donor radius halve even before the helium gradient scratches the
surface.

The mass transfer in models d1bhO and e1bh0, on the other
hand, is not long-term stable because the donor star has already
lost so much mass that the helium-rich plateau is close to or even
at the surface at the beginning of mass transfer, as is shown in
Fig. 8. The donor star in model d1bh0 needs to lose only 1 M
to find the flat helium profile in its outer envelope. For a mass-
transfer rate on a nuclear timescale of 2 x 107> M,, (Fig. B.2), it
would take only ~50000 yr to remove this layer. This is of the
order of the thermal timescale. This means that mass-transfer on
a nuclear timescale can hardly be distinguished from a from a
runaway mass-transfer on a thermal timescale.

The evolution of donor models al and el are also shown,
including an NS companion in Fig. B.1. None of these binary
models undergoes mass transfer on a nuclear timescale. This is
expected because Fig. 8 suggests a maximum mass—radius expo-
nent of (g ~ 10. Because the initial mass ratio is ~20, we find
according to Fig. 1 {1, ~ 30 and thereby {r < {1.. The Roche
radius is more sensitive to mass transfers than the donor radius,
therefore a runaway on a thermal timescale is unavoidable. Thus,
the mass transfer for donor models alns0 and elns0 is not suf-
ficiently stabilised by the helium gradient to allow an evolution
on a nuclear timescale.

However, our models with a steeper H/He gradient can lead
to mass transfer on a nuclear timescale in the case of an NS
accretor as well, as we showed in Sect. 4.1. Figure B.1 displays
the evolution of the mass-transfer rate for our models a2ns0 to
e2ns0, which differ from models alns0 to e1ns0 only in the slope
of the helium gradient. We see that model d2ns0O alone under-
goes mass transfer on a nuclear timescale because the mass ratio
is more extreme than in the case of BH accretors. Still, for NS
accretors, mass transfer on a nuclear timescale is also clearly
possible if the outer envelope of the donor star has a steep H/He
gradient.
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Finally, Fig. B.2 shows the mass-transfer rates and corre-
sponding luminosities of our binary models that are composed
of a donor with a steep H/He gradient (dY/dm = 0.4 M yand a
10 M BH companion (models a2bh0 to e2bh0). Similar to the
case of donors with the shallower H/He gradient, only models
c2bh0 and d2bh0 develop mass transfer on a nuclear timescale.
However, because of the higher mass—radius exponents of mod-
els ¢2bh0 and d2bh0, the mass-transfer rates remain some-
what lower. Because of this, and because the initial donor radii
of models ¢2bh0O and d2bh0 are somewhat larger than those
of models c1bh0Q and d1bh0, the mass transfer lasts for about
650 000 yr in both cases.

Both donor stars start to contract towards core helium igni-
tion, such that the mass-transfer rate drops, and we end our cal-
culations. We consider the further evolution of our systems qual-
itatively in Sect. 7.

4.3. Models including stellar winds

We showed that our binary models may undergo long-term mass
transfer if the H/He transition layer of the donor star is close
to the surface. Furthermore, in order to obtain mass transfer on
a nuclear timescale, the H/He gradient needs to be steeper for
NS accretors than for BH accretors because of the more extreme
mass ratio in the former. Here, we debate the question whether
an additional mass loss due to a stellar wind mass from the
donor star could have an additional, perhaps stabilising, effect.
To investigate this, we performed the same binary calculations as
in the previous subsection, but with an additional constant donor
wind mass-loss rate of 1070 M yr‘l, or, alternatively, with the
mass-loss rate as given by Vink et al. (2001). We restrict these
calculations to the donor star models that include the steep H/He
gradient (donor models a2 to d2).

We start our discussion with the binaries that host a BH
accretor (Fig. B.2). Comparing the calculations that include the
two wind recipes to those without any wind, we find that they
differ only slightly in the case of a constant mass-loss rate. The
most import difference here is that the mass-transfer rate does not
exceed the Eddington-accretion limit in the late phase of mass
transfer when a wind is included. The X-ray lifetime as well
as the orbital separation do not change very much compared to
Fig. B.2. This is to be expected because the wind mass-loss rate
of 107® My yr~! is comparable to the mass-transfer rate in this
case.

The situation is different when we include Vink’s mass-loss
scheme. The predicted mass-loss rates are higher by an order
of magnitude than the constant mass-loss rate discussed before
(M, ~ 107 Mg yr™1), as shown with the dotted line in Fig. B.2.
Vink’s wind mass-loss rate in our models is of the same order
or even higher than the mass-transfer rate on a nuclear timescale
for the corresponding binary models that are inferred without
any stellar wind. This means that the donor star can shrink only
due to its own wind mass loss. Mass transfer does not occur on a
nuclear timescale because the Roche-lobe overflow is no longer
self-regulated. In one case (model d2bhv), Roche-lobe overflow
is not even initiated because the donor avoids any expansion. As
discussed above, any stellar wind will expand the orbital separa-
tion. The fast-shrinking donor radius and the expanding orbital
separation drive the systems far away from Roche-lobe filling.
On the other hand, when the hydrogen-rich envelope is not yet
removed or when the former convective core with a flat helium
gradient is already at the surface, the radius is no longer sensitive
enough to mass loss. In theses cases, even a strong stellar wind
does not help to maintain a stable system.
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In the case of NS accretors, we find that a donor wind could
have a substantially stabilising effect. This is shown in the exam-
ple of model d2bhc in Fig. B.1, for which a constant mass-
loss rate of 107 M, yr~! extends the mass-transfer phase from
250 kyr in case of no wind to more than 600 kyr. However, a
higher stellar wind mass-loss rate can have the opposite effect
here as well. Model d2bhv does not undergo Roche-lobe over-
flow. The reason is that model d2 is the donor model with the
highest {g (cf. Fig. 8). In the definition of the mass—radius expo-
nent (Eq. (6)), the timescale of radius change reads 7 = R/R
as T = {3'M/M. When the Vink mass-loss recipe is applied,
the mass-loss timescales is of the order of the nuclear timescale.
Because (g ~ 30 for donor model d2, the timescale for radial
changes is much shorter than the nuclear timescale. This means
that changes in donor radius are due to the intrinsic mass loss,
which decreases the radius in our models, and not to nuclear pro-
cesses, which would expand the star. This results in a rapid radial
shrinking of the donor star even before mass transfer is initiated.
When g is smaller (models a2, b2, c¢2, and e2) or the mass-loss
timescale is longer than the nuclear timescale, which is the case
when the constant mass-loss rate is applied, the nuclear evolu-
tion of the donor star can increase the radius initially and thus
initiate the mass transfer.

We conclude that the donor star winds may play an impor-
tant role in determining the duration of the mass-transfer phase
and thus the X-ray lifetime of SGXBs, which they may extend
or decrease. We emphasise that the mass-loss rates of helium-
enriched OB supergiants are uncertain by more than a factor of
two (Ramirez-Agudelo et al. 2017). In addition, wind clumping
(El Mellah et al. 2018) and X-ray emission in SGXBs may affect
the donor star wind (e.g. Sander et al. 2018). A more detailed
study of the influence of the donor wind on the SGXB evolution
is therefore clearly warranted, but is beyond the scope of our
present paper.

4.4. Orbital period derivatives

As discussed in Sect. 2.3, mass transfer induces changes in
orbital separation. These changes may be observed as changes in
orbital period. To show the effect of mass transfer due to Roche-
lobe overflow on the orbital period, we derive expressions for
the orbital period derivative for the case of pure isotropic re-
emission (B = 1), and for conservative mass transfer (¢ = 1).
Equations (15) and 16 describe the change in orbital separation
for these cases.
The derivative of Kepler’s third law with respect to time
leads to
P 3a 1M
P 2a 2M @7
When the change of orbital separation is expressed as a/ay =
f(@), as in Egs. (15) and 16, then
a dinf

= 2
P 4 q (28)

With M = M, for the case of isotropic re-emission, we find

P M

= =(3g-2-L- 3| =L (29)
P q+ 1 M,

and with M = 0 for conservative mass transfer,

P M,

—=3(g-1)—- 30
p=3@-Dyp (30)
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Fig. 11. Evolution of the orbital period derivative P/P of our
model d2nsO shown in Fig. 9 as given by the numerical simulation
(orange line), together with our analytic estimate for the same model
(see text; yellow line). Overplotted are the empirical decay rates of ten
SGXBs as inferred by Falanga et al. (2015), who give six measured val-
ues with 1o error bars (blue dots; for most of these, the error bar is
smaller than the size of the dot) and four upper limits (blue arrows). We
note that the time axis has no meaning for the period derivatives of the
observed sources.

For both cases, that is, from Egs. (29) and (30), a high mass
ratio (g > 1) implies
P M
3¢t

7 M, (31)

Thus, we expect the orbital period derivative for mass trans-
fer driven by Roche-lobe overflow to be essentially independent
of the accretion rate of the compact object, as long as the mass
ratio is high. Furthermore, M, < 0 implies a decrease in orbital
period during mass transfer, regardless of how conservative the
mass transfer is. Hence, isotropic re-emission and conservative
mass transfer lead to an orbital decay at a very similar rate.

The orbital period of model d2ns0O, with a donor mass of
~30 M, (Table B.1) and a mass-transfer rate of ~3x107¢ M yr~!
(Fig. 9), decreases with P/P ~ —4.5 x 107®yr~! for either a
BH or NS companion. For donor models ¢2bh0 and d2bh0 with
BH companions (Fig. B.2), the orbital decay rate is about one
order of magnitude lower, with P/P ~ —6 x 107 yr~!. If the
H/He gradient is shallower, as in model bl1bhO (Fig. 13), the
orbital decay is faster by more than one order of magnitude
(P/P ~-107 yr™h).

Falanga et al. (2015) compiled and evaluated the orbital
period changes of ten eclipsing SGXBs from a multi-decade
monitoring campaign. Five sources in their sample showed a sig-
nificant change in orbital period. All of these five sources showed
decaying orbits (P/P < 0), with rates |P/P] ~ 1...3x 1070 yr™!.
The source EXO 1722-363 shows an orbital decay rate of P/P =
(=21 + 14) x 10%yr~!'. Although the uncertainty is smaller
than the measured value, Falanga et al. (2015) did not label this
source as significant. We note that the orbital decay rate is con-
sistent with zero within the 20 error. For four more sources, no
orbital decay within the 1o~ environment was observed. We used
the 1o uncertainty provided by Falanga et al. (2015) as an upper
limit for the orbital decay rate.

In Fig. 11 we compare the empirical values with the P/P-
evolution of our model d2ns0O with an NS accretor together with
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our analytic estimate for its period derivative. All five sources
for which an orbital decay rate was measured with high signif-
icance are in good agreement with the decay rate of our model.
This means that deviations between the theoretical model and
the observed orbital decay rate are not much larger than a factor
of two (the time coordinate for the empirical values in Fig. 11
has no meaning). This is remarkable because our models were
not tailored to reproduce the observed sources.

The only source that does not fit our model well is Vela X-1.
The upper limit of the decay rate lies one order of magnitude below
our prediction. Equation (29) suggests that the mass-transfer rate
must not exceed a few times 10~ yr™! in order to obtain a decay
rate below the upper observation limit. We did not find such low
mass-transfer rates in our models with NS accretors. We there-
fore conclude that the orbital change of Vela X-1 is at least not
modelled with our simple prescription. This does not completely
rule out Roche-lobe overflow as a possible accretion mode for this
source. The low orbital decay rate may be explained if Vela X-1
were just in a transition state between wind-dominated accretion
and atmospheric Roche-lobe overflow.

We note that orbital decay may be more complex
than discussed in this section. In our simplified descrip-
tion, effects such as tidal interaction (Lecaretal. 1976;
van der Klis & Bonnet-Bidaud 1984; Safi Harbetal. 1996;
Levine et al. 2000) or the Darwin instability (Laietal. 1994)
are neglected. These mechanisms may also be able to drive
orbital decay that is in agreement with the observed decay
rates (Kelley et al. 1983; van der Klis & Bonnet-Bidaud 1984;
Levine et al. 1993; Rubinetal. 1996; Safi Harbetal. 1996;
Jenke et al. 2012). In any case, our calculations show that the
observed orbital decay rates of SGXBs may be explained by
the simple isotropic re-emission model as long as the mass
transfer occurs on the nuclear timescale. The fact that highly
non-conservative and conservative mass transfer show the same
orbital decay rates for high mass ratios implies that SGXBs and
ULXSs should show similar values of P/P within this prescription.

5. Binary evolution models for ULXs

The Eddington luminosity of a 10My; BH is about 3 X
10% ergs™'. Brighter X-ray sources are considered ultra-
luminous X-ray sources (ULXs). As the mass-transfer rates
on nuclear timescales in our models are in the range
107...107% My yr™!, some of them might be considered as
models for ULXs with up to ~10* ergs™' (cf. Table B.1) if the
entire transferred matter were accreted.

5.1. ULXs with neutron star

It has recently been discovered that several ULXs show X-ray
pulsations, which is only expected if the compact accretor is an
NS (Kaaret et al. 2017). While the Eddington limit of NSs is well
below 10°? erg s~!, some of the X-ray pulsating ULXs show X-
ray luminosities that are clearly in the ULX regime (Bachetti et al.
2014). Whiles beaming effects might help to explain the very high
X-ray luminosities (King 2001), some NSs in ULXs have been
shown to experience an extreme spin-up on a short timescale,
which may require actual accretion onto the NS at rates much
above the classical Eddington limit (Israel et al. 2017a, but see
King & Lasota 2019). One way to understand such high luminosi-
ties from accreting NSs is to invoke magnetic fields with a field
strength above ~10'3 G, which could reduce the radiative opacity
of the accreted matter and thus raise the Eddington limit (Herold
1979; Eksi et al. 2015; Israel et al. 2017a).
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Fig. 12. Evolution of the mass-transfer rate for the same model as shown
in Fig. 9 (left Y-axis) (Model d2ns0), but here calculated assuming con-
servative mass transfer.

It has also been suggested that ULXs that host NSs might
host intermediate-mass donor stars (Karino 2016). However,
Tauris et al. (2017) argued that corresponding models only work
for donor star masses below 7 M. The donor star in the ULX
pulsar in NGC 5907 is constrained to be higher than ~10 M,
and its orbital period is found to be Py, = 53750 d (Israel et al.
2017a). Motch et al. (2014) determined the orbital period of the
ULX pulsator NGC 7793 P13 to ~64 d, where the mass donor is
a BO9Ia supergiant of about 20 M, (Israel et al. 2017b). Except
for being ultra-luminous, their parameters are reminiscent of
those of the SGXBs.

Our model d2ns0 in Sect. 4.1 obtains a mass-transfer phase
on nuclear timescales, with accretion rates that would lead to
X-ray luminosities above 10* erg s~! if the NS could accrete all
the matter. In order to probe this situation, we repeated the calcu-
lation displayed in Fig. 9, but allowed the NS to accrete the entire
transferred matter. While this may not be realistic because a frac-
tion of the transferred matter may always be expelled, it provides
the limiting case, with more realistic models bounded by this and
the Eddington-limited calculations shown in Sect. 4.1.

Figure 12 shows that the long duration of the X-ray bright
mass-transfer phase is not only maintained by the conservative
accretion model, but the time span of X-ray emission is almost
doubled compared to the Eddington limited model. This is under-
standable because the mass of the NS grows significantly here,
it would likely eventually collapse into a BH, as a total of about
1.4 M, is transferred, and the thus-reduced mass ratio leads to
slightly lower mass transfer rates. However, its X-ray luminosity
could still be well over 10*° erg s=! for more than 400 000 yr.

Our models do not attempt to reproduce any of the observed
ULXs. However, they show that ULXs with NS accretors may
accrete from Roche-lobe overflow for much longer than a ther-
mal timescale of the donor star if their donor star is a helium-
enriched supergiant.

5.2. Black-hole companions

Clearly, ULXs can form in binaries when one component is a
sufficiently massive BH and the companion transfers mass at
a high enough rate. In this situation, it has been recognised
that beaming (King 2001; Kording et al. 2002), photon-bubbles
(Begelman 2002; Ruszkowski & Begelman 2003), or magnetic
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Fig. 13. Evolution of the mass-transfer rate as function of time for our
model blbh0, which starts with a 42.5 M, supergiant and a 10 M, BH
in an 18 d orbit.

accretion disc coronae (Socrates & Davis 2006) could help to
raise the apparent or true Eddington limit, such that ULXs
of up to 10*' ergs™' can be explained with stellar mass BHs
(Madhusudhan et al. 2008; Marchant et al. 2017).

In order to obtain non-negligible ULX lifetimes, the donor
star in these models is usually of comparable or smaller mass
than the BH, which severely limits the expected number of
ULXs. In our models with helium-enriched donor stars, this
restriction can be dropped. Assuming a 10 M, BH, the initial
mass ratio expected in such systems is significantly lower than in
the case of an NS companion. Consequently, we find mass trans-
fer on a nuclear timescale in more system when a BH is assumed
to be present. In Fig. 13 we highlight our models bl1bh0O with
a donor star of initially 42.5 My, which provides a high mass-
transfer rate to an initially 10 My BH for almost 0.5 Myr, and
which could provide an X-ray luminosity of ~10*! ergs~! when
super-Eddington accretion is assumed.

In our models with NS accretors, only donor stars with steep
H/He gradients led to Roche-lobe overflow phases on nuclear
timescales. The mass ratio in systems with 10 My BH accretors
is lower by five times, which leads to a slower shrinking of the
orbit. Therefore even the ten times shallower H/He gradient is
sufficient to achieve Roche-lobe overflow on nuclear timescales
in these systems. This significantly may widen the parameter
space for BH-ULX systems.

6. Implications for the origin of SGXBs

The way in which the donor stars of our supergiant and ULX
binary models have been set up may raise doubts whether they
are applicable for interpreting the observed systems. In partic-
ular, we have shown that mass transfer on a nuclear timescale
was only achieved when the chemically homogeneous part of the
hydrogen-rich envelop was removed before the mass transfer to
the compact companion starts. This raises the question whether
this may occur in reality.

6.1. Clues from observations

The first idea, that is, that the H/He transition layer is close to
the surface of the donor star, appears to be supported by several
observations. Using the data of Conti (1978) and Falanga et al.

(2015), who determined the effective temperatures and surface
gravities of several SGXB donors, we can compare the observed
donor stars with stellar models in a spectroscopic Hertzsprung—
Russel diagram (Langer & Kudritzki 2014). In this diagram, the
ordinate values are proportional to the luminosity-to-mass ratio
of the stars. Figure 14 shows that the SGXBs do not match
single-star tracks of the corresponding mass. This has already
been noticed by Conti (1978). For instance, the donor star in
Vela X-1 appears close to the 100 M track, while its mass,
inferred from radial velocity measurements, is only ~ 25 M.

Because removing the stellar envelope decreases the mass
but does not affect the luminosity significantly, it is not sur-
prising that some of our SGXB models fit the spectroscopic
Hertzsprung—Russel diagram position of VelaX-1 and other
SGXB donors better than the single-star models. Figure 14
shows that model c2bh0 approaches the position of VelaX-1
near the end of its mass-transfer phase, where the mass of the
donor star is about 33 M, (cf. Table B.1), suggesting an initial
donor mass closer to 60 M,. While Vela X-1 has no BH but an
NS companion, this comparison shows that the luminosity-to-
mass ratio (L/M) of our model may be close to that of the donor
star in Vela X-1, implying that it did lose its hydrogen-rich enve-
lope at an earlier stage of its evolution. Figure 14 shows that
in all cases for which effective temperature and surface gravity
could be determined, the corresponding L/M is well above that
of the single-star models. This indicates that all the donor stars
have already lost a significant portion, and perhaps all, of their
non-enriched massive envelope.

Even more direct evidence for this comes from model atmo-
sphere calculations and fits to observed donor star optical spectra
of the SGXBs. An enhanced surface helium abundance was found
in4U 1700-377 (Clark et al. 2002), GX301-2 (Kaper et al. 2006),
and Vela X-1 (Sander et al. 2018). A surface helium enrichment
is expected to occur only after the chemically homogeneous non-
enriched part of the stellar envelope is removed. The implication
of the observed helium enrichments is that as a result of mass loss,
whether by stellar winds or by Roche-lobe overflow, the donor
star radii are currently decreasing. The remarkable circumstance
that the donor stars in these systems are nevertheless very near
Roche-lobe filling may imply that the orbit shrinks at the same
time. This is only expected if the systems were currently undergo-
ing Roche-lobe overflow. We conclude that SGXB observations
provide ample evidence in support of the assumption that their
donor stars have lost the non-enriched massive hydrogen enve-
lope in a previous evolutionary phase.

We note thatitis a consequence of the properties of the SGXBs
we discussed that the initial mass of the NS progenitor in these sys-
tems must have been quite high, that is, higher than 30 to 40 M.
While BHs are generally expected to form from such massive stars,
the presence of NSsin SGXBs could relate to the “island of explod-
ability” at high mass that was found by Ugliano et al. (2012) and
Sukhbold et al. (2016) in parametrised core-collapse explosion
models. Brown et al. (2001) also suggested that stripped-envelope
massive stars, that is, mass donors in close binary systems, tend to
form NSs even for initial masses as high as 40 M.

6.2. Clues from stellar models

The question to ask at this stage is through which mechanism
the donor stars in SGXBs lost their H-rich envelopes before they
entered the X-ray binary stage. As their initial masses appear all
very high, it might be wondered whether the ordinary radiation-
driven winds of massive stars are sufficient to reach this goal.
Based on the massive star models in the literature (Smith 2014,
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Fig. 14. Spectroscopic Hertzsprung—Russel diagram including data for SGXBs from Conti (1978; green crosses) and Falanga et al. (2015; blue
crosses). The name of the source is added to the symbols. The parentheses include the donor masses as measured by Conti (1978) and Falanga et al.
(2015). The grey dashed lines are tracks from single-star evolutionary models (Brott et al. 2011). The grey numbers indicate the initial mass of the
corresponding stellar model. Red and orange lines indicate the evolution of our binary models. The starting point of each model is labelled with a

blue star. The black dots correspond to time steps of 50 000 years.

Brott et al. 2011; Vink et al. 2001) and considering that the wind
mass-loss rates for these very massive stars cannot be predicted to
better than within a factor of ~2 (with some of this coming from
the metallicity spread in the Galaxy, e.g.), it may not be a problem
to remove the required amounts of mass by stellar winds.

However, this mechanism would require a significant amount
of fine-tuning. Because stellar wind mass loss always widens the
orbits of binary stars (cf. Eq. (14) in Sect. 2.3), the expansion of
the OB star needs to catch up with the increasing Roche radius at
exactly the time when the H/He gradient appears near the stellar
surface. Figure 1 shows that this is notimpossible because the mas-
sive star models tend to increase in size as mass is being removed
until shortly before helium-enriched layers appear at the stellar
surface (see also Fig. 15 below). Only systems within a narrow
initial period range would be able to fulfil the timing constraint,
however.

The more common situation may be that the donor star fills
its Roche radius at a time when the H/He-interface layer is
still buried beneath a massive hydrogen-rich envelope. As we
showed in Sect. 5, this leads to very high mass-transfer rates and
likely to a CE evolution (see also Hjellming & Webbink (1987)).
Here, the Roche-lobe overflow could start in the advanced phase
of core hydrogen burning, or after core hydrogen exhaustion.
While it is beyond the scope of this paper to comprehensively
investigate the outcome of such an evolution, we provide a sim-
ple estimate as follows.
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‘We show the radius evolution of our 60 M model (blue line),
assuming mass loss on a nuclear timescale, in Fig. 15, together
with the evolution of the Roche radius for our sequences a2bh0
to e2bh0 during the mass-transfer evolution (red lines). At the end
of the mass-transfer evolution, a CE phase is expected. The yel-
low lines in Fig. 15 show the value of the donor Roche radius at a
given donor star mass if the CE were removed at the correspond-
ing time, where the Roche radius is obtained from equating the
energy release AE from the decaying BH orbit with the envelope
binding energy Ey;, of the envelope above this orbit, where

GMp ;Mx N GMpMy

AE = — 32
2(1,‘ 2a ( )
and
Mp; G
Epin = f 2 udm 33)
Mp r

is the effective binding energy, which includes gravitational
binding energy reduced by the thermal energy. Here, Mp; is the
donor star mass at the beginning of the CE evolution, Mp, is its
mass at a putative end stage of the CE evolution, and @; and a are
the corresponding orbital separations. The Roche radius during
RLO was directly inferred from the binary calculation. At the
point where the binary calculation stops, we used the last calcu-
lated donor model, orbital separation, and accretor mass to com-
pute the Roche radius as function of the donor mass as described
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Fig. 15. Donor radius as a function of mass in thermal equilibrium (blue).
The red lines show the Roche radius as a function of donor mass during
the binary calculation that includes a 10 M, accretor and no stellar wind
of the donor. The yellow lines show the Roche radius after the binary
calculation has stopped and CE is initiated. The orbital separation and
hence the Roche radius was inferred using the energy budget description
of CE. The green area marks the position of the H/He transition layer.

above. The stellar model of the donor at the beginning of the CE
evolution defines the envelope binding energy Ey;, as function
of the remaining mass Mp. The condition of Roche-lobe filling
at the beginning of the CE evolution sets the orbital separation at
that time for a given accretor mass. Assuming the accretor mass
remains constant allows us to compute the Roche radius after the
CE evolution as a function of donor mass Mp at that time.

The evolution of our sequence a2bh0 in Fig. 15 provides
a case where a merger appears to be the most likely outcome
of the CE evolution. At its onset, the donor star mass is about
45 M, and its H/He transition layer is buried beneath more than
10 M, of hydrogen-rich envelope. At the same time, it is rather
compact (Rp =~ 20Ry) because of its high mass-transfer rate.
The yellow line for sequence a2bh0 in Fig. 15 shows that there
is no possible final mass after the CE evolution for which the
donor Roche radius would exceed its thermal equilibrium radius.
While the donor radius may be smaller than its thermal equilib-
rium radius during mass transfer or immediately after a CE ejec-
tion, the implication is that if at all, it would be able to fit into its
Roche radius only for a thermal timescale or less. Afterwards, it
would expand and merge with the companion.

However, the picture is different for sequence b2, which is
also expected to quickly undergo a CE evolution (cf. Fig. B.2).
Figure 15 shows that in this case, the yellow line indicating the
donor Roche radius crosses the blue line for the thermal equi-
librium radius of the donor. Consequently, this model opens the
possibility of a successful CE ejection at a time when the H/He-
transition layer of the donor star is at the stellar surface. After
this, the expectation is that the nuclear-timescale expansion of the
donor would cause it to fill its Roche-lobe again soon, allowing
mass transfer on anuclear timescale onto the compact companion.

While our estimate in Fig. 15 includes many simplifications
and is not to be understood as a quantitative model, it shows the
interesting possibility that SGXBs can be interpreted as post-CE
systems. In this frame, the emerging of the H/He transition layer
at the donor surface at the end of the CE evolution is not a matter
of fine-tuning, but is naturally produced by the sharp drop of its
thermal equilibrium radius at this time. Potentially, all the mod-
els with initial masses in between those of sequences b2 and c2
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Fig. 16. Evolutionary tracks for solar and SMC metallicity during core
hydrogen burning (Brott et al. 2011).

could follow this path. The evolution of sequence b2 shows that
in this scenario, a significant portion, or even the main portion,
of the hydrogen-rich envelope may be transferred to the com-
pact companion in a mass-transfer event on a thermal timescale
before the onset of the CE evolution. The higher this fraction, the
higher the chances to avoid a merger during the CE evolution.

We may point out that there are tentative observational coun-
terparts for this type of evolution: the enigmatic X-ray binary
SS 433 appears to have a supergiant mass donor that provides mass
at the thermal mass-transfer rate (Fabrika 2004). Within our pic-
ture, SS 433 may qualitatively correspond to our models b2bh0
or c2bh0 at the time of the first mass-transfer peak (cf. Fig. B.2).
It would then evolve into an ordinary SGXB after going through
a CE phase (model b2bh0), or after avoiding a CE phase (model
c2bh0).

Finally, our CE scenario for the pre-SGXB evolution may
relate to the so-called obscured SGXBs that have recently been
discovered (Chaty 2013). The ejected envelope may provide
enough circumstellar material to produce the obscuration.

6.3. Metallicity dependence

We point out that the scenario for producing the SGXBs, either
by well-timed stellar wind mass loss, such that it starts Roche-
lobe overflow when the H/He transition layers appear at the sur-
face, or through a pre-mass-transfer CE phase, may be favoured
in a high-metallicity environment such as our Galaxy. This
becomes clear when we compare the evolutionary tracks of mas-
sive single stars for solar metallicity with those computed with
an initial composition as that in the SMC (Fig. 16). It shows that
the first scenario does not appear to be available at low metallic-
ity: While at solar metallicity, the models lose enough mass to
expose their H/He transition layers without the help of a com-
panion star, the low-metallicity models never do this.

In the Milky Way, Humphreys & Davidson (1979) found
that the most massive stars avoid the upper right part of
the Hertzsprung—Russel diagram. This has been related to the
Eddington limit and the instabilities in the so-called luminous
blue variables (Lamers & Fitzpatrick 1988; Ulmer & Fitzpatrick
1998; Grifener et al. 2012; Sanyal et al. 2015). The proximity
of the Galactic supergiants to the Eddington limit will there-
fore likely also facilitate the loss of the hydrogen-rich envelope
when a compact companion is present. As a result of the iron
opacity, the phenomenon is shifted to much higher luminosities
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and masses for low metallicities (Ulmer & Fitzpatrick 1998;
Sanyal et al. 2017). Therefore, the mass of the hydrogen-rich
envelop in SMC supergiants with compact companions, at the
time they would likely fill their Roche-lobe, is likely much
higher than in a comparable case in the Galaxy, and an imme-
diate merger may be expected. While in the Milky Way, we
have about as many SGXBs as BeXBs (Walter et al. 2015), only
one SGXB is known in the SMC, but 81 confirmed BeXBs
(Haberl & Sturm 2016). Our model may offer a natural expla-
nation of this strong metallicity dependence.

A metallicity dependence would also be expected for the
ULX application of our scenario. Our remarks about the donor
stars in SGXBs also hold for ULX supergiant donors. This is par-
ticular relevant for ULXs with NS accretors because the mass
ratio problem is the strongest in these sources. Consequently,
we would preferentially expect ULXs with NSs at high metal-
licity. Our CE scenario may also have implications for under-
standing the generation of large-scale magnetic fields in stars.
Based on the observation that magnetic white dwarfs are com-
mon in cataclysmic variables (CVs) but are absent in wide
binaries (Wickramasinghe & Ferrario 2000) and Potter & Tout
(2010) argued that the strong magnetic field in CVs with a mag-
netic white dwarf could be generated during their previous CE
evolution. While their model appears only marginally success-
ful, the idea may still apply. If it were transposable to massive
X-ray binaries, it could imply that a CE phase in a pre-SGXB
evolution may help to induce a strong field in the NS, with the
effect of producing a ULX rather than an ordinary SGXB.

7. Evolution of SGXBs and SG-ULXs

We have ended our binary evolution calculations when either the
mass-transfer rate exceeded ~1072 Mg yr~!, or when the models
became thermally unstable as a result of core hydrogen exhaus-
tion. Therefore, we can only conjecture about the further evo-
lution of our model binaries and about the evolution of the
observed SGXBs and SG-ULXGs.

From the time dependence of the mass-transfer rates of our
models, it can be concluded that after the H/He transition layer is
lost during the nuclear-timescale evolution, the mass-transfer rate
increases steeply. This is the case for our models b1bh0 and c1bh0
with BH accretors (Fig. B.2), and for model d2nsO with an NS
accretor (Fig. B.1), also for conservative mass transfer (Fig. 12).
According to Hjellming & Webbink (1987), who inferred a max-
imum mass ratio of 2.14 for a binary to be stable against dynami-
cal runaway, the onset of a CE evolution in these models appears
likely. Because at this stage, our models are rather compact and
still possess a significant envelope with a hydrogen mass fraction
of 20%, we assume that a merger would be the likely outcome.

In another suite of our models, the mass transfer on a nuclear
timescale lasts until hydrogen is exhausted in the core of the
donor. The ensuing contraction of the donor model leads to a
sharp drop of the mass-transfer rate, and the Roche-lobe over-
flow phase stops (modeld2nsc, Fig. B.1, and models d2bh0
and d2bh0, Fig. B.2). We would expect that a hydrogen shell
source will ignite in these models, which will expand their
envelopes and initiate a mass transfer on a thermal timescale.
Again, using the criterion of Hjellming & Webbink (1987), we
would expect this to evolve into a CE phase, with a merger of
both components as the result. Only two of our models with a
time-dependant stellar winds (models b2bhv and c2bhvwith BH
accretors) are expected to emerge as a Wolf—Rayet-BH binary.

However, our models are artificially constructed and are not
self-consistently evolved from the zero-age main-sequence stage.
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For modelsal toel, whose transition layer contains the shal-
lower H/He gradient, the slope is naturally expected from the
receding convective core during hydrogen burning. However, the
steeper H/He gradient in models a2 toe2 is perhaps only formed
after core hydrogen exhaustion (Schootemeijer & Langer 2018).
In core helium burning supergiants, the mass transfer on a nuclear
timescale might then stop at the time of core helium exhaustion.
It may not be excluded that in this case, a merger during the short
remaining time to the collapse of the donor star can be avoided,
and a short-period double compact binary emerges.

A further investigation of the post-mass-transfer evolution
of more self-consistent SGXBs and SG-ULXs clearly appears
warranted.

8. Conclusions

We have refuted the long-standing paradigm that mass transfer in
binary systems with a high mass ratio must be unstable and can last
for at most a thermal timescale of the donor star. We first produced
single-star models with mass radius exponents (e.g. Fig. 2) that far
exceed those required for stable mass transfer in binaries with high
mass ratios (Fig. 1). We then calculated detailed binary evolution
models for SGXBs with NS and BH components, and found mass
transfer on anuclear timescale in many of them, with initial donor-
to-accretor mass ratios of up to ~20.

The key for the stability of the mass transfer in our models
despite the inevitably strong orbital contraction is that their sur-
face helium abundance is increasing. Thereby, the donor stars
deflate their radius by a factor of a few during the mass transfer,
and evolve from supergiants into Wolf—Rayet stars.

While our models are artificially constructed and not derived
fromearlier phases of binary evolution, their key feature appears to
be supported by observations because the SGXB donors generally
appear to be helium rich and overluminous for their mass (Fig. 14).

Furthermore, our models facilitate understanding several
observations. The first is the large number of observed SGXBs
in the Milky Way, which is proportional to the duration of their
X-ray phase. The latter is drastically extended by our models.
The second is the discovery of ULXs with supergiant donor stars
and NS accretors. Again, in the standard picture, their lifetime
is expected to be extremely short. We showed an example with
an initial mass ratio of 17 and a ULX phase that due to stable
Roche-lobe overflow lasted for more than 400 000 yr.

We argue that the SGXBs in the Milky Way, and perhaps also
the ULXs with NS accretors, may have formed in a CE evolution,
during which the loss of the H-rich envelope of the donor star was
facilitated as it reached its Eddington limit. Such a CE phase might
be related to the dense circumstellar medium found in the Galactic
obscured SGXBs. While this could remove the fine-tuning prob-
lem of producing the SGXBs in their current state, it could also
explain the nearly complete lack of SGXBs in the SMC, where
stars reach their Eddington limit only at much higher mass.

If ULXs with NS accretors were to correspond to our CE sce-
nario, they would preferentially be expected at high metallicity,
and be rare at low metallicity, analogous to the SGXBs. ULXs
with massive BH accretors, on the other hand, might have a
preference for low metallicities, where the final BH masses are
expected to be higher.

This scenario may also shed light on the question of how
magnetar fields are created. It would make the ULXs with NS
accretors, in which accretion rates of more than two orders of
magnitude above the Eddington limit are thought to be enabled
by extreme NS magnetic fields, the more massive cousins of
polars, that is, CVs in which a main-sequence star sheds mass
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onto a magnetic white dwarf. These CVs are also thought to have
undergone a previous CE evolution.

It is necessary to produce detailed progenitor models for
SGXBs in order to validate the CE scenario. This may be useful
as an understanding of the CE evolution of very massive stars
as function of metallicity is also required to reliably predict the
population of double BH binaries, into which some of the Galac-
tic SGXBs might evolve. At the same time, there may be several
avenues to provide stronger observational constraints to the CE
evolution of very massive stars, including the search for binaries
consisting of OB star and a BH or NS, many of which may have
escaped detection so far.
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Appendix A: Mass—radius exponents for all stellar

models
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Fig. A.1. Mass-radius exponent as function of mass for our model with

an initially 50 M, star for different core helium abundances.

Because the response of the stellar radius to slow mass loss
is the key for obtaining mass transfer on a nuclear timescale in
our supergiant X-ray binaries, we show here the corresponding
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Fig. A.2. As Fig. A.1, but for our 60 M, star model.

mass—radius exponents (g for all of our stellar models. We
encountered convergence problems for the model with an ini-
tially 80 M, star with a core helium mass fraction of Y. = 0.8
and steep helium profiles (Fig. A.3 bottom). For helium gradi-

ents steeper than 0.05 M, -1 the numerical problems arose when

the outer edge of the helium gradient came to the surface. Thus,

{r could not reach its peak value.
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Fig. A.3. As Fig. A.1, but for our 80 M, star model.

65

Appendix B: Details for our binary evolution models

In Figs. B.1 and B.2 we show the time evolution of the mass-
transfer rate for all our binary evolution models (except for the
conservative systems; see Fig. 12. Table B.1 gives the key param-
eters of all binary models we computed here. It also gives the
X-ray lifetime rx, which we define as the time period during
which the accretion luminosity exceeds 1033 ergs™!. To estimate
this, we introduce the quantities Lx gqq defined as the Eddington-
limited accretion luminosity after half of the X-ray lifetime
has passed. We define the quantity Lx max in the same manner
as Lxpdda , but under the condition that the accretion was not
Eddington limited, that is, as if the entire transferred mass were
accreted by the compact object. We instead use the luminosity
values in the middle of the mass-transfer phase because the arith-
metic mean over time would be distorted by the initial peaks of
the mass-transfer rate that appear in some calculations. In some
models these peaks are two orders of magnitude above the long-
term mass-transfer rate and last for roughly a tenth of the mass-
transfer phase. The arithmetic mean would hence be shifted by
one order of magnitude above the long-term X-ray luminosity.
Our definition avoids this distortion and gives a better estimate
of the typical luminosity during the mass transfer.
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Fig. B.1. Evolution of the mass-transfer rate for three initial models and an NS accretor. The right axis in indicates the X-ray luminosity corre-
sponding to the mass-transfer rate (not Eddington limited) assuming an accretion efficiency of 7 = 0.15. The dashed line indicates the Eddington-
accretion limit of the accretor.
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Table B.1. Summary table of our computed binary evolution models.

Model Mcc, init Myind 372 Minie  108(Linit)  Teff;init  108(Linit)  Rinit  Ysyinit  Pinit X Lx:Bdd  Lx; max Mfinal 10g(Lfinal) Teff; final 108(Lfinal) Rfinal  Ys; final  Pinal

Mol [Moyr'] [Mgll [Mo] [Lol [kK] [Lo] [Rol [d] [kyr] [ergs™'] [ergs™'] [Mo] [Lol [kK] [£o]  [Rol [d]
albh0 10 - 004 500 5.88 24 418 49 026 141 13 25x10% 19x10° 384 5.29 38 370 10 048 15
b1bh0 10 - 004 425 5.85 22 422 53 028 179 484 25x10% 75x10° 309 5.79 45 430 13 080 25
c1bh0 10 - 004 365 5.80 41 424 16 058 32 152 25x10% 79x10% 317 573 52 423 9 080 14
d1bho 10 — 004 335 5.5 50 423 10 072 17 29 25x10% 80x10% 318 5.70 53 420 8 080 13
e1bh0 10 - 004 305 5.69 53 4.20 8 080 13 20 72x10% 72x10% 300 5.65 53 4.17 8 080 12
alns0 2 - 004 500 5.88 24 418 49 026 110 7 31x10% 42x10% 493 573 30 404 26 026 40
blnsO 2 - 004 425 5.85 22 422 53 028 139 9 3.1x10% 15x10¥ 415 5.75 33 413 23 032 37
clns0 2 - 004 365 5.80 41 424 16 058 25 8 3.1x10% 56x10% 363 5.77 43 421 14 058 19
dlnsO 2 - 004 335 5.75 50 423 10 072 13 10 14x107 14x1037 335 5.75 50 422 10 073 12
elnsO 2 - 004 305 5.69 53 4.20 8 080 10 15 41x10% 41x10% 305 5.68 53 4.20 8 0.80 1.0
a2bh0 10 - 04 50.0 5.83 27 413 35 026 87 13 25x10% 30x10%° 454 5.49 31 383 19 026 34
b2bh0 10 - 04 425 5.79 22 416 52 026 173 17 25x10% 28x10% 337 5.61 35 408 17 027 3.6
2bh0 10 - 04 365 5.76 19 420 66 026 275 674 26x10% 49x10¥° 327 5.86 26 434 40 055 141
d2bh0 10 - 04 335 5.74 26 422 36 027 117 665 26x10% 45x10%° 325 5.86 30 435 31 059 98
€2bh0 10 - 04 305 5.69 53 4.20 8 080 13 20 7.01x10% 7.1x10% 300 5.65 53 417 8 080 12
a2ns0 2 - 04 500 5.83 27 413 35 026 68 8 3.1x10% 3.1x10% 498 5.78 29 409 30 026 49
b2ns0 2 - 04 425 5.79 22 416 52 026 134 9 31x10% 31x10% 412 6.11 47 4.49 17 026 23
2ns0 2 - 04 365 5.76 19 420 66 026 213 13 28x10% 28x10% 352 5.59 32 404 20 026 33
d2ns0 2 - 04 335 5.74 26 422 36 027 91 264 3.1x10% 25x10% 321 5.76 49 425 10 074 14
e2ns0 2 - 0.4 305 5.69 53 4.20 8 080 1.0 15 21x10% 21x10% 305 5.68 53 4.19 8 080 1.0
a2bhc 10 107 0.4 500 5.83 27 413 35 026 87 16 35x10% 35x10% 480 5.74 30 406 27 026 5.7
b2bhe 10 1076 04 425 5.79 22 416 52 026 173 16 25x10% 39x10%0 334 5.62 36 4.10 17 027 34
2bhe 10 1076 04 365 5.76 19 420 66 026 275 652 1.5x10% 15x10° 327 5.86 25 434 42 054 164
d2bhe 10 1076 04 335 5.74 26 422 36 027 117 637 13x10% 12x10%° 326 5.86 29 434 32 059 114
e2bhc 10 107 0.4 305 5.69 53 4.20 8 080 13 21 43x10% 43x10%® 299 5.64 53 4.17 8 080 12
a2bhv 10 Vink 0.4 50.0 5.83 27 413 35 026 87 16 34x10% 33x10% 477 573 30 405 26 026 55
b2bhy 10 Vink 04 425 5.79 22 416 52 026 173 14 25x10% 12x10* 259 5.80 47 439 12 080 3.6
c2bhv 10 Vink 04 365 5.76 19 420 66 026 275 50 25x10% 48x10*! 282 5.85 45 440 14 080 226
e2bhv 10 Vink 04 305 5.69 53 4.20 8 080 13 59 1.0x10% 47x1037 285 5.62 52 4.16 8 080 1.2
a2nsc 2 1076 0.4 500 5.83 27 413 35 026 68 12 87x107 85x1037 499 5.82 28 4.12 34 026 6.1
b2nsc 2 1076 04 425 5.79 22 416 52 026 134 8 41x10% 41x10% 420 5.71 26 408 33 026 64
c2nsc 2 1076 04 365 5.76 19 420 66 026 213 13 43x10% 39x10% 353 5.63 30 408 23 026 42
d2nsc 2 107 0.4 335 5.74 26 422 36 027 91 639 13x10% 53x10¥ 323 5.87 38 436 20 0.67 49
e2nsc 2 107 04 305 5.69 53 4.20 8 080 10 18 21x10% 21x10%¥ 303 5.63 54 4.15 7 0.80 09
a2nsv 2 Vink 04 50.0 5.83 27 413 35 026 68 11 74x107 7.1x1037 499 5.83 27 413 36 026 6.7
b2nsv 2 Vink 04 425 5.79 22 416 52 026 134 7 42x10% 40x10% 417 5.69 27 407 30 026 57
2nsv 2 Vink 04 365 5.76 19 420 66 026 213 14 11x10% 62x10% 351 5.64 30 410 24 026 44
e2nsv 2 Vink 04 305 5.69 53 4.20 8 080 10 8 28x107 83x10®° 288 5.61 53 415 8 080 09
d2bh0 cons. 10 - 04 335 5.74 26 422 36 027 117 664 48x10% 48x10% 325 5.86 30 434 31 059 97
d2ns0 cons. 2 - 04 335 5.74 26 422 36 027 91 431 91x10% 91x10® 318 5.77 48 427 11 080 1.6

Notes. All models assume Eddington limited accretion and isotropic re-emission, except for the last two models, which are computed assuming
conservative mass transfer. The first column indicates the name of the binary model (cf., Fig. 8), and M. i is the initial mass of the compact

companion. My, indicates the adopted wind mass loss recipe,

dy

dm

measures the helium gradient within the donor star. M, L, and T refer to

the donor’s mass, luminosity and effective temperature, and £ = ;‘ﬁ/ g, R is the donor’s radius, Ys is its surface helium abundance, P is the
binary’s orbital period, tx is the X-ray lifetime, and Lx gqg and Lx max are the X-ray luminosities in the middle of the mass-transfer phase assuming
Eddington limited accretion or conservative mass transfer onto the compact object, respectively (see text). Subscripts init and final refer to the
times of the onset of mass transfer, and the end of the calculations, respectively.

A19, page 22 of 22
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Appendix to Chapter 3

B.1 Column density

Suppose the companion revolves the donor star in a circular orbit with orbital separation
a. Choose a coordinate system such that the x-direction is parallel to the line of sight and
the y-direction is perpendicular to x within the orbital plane. Let ¢ be the angle between
the connection line from the primary to the secondary and the x-axis. Further xc = cos(¢)
and yc = sin(¢) denote the coordinates of the companion at the moment.

M. S line of sight

M.

Figure B.1.

The column density is obtained by integrating the wind density profile along the line of
sight from the companion to the observer. Let s be the distance of a specific point on the
line of sight from the companion, and r the distance of that point from the primary. Then,
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the column density of the companion is given by

Z:foopds. (B.1)
0

Assuming a S-law for the wind velocity, the mass density of the stellar wind at a certain
point is given by ‘
M, 1
= X
Amve (1 - Ry

p (B.2)

From the geometry in Fig[B.I| we immediately find

5= P —ya—xc. (B.3)

Note that when integration along the line of sight, only s and r change; thus, xc is a
constant. We consequently find

ds = —_dr (B.4)

,/rz—yé

and thus, the column density can be written as

M * 1
L ox f dr. (B.5)

- Ay, R
(1 =2 r\r =g

This equation reduces to Eq. [3.39for ¢ = 0, i.e., yc = 0. Generally, the integral in Eq.
[B.5] must be solved numerically. However, an analytic solution can be found for 8 = 0.
We simplify the equation by scaling all lengths to R;, thereby introducing dimensionless
variables 7 = r/R; and @ = a/R;. Eq. [B.5|then becomes

M,
= ——— XD B.
R ¢(@.) » (B.6)

where

®ya,p) = f ) ! dF. (B.7)

(1 — 1B FJi2 = sin®(p)a2

We already found the integrals for ¢ = 0 and arbitrary values for 8 (cf. Eq. [3.39)

~In(1-a) :B=1
(DO(Zl,ﬂ) = {1_(111_(&1)1? ) . l[:lse . (B.8)
1-8 :

Setting 8 = 0 corresponds to the situation where the wind material has terminal velocity
throughout the whole wind profile. This is a good approximation if the orbital separa-
tion is much larger than the wind acceleration zone. Computing the antiderivative of the
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integrant yields

i 1 VP —sin(pya \|”
D, (a,0) = | — . arctan - — (B.9)
sin(p)a sin(p)a
Plugging in the integration boundaries, this simplifies to
,(@,0) = —— (B.10)
¢ sin(¢)a
where ¢ is measured in radians. From Eq. we find that
1

®y(a,0) = . (B.11)

This shows that the integral and, consequently, the column density is larger by a factor of
@/ sin(yp) if ¢ # O,i.e.,

s=—*% .35, (B.12)

sin(p)

where X is the column desity given in Eq. Note that this factor can become arbitrar-
ily large and diverges as ¢ approaches z. In this case, the companion is on the opposite
side of the primary with respect to the observer, and thus, basically, all flux in the direc-
tion of the line of sight is absorbed. However, due to its orbital motion, the companion
will change its position and, hence, its column density.

The smallest value of column density is reached if the companion is closest to the
observer. In this case, it reaches a minimum value ¢,;,. Assuming circular orbits, we find
the constellation of minimum column density as sketched in We immediately find
that the angle of minimum column density is given by

Omin = g _i (B.13)

and therefore, the minimum column density the companion has during one orbit is given
by
=20
min =5 cos(i)
Using L'Hospital’s rule shows that the minimum column density is between X, if i = 7,
and %Zo, ifi =0.

(B.14)

B.2 Neutron star accretion

B.2.1 Case determination

Define the accretion radius

; (B.15)
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line of sight

Figure B.2.: Companion in the position of minimum column density. The orbital plane (blue
straight line) is viewed edge off. The blue dotted line marks the orbital normal. Orbital inclination
i and the angle ¢, add up to /2.

and the co-rotation radius

GM,P2\'?
m:( ) . (B.16)

472

The magnetospheric radius is defined by the distance where the ram pressure (pv) of the
wind material equals the pressure of the NS’s magnetic field. If this distance is large

enough that the gravity of the NS can be neglected (i.e., w/@ < V), the dominant

contribution to the ram pressure stems from the velocity. In this case, the magnetospheric
radius can be expressed as (Davies and Pringle| 1981} |Bozzo et al. 2008])

a2 )1/6
2MAVW ‘

Ringg = ( (B.17)

B.2.2 Super-Keplerian Magnetic Inhibition

If Rag > Ra, Reo, the wind is captured by the magnetic field rather than by the gravity
of the NS. In this case, we follow [Toropina et al. (2006) by assuming that the kinetic
energy of the wind material is radiated in X-rays at the shock front that forms at Ry,,.
Hence, we compute the luminosity as

1
Lihock = EFPWV?Nernag . (B.18)
In addition to the shock luminosity, matter captured by the magnetic field is forced to
rotate with super-Keplerian velocity. The acceleration of the matter results in a dissipation

. 2R \2
of the NS’s rotational energy (Perna et al.[2006) with the rate E,o ~ M (”%) . If we
assume that this energy is subsequently converted into heat and radiated away, we estimate
the dissipation luminosity as (Bozzo et al. 2008])

Laiss = 470 py v Ry e P (B.19)
We add the shock luminosity and the dissipation luminosity to infer the total X-ray lumi-
nosity in this regime.
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B.2.3 Sub-Keplerian Magnetic Inhibition

If Ro < Rmag < R, the matter dragged by the magnetic field, creating Kelvin-Helmholtz
instabilities (Harding and Leventhal|1992) and consequent mass inflow. Since the material
is shocked at R.,,,, we apply the Rankine-Hugoniot conditions to compute the density and
the velocity of the post-shocked material

P =4py and vy = %W. (B.20)

The mass inflow rate by Kelvin-Helmholtz instabilities can then be computed by using
(Burnard et al.|1983)
My = 27R2 o PpsVent » (B.21)

where
Vent = Vsh Tk X2 (1 + %)™ (B.22)

is the velocity at which the inflowing material enters the magnetosphere. In this definition,
the shear velocity is estimated as the maximum post-shock velocity and the rotational
velocity of the field lines at Ry,

27 R mag
—. (B.23)

Vgn = Max [vps, P
S

In accordance to Bozzo et al.| (2008) we assume an efficiency factor of gy = 0.1. The
quantity x := p;/p. is the ratio of the mass density inside and outside the magnetospheric
boundary. If we assume that the Kelvin-Helmholtz unstable layer has the size AR,, Eq. 8
from Bozzo et al.|(2008) together with Eq.[B.22]of this paper implies that

20+ x) = ——=, (B.24)
X X \/_

We assume & = 1. Consequently, the right-hand side of this equation is given, and we
solve it for x. Then Eqn. [B.21] and [B.22] provide the accretion rate. The corresponding
luminosity is given by

Lgy=———. (B.25)

B.2.4 Supersonic propeller

If Re;, < Rmag < R matter is captured by the gravity of the NS rather than by its mag-
netic field. The material flows inward, reaching the magnetopause, where the magnetic
stress becomes important, and the magnetic field drags the plasma. Since the magne-
topause lies outside the co-rotation radius, the centrifugal force is stronger than gravity,
inhibiting efficient accretion. The fact that the matter is halted at R, gives rise to an

atmosphere that is quasi-stationary on a dynamical timescale (Davies et al.|[1979; Davies
and Pringle||1981)).
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Consequently, the atmosphere can be modeled using a polytropic law P o« p'*!/. Den-
sity and pressure may be written as functions of the distance » from the NS (Bozzo et al.
2008)

1 8RA["
pr) = o 14— nTA] (B.26)
1 8R 1+n
P(r) = ppsV? [1 o nTA] (B.27)

Note that the pressure in Eq. is different from the dynamical wind pressure that we
used to compute the magnetospheric radius. In order to compute Ry,,; we must therefore
equate the pressure at the bottom of the atmosphere P(R,,) with the magnetic stress.
This yields the equation

(B.28)

R_6 [1 + 16RA ]_3/2 . ZMAVW
mag -

3Rmag IUZRA

which can be solved numerically for R,,,,,. Here we assumed an effective polytropic index
of n = 1/2 as discussed by |Davies and Pringle| (1981).

The interaction of the plasma with the magnetic field results in a dissipation of the NS’s
rotational energy with a rate of (Bozzo et al.|2008))

Lgiss = 27TRr2nag p(Rmag) V%(Rmag) . (B29)

We neglect the additional luminosity that originates at the shock formed at R, .

B.2.5 Subsonic propeller

If Ryag < Ra, R, the NS is surrounded by a convective envelope if the mass-accretion
rate M, is smaller than a critical value M. (Ikhsanov/2001). Similar to the supersonic
propeller regime, the magnetospheric radius is given by Eq. where the polytropic
index n = 3/2, since the atmosphere is supposed to be adiabatic due to convection. Cor-
respondingly

R-6

mag

16RA | 2M vy
[1+ A] _ ZEaY (B.30)

5Rmag :quA

has to be solved to infer the magnetospheric radius. In this case, the dissipation of the
NS’s rotational energy due to the coupling of the magnetic field heats the plasma. Davies
and Pringle| (1981) discussed the process of energy transport processes, arguing that the
cooling of the plasma is either due to radiative cooling via thermal bremsstrahlung or due
to convection. The latter prohibits efficient accretion. This means direct accretion can
only occur if the convective efficiency parameter (Cox and Giuli||1968)

ro Excess heat content of convective blob (B31)
~ Energy radiated in the lifetime of a blob '
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is smaller than unity. |Davies and Pringle| (1981) and |Ikhsanov| (2001)) showed that I at
Rpag can be approximated by

_ Vfot (Rmag)tbr

= (B.32)
V%f(Rmag)Rmag
where the cooling timescale of the bremsstrahlung is
T \'?( ng -1
= 63%10° [+ ] (fomem) s, B.33
br 10k) \10mem3/ ° (8.33)
The temperature is computed from the released gravitational energy
GM
T =22 (B.34)
Rmang

The number density nge.,s is obtained from the mass density p at the bottom of the atmo-
sphere by applying Eq. at r = Ry, and n = 3/2 for a convective, i.e., adiabatic
envelope. Using v (r) = =57, Eq. together with the condition Gamma > 1 can be as

P < Py, (B.35)
where :
il 1/3
= ———Rnaet, .
QGM,)'3 T
If this condition applies, accretion is still inefficient and dominated by Kelvin-Helmholtz

instabilities. We then apply the same scheme as discussed in the sub-Keplerian magnetic
inhibition regime to infer Lxy which is supposed to be the X-ray luminosity in this case.

(B.36)

Pbr

B.2.6 Direct accretion regime

If in addition to the conditions of the previous section Py > Py, we suppose direct
accretion onto the NSs surface. The X-ray luminosity is computed from the gravitational
energy that is radiated away
_ GM:M,

Rns

(B.37)

X
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B.3 Stellar parameters of the grid models
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Figure B.3.: Stellar parameters and wind parameters as a function of the stellar mass. The radii
and luminosities are inferred from the models of |Brott et al.[(2011) for solar metallicity. The other

parameters are computed as described in the text.
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B.4 Dynamical pressure in colliding wind binaries
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Appendix to Chapter 4

C.1 Diagnostic diagrams of WR stars in the SMC
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Figure C.1.: Diagnostic diagrams for SMC AB 1.

2.0 25 3.0

Assumed parameters of the WR star can be

found in Tab. .1} The upper limit of the X-ray luminosity is estimated in Sec.
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Figure C.2.: Diagnostic diagrams for SMC AB 2. Assumed parameters of the WR star can be
found in Tab. .1} The upper limit of the X-ray luminosity is estimated in Sec.
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Figure C.3.: Diagnostic diagrams for SMC AB 4. Assumed parameters of the WR star can be
found in Tab. .1} The upper limit of the X-ray luminosity is estimated in Sec.
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Figure C.4.: Diagnostic diagrams for SMC AB9. Assumed parameters of the WR star can be
found in Tab. .1} The upper limit of the X-ray luminosity is estimated in Sec.
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Figure C.5.: Diagnostic diagrams for SMC AB 10. Assumed parameters of the WR star can be
found in Tab. .1} The upper limit of the X-ray luminosity is estimated in Sec.
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Figure C.6.: Diagnostic diagrams for SMC AB 11. Assumed parameters of the WR star can be
found in Tab. .1} The upper limit of the X-ray luminosity is estimated in Sec.
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C.2 Diagnostic diagrams of Galactic WN 8 stars



C.2. DIAGNOSTIC DIAGRAMS OF GALACTIC WN 8 STARS 205

AMy <2.5mag

log(Lx[erg/s])

Vorb X /4 [km/s]

-1.0 -0.5 0.0 0.5 1.0 15 2.0 25 3.0

IOQ(Porb [d1)

iy
o
o

@
S

log(Lx [erg/s])

Vorb X T/4 [km/s]

-0.5 0.0 0.5 1.0 15
IOg(Porb [d])

38

36

30

28
-1

-1.0 -0.5 0.0 0.5 1.0 15 2.0 25 3.0

w
IS
log(Lx [erg/s])

log(Ps[s])

w
S

log(Pory [d])

Figure C.8.: Diagnostic diagrams for WR 12. Assumed stellar parameters of the WR star can be
found in Table@ Upper limit of the observed X-ray luminosity according to Nazé et al.| (2021).
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Figure C.9.: Diagnostic diagrams for WR 16. Assumed stellar parameters of the WR star can be
found in Table @ Observed X-ray luminosity according to Skinner et al.| (2012)).
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Figure C.10.: Diagnostic diagrams for WR 40. Assumed stellar parameters of the WR star can
be found in Table 4.5] Upper limit of the observed X-ray luminosity according to |Gosset et al

(2005).
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Figure C.11.: Diagnostic diagrams for WR 66. Assumed stellar parameters of the WR star can be
found in Table@ Observed X-ray luminosity according to [Skinner et al.| (2021)).
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Figure C.12.: Diagnostic diagrams for WR 89. Assumed stellar parameters of the WR star can be
found in Table @ Observed X-ray luminosity according to Nazé et al. (2013)).
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Figure C.13.: Diagnostic diagrams for WR 107. Assumed stellar parameters of the WR star can
be found in Table[d.5}
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Figure C.14.: Diagnostic diagrams for WR 116. Assumed stellar parameters of the WR star can
be found in Table[d.5}
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Figure C.15.: Diagnostic diagrams for WR 123. Assumed stellar parameters of the WR star can
be found in Table[d.5}
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Figure C.16.: Diagnostic diagrams for WR 130. Assumed stellar parameters of the WR star can
be found in Table[d.5}
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Figure C.17.: Diagnostic diagrams for WR 147. Assumed stellar parameters of the WR star can
be found in Table@ Observed X-ray luminosity according to|Skinner et al.|(2006).
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Figure C.18.: Diagnostic diagrams for WR 148. Assumed stellar parameters of the WR star can

be found in Table@ Observed X-ray luminosity according to (2012).
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Figure C.19.: Diagnostic diagrams for WR 156. Assumed stellar parameters of the WR star can
be found in Table[d.5}
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C.3 Diagnostic diagrams of TMBM SB1 and uncertain
SB2
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Figure C.20.: Diagnostic diagrams for VFTS 225. Assumed stellar parameters can be found in
Tab. A7} A MS companion cannot be excluded regarding X-rays or brightness. BH would be
close to the transition regime of an accretion disc and may be detectable. A directly accreting NS
would produce a detectable amount of X-rays. However, even a spin period of 100 s would lead to
faint X-ray radiation due to the propeller effect.
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Figure C.21.: Diagnostic diagrams for VFTS 619. Assumed stellar parameters can be found in
Tab. 4771 A MS companion may be detectable in the optical spectrum. A BH would be X-ray
quiet. The lower limit of the companion mass makes a NS companion unlikely.
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Figure C.22.: Diagnostic diagrams for VFTS 631. Assumed stellar parameters can be found in

Tab. E}
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Figure C.23.: Diagnostic diagrams for VFTS 645. Assumed stellar parameters can be found in

Tab. E}
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Figure C.24.: Diagnostic diagrams for VFTS 743. Assumed stellar parameters can be found in

Tab. E}
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Figure C.25.: Diagnostic diagrams for VFTS 769. Assumed stellar parameters can be found in

Tab. E}
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Figure C.26.: Diagnostic diagrams for VFTS 827. Assumed stellar parameters can be found in

Tab. @
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Figure C.27.: Diagnostic diagrams for VFTS 829. Assumed stellar parameters can be found in

Tab. @
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Figure C.28.: Diagnostic diagrams for VFTS 73. Assumed stellar parameters can be found in Tab.

B3
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Figure C.29.: Diagnostic diagrams for VFTS 171. Assumed stellar parameters can be found in

Tab. Pf;g}
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Figure C.30.: Diagnostic diagrams for VFTS 256. Assumed stellar parameters can be found in

Tab. @
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Figure C.31.: Diagnostic diagrams for VFTS 332. Assumed stellar parameters can be found in

Tab. Pf;g}
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Figure C.32.: Diagnostic diagrams for VFTS 409. Assumed stellar parameters can be found in

Tab. @
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Figure C.33.: Diagnostic diagrams for VFTS 479. Assumed stellar parameters can be found in

Tab. @
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Figure C.34.: Diagnostic diagrams for VFTS 603. Assumed stellar parameters can be found in

Tab. @
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Figure C.35.: Diagnostic diagrams for VFTS 657. Assumed stellar parameters can be found in

Tab. Pf;g}
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Figure C.36.: Diagnostic diagrams for VFTS 736. Assumed stellar parameters can be found in

Tab. @



234 APPENDIX C. APPENDIX TO CHAPTER 4

140 38

120
36
» 100
H
~ 34 =
— S
< g
= >
= i
53
X 328
2
o
>
40
30
------- 28
0
-10 -05 00 0.5 1.0 1.5 2.0 25 3.0
|Og(Porb [d ])
140 38
120
36
» 100
€
~ 342
= S
< g
= 3
= d
=3
X 328
2
o
>
30
28
0
-10 -05 00 0.5 1.0 1.5 2.0 25 3.0
|Og(Porb [d ])
38
36
= 34 =
0 q
— 4
o g
= 3
S H
o 32¢°
30
28

-1.0 -0.5 0.0 0.5 1.0 15 2.0 2.5 3.0

|Og(Porb [d ])

Figure C.37.: Diagnostic diagrams for VFTS 750. Assumed stellar parameters can be found in

Tab. @
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Figure C.38.: Diagnostic diagrams for VFTS 812. Assumed stellar parameters can be found in

Tab. @
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C.4 Catalog of diagnostic diagrams
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Figure C.39.: Diagnostic diagrams for a star with Teg = 15kK and log(g/(cm s72)) = 3.8. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.40.: Diagnostic diagrams for a star with T.g = 20kK and log(g/(cm s72)) = 3.8. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.41.: Diagnostic diagrams for a star with Teg = 25kK and log(g/(cm s72)) = 3.8. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.42.: Diagnostic diagrams for a star with T.g = 30kK and log(g/(cm s72)) = 3.8. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.43.: Diagnostic diagrams for a star with Teg = 35kK and log(g/(cm s72)) = 3.8. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.44.: Diagnostic diagrams for a star with T.g = 40kK and log(g/(cm s72)) = 3.8. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.45.: Diagnostic diagrams for a star with Teg = 45kK and log(g/(cm s72)) = 3.8. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.46.: Diagnostic diagrams for a star with T.g = 15kK and log(g/(cm s72)) = 3.4. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.47.: Diagnostic diagrams for a star with Teg = 20kK and log(g/(cm s72)) = 3.4. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.48.: Diagnostic diagrams for a star with T.g = 25kK and log(g/(cm s72)) = 3.4. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.49.: Diagnostic diagrams for a star with T.g = 30kK and log(g/(cm s72)) = 3.4. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.50.: Diagnostic diagrams for a star with T.g = 35kK and log(g/(cm s72)) = 3.4. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.51.: Diagnostic diagrams for a star with T.g = 40kK and log(g/(cm s72)) = 3.4. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.52.: Diagnostic diagrams for a star with T.g = 15kK and log(g/(cm s72)) = 3.0. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.53.: Diagnostic diagrams for a star with Teg = 20kK and log(g/(cm s72)) = 3.0. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.54.: Diagnostic diagrams for a star with T.g = 25kK and log(g/(cm s72)) = 3.0. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.55.: Diagnostic diagrams for a star with T.g = 30kK and log(g/(cm s72)) = 3.0. As-
sumed stellar parameters can be found in Tab. {.9]
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Figure C.56.: Diagnostic diagrams for a star with Teg = 35kK and log(g/(cm s72)) = 3.0. As-
sumed stellar parameters can be found in Tab. {.9]
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