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Summary

This thesis is on the origin, the evolution and the stellgoytations of ultra compact dwarf
galaxies (UCDs) and dwarf elliptical galaxies (dEs), i.ewotkinds of stellar systems in the
same mass range and with similar morphology, but very diffeextensions.

One of the most intriguing properties of UCDs are the madsytd ratios that are implied
by their internal dynamics. These mass-to-light ratiossagaificantly higher than imaginable
for any realistic pure stellar population, if the initiatar mass function (IMF) is the same in
all star-formation events. Thus, in contrast to the stglgvulation in the solar neighborhood,
the UCDs furnish evidence for a varying IMF instead of a urse¢IMF.

Given that the UCDs are old stellar systems, there are twsilpbses by which a varying
IMF could lead to an enhanced mass-to-light ratio of presegtstellar populations, if they are
compared to stellar populations that formed with the usi@eMMF. The first possibility is a
bottom-heavy IMF, i.e. an IMF that is overabundant in faowimass stars in comparison to
the universal IMF. The second possibility is a top-heavy JM& an IMF that is overabundant
in high-mass stars, which quickly evolve into stellar remisahat contribute mass, but almost
no light to a stellar population.

These two possibilities can be distinguished by attempngdetect the remnants of mas-
sive stars independent of the effect that they would havédnemtass-to-light ratio of a stellar
population. For this reason, the frequency of bright X-rayrses in UCDs was studied, since
a bright X-ray source can be interpreted as a low-mass X-ragry (LMXB), which is com-
posed of a low-mass star and a stellar remnant. Using atdata, it has been shown in this
thesis that indeed a remarkably high fraction of the UCD&@&\irgo cluster are bright X-ray
sources, which implies that UCDs contained a large popratf high-mass stars when they
formed, i.e. that the IMF in the UCDs was top-heavy. Moreptlez top-heavy IMF that was
derived from the fraction of UCDs with a bright LMXB is contst with the IMF that was
derived from the mass-to-light ratios of the UCDs.

Since UCDs are likely to loose mass by the evolution of masstars, the shape of the
IMF has implications for their evolution and their initiabieditions. Based on the estimates for
the IMF in UCDs, it has been concluded that the UCDs must haea extremely dense when
they formed. These extreme initial conditions may explaat tJCDs formed with an IMF that
deviates from the IMF in less extreme environments.

Regarding the origin of the UCDs, it has been argued in teeditire that they are created
by the interaction between gas-rich galaxies. Howeverfdhmation of dEs may have been
triggered by the same process, since it has been shown ith#ss that young galaxies that
form through the interaction between gas-rich galaxiessadled tidal dwarf galaxies (TDGS),
would evolve naturally into dEs as far as their masses andaconcerned.

Moreover, the rather low rates for the production of longgdl TDGs would already be
sufficient to account for the observed number of dEs. NeitherUCDs nor the dEs would
contain non-baryonic cold dark matter if they formed thriowgnlaxies encounters. This is
however in contradiction to the currently prevailing cosogical model, which predicts the
existence of primordial stellar systems that formed withéhoes of non-baryonic dark matter
in the same mass range. The results presented here thus tddgiowing body of evidence
that this cosmological model needs to be revised.






Preface

This thesis is structured as follows:

Chapter (1) gives an short introduction and an overview efttipics treated in chap-
ters (2) to (7).

Chapter (2) is based on Dabringhausen, Hilker & Kroudgarom star clusters to dwarf
galaxies: The properties of dynamically hot stellar sysen2008, MNRAS, 386, 864).
In this chapter, the scaling relations of pressure supgatielar systems are discussed,
with an emphasis on the mass-to-light ratios of ultra-corhgaarf galaxies (UCDs).

Chapter (3) is based on Dabringhausen, Baumgardt & Krdépap-heavy stellar initial
mass function in starbursts as an explanation for the higlss¥ta-light ratios of ultra-
compact dwarf galaxies”(2009, MNRAS, 394, 1529). In this chapter, it is quantified
how a top-heavy stellar initial mass function (IMF) coulg&in the mass-to-light ratios
of UCDs.

Chapter (4) is based on Dabringhausen, Fellhauer & Kroiydass loss and expansion
of ultra compact dwarf galaxies through gas expulsion aetlatevolution for top-heavy
stellar initial mass functions”(2010, MNRAS, 403, 1054). In this chapter, itis discussed
how a top-heavy IMF would affect the evolution and the sigbdf UCDs.

Chapter (5) is based on Dabringhausen, Kroupa, Pflamm-urgn& Mieske,”Low-
mass X-Ray Binaries Indicate a Top-heavy Stellar Initias8l&unction in Ultracompact
Dwarf Galaxies”, (2012, ApJ, 747, 72). In this chapter, the frequency of loass X-ray
binaries is used as an additional test for the hypothesitag-heavy IMF in UCDs.

Chapter (6) is based on Dabringhausen & Kroupayarf elliptical galaxies as ancient
tidal dwarf galaxies’, (2013, MNRAS, 429, 1858). In this chapter, itis discusseétier
the dwarf elliptical galaxies formed as primordial galaxge as tidal dwarf galaxies.

Chapter (7) is based on Section (3) in Kroupa, Famaey, de Babringhausen, Pawlowski,
Boily, Jerjen, Forbes, Hensler & Met4,ocal-Group tests of dark-matter concordance
cosmology. Towards a new paradigm for structure formatjq2010, A&A, 523, 32).

In this chapter, it is discussed whether the masses estif@at¢he satellite galaxies of
the Milky Way are consistent with them being a population ofprdial galaxies that
formed in haloes of cold dark matter.

Chapter (8) gives an outlook on possible future work.

Thus, chapters (2) to (6) are based on the first-author pagerge published during my
time a PhD-student and chapter (7) is based on my contribtia paper by Prof. Dr. Kroupa.
These parts of the thesis have been published already ireeef@stronomical journals. As
the changes in chapters (2) to (7) with respect to the origiablications have been kept to a
minimum, some parts in these chapters may be redundant.

Bonn, June 2013
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1.1. TYPES OF SPHEROIDAL STELLAR SYSTEMS 19

1.1 Types of spheroidal stellar systems

Many extra-Galactic stellar systems are not disk-shapeidregular, but spheroidal. Their
common morphology despite very different extensions ansisesreflects a common physical
property of these systems, namely that random motions of stantribute at least as much to
the total internal kinetic energy of the stellar system atemed motions of stars. In an analogy
to microscopic systems, where heat and pressure are pheadimiked to random motions of
atoms and molecules, these stellar system are referrechtodgally hot or pressure-supported
(as opposed to rotationally supported).

A closer inspection reveals that pressure-supportedssistems can be distinguished into
several subgroups, even though some of these distinctiagonly exist for historical reasons
instead of physical reasons:

e normal elliptical galaxies (nEs). The nEs have stellar populations with total masses
M, > 10'° M, and effective half-light radii. > 10® pc. In a 3-dimensional parameter
space defined by the effective half-light radius, the effecsurface brightness and the
central velocity dispersion, the normal elliptical gakscare aligned along a plane. This
plane is known as the fundamental plane (Bender et al. 1992edarences therein).

e dwarf elliptical galaxies (dEs). The dEs have stellar populations with total masses
10 My, < M, < 10 Mg, and effective half-light radii of the order af® pc. The dEs
do not lie along the fundamental plane defined by the nEs. mbissates to consider dEs
a population of their own, even though there is a transitietmien nEs and dEs at a total
stellar mass of\/, ~ 10'° M., where the objects cannot be classified unambiguously.

o dwarf spheroidal galaxies (dSphs)The dSphs have stellar populations with total masses
103 My < M < 108 M, and effective half-light radii of the order daf?> pc. The mass-
to-light ratios of the dSphs are usually much higher thamtlags-to-light ratios of dEs,
when the mass of the stellar systems is estimated from thteimial dynamics under the
assumptions of virial equilibrium and Newtonian dynami€@ther than this, the dSphs
appear to be the low-mass extension of the population ohadrdEs (see Ferguson &
Binggeli 1994), so that a distinction between dSphs and d&ddwnly have historical
reasons.

The high mass-to-light ratios derived for dSphs under tiseaptions of virial equilib-
rium and Newtonian dynamics have often lead to the conatusiat the dSphs mostly
consist of non-baryonic dark matter (e.g. Mateo 1998 andf \&tohl. 2010) and have
formed as primordial galaxies in the early Universe. Therdeawever also evidence that
the dEs and the dSphs are not primordial galaxies, but gaakiat have been created
by tidal interactions between gas-rich galaxies (Kroupet Bl. 2010; Kroupa 2012), and
as such they would not contain significant amounts of nogédrac dark matter (Barnes
& Hernquist 1992b; Bournaud 2010). This matter is discussegteater detail in Sec-
tion 1.9 and Chapter 6.

e globular clusters (GCs).The GCs have stellar populations with total masigsM, <
M < 10° M, and effective half-light radii of a few pc. Thus, the GCs arecim more
compact than the afore mentioned galaxies and can therslly ba distinguished from
them (see Gilmore et al. 2007, Section 1.8 and Chapter 6).
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e ultra compact dwarf galaxies (UCDs). The UCDs have stellar populations with total
massed0® M, < M < 108 Mg, and effective half-light radii 10 pg 7. 100 pc. With
these parameters, UCDs are easy to detect in the local Weiveut difficult to observe
in detail. Already at the distance of neighboring galaxystdus, UCDs are only distin-
guishable from point sources if they are observed with tist deailable telescopes under
excellent seeing conditions. Obtaining a detailed spatwiia single UCD at that dis-
tance requires hours of observing time. In this respect, §/@i2 similar to GCs, for
which it is known since a long time that they also accomparsgogas beyond the Local
group of galaxies. However, since observers did not exmetihtl objects with exten-
sions similar to those of GCs but luminosities like the orfesks, the UCDs in the local
Universe have been interpreted as faint stars in the Milky,Waas bright and distant
background galaxies. The true nature of these UCDs has eely biscovered quite re-
cently in surveys of the stellar systems in the Fornax gatduster by Hilker et al. (1999)
and by Drinkwater et al. (2000). In contrast to earlier stsdthese authors did not pre-
select stellar systems as possible members of the Fornstechy their brightness and
their structure, but estimated the distance of every obygtin their field of view from
its red shift. They thereby established that the UCDs in fiedd of view are actually
members of the Fornax cluster and concluded that they mustetlar systems that are
unusually compact for their brightness. Since then, UCD& lzdso been discovered in
other galaxy clusters.

The origin of UCDs is still a matter of debate. As they are gsimmilar to GCs in many
respects, they have been suggested to be extremely brighfME€ske et al. 2002, 2012).
This is consistent with the finding that their numbers are é@mpared to typical GCs
with luminositiesL. < 10° L., and that most UCDs have been detected near galaxies
with particularly rich GC systems, i.e. the nEs in neighbgrgalaxy clusters. However,
the UCDs have also been suggested to be stellar systemsohatefrom the merger of
several GC-like stellar systems (Fellhauer & Kroupa 200Baked on the observation of
systems of groups of young and bright star clusters in the#mde galaxies, the existence
of objects that would qualify as UCDs was already predictgdKroupa 1998). Yet
another model for the formation of UCDs that has been fouraktoonsistent with the
observational data is that the UCDs are the nuclei of nustedtvarf galaxies whose
outer parts have been stripped by tidal fields as they movedigh the potential of a
major galaxy (Bekki et al. 2003). Finally, the UCDs have bpesposed to be primordial
stellar systems within haloes of non-baryonic dark maemkwater et al. 2004). On
first sight, this last hypothesis explains why the typicabsito-light ratios derived from
the internal dynamics of the UCDs are clearly higher thars¢hestimated for typical
GCs with the same method. However, on second sight, a diiferbetween the stellar
populations that formed in UCDs and the stellar populatitias formed in GCs seems
to the the more promising explanation for the differencevieen the mass-to-light ratios
estimated from the internal dynamics of these stellar systas is discussed in this thesis
(see Section 1.7 and Chapter 5 in particular).

In this thesis, the emphasis lies on how the stellar popratof UCDs would influence
observed properties, and to a lesser extent on the natureraid of UCDs as well as dEs.
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1.2 The stellar initial mass function

Besides the age, the star formation history and the matgllibe properties of a stellar system
are determined by the mass spectrum of its stellar populalibis is because the properties of
stars strongly depend on their mass.

The mass spectrum of stars in a stellar system is quantififieqyresent-day mass function
(PDMF),

dN = =Z(m) dm, (1.1)

wheredN is the number of stars in the mass interlval m + dm|. However, stars loose mass
during their lifetime and eventually cease to exist. Tharefthe PDMF is different from the
mass spectrum of newly born stars, which is quantified bytiasinitial mass function (IMF),

dN = &(m) dm, (1.2)

wheredN is the number of newly born stars in the mass intepwvaln + dm].

Note that the IMF of a stellar system cannot be observed,shaittheoretical function that
is derived from the observed PDMF (the 'IMF unmeasurabtliggorem’, Kroupa et al. 2011).
This is because a stellar system is composed of stars witdrealit (even though possibly very
similar) ages. Moreover, the time of birth of a star is a somevproblematic concept, since a
gas cloud evolves continuously into a main-sequence dtarould however be natural if the
shape of the IMF is influenced by the conditions under whiel &trmation takes place. For
this reason, determining the IMF from the PDMF is worth tHerf

The most direct way to determine the PDMF of a stellar systeto estimate the masses of
the individual stars in the stellar system. This can be dgnedmparing the observed photo-
metric or spectroscopic properties with stellar modelaldb the ages of the stars are estimated,
the stellar models can be used to determine the IMF of thiastlstem.

Determining the IMF from star counts is however tedious warkl at the present even
impossible for stellar systems beyond the Local group odxgas, if low-mass stars (i.e. stars
with massesn < 1 My) are to be included. This is because low-mass stars are daht
therefore difficult to resolve in observations. Stellarteyss with old stellar populations only
contain stars with masses < 1 M. Thus, the PDMFs and thereby the IMFs of old stellar
systems beyond the Local Group can only be estimated byghethat is emitted by its stellar
population as a whole, so that these estimates of the IMFRasinerrspeculative and uncertain.

In practice, the probable shape of the IMF of old and distteiles systems is often consid-
ered as given, so that other parameters that characteeztdhar population (e.g. its metallic-
ity, its age or its total mass) can be estimated based onghisdimitted by the stellar population.
This may seem surprising, since a variation of the IMF withahconditions is expected in the-
ory (see e.g. Larson 1998 for a variation of the IMF with ambiemperature and Murray &
Lin 1996 for a variation of the IMF with density). The assuioptof a universal IMF for all
star-forming systems can however be justified with the xesbstellar populations of the Milky
Way, which are consistent with having formed with an invatidF (Kroupa 2001, 2002).

This universal IMF is commonly referred to as the canonib#t.lit can be formulated as

E(m) =kk;m™, (1.3)
with
m
=1.3 0.07 < — < 0.5
051 ’ = M@ < )
m
Qg = 23, 0.5 S M— < Mmax;

©
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wherem is the initial stellar mass in units of ., the factork; ensures that the IMF is continuous
where the power changes ahds a normalization constan{(m) equals 0 ifm < 0.07 Mg, or
m > mpa (Kroupa 2001; Kroupa et al. 2011). The upper mass limit ofIME, m,,.., iS a
function of the total mass of stars formed in a given stamiag event.

An alternative formulation of the canonical IMF is

2
lo ) —log,(0.055)
Mﬁexp [_% ( g1o<M®2).75 210 ) ] 0.07 < % <1,
E(m) =k (1.4)
m_ —2.3 m
A <% ) 1 S m < Mmax,

wherem is the initial stellar mass in units &, the factorA ensures that the IMF is continuous
andk is a normalization constant. As in equation (1.8)n) equals 0 ifm < 0.07 M, or
m > Mmmax, aNdmy., 1S @ function of the total mass of stars formed in a given f&taning
event.

Both formulations of the canonical IMF are shown in Figurg. 1IThey are equivalent for
practical purposes, since the uncertainties to the caabihilf= are much larger than the differ-
ence between equations (1.3) and (1.4).

However, while the IMF appears to be universal in resolvetisstsystems, observational
evidence for the contrary has emerged from unresolvedstabpulations in elliptical galaxies
over the past years (see, e.g. Baugh et al. 2005; Nagashiata2&105; van Dokkum 2008;
van Dokkum & Conroy 2010; Cappellari M. et al. 2012). Showthgt the assumption of a
universal IMF is also dubious for UCDs is a central part oftthiesis. For a comprehensive
overview on the IMF including its possible variation, se@Hpa et al. (2011).

1.3 The mass-to-light ratios of stellar systems

Mass-to-light ratios are a useful indicator for the composiof stellar systems. In this thesis,
two different methods to estimate the mass-to-light ratib&JCDs are considered, and the
results are compared to each other.

e The first method to estimate the mass-to-light ratio of a USMased on models for
single-age and single-metallicity stellar populatiorst tormed with a given IMF. Sets
of such so-called simple stellar population models (SSEeats) are provided in the liter-
ature (e.g. Bruzual & Charlot 2003; Maraston 2005). The §fidels appropriate for an
observed UCD can be confined by using photometrical or spsmipical data on the ob-
served UCD. The estimates of the mass-to-light ratios of ®@tained by this method
are calledstellar masses-to-light ratiosin the following.

e The second method to estimate the mass-to-light ratio of B based on the den-
sity profile of a given UCD and its internal velocity dispensi This method relies on
the fact that the internal velocity dispersion of a virialis undisturbed stellar system is
determined by its gravitational potential and thus on italtmass and this mass is dis-
tributed over space according to the given density profilg dBiding such an estimate
for the mass of a UCD by its luminosity, an estimate for its saslight ratio is obtained.
The estimates for the mass-to-light ratio of a UCD obtainét this method are called
dynamical mass-to-light ratiosin the following.
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Figure 1.1: A comparison of the canonical IMF formulated with two pova functions joined
together atn = 0.5 M, (red solid line, equation 1.3) and formulated with a logmal function and a
power-law function joined together at = 1 M, (blue dotted line, equation 1.4). Plotted is the number
of stars per mass interval versus the stellar mass. The IMFscamalized such th{;fl‘gg m&(m)dm =

1 Mg, wherem is the mass in solar units. The two IMF forms are practicaligistinguishable over
the whole mass interval. Above a mass dflZ, the two IMFs are in fact identical except for a slightly

different normalization factor (see Dabringhausen et@08 Kroupa et al. 2011).

If the assumptions on the stellar population of the UCD areecd and the UCD does not
contain significant amounts of gas or dark matter, the estiobthe stellar mass of the UCD
should be consistent with the estimate of its dynamical md$se comparison between the
estimates for the mass-to-light ratios is therefore a meatest the assumption that have been
made in the estimates.

Note that the data needed to estimate dynamical mass of a §@ifficult to obtain. Ex-
cellent seeing is already required in order to spatiallplkessa UCD in a neighboring galaxy
cluster, so that a density profile can be fitted to it. Gettirgpactrum that is good enough to
estimate the internal velocity dispersion of a single UCEhat distance requires hours of ob-
servation time with a large telescope. Thus, there are dyieb0 UCDs, for which estimates
of their dynamical mass are available. They are listed inskieet al. (2008).

1.4 The Dynamical Masses of UCDs

(— Chapters 2 and 3)

In this thesis, the dynamical mass-to-light ratios of theDddisted in Mieske et al. (2008)
are compared to estimates for their stellar mass-to-lafids. The SSP-models used for the es-
timates of the stellar mass-to-light ratios of the UCDs waresen such that they are consistent
with estimates of the metallicity of the UCDs and with the afjthe Universe according to the
prevailing cosmological model. With the additional asstioipthat the stellar populations of
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the UCDs formed with the canonical IMF, the estimates of theagnical mass-to-light ratios
are higher than the estimates for the stellar mass-to4lalus for a majority of the considered
UCDs.

This discrepancy between the estimates of the stellar toaéght ratios and the estimates
of the dynamical mass-to-light ratios of the UCDs could @itimdicate that the UCDs contain
additional non-luminous matter or that their stellar p@pioins did not form with the canonical
IMF. It is unlikely that UCDs contain much gas, since this lsoanot the case for old stellar
systems like elliptical galaxies or GCs, which are simi@itCDs in many respects. It is also
unlikely that that UCDs contain a significant amount of n@mjonic dark matter, since the
UCDs are very compact, and non-baryonic dark matter is égdeio contribute to the total
mass of a stellar system only on much larger scales (Murr@p20A non-canonical IMF in
UCDs thereby becomes the most promising explanation far bigh dynamical mass-to-light
ratios.

1.5 Atop-heavy IMF in UCDs

(— Chapter 3)

For an old stellar population with a given luminosity, a givege and given metallicity,
there are two ways by which a variation of the IMF would malkeaittual mass-to-light ratio
larger compared to the mass-to-light ratio expected foelastpopulation that formed with the
canonical IMF.

e The first way is an IMF that is compared to the canonical IMFralseandant with low-
mass stars. Such an IMF is calledttom-heavy. The high mass-to-light ratio of a
stellar population with a bottom-heavy IMF is due to the e&angimber of low-mass main-
sequence stars, which have a high mass-to-light ratio. ®sbweheavy IMF in UCDs and
its possible detection through observations is discuss&tieske & Kroupa (2008).

e The second way is an IMF that is compared to the canonical IM&abundant with
high-mass stars. Such an IMF is calleg-heavy. The high mass-to-light ratio of an old
stellar population that formed with a top-heavy IMF is duette large number of white
dwarfs, neutron stars and black holes. These objects ameitm@ants of evolved high-
mass stars and have an extremely high mass-to-light rattopAeavy IMF in UCDs is
discussed in this thesis.

In order to quantify how top-heavy the IMF has to be in ordeexplain their dynamical
mass-to-light ratios, a varying IMF is formulated as

&(m) = kkym™, (1.5)
with
m
=13 0.1 < —<0.5
aq ) = M@ < )
m
Qg — 23, 0.5 S M— < 10,

Qa3 € R, 1.0 < < Mpax,

O]
m
Mg
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wherem is the initial stellar mass idl, the factors:; ensure that the IMF is continuous where
the power changes aridis a normalization constant aridm) equals 0 ifm < 0.1 Mg or

m > Mmuya. 1he number of stars more massive thakl,, depends on the free parametex.
Note that fora; = 2.3, equation (1.5) equals equation (1.3), i.e. the canonM&l |

Thus, the lower limit for stellar masses in equation 1.5 ss&m to be slightly higher than in
equations (1.3) and (1.4), according to which the lowertlfori stellar masses is = 0.07 M.
The reason for assuming = 0.1 M, instead ofm = 0.07 M, as a lower limit for the stellar
masses in equation (1.5) is that this lower limit for steffasses is consistent with the SSP-
models by Bruzual & Charlot (2003) and Maraston (2005), orctvkhe modeling of the mass-
to-light ratios of the UCDs is based. In stellar systems agelas the UCD3Sn,,..« IS Set by the
upper mass limit for stars, i.@2,,., ~ 150 M.

In stellar populations as old as the ones in UCDs, the massare have all evolved into
dark stellar remnants. Thus, if the UCDs are assumed to ltaweetl with the variable IMF
that is formulated abovey; < 2.3 (i.e. a top-heavy IMF) implies that their stellar massitgt
ratios are higher than it would be expected for the canofidgl

If the dynamical mass-to-light ratio of a given UCD is abovewer limit that corresponds
to a3 = oo (which implies that no stars with masses> 1 M, are born), the stellar mass-to-
light ratio of this UCD equals its dynamical mass-to-ligatio for a certain value forvs. At
this value foras, the dynamical mass-to-light ratio of the UCD can be fullplaxned with its
stellar population.

Note that the value fati; where the stellar mass-to-light ratio equals the dynannnzeds-to-
light ratio of a given UCD is influenced by assumptions thatmade on the age of the UCDs
and the fraction of stellar remnants that are not expelledwéver, also very conservative
assumptions (i.e. all UCDs are 13 Gyr old and all stellar remt& are retained by them) imply
as < 2, 1.e. an IMF that is clearly flatter than the canonical IME (= 2.3). More realistic
assumptions (i.e. some UCDs younger than 13 Gyr old and nmahgrgemnants are expelled
from them) suggest < a3 < 2.

1.6 Stability of UCDs with a top-heavy IMF
(— Chapter 4)
There are two mechanisms by which a young UCD probably losss @s it evolves:

1. Short-lived massive stars end their evolution with a supeéa explosion, in which most
of the matter previously bound to the star is acceleratectlocities much higher than
the escape velocity from the UCD.

2. Gas that has not been used up in star formation can be dnixteri of the UCDs through
the energy input from the massive stars through radiatiorsapernova explosions.

If the UCDs formed with IMFs that are as top-heavy as suggdestesection (1.5), they
might thereby loose more than 90 per cent of their initial snaihin somel(0® years. Such a
mass-loss might even destroy a forming UCD, since a stelkiesm completely dissolves if it
looses most of its initial mass on a short enough time-s@&uéy & Kroupa 2003).

It is therefore investigated in this thesis which initiahditions would lead to objects that
would be identified as UCDs today when the initial mass-lsssken into account. For this
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reason, the influence of the initial mass-loss on stellaesys with different initial conditions
is calculated numerically with SUPERBOX. The results ssggeat UCDs formed with ini-
tial densities up td0® M, pc—3, while stellar systems recently formed in the Milky Way are
characterized by initial densities beldW® M., pc—3.

At densities of10% Mg, pc—3, collisions between protostars become common (Bonnell &
Bate 2002), This process would distinguish star formatrotJCDs from star formation in
less massive stellar systems and may alter the shape ofefler shass function. The notion
of a top-heavy IMF in UCDs and the notion of extremely highialidensities in UCDs are
therefore consistent with each other. The resolved stptipulations in the Milky Way from
which Kroupa (2001) argued the universality of the IMF mayénformed under conditions that
were not extreme enough to cause a variation of the IMF.

1.7 Probing the IMF in UCDs with LMXBs
(— Chapter 5)

A massive star ends its evolution by becoming a neutron Bt&) 6r a black hole (BH).
If such a NS or BH belongs to a tight binary system where theratbmponent is a evolving
star, it can accrete gas from the expanding atmosphere aublging star. The NS or the
BH thereby becomes a bright X-ray source, since the gas iedheg as it is accreted. As a
consequence, such binaries can be detected with X-ragoges.

In a GC or a UCD, the evolving companion star from which a NS @thcan accrete
matter must be a low-mass star, since in old stellar systia$ICs and UCDs all other stars
have already completed their evolution. Such X-ray engtéipstems consisting of an evolving
low-mass star and the remnant of a massive star are callethksg X-ray binaries (LMXBS).

The number of LMXBs that are present a any given time dependber formation rate
and their depletion rate. The lifetime of a LMXB is a faw® years, which corresponds to the
duration of the giant phase ofle8 M, -star. The rate at which binaries that eventually become
LMXBs are formed in a GC or a UCD depends on the encounteftatéhich is a function of
the number density of NSs and BHs, the number density of l@ssstars, the radius of the
GC or the UCD and the mass of the GC or the UCD. The averagesadliGCs and UCDs
as a function of their mass can be estimated from observegvand the number density of
low-mass stars and the number density of NSs and BHs can bdatald for a given IMFI'
can therefore be used to test assumptions on the IMF in UCDs.

If the IMF is assumed to be canonical in all GCs and UCDs andainee fraction of stellar
remnants is retained by all GCs and UCDsnd thus the fraction of GCs and UCDs that have
a LMXB is expected to increase with mass for GCs and to deer@#@h mass for UCDs. This
is however in strong contradiction with the observationblighed by Sivakoff et al. (2007),
according to which the frequency of LMXBs increases with snast only for GCs, but also
for UCDs. The discrepancy between the observed LMXB-fraquén UCDs and the expected
LMXB-frequency under the assumption of the canonical IMR ba explained with a varying
IMF that becomes increasingly top-heavy with the mass ofuli®s. This varying IMF is
consistent with the varying IMF that was independently\datifrom the mass-to-light ratios of
the UCDs. This agreement is illustrated in Figure (1.2).



1.8. UCDS AND OTHER PRESSURE-SUPPORTED STELLAR SYSTEMS 27

2.4 | T T T T T T LI |

canonical IMF

2.2

1.8

1.4

1.2

—_— LMXBs
I- lllllllll M/I_I'ratlosl

1 2 4 6
Ly [10°L,]

a3
=
(e)]
L L L I L L L I L L L I L L L I L L L I L L L I L L L I L

0.8

[EEN
o

Figure 1.2: The IMF in UCDs. Plotted is the high-mass IMF index;, as a function of the V-band
luminosity of the UCDs,Ly,, which serves as an indicator for the mass of the UCDs. Tlid Boé
shows the best estimate for the high-mass index of the IMAghaquired to increase the dark remnant
content in UCDs such that the observed LMXB-frequency ischied. The grey shaded area quantifies
the likely 3¢ uncertainty on this estimate (see Chapter 5). The horiktonig dashed line marks the
canoncial IMF withas = 2.3. The dotted line shows the independently calculated higesntMF index
obtained from the observed mass-to-light ratios of UCDs (Seapter 3).

1.8 Therelation between UCDs and other pressure-supported
stellar systems

(— Chapters 2 and 6)

A much debated issue is the origin and nature of UCDs (e.g.edffaset al. 2005). For
insights on this matter, it is useful not only to study themtl properties of UCDs, but also to
look at the similarities and the differences between UCDs@her pressure-supported stellar
systems. The quantities considered for this purpose ateartiaosities, the half-light radii and
the dynamical masses of the stellar systems, as well as@uiphysical quantities that can
be derived from these parameters.

1.8.1 Half-light radii against luminosity

By displaying the half-light radii of old dynamically hotedlar systems against their mass or
luminosity, the following can be seen:

e Nearly all objects belong to one out of two mass-radius secee The first sequence
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comprises the nEs, the dEs and the dSphs. The second segoemmeses the GCs and
the UCDs. Whether a given stellar system is a galaxy or a ktsier can be distinguished
by noting to which one of these sequences it belongs.

The mass-radius sequence of galaxies is flatter below a Mass 10!° M, than it is
above this mass limit. This marks the transition between attsnEs. The changing
slope of the mass-radius sequence suggests that eitheEshare of a different origin
than the nEs, or that the dEs have the same origin as the nitesydved differently. It is
argued in this thesis that the nEs are primordial galaxigkewlie dEs are created through
the interactions between primordial galaxies, i.e. dEsrdfslhave different origins.

The mass-radius sequence of star clusters is flat below a Mass 10 M., but not
above this mass limit. This marks the transition from GCs @Dd. The changing slope
suggests that either the GCs are of a different origin thats@Ds, or that the GCs have
the same origin as the UCDs, but evolved differently. Preegshat might be relevant
in UCDs but not in GCs are collisions between proto-stare @ennell & Bate 2002)
and the capture of radiation within the gas cloud that wagtbgenitor of a UCD (see
Murray 2009). Both processes have been suggested as the foauwstop-heavy IMF,
with which the UCDs may have formed according to this theBsere would then be no
fundamental difference between GCs and UCDs, except fardifeerent evolution due
to their different masses.

The UCDs and the nEs lie along a single straight line in madgis parameter space.
This may indicate that they are shaped by a common physioakps, despite the fact
that UCDs and nEs are separated by a gap in mass comprisinydecs of magnitude.
Murray (2009) suggested that the UCDs formed by the monolibilapse of a gas cloud.
If this notion is correct, formation by the monolithic cgilse of a gas cloud could be the
process that the UCDs and the nEs have in common.

1.8.2 Dynamical mass-to-light ratios against luminosity

By displaying the dynamical mass-to-light ratios of dyneatly hot stellar systems against their
luminosity, the following can be seen:

e The central dynamical mass-to-light ratios of nEs are inescases slightly higher than

what could be explained by a pure stellar population with daeonical IMF. This is
either interpreted as dark matter in nEs (Tortora et al. 200@s a varying IMF in nEs
(Cappellari M. et al. 2012).

The dynamical mass-to-light ratios of some dSphs are exdeimngh. This has been
interpreted as dark matter in dSphs (e.g. Strigari et al820&s an indicator for non-
Newtonian dynamics in dSphs (e.g. Gentile et al. 2007; MgfBau Wolf 2010), or as
an indication for that the dSphs are not in virial equililonige.g. Casas et al. 2012). Note
that the interpretation of the high dynamical mass-totlighios of dSphs as a presence of
dark matter is problematical, since there is significardence that dSphs are dark-matter
free galaxies that formed through the collision of otherageds (e.g. Kroupa P. et al.
2010).
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e The dynamical mass-to-light ratios of UCDs are somewhat fystiematically higher
than would be expected if the UCDs were pure stellar popriatthat formed with the
canonical IMF. It is shown in this thesis that a promisinglargtion for this finding is
that the IMF in UCDs was top-heavy (see Chapters 3, 4 and 5).

e The dynamical mass-to-light ratios of GCs are much lowen thauld be expected if the
GCs were pure stellar populations that formed with the caabiMF and were subject
only to stellar evolution. A possible explanation for thisding is that the GCs formed
mass-segregated and lost many faint low-mass stars at tlartsiof the GCs during gas
expulsion (Marks et al. 2008, 2012).

1.8.3 Relaxation times

The median relaxation time of a stellar system measuresrtteedt which the motions of the
stars in a stellar system have randomized completely duedoumters with other stars in the
stellar system. It is shown to be

_ 024 M
- log(M/M) G

ten (1.6)
where M is the mass of the stellar system in unitshéf,, r. is its projected half-light radius
in units of pc and = 0.0045 pc® M' Myr~? is the gravitational constant. If a stellar system
is much older thart,,, it has evolved dynamically. This means that the stellatesyshas
completed a significant part of its lifetime until its evobrt driven by encounters between its
stars lead to the dissolution of the stellar system.

If the t,;,, UCDs and GCs are compared to the age of the universe, it tutrtbatt,;, < 74
for GCs and,;,, > 74 for UCDs. Thus, taking,,, > 4 as the criterion that defines a galaxy (cf.
Kroupa 2012), UCDs would be galaxies, while their locationmass-radius parameter space
suggests that they are star-clusters (cf. Section 1.8.1).

1.9 Tidal dwarf galaxies as progenitors of dE and dSph galax-
ies

(— Chapter 6)

According to the currently prevailing cosmological modi#le main contributions to the
total energy content of the Universe are dark energyand cold dark matter (CDM). For this
reason this cosmological model is called th€DM-model.

A prediction by theACDM-model is that two kinds of dwarf galaxies should existhe
Universe, namely primordial dwarf galaxies (PDGs) thatrfed within haloes of cold dark
matter (CDM) and tidal dwarf galaxies (TDGs) that are crédtginteractions between existing
galaxies (Weilbacher et al. 2000; Bournaud & Duc 2006; Keo&pet al. 2010). This finding
has been termed the 'dual dwarf theorem’ by Kroupa (2012).

The PDGs are often identified with the dEs and the dSphs, #iecmasses derived for dEs
and dSphs are in the expected range and the stellar pomdaifdhe dEs and the dSphs are
old. Moreover, assuming that dSphs are in virial equilibriand Newtonian dynamics is valid
in them, the motions of the stars in dSphs can usually onlyxipdaaed with dark matter in
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dSphs. The TDGs can be identified with young stellar systératshtave been observed near
galaxies that show traces of a recent interaction. ThusrgBons seem consistent with the
'dual dwarf theorem’ on first sight.

However, between one and two TDGs that survive on a timeesifdl)® years are created
per encounter between gas-rich galaxies according to Bowdr& Duc (2006). This raises the
guestion what the young TDG-candidates observed neaiastieg galaxies would look like
after somel(? years.

It has been shown in this thesis that the young TDG-candidabelld naturally evolve onto
the mass-radius sequence constituted by the dEs. ThusDias Would become indistinguish-
able from dEs as far as their masses and their radii are coed@s soon as the TDGs reach
ages that are typical for dEs. It has moreover been shown by &k & Taniguchi (2000) that
already a rather low production rate of 1-2 long-lived TDG&s galaxy encounter would be
sufficient to account for all dEs in the Universe. Thus, the d&n be interpreted as old TDGs.
This would also explain the anisotropic distribution thaseen found for the dSphs (i.e. low-
mass dEs) that accompany the Milky Way (Metz et al. 2009; Baski et al. 2012b) and the
Andromeda galaxy (lbata et al. 2013) .

It is however known that TDGs cannot contain significant antewf dark matter, even if
their progenitor galaxies did (Barnes & Hernquist 1992buBaud 2010). As a consequence,
an additional population of PDGs that formed within CDMes8 is expected to be located in a
different region in mass-radius parameter space. Thisdause PDGs and TDGs are expected
to evolve differently, if PDGs contain an additional matt@mponent that would, due to its
different nature, not behave like baryonic matter.

As far as their location in mass-radius parameter spaceisetoed, the GCs and the UCDs
seem to be good candidates for the PDGs, if the dEs are the .TOGs slightly elevated
mass-to-light ratios of the UCDs are however probably dua targe population of stellar
remnants, and not an indicator for CDM-halos around UCDs (leapters 3, and 5). Moreover,
complexes of star clusters as they are observed in intagagtlaxies can evolve into UCDs
(Fellhauer & Kroupa 2002a) and like any stellar system dltatigin, such UCDs would not
have their own CDM-halos.

It may seem surprising that the formation of stellar systdrasappear to be as different as
dEs and UCDs could have been triggered by the same processlynide interaction between
gas-rich galaxies. This notion is however indeed consistéh the numerical calculations by
Bournaud et al. (2008), even though it is not understood wkattly would lead to the forma-
tion of two distinct kinds of stellar systems from the maggpelled through the interaction of
galaxies.

However, if both dEs and UCDs are stellar systems that fortihexigh tidal interactions,
there are no candidates for PDGs that formed within CDM-halbhis contradicts the 'dual
dwarf theorem’ that follows from tha CDM-model. Thus, if the above interpretation of the
nature of dEs and UCDs is correct, th€ DM model needs to be revised significantly, or to be
replaced with a new model.
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1.10 The satellite galaxies of the Milky Way as CDM-domi-
nated objects

(— Chapter 7)

One of the predictions of theCDM-model is the existence of many subhaloes within larger
CDM-haloes. The mass-function of the subhaloes is wellttamed within theACDM-model,
so that the expected number of subhaloes within the hypo#h€@DM-halo of the Milky Way
can be calculated. This number is however much higher thamdimber of dwarf galaxies
that accompany the Milky Way (Moore et al. 1999; Klypin et 8999), which implies that
most sub-haloes of the CDM-halo of the Milky cannot containszble galaxy if theACDM-
model is correct. For this reason, models for the removalanydns from CDM-haloes have
been developed. Based on such models, a mass function fordusd\CDM-subhaloes can be
estimated, which quantifies the mass function of galaxiesraing to theACDM-model.

In this thesis, the mass function for luminous CDM-subhglitat is expected for a galaxy
like the Milky Way according to Li et al. (2010) is comparedthe mass function of satellite
galaxies of the Milky Way. Note that the masses of the sé&defjalaxies of the Milky were
computed under the assumptions that the galaxies are &l gguilibrium and that Newtonian
dynamics is valid in them.

However, if the masses estimated for the satellite galaxi¢be Milky Way are correct,
they are not consistent with having been drawn from the massibn of luminous sub-haloes
by Li et al. (2010). Given the evidence for the low-mass $iteejalaxies of the Milky Way
being ancient TDGs instead of PDGs, this inconsistencytismexpected. A complete absence
of PDGs around the Milky Way is however inconsistent with A#@DM-model, which implies
that this model needs to be revised significantly, or to bkaoegl with a new model.
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Chapter 2

From star clusters to dwarf galaxies: The
properties of dynamically hot stellar
systems

J. Dabringhausen, M. Hilker, P. Kroupa, 2008\RAS, 386, 864
Abstract:

Objects with radii ofl0 pc to 100 pc and masses in the range frad® M, to 108 M., have been
discovered during the past decade. These so-called ultnpaxt dwarf galaxies (UCDs) constitute a
transition between classical star clusters and elliptigdhxies in terms of radii, relaxation times and
V-band mass-to-light ratios. Using new data, the increasgpafal radii with mass for compact objects
more massive tham0® M. can be confirmed. There is a continuous transition to thec&ypimass-
independent radii of globular clusters (GCs). It can be tated from the different relations between
mass and radius of GCs and UCDs that at least their evolutigt have proceeded differently, while the
continuous transition could indicate a common formatiognseio. The strong increase of the charac-
teristic radii also implies a strong increase of the medrem-body relaxation timet,.;, which becomes
longer than a Hubble timey, in the mass interval betwed®® M, and10” M,. This is also the mass
interval where the highest stellar densities are reachdtk rilass-to-light ratios of UCDs are clearly
higher than the ones of GCs, and the departure from masghioratios typical for GCs happens again
at a mass ofv 10° M.,. Dwarf spheroidal galaxies turn out to be total outliers paned to all other
dynamically hot stellar systems regarding their dynamigas-to-light ratios. Stellar population mod-
els were consulted in order to compare the mass-to-liglitsraf the UCDs with theoretical predictions
for dynamically unevolved simple stellar populations (SEMhich are probably a good approximation
to the actual stellar populations in the UCDs. The SSP mastsallow to account for the effects of
metallicity on the mass-to-light ratio. It is found that tb€Ds, if taken as a sample, have a tendency
to higher mass-to-light ratios than it would be expectednftbe SSP models assuming that the initial
stellar mass function in the UCDs is the same as in resohadiduspopulations. This can be interpreted
in several ways: As a failure of state-of-the-art stellasletion and stellar population modelling, as a
presence of dark matter in UCDs or as stellar populationshwviirmed with initial stellar mass func-
tions different to the canonical one for resolved populaioBut it is noteworthy that evidence for dark
matter emerges only in systems with > 7.
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2.1 Introduction

Star clusters can be defined as stellar population with aanddio-body relaxation timée,,,,
shorter than a Hubble timey, while galaxies would have,, > m (Kroupa 1998). The
dynamical evolution of the former is well described by pureatbnian dynamics, while for
the successful representation of the latter either a sogmfiamount of dark matter (DM) is
required for Newtonian gravity to remain valid, or modifiechgty needs to be invoked. By
moving from two-body relaxation dominated systems to subbre two-body relaxation plays
no role, we thus observe the appearance of fundamentallyphgsgics. A transition class of
objects between classical star clusters and galaxies neayishkights to the possible nature of
the deviant dynamics apparent on galaxy scales.

It has been almost 10 years since Hilker et al. (1999) anddarter et al. (2000) discovered
these transition objects in the Fornax galaxy cluster. \dpparent’-band magnitudes of
< 19.5mag at that distance, they can in principle be detected withdfitalty. However, they
cannot be discriminated from point sources with groundetiaslescopes, except with the ones
with the highest currently available resolutions. Becanfdhis combination of small extension
and high brightness they were usually thought to be foregtaiars. Only a radial velocity
survey ofall objects with a certain brightness in an area around thealagalaxy of the Fornax
cluster was able to reveal their membership to that galaxstet. Phillipps et al. (2001) were
the first ones to call them ultra compact dwarf galaxies (UGCB$erm which is widely in use
for this type of objects at the present. Drinkwater et alO@0reported that these objects are
not only distinct from the globular clusters in the Milky WaMWGCs) by their higherl/-
band (/) luminosity, but also by their larger radii and higher dyneahl -band mass-to-light
(M/Ly) ratios. At the same time, there is no gap in luminosity betwglobular clusters (GCs)
and UCDs (Mieske et al. 2002, 2004). Hasegan et al. (20G&pdered in the Virgo cluster
massive compact star clusters with similar properties tileeones in the Fornax cluster, but
called them dwarf-globular transition objects (DGTOs)kd.Drinkwater et al. (2003), they
state that the dynamical// L ratios of some of the objects they discovered are significant
higher than the ones of the MWGCs. Mieske et al. (2006a) calecl from the H indices of
UCDs in the Fornax cluster that they are most likely of intedmate age, while Evstigneeva
et al. (2007) found the Hindices of UCDs in the Virgo cluster most consistent with afges.
Their stellar population has evolved passively for a longetin any case, which makes UCDs
similar to most GCs and elliptical galaxies in this respect.

Several formation scenarios that account for the physicgigrties of the UCDs have been
proposed:

1. UCDs are the mergers of many massive young clusters ttmaétbin a star burst triggered
by a galaxy-galaxy encounter (e.g. like in the Antennae}est 10 Gyr of dynamical
(and stellar) evolution, such an object would resemble a YKiupa 1998; Fellhauer
& Kroupa 2002a).

2. UCDs are the most luminous GCs (Mieske et al. 2002).

3. UCDs are the central parts of nucleated galaxies that disrapted by tidal forces as
they moved in the gravitational field of a larger galaxy. Otiig tightly bound cores
survived until the present times (Zinnecker et al. 1988;sBaset al. 1994; Bekki et al.
2003; Goerdt et al. 2008).
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4. UCDs are the remnants of the fundamental building blatkslaxy formation (Drinkwa-
ter et al. 2004).

Some bright UCDs in the Fornax cluster and the Virgo clusteetbeen analysed by Hilker
et al. (2007) and Evstigneeva et al. (2007) very recentlyeyTfrovide detailed high-quality
data for 11 UCDs with dynamical masses betw&@nM ., and10® M. Similar data have been
obtained by Rejkuba et al. (2007) for compact objects in &amnis A, but mostly with masses
between10® M. and10” M.. They enlarge a sample by Hasegan et al. (2005) in the Virgo
cluster by 20 objects in the same mass range. Taken togetbse data allow us to analyse the
change of the internal parameters of massive compact shyettt mass or luminosity in more
detail than Drinkwater et al. (2003) or Hasegan et al. (2005urthermore, a comparison to
other dynamically hot stellar systems (i.e. stellar systernose stars are on randomised orbits)
becomes possible, since samples with similar measureditieamre available as well. The
quantities that are considered here include th&il ratio, Ty, and their projected (effective)
half-light radius,., in dependency of their dynamical mass.

Especially the dynamical// Ly ratios of the UCDs has caught the attention of astronomers
lately. Evstigneeva et al. (2007) find the UCDs in their santplbe consistent with predictions
from simple stellar population (SSP) models within the esroHilker et al. (2007) note a
tendency of the SSP models to under-predictthél., ratios if a stellar population consistent
with observations in the solar neighbourhood is assumegeg#mn et al. (2005) find that some
of the stellar systems they discuss have Ly ratios that imply extreme stellar populations
in these objects. They suggest a presence of DM in thesetspmovided that they are in
dynamical equilibrium. This contradicts scenario (1), ihigh UCDs form DM free. Also if
UCDs are nothing but very luminous GCs (scenario 2), theyldvba expected to be DM free,
since GCs of usual size are. The simulations by Bekki et BD32 on scenario (3) predict DM
free UCDs, since the DM halo of the progenitor galaxy of theDU€found to be disrupted by
the tidal interactions with the host galaxy of the UCD. Thansls in contrast to the results from
similar simulations by Goerdt et al. (2008), who found th&t@D can still be DM dominated
if it is the stripped nucleus of a nucleated galaxy. Scen@vioalso suggests dark matter in
UCDs. A detailed analysis of th&// Ly ratios of the UCDs and their comparison to different
SSP models may therefore give insights on their origin.

The stellar population of the UCDs obviously plays a deeisale for theM /Ly ratio that
has to be expected. The stellar population of each stelesyis determined, aside from an
influence by stellar and dynamical evolution, by the stefidial mass function (IMF)£(m),

dN o &(m) dm, (2.1)

wherem is the stellar initial mass andV the number of stars in the mass interyal m + dm)|.
The IMF has to be distinguished from the present day stel@ssviunction (PDMF) which
gives the number density of stars in dependency of stellasesatoday. The IMF is a very
useful concept, especially for a dynamically unevolvedatsystem, because the number of
stars that formed in the mass inter{ral, m + dm] is conserved with time on the whole domain
of the IMF. As a consequence, the PDMF and IMF are very sindlastars still on the main
sequence at the present time. It turns out in Section 2.3tA46Ds can indeed be considered
as dynamically unevolved stellar systems due to their madseatension and therefore long
relaxation time.

In the past, there have been numerous efforts to infer thgesbidhe IMF from the PDMF as
observed in resolvable stellar populations. There is comagseement that these observations
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are compatible with the IMF originally proposed by Salpdi955) for field stars in the solar
neighbourhoodg(m) o< m~* with o = 2.35 for 0.4 M, < m < 10 M. Later observations
indicated thatv is constant up to the highest observed stellar masses (atedtetween20 M,
and200 M, Weidner & Kroupa 2004; Oey & Clarke 2005; Figer 2005), busganaller below
0.5 Mg, (Kroupa 2001 and references therein). The IMFs we constateéhé stellar populations
of the UCDs are guided by these results.

With masses betweer)” M, and10® M., and half-light radii mostly below 50 pc, UCDs
may have formed containing, within no more than some ten etwyden103 and10¢ O-stars
or an order of magnitude more if the IMF was top-heavy. Thia scale of star formation
beyond current theoretical reach, and it is therefore @stiang to study the stellar content of
these objects to probe the very extreme physics of theirdaon.

Let us stress the importanceaynamicalmass estimates for a meaningful discussion of the
M/ Ly ratios. This puts a hard constraint on the UCDs that can Heded in this discussion
since it requires high-resolution spectroscopy of faineots. However, a dynamical mass esti-
mate is independent from the total luminosity of the stedistem. Instead, the mass estimate is
based on the surface brightness profile and the width of thetisg lines as described in detail
in Hilker et al. (2007). Dynamical mass estimates clearly om a number of assumptions that
cannot be verified easily, but mass estimates for unresshedidr populations based on stellar
population models do so as well. The true advantage of thardigal mass estimates for this
work is that they allow an independent estimate for Ai¢L,, ratio that can be compared to
theoretical predictions from stellar population models.

This paper is organised as follows. In Section 2.2 a sampbiffrent dynamically hot
stellar systems, including UCDs, is introduced. Sectidi2.dedicated to the dependencies
of internal parameters of dynamically hot stellar systemgh®ir mass. Thé//L, ratio of
UCDs, GCs and elliptical galaxies is compared to the premtistfrom simple stellar population
models in Section 2.4. While doing this, we take the influeotéheir metallicity on their
luminosity into account. Section 2.5 contains a discussidhe transition from GCs to UCDs.
Furthermore the reliability of our results concerning fi¢ L, ratio of UCDs is addressed. We
conclude with Section 2.6.

2.2 The data

One of the tasks performed in this paper is to compare UCDshr alynamically hot stellar
systems. This requires a set of data which spans over maeysooflmagnitude in dynamical
mass. A homogeneous data sample is unfortunately not bleidiue to the diversity of the
objects. We therefore collect data from different sourcethe literature, where comparable
parameters have been measured or where at least a conrddativeen the measured data to
the ones that are to be compared is known. In the followingspeeify the sources for our data
and how we derived the quantities we use in this paper from tifenecessary.

2.2.1 Massive Compact Objects

It is convenient in this paper to introduce massive compageats (MCOs) as a collective
term for all stellar systems in the sample discussed heteskimauld neither be denominated as
MWGCs nor as elliptical galaxies. This definition of MCOslunbes a number of objects that
are considered as UCDs in other works. The motivation foritreduction of this term lies
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in the fact that the sample of objects discussed here alsodies a number of objects which
in their entirety seem to mark a transition between GCs anB&JT his will become apparent
below. A clear distinction between GCs and UCDs is therelopl@ematic here.

We differentiate the MCOs by the way their dynamical masse®wstimated:

For the 19 MCOs listed in Tab. 2.1, the mass estimate inclthiefitting of a density profile
to each one of them individually. These 19 objects are 12 ME@m the Virgo cluster, five
UCDs from the Fornax cluster as well as two objects from theal Group:w Cen in the Milky
Way and G1 in Andromeda. We consideCen as an MCO instead of an MWGC because of its
spread in [Fe/H], which sets it apart from every other staster in the halo of the Galaxy (e.g.
Kayser et al. 2006; Villanova S. et al. 2007) We refer to therhMCOs with mass distribution
modelling”.

We also include 20 objects in Centaurus A from Rejkuba et28l07) for which measure-
ments of the velocity dispersion and at least one coloundradle available. Tab. 2.2 lists their
properties. Their mass iNl is calculated by using a virial mass estimator given in $pitz
(1987):

M, ~ 10 G 'r.o?, (2.2)

wherer, is the projected half-light raditisn pc ande is the global velocity dispersion in
pcMyr~'. G is the gravitational constant, which()045 pc® M Myr~* We refer to them as
“MCOs with global mass estimate”.

IActually, it is the half-mass radius that enters into ec2)2out we assume that the mass density follows the
luminosity density whenever necessary. This allows useatifly the half-mass radius with the half-light radius.



Table 2.1:Properties of MCOs with masses from mass distribution niogel The contents of the columns are the following. ColumiThe name given

to the MCO (the same as in the source papers), Column 2: Thecped half-light radius of the MCO, Column 3: The globaloaty dispersion of the

MCO, Column 4: The central velocity dispersion of the MCO|udan 5: The absolute magnitude of the MCO in teband, Column 6: The dynamical
mass of the MCO, Column 7: Th¥/ /Ly ratio of the MCO, Column 8: References to the papers thatareasis for our data: 1: Evstigneeva et al. (2007) >
2: Hasegan et al. (2005), 3: Hilker et al. (2007), 4. Baurdgat al. (2003), 5: van de Ven et al. (2006), 6: Harris (19%)me errors are marked with an >
asterisk; they have not been published so far.

AVd 3HL ¢ ¢

Name r, o oL My, M M/ Ly Ref
[pc] [kms™']  [kms™']  [mag] [10°Me)] [Mo/Le]
VUCD1 11.3 £ 0.7* 322+24 39.3+2.0 -—12.26 280+ 5.0 40+07 1
VUCD3 18.7 &£ 1.8* 358+1.5 522425 —12.58 500+ 7.0 54+09 1
VUCD4 220 £+ 2.7 21.34+20 269+23 -12.30 240+ 6.0 34 +£09 1
VUCD5 179 &+ 0.8 264+16 325+23 —12.32 290+ 40 39+06 1
VUCD6 148 + 3.1* 2234+1.8 29.6+2.2 —12.10 180+ 50 294+09 1
VUCD7 96.8 £20* 272+46 451+15 —13.44 880+21.0 43+11 1
S417 14.36- 0.36 26.4+27 31.7+14 —11.78+0.16 270+ 50 6.6 +15 1,2
UCD1 224+ 1.0 271+18 413+1.0 -12.19 321+ 3.6 499060 3,1
ucbD2 23.2+ 1.0 21.6x1.8 31.3+£0.6 -—12.27 218+ 3.1 3.15£049 3,1
uCbD3 899+ 6.0 250x+34 29.3+1.2 -—13.57 9454+22.0 4.13:£098 3,1
UCD4 296+ 2.0 228+31 373+0.6 —12.45 373+ 86 4574111 3,1
UCD5 300+ 25 18.7+32 28.74+0.8 —11.99 180+ 5.0 3.37:0.85 3,1
S314 3.23t 0.19 30.3+14 -—-1091+0.16 584+ 1.0 2.94t068 2
S490 3.64t 0.36 425+27 —-11.00£0.16 874+ 2.1 406115 2
5928 23.16: 1.37 224+1.0 —-11.58=+0.16 2134+ 2.9 6.06£1.23 2
S999 20.13t 0.98 256+14 —-11.08+0.16 216+ 2.9 9.36+1.87 2
H8005 28.69+ 0.55 108 +23 —-10.83+0.16 55+ 2.3 2.98t1.35 2
Gl 8.21 e 2514+1.7 —-10.94 82+ 0.85 410042 4
w Cen 6.70t 0.28 16.0 19.0+1.5 -10.29 254+ 0.1 25+£03 5,6

6€
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2.2.2 Globular clusters

We compare the MCOs to the MWGCs for which McLaughlin & van Merel (2005) calcu-
lated dynamical\// Ly ratios (listed in their table 13). Their value for the effeethalf-mass
radius and their estimate of the dynamidd) L ratio in theV'-band for the King model is
used in this work. By using the absolute magnitude inWthband given in Harris (1996), the
cluster mass can be calculated fromifg Ly ratio.

It can hardly be expected that such a limited sample is reptasve for GCs in general.
Nevertheless, this seems to be the case to some extentyagsaf extragalactic GC systems
show (e.g. Larsen et al. 2001; Chandar et al. 2004 and J&dahal. 2005 concerning the
radii of GCs, and Richtler 2003 and Jordan A. et al. 2007 eamng the absolute magnitudes
of GCs, which indicate their masses if a const&htL ratio for them is assumed). It therefore
seems possible to take the distribution of the radii and thes@s of the MWGS as a rough
representation of GCs in general. The advantage of the olsaseple is that, as for the MCOs,
mass estimates from velocity dispersions are availablthém.

2.2.3 Early-type galaxies

We also compare the MCOs to more massive dynamically hdasttstems by making use
of some of the data published by Bender et al. (1992), i.ar #adues for the central velocity
dispersiong, the projected half-light radius, and the absolute magnitude in theband of
elliptical galaxies and bulges of early-type spiral gadaxin their sample. Bender et al. (1992)
give a simple formula for estimating the King mass frogrando,, which we use as well for
the objects from their paper:

M,o=5 G_lreag, (2.3)

with 7, in pc, oo in pc Myr ™' andG = 0.0045 pc® M Myr 2.

If these objects are to be compared to the MCOs, theband luminosities have to be
estimated from theiB-band luminosities, since for the MCOs luminosities in thdand are
measured. It is known that there is a correlation betweeruiménosity and the colour of
elliptical galaxies. However, given the weakness of thisaselency, we think that accounting
for it (e.g. with the data on colour of the same galaxies froender et al. 1993) would probably
not pay the effort. This becomes evident, if the uncertasitdonnected to the mass estimates
from eq. (2.3) especially are considered (see Section)2.ZHAerefore, adopting a uniform
B — V colour index of 0.9 seems a reasonable approximation fopungose of this paper.

To enhance the sample, data on nucleated dwarf elliptidakigs from Geha et al. (2003)
are included.

Data on dwarf spheroidal galaxies (dSphs) are also inclufiedy are taken from Metz &
Kroupa (2007), their table 2, because their data on dSphsare up to date than the ones in
Bender et al. (1992). The half-light radii of the dSphs artlisted in that table, but are usually
found in the references given there (with the exception ai Arfor which the half-light radius
is taken from the paper by McConnachie & Irwin 2006).

2.2.4 A note on different dynamical mass estimators

The dynamical mass of each of the objects introduced abogeestmated in one of three
different ways. While for some objects the mass estimatieidtaal the fitting of an individual
density profile to them, for other objects the mass was caiedlby using one of two global
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Table 2.2:Properties of the compact objects in Centaurus A. Here theswas calculated by using
the same mass estimator for all objects, namely eq. (2.2)dak are from Rejkuba et al. (2007). The
meaning of the contents of the columns is the following. @uiul: The identification of the object (like
in Rejkuba et al. (2007)), Column 2: The effective (projdctalf light) radius of the MCO, Column
3: The global velocity dispersion, Column 4: The estimath&mical) mass, Column 5: The /Ly
ratio.

Name Te o M, M/ Ly
[pc] [km/s]  [10°Mg] [Mg/Lg]

HGHH92-C7 75+0.1 21.6*}0 7807  3.3*08
HGHH92-C11 7.8+0.1 196793 6.7 573
HHH86-C15  53+0.7 111137 15702 23758
HGHH92-C17 5.74+0.1 20.9*1¢  58%0%  3.8+09
HGHH92-C21 7.0+£0.1 19.3%9% 5895 48+l
HGHH92-C22 3.8+0.1 17.9%01 28732 3,077
HGHH92-C23 33+0.1 31.3%14 7.2t07 18752
HGHH92-C29 6.9+0.1 161135  4.17%%  44*10
HGHH92-C36 3.6+03 15719 20708 26759
HGHH92-C37 29403 12.67)F 11703  1.5M
HHH86-C38  28+0.2 142+  13t92  1gt04
HGHH92-C41 4.5+0.1 1157}  1.4%1 22702
HGHH92-C44 57+0.1 13.1%1) 23792 3.9+09
HCH99-2 114+1.1 14172 5371 45172
HCH99-15 59402 213537 6209 34199
HCH99-16  121+0.6 9.5t 2503 9gH+0T
HCH99-18  13.7+£0.3 21.2*}1 143713 47+12

HCH99-21 71427 106%23 19707 17707
R223 26+03 144712 13192 23H06
R261 190404 146197 10702 1.1%03

mass estimators. The choice of the mass estimator dependelethers or o of the a stellar
system was measured. This raises the question whether ggeeaimates obtained in these
different ways are indeed comparable. If they are compeayahblo requirements should be
fulfilled:

1. There should not be a tendency for one method to over- arestimate the mass.
2. Applying different mass estimators on the same objeatlshgive similar results.

This can be tested on the 19 MCOs in Tab. 2.1 wheaedo, or oy only is available beside
the mass estimate using an individual density profile,which is probably the most reliable
one and therefore is considered as a standard here. Fidi@wk she masses as determined by
using the global mass estimators in comparison to the massdn individual density profile
fit.
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Figure 2.1:Plot of the ratios between global estimates and mass essntatluding mass distribution
modelling for the 19 MCOs in Tab. 2.1 against the estimateHeir mass from an individual fit. Open
squares show/,, /M and circles showt /o /M.

As a measure for the mean deviation of the mass estimated &aqin(2.2),M,, and the

mass estimated using eq. (2.3),, from M, we calculateAM, = L val |M; — M|

Ny
andAM,, = N% ZZNQ |M; — M,o;|, whereN; and N, denote the number of objects that are
included for that summation. This results\/, = 8.5 x 10 M, for the average deviation of
M, from M. This value can be compared to the mean value for the maskthe same MCOs,
with the masses as they are estimated using individual rmddethe density profile, which is

M = 36.2 x 10° M. This means that the average deviationff from A is about 23%.

Similarly, the average deviation af,,, from A/ can be calculatedA M, = 12.5 x 10°M.

If this is again compared td/ of the according MCOs, it turns out that the average deviatio
of M., from M is about 44%. The larger discrepancies betw&eand M, than between/
and M, is at least partially due to the uncertainties to the innersdg profiles of the MCOs,
because the central structure of an MCO strongly influerfeesdlue that is determined for its
9.

The (relative and absolute) discrepancy betwikeand M, or M, is the largest for VUCD?7.
However, VUCDY7 is one of those MCOs that are best fit by a twoyponent (King+Sersic)
density profile, in contrast to most of the other MCOs. It ere#fore not surprising that the mass
estimators eq. (2.2) and eq. (2.3) fail here, since theymassuKing profile. This illustrates the
risk connected to assuming a single typical profile for a neinalh objects. Excluding VUCD?7,
the average deviation df/, from M can be lowered to about 10%, and the average deviation
of M,, from M can be lowered to about 24%.

In summary, the three ways to estimate the dynamical mass seproduce comparable
results. Note that also Hilker et al. (2007) and Evstignesval. (2007) usually find that the
internal parameters derived from global King estimatars=(2) are almost identical to the pa-
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rameters derived using mass distribution modelling. Weth@refore not discriminate between
M,, M o and M any further, but denote all dynamical massedas

2.3 Dependencies on dynamical mass

In this section, the effective radii, median relaxationd8ncentral densities and/ Ly ratios
are compared to each other.

2.3.1 Dependency of the effective radius on mass
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Figure 2.2:Plot of the half-light radiusr., against mass)/, for different types of dynamically hot
stellar systems. The symbols that are used have the foldpmieaning: Open circles for MWGCs, open
diamonds for MCOs with global mass estimate (i.e. calcdl&iem eq. 2.2), filled circles for MCOs with
(the probably more reliable) mass estimates from masshdison modelling (i.e. mass estimates taken
from Hasegan et al. 2005, Hilker et al. 2007 and Evstigneéah 2007 as well as the mass estimates for
w Cen and G1), open squares for dSphs, triangles for elllpgiiaxies and filled diamonds for bulges
of early-type spiral galaxies. Errors are comparable tcsthmebol sizes. The lines show fits to the data
for a relation between mass and radius for bright ellipticabmpact ellipticals and bulges (dashed line),
bright ellipticals, compact ellipticals, bulges and MC@slid line) and all elliptical galaxies, bulges and
dSphs (dashed-dotted line). Most elliptical galaxies Wdth brightness have been excluded from the
first two fits, see text for more details. They are marked withoas. Note that the underlying assumption
for the mass estimates is that the stellar systems are edlyamdisturbed by tidal fields, which may be
wrong for the dSphs especially (Kroupa 1997).

In Fig. 2.2, the mass dependencyrpfof the MCOs and other dynamically hot stellar sys-
tems is plotted. Some well established observations cadémified easily in this plot: The
strong correlation betweeW andr, for elliptical galaxies (Bender et al. 1992) in the high mass
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Figure 2.3:The median relaxation time,, plotted against dynamical mas¥,. Contrary to Fig. 2.2,
this figure shows MWGCs and MCOs only. The dashed line maskstinrent age of the universe. The
symbols are as in Fig. 2.2. One MCO is plotted with typicabesr

range and the absence of a dependeneay oh M for GCs (McLaughlin 2000; Jordan A. et al.
2005) at the lowest masses. Remarkable is the large spreadiiofit intermediate masses
which becomes largest in the mass interval @M, < M < 108 M., the mass interval where
the rather compact UCDs as well as the (typically about arrastimagnitude) more extended
dSphs lie. The underlying assumption for this statemerttas dSphs are objects in (or close
to) virial equilibrium. This has been argued to be the case.gyWu (2007) and Gilmore et al.
(2007) for at least those dSphs that are most distant to thectgacentre, although this would
imply extremely highM /Ly ratios in some cases. Gilmore et al. (2007) state that tiseae i
bimodality of the characteristic radii of objects in the maangel0” M, < M < 10% M,
i.e. an almost complete absence of objects with- 100 pc. In Fig. 2.2, they are indeed only
represented by VUCD7 and UCB8nd M32 at a higher mass). One way to interpret this is
to consider UCDs and the dSphs as two kinds of stellar systeatdormed under different
conditions, as Gilmore et al. (2007) propose.

However, Metz & Kroupa (2007) argue that the formation of kkSmay have been triggered
by the tidal forces in an encounter between two galaxies, they propose in principle the
same scenario for the formation of dSphs which Fellhauer &uga (2002a) suggested for the
formation of UCDs. The morphological differences can bearstbod in terms of the influence
of the surroundings on the star-forming regions: the dSphgarm from star cluster complexes
in a weak tidal field (e.g. the tidal arm of the Tadpole galawpile the UCDs form in a strong
tidal field (e.g. the Antennae galaxy). This scenario is sufgal with the observation that the
orbital angular momenta of the satellite galaxies of theki\Vay are correlated (Metz et al.

Note that Gilmore et al. (2007) consider a half-light radifi®nly 22 pc (from Drinkwater et al. (2003)) for
UCD3 and omit VUCD?7 from their discussion.
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2008). It can also offer an explanation for the seeminglhyhhig/L, ratios of some of the
dSphs, if they are largely unbound phase-space structodetharefore cannot be described by
simple application of Jeans’ equations (Kroupa 1997).

It is surprising that the MCOs lie on the same relation betweaass and radius as massive
elliptical galaxies with masses 10! M, while elliptical galaxies with lower masses (i.e.
objects in the intermediate mass range) mostly lie on aréifierelation, which points towards
the parameter space of dSphs. This could be evidence fanihmbss elliptical galaxies being
mostly of tidal origin, as proposed by Okazaki & TanigucHd@B) (also see fig. 7 in Monreal-
Ibero et al. 2007), and as discussed by Metz & Kroupa 2007 &phd. The fewcompact
low-mass elliptical galaxies can then be interpreted asr@gs counterparts of the elliptical
galaxies more massive than10'! M.

Following the above interpretation, some objects are tkokided for quantifying the rela-
tion between mass and radius that MCOs share with massipgazl galaxies in a least squares
fit. These objects are, besides the MWGCs and the dSphs, #mé elipticals from Geha et al.
(2003) and the galaxies that Bender et al. (1992) define agttodwarf ellipticals®. The ex-
clusion of the latter two groups may seem somewhat arbjtbaryit turns out that they define
the apparent turn-off from the relation for the remainingecks (i.e. bright elliptical galaxies,
galaxy bulges, compact ellipticals and MCOspatl0'! M, quite well. Assuming a function

of the form ,
Te M
e (m) 24

for the relation between/ andr., which corresponds to a straight line in Fig. 2.2, leads to

a = 295M03%
b = 0.596 £ 0.007,
for the best-fitting parameters. If the MCOs are not usedreffit,
= 254705,
b = 0.608=£0.025,

is obtained, i.e. within the errors the same relation as WiehMCOs. The small impact that
excluding the MCOs has on the fit is demonstrated in Fig. 2.plbiting eq. (2.4) with both
sets of values for. andb. This verifies that the MCOs lie along the same relation betwd
andr. as massive elliptical galaxies.

For comparison, an analogous fitdab elliptical galaxies as well as the dSphs (but without
the MCOs) is performed. This corresponds to the hypothbaisthese objects are drawn from
a homogeneous population, which obeys a single relatiome®st mass and radius. This leads
to

a = 34.875¢,

b = 0.399+£0.019,

for the best-fitting parameters. However, the distributtdthe massive elliptical galaxies is
clearly asymmetric around this relation, which suggesas tife first two relations are a better
fit to them.

3i.e. those galaxies which hawdy, > —18.5 and are not classified as “compact dwarf ellipticals’by Bamd
et al. (1992)
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We note that the larger sample of elliptical galaxies whighsed by Graham et al. (2006)
shows a very similar distribution of characteristic radjiaanst mass, although Graham et al.
(2006) estimated the masses of the galaxies different fr@rapproach chosen here, namely
by assuming a stellar population for them and then calagatheir total masses from their
luminosities (cf. their figure 1b).

The radii of MCOs are thus, unlike the ones of GCs, correl&agtieir masses. The com-
parison of the massive MCOs with the MWGCs shows that theadaristic radii of GCs
are indeed typically about an order of magnitude smallem tha ones of the massive MCOs.
However, Fig. 2.2 also seems to suggest a rather fluenttinbetween objects that lie on the
scaling relation for GCs and objects that lie on the scal@igtion for elliptical galaxies at a
mass of about0® M. This confirms the conclusions Hasegan et al. (2005) haaerdbased
on fewer data.

This change of typical radii cannot be due to an observaltioias against small radii for
more massive objects, since MCOs are identified by theithbmigss, their membership to a
galaxy cluster and thesompactnessThe data on rather low-mass MCOs from Hasegan et al.
(2005) and Rejkuba et al. (2007) (both indicated as openahasin Fig. 2.2) indeed include
objects with radii on both scales. Consequently, this charighe typical-. must be connected
to a difference in evolution or formation of objects less smas than~ 10° M. and more
massive thars 107 M.
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Figure 2.4:The central density of MWGCs and MCOs plotted against dynahthass. The symbols
are as in Fig. 2.3. The dashed lines indicate constant éesisissuming a mean stellar mas9.dfM,,

the lower dashed line indicates a density where the meaandistbetween stars is 6000 AU (about 100
times the diameter of the orbit of Neptune), and the uppéenathtine indicates where the mean distance
between stars is 3000 AU (about 50 times the diameter of thie @rNeptune).
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2.3.2 Dependency of the median two-body relaxation time on ass

The median two-body relaxation time is closely connectett wiass and characteristic radius
of an object. It is given in Myr in a formula originally found/ISpitzer & Hart (1971),

0.061 N r3

fg = — , 2.5
' log(0.4N) VoM (2:5)

whereN is the number stars in the clustey,its half-mass radius in pd/ its mass inVl, andG

the gravitational constant, which(s0045 pc® M_! Myr 2. ¢, can be considered as a measure
for the relaxation time at the half mass-radius. However(2§) is only an approximation: Itis
obtained under the assumption that the stars move in a srpotghtial and are only disturbed
by two-body encounters (i.e. no binaries), beside the ssippo that the cluster is in virial
equilibrium.

Eqg. (2.5) includes parameters which are not known for moshefMCOs, but it can be
transformed into one that only depends dhand the effective half-light radius,, as free
parameters if some assumptions are made. It can then bee@gplithe data in this paper.
This is done by assuming that the mass is distributed as thendsity and by substituting
re = 0.75 r, (Spitzer 1987). We further assume a mean stellar ma8slofl, in concordance
with the mean stellar mass in a stellar population with theoogcal IMF (see eq. 2.10). This

yields
0.234 M3
_ M 2,
bl = ety <V G (2.6)

in the same units as eq. (2.5). An inspection of eq. (2.6)alewbat . dominates the behaviour
of t,; due to its power. Therefore, a plot 6f, againstM looks very similar to a plot of-,
againstM (Fig. 2.2).

In Fig. 2.3,t.. is plotted against/ of MWGCs and MCOs only. The stated similarity to Fig.
2.2 in the according mass range is apparent. The new and tampg@iece of information that
can be read off Fig. 2.3 is hoty, of the objects compares to a Hubble time. It is clearly below
a Hubble time for most MWGCs, while it is clearly above a Hubbime for all MCOs more
massive than0” M. This corresponds to the increase of the typical radii innttaess interval
from 105 M, to 107 M. As MWGCs and MCOs are considered to be old objects, thisi@spl
that MWGCs can have undergone considerable dynamicaltamokince their formation while
massive MCOs have not. Consequently, massive MCOs are rassivililnerable to mass loss
driven by two-body relaxation.

2.3.3 Dependency of the central density on mass

It is worthwhile to consider the impact of the developmentiaf typical radii with dynamical
mass on the central density of the MWGCs and MCOs. The cesradity is here defined as
the mean density within the projected half-light (i.e. baldss) radius. It is plotted in Fig. 2.4
against mass.

The independence of the MWGC radii on their dynamical massstates into an increase
of the central density with dynamical mass. The increashefypical radii above a dynamical
mass ofl0° M, as visible in Fig. 2.2, is strong enough for a slow decredshe central
density to occur. It has already been noted by Burstein €1887) that there is a maximum
global luminosity density for early-type galaxies, whistpiroportional ta\/=*/3. In this light,
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the decrease of the densities with mass for the MCOs is onfynaerjuence of the common
relation between the MCOs and the massive elliptical gatattiat was found in Section 2.3.1.

2.3.4 Dependency of thé//Ly ratio on mass
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Figure 2.5:Dynamical M/ Ly ratio plotted against luminosity in thE€-band, Ly, (upper panel), and
mass,M (lower panel). The symbols are as in Fig. 2.2. The errorsaovdiues of the MCOs are not
much larger than the symbol size.
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Fig. 2.5 shows the dynamical// Ly ratios of the sample against the luminosity in tfie
band (upper panel) and the dynamical mass (lower pane§.visible from this figure that the
dSphs with the lowest’-band luminosities also have the highag$f L, ratios, as was already
noted in Mateo (1998). Other than that, the general digiohwof the data in both panels is
almost identical, except for a steeper rise of #¢Ly ratios from the MWGCs to the MCOs
when they are plotted againkt,.

It might be tempting to identify the gap in the luminosity seqce atv 10® L., with the
borderline between a star cluster-like population to tHedad a galaxy-like population to
the right. However, thbomogeneousample of faint early-type galaxies in the Fornax cluster
observed by Hilker et al. (2003) does not show such a gap imlsity down to the luminosities
of dSphs. The gap visible in Fig. 2.5 is thus most likely aifact caused by the inhomogeneity
of our data sample.

The spread of thé// Ly, ratios of the dSphs is very striking in Fig. 2.5. With/ Ly, ratios of
severall0? M, /L, some of them are total outliers compared to all other dynaltyihot stellar
systems. It is especially the spread of thiefy L, ratios that supports the notion that dSphs
cannot be treated as objects in dynamical equilibrium. df/ttvere in dynamical equilibrium,
DM haloes with very different properties would have to beuassd for objects that are quite
similar to each other as far as the properties of their bacymiatter are concerned.

It can be seen for the remaining objects that almost every MB@e a mass df)® M., has
a M/ Ly ratio which is manifestly higher than the mean value for MW&G@s for the radii,
the transition from thel// Ly ratios of GCs to the ones of MCOs seems fluent. The objects
classified as some kind of elliptical galaxy (including ledgf early-type spiral galaxies) span
the whole range of\// Ly ratios that is occupied by GGmd MCOs, with bulges and large
elliptical galaxies having a larger spread to highéf Ly ratios.

It should be remembered in this context that the masses @ahg-type galaxies that are
used to determine their/ / L, -ratios have been calculated with eq. (2.3), i.e. the masaates
are based on the distribution of the visible matter. If thgeaxies are embedded in DM haloes,
the mass estimates are too low for the total masses of theigsldut are still good approx-
imations for the mass of those parts of the galaxies that am@rthted by baryonic matter. It
is noteworthy that evidence for DM only emerges in objecthwi, > m (also see Fig. 2.10
and 2.12).

The physical reasons for the distribution bf/ Ly ratios are a rather complicated issue.
It mainly depends on two things: A possible non-baryonic Diwitent in the objects and the
stellar populations of the objects. Thé/ Ly ratio of a stellar population is influenced by its star
formation history, its IMF, the metallicity of the stars abg how much the stellar population
was altered by dynamical evolution. Unfortunately, mosth& objects in our sample cannot
be resolved into stars so far, which makes it impossible terdene their stellar populations
directly. Nevertheless, observations of these objectstedretical considerations can give
some clues on their stellar populations. Some of these fiscane summarised below.

e MWGCs contain old stellar populations (older tharn 0 Gyr, VandenBerg 2000; Salaris
& Weiss 2002). The MCOs in the Virgo cluster seem to have sinabes (Evstigneeva
et al. 2007), but the MCOs in the Fornax cluster might be a ditnger (Mieske et al.
2006a). The ages of elliptical galaxies are found to rangmfa few Gyr to> 10 Gyr
(Trager et al. 2000; Annibali et al. 2007).

¢ MWGCs are known to have low metallicities. The metalligtief the MCOs are, if
estimated, consistent with those of metal-rich MWGCs. piltal galaxies have about
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solar metallicities in their central parts (Trager et al0@0Annibali et al. 2007) and a
decrease of their metallicities towards their outer regiQiantalo et al. 1998; Baes et al.
2007).

e Dynamical evolution can lower th&// Ly, ratio of a stellar system noticeably, if the time
scale for its dynamical evolution is shorter than the tin@estor the evolution of its stars
(Baumgardt & Makino 2003; Borch et al. 2007).

With this information, the differend// L, ratios of the objects plotted in Fig. 2.5 become
understandable at least qualitatively. The ratherddWi ratio of MWGCs can be understood
as an effect of their low metallicity and the considerableaiyical evolution that was suggested
for them in section 2.3.2. Considering the lifetimes Baurdg& Makino (2003) expect for a
sample of MWGCs (while accounting for the tidal field of thel&g) and their results for
the development of thé//L ratio as a function of the star cluster lifetime, a decredsb®
M/ L ratio by about).3 M, L' t0 0.7 My, L' compared to thé//L ratio of a dynamically
unevolved stellar population would seem typical for MWGChe massive MCOs and the
elliptical galaxies on the other hand are more metal-ricth dne to their size and extension
dynamically almost unevolved. This might be able to expkagherA// Ly ratios compared to
MWGCs even if they do not contain DM. Note however that a DMteahin elliptical galaxies
has been discussed: quite recently, Cappellari M. et ab@p8stimated a median DM content
of ~ 30% within the half-light radii of a sample of elliptical galaes, if an IMF as in the Solar
neighbourhood is assunfed he large spread of thef/ L ratios of ellipticals is not surprising
in the light of their large age spread. Also recall the metigyl gradient in elliptical galaxies,
which is natural if they are more complex than MWGCs and thasendiverse in their internal
properties.

2.4 The observed\//Ly ratios and predictions of stellar pop-
ulation models

For the remainder of this paper, we will compare the obsei#&d., ratios of the objects
discussed in the previous sections to predictions frontestebpulation models, with the focus
on theM /Ly ratios of the MCOs.

2.4.1 The MCOs as simple stellar populations

In order to find which stellar population models are appmaterior the MCOs, we recall that
most of the objects discussed here are old and note that asolpe abundance ef-elements
seems to be typical for the dynamically hot stellar systeissudsed here, see e.g Carney (1996)
for MWGCs, Evstigneeva et al. (2007) for MCOs, and Annibaliak (2007) for elliptical
galaxies. Therefore, self-enrichment through the ejettgpe | supernovae (SNI) apparently
does not play a major role in these systems, as SNI are imaartentributors of iron to the

4Cappellari M. et al. (2006) do not discuss gas as a possilbigibator to the non-luminous matter. However,
considering the results by Combes et al. (2007), the masegeafds is probably indeed negligible for their sample
of galaxies. Combes et al. (2007) estimate the mass of theaulalr gas for the same sample of galaxies and
find masses of the order of som@” M, which is about 3 to 4 orders of magnitudes less than theteesul
Cappellari M. et al. (2006) suggest for the total masseseftiaxies.
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interstellar medium (Matteucci & Greggio 1986). This cartddeen as an indicator for a stellar
population with a narrow age spread, if the progenitors of & assumed to be white dwarfs
that surpass the Chandrasekhar limit by accretion of additimatter (Whelan & Iben 1973).
Matteucci & Recchi (2001) and Greggio (2005) suggest metiiae scales between some
ten Myr and a few Gyr for the evolution of white dwarfs into SNdepending on the initial
conditions for the population. Considering stellar systemth ages ot 10 Gyr, this can be
taken as a rather short time scale. The assumption of pogdadf coeval stars within each
stellar system thereby seems a reasonable approximatiahlEast MWGCs and MCOs.

Besides age and age spread of the stars, a discussion f the ratios of stellar systems
has to account for the metallicities of their stars, sineerttetallicity is known to have a influ-
ence on the colour and the luminosity of a star with a givenanaerefore the metallicities
of the stars have to be known if one intends to construct a hfoda stellar population which
accurately describes a real stellar population, includsg// Ly ratio.

In the following, two assumptions for the metal abundanpebe stellar populations of the
MCOs are made. This is not only for the sake of simplicity Bsodor the lack of more detailed
data in most cases.

Firstly, it is assumed that the metallicity-luminosity @eplency of the stellar system can be
characterised by the mean metalliciyof the stellar system. This would certainly be the case if
Z was equal to the metallicities of the component stars,fial stars had the same metallicity.
However, this is not necessarily the case for the stars in Bj@Sthe examples af Cen (e.qg.
Kayser et al. 2006; Villanova S. et al. 2007) and G1 (Meylaale001) show. On the other
hand, imposing a more complicated metallicity distribntom the stars of the unresolved stellar
populations of the other MCOs does not seem reasonable.

Secondly, it is assumed that the mean iron abundance, [Falldvs solid conclusions
on Z. This assumption can be motivated with the finding flaate] ~ 0.3 seems not only
to be true for MWGCs (Carney 1996), but also for most of the MGRat were analysed by
Evstigneeva et al. (2007). This value appears to be vergayfor massive, dense star clusters.

The approximations and assumptions that have been madaria Section 2.3.4 imply
in their entirety that the stellar populations in MCOs carcbasidered as simple stellar pop-
ulations (SSPs), meaning that all stars and stellar rerarfaave the same age and the same
chemical composition.

2.4.2 The metallicities of the MCOs

Information on the metallicities of MCOs are published insElgan et al. (2005), Mieske et al.
(2006a), and Evstigneeva et al. (2007). Evstigneeva eR@Q7) give for each of the MCOs
they examined an interval in which the actual mean metslli€iof the MCO lies. We assume
that this true value fo#Z of the MCO lies in the middle of the interval given. Hasegamle
(2005) and Mieske et al. (2006a) do not give estimatesZfaf the objects they discuss, but
for [Fe/H]. Based on the observational findings by Carne@@)@nd Evstigneeva et al. (2007)
and the assumption that the iron abundance characteresesatiallicity of the MCOs, we adopt
[a/Fe] = 0.3 for each one of them and use the relation

[Z/H] = [Fe/H] + 0.94 [ov/Fe] 2.7)

found by Thomas et al. (2003) to calcula#/H] from [Fe/H]. The values that are adopted for
the element abundances of the MCOs are summarised in Tab. 2.3
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Table 2.3:MCOs with published metallicity estimates. [Fe/H] in Colnrd is taken as the measure for
Z of the object. AlsqV — I) colour indices are given for some objects whose metaégitvere derived
from line indices. They provide the opportunity to test tladidity of eq. (2.8) on a sample of MCOs
(see section 2.5.2). The columns of the table contain thewiolg information: Column 1: The name
of the object, Column 2: [Z/H] if given in the reference, Coin 3: [Fe/H] either from the reference or
calculated using eq. (2.7), Column 4: T{ié — I) colour index, Column 5: The reference to the source
paper: 1: Evstigneeva et al. (2007), 2: Mieske et al. (200&alHasegan et al. (2005), 4: Meylan et al.
(2001), 5: Harris (1996).

Name [Z/H] [Fe/H] (V —1I) Ref.
VUCD1 -1.35...-0.33 —1.12 +£0.51 0.96 1
VUCD3 0.00... 0.35 —-0.107+0.175 1.27 1
vuCb4 -1.35... 0.33 —1.12 +0.51 0.99 1
VUCD5 -0.33... 0.00 —-0.447+0.165 1.11 1
VUCD6 -1.35...-0.33 —-1.12 £0.51 1.02 1
VUCcD7 -1.35...-0.33 —-1.12 +£0.51 1.13 1
S417 —1.35... 0.00 —0.957+0.65 1
UuCD1 —-0.38 £0.05 1.11 2
uUCD2 —0.90 +£0.33 1.12 2
UCD3 —0.52 +0.11 1.18 2
uCbD4 —0.85 £0.29 1.12 2
UCD5

S314 —0.50 3
S490 0.18 3
$928 —1.34 3
S999 —1.38 3
H8005 —1.27 3
G1 —0.95 +0.09 4
w Cen —1.62 5

For the objects in Centaurus A no metallicities have beerlighdd so far, bu{B — V)
and(V — I) colour indices for them are available in Rejkuba et al. (30@bservations show
that there is a correlation between colour indices and [F&/lEC systems. On this basis, an
estimate of [Fe/H] in the objects in Centaurus A can be madesbyming that they follow a re-
lation between colour and metallicity that has been esthbll on another GC system. Barmby
et al. (2000) give relations between [Fe/H] id— ) as well as [Fe/H] andB — V) for the
GC system of the Milky Way, using the data from Harris (1996):

[Fe/H]y,_p = (422£0.39) x (V — 1) — (5.39 £ 0.35) (2.8)
and

[Fe/H] p_y) = (5.50 £ 0.33) x (B — V) — (5.26 £ 0.23). (2.9)

The confidence range of these equations is set by the vdlues/) and [Fe/H] can assume for
MWGCs. Their values for [Fe/H] are mostly betwee and—0.5 dex.

The advantage of the relations from Barmby et al. (2000)asttiey have been established
for both colour indices that have been measured for the tshjecCentaurus A, i.e. they allow
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Table 2.4:Colours and derived [Fe/H] for the Centaurus A objects. Tdreents of the columns in the
table are the following: Column 1: Identification of the adijéike in Rejkuba et al. (2007), Column 2:
The(V — I) colour index, Column 3: ThéB — V') colour index, Column 4: [Fe/H] calculated from the
(V —1I) colour index, Column 5: [Fe/H] calculated from thB — V') colour index, Column 6: Our final
estimate for [Fe/H] with the adopted errors.

Name 6-V) (V-1I) [Fe/H|y ) [Fe/H]y_; [FelH]

HGHH92-C7 0.75 0.91 —1.13 —1.55 —1.34 £ 0.30
HGHH92-C11 0.94 1.12 —0.09 —0.66 —0.38 £ 0.39
HHH86-C15 0.89 1.03 —0.36 —1.04 —0.70 £0.42
HGHH92-C17 0.77 0.88 —1.02 —1.68 —1.354+0.39
HGHH92-C21 0.78 0.93 —0.97 —1.47 —1.22+0.33
HGHH92-C22 0.79 0.91 —0.91 —1.55 —1.23 £ 0.39
HGHH92-C23 0.76 0.78 —1.08 —2.10 —1.59+£0.55
HGHH92-C29 0.89 1.08 —0.36 —0.83 —0.60 +0.35
HGHH92-C36 0.73 0.85 —1.24 —1.80 —1.524+0.35
HGHH92-C37 0.84 0.99 —0.64 —1.21 —0.93 £ 0.37
HHH86-C38 0.78 0.91 —0.97 —1.55 —1.26 = 0.36
HGHH92-C41 0.89 1.09 —0.36 —0.79 —0.58 £ 0.33
HGHH92-C44 0.69 0.85 —1.47 —1.80 —1.63 +0.26
HCH99-2 0.74 0.84 —1.19 —1.85 —1.524+0.39
HCH99-15 1.06 —0.92 —0.62 +0.23
HCH99-16 e 0.79 . —2.06 —1.76 £ 0.23
HCH99-18 0.89 0.89 —0.36 —1.63 —1.00 £ 0.67
HCH99-21 0.78 —2.10 —1.80 +0.23
R223 0.80 0.95 —0.86 —1.38 —1.12+0.35
R261 0.83 0.99 —0.70 —1.21 —0.95+0.35

us to fully benefit from the available data. Their disadvgeta that they do not account for
a slight curvature in the relation between [Fe/H] and thegoindices, which is typical for
this relation according to Yoon et al. (2006). However, gitke apparent weakness of this
departure from linearity, it seems justified to neglect it.

We calculateFe/H] ., and[Fe/H] ; ,, for each cluster in Centaurus A from eq. (2.8)
and (2.9) if both colour indices are available. The resutisifeq. (2.8) turn out to be systemat-
ically lower by~ 0.6 dex on average than the results from eq. (2.9), as can be seeg.if.bi
It is obvious that the different results for the iron abunckacalculated from different colour
indices may indicate a serious problem with those estim#eiscussion on how reliable the
results based on these metallicity estimates are will berg®ection 2.5. For now, we clearly
distinguish between objects with [Fe/H] estimates fronoaoindices and objects with [Fe/H]
estimates from line indices.

The relation between [Fe/H] and” — I) colour found by Kissler-Patig et al. (1998) by
including (beside MWGCs) GCs around NGC 1399 has a slighalyelt slope than eq. (2.8).
It yields however similar results in the colour range instireg for the purpose here (deviations
would be~ 0.2 dex in the most extreme cases).

As a compromise between the two values that are estimatedddaron abundances of the
objects in Centaurus A, we adopt the mean of both values aér@lrvalue for [Fe/H]. The
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Figure 2.6:Comparison betweefte/H] (v—r) and[Fe/H] p_,, for the objects in Centaurus A. The
numbers have been calculated with eq. (2.8) and eq. (29 ctgely. The dashed line indicates equality
of [Fe/H],_ ) and[Fe/H] 5_y,. The dotted line, corresponding fiée/H] \,_ ;) = [Fe/H] p_,— 0.6,

is a fit by eye to the actual distribution of the data.

error to this value has two components. The first of them istddlee intrinsic uncertainties to
egs. (2.8) and (2.9). The second component is the unceri@uie to the systematic difference
between the results from eqgs. (2.8) and (2.9). We estimadeethor as half the difference
between both estimates for a particular object. For thé ¢éotar to the estimate of [Fe/H], the
square root of the sum of the squares of both errors is assumed

For three objects only & — I) colour index is given. In these cases we simply set
[Fe/H]\,_; + 0.3dex = [Fe/H], as0.3 dex is the average value by which tiie" — I) colour
indices of the other objects are changed. For estimatingran ® these values for [Fe/H],
the scatter of the data fdFe/H], _,, and[Fe/H] ,, around the relatiofte/H] , =
[Fe/H](B_V) — 0.6 is calculated for the objects in Fig 2.6. The scatters given by the equa-
tions® = = va[[Fe/H](V_I)i— ([Fe/H] 5y, — 0.6 dex)]?, whereN = 17 is the number of
objects in Fig. 6. This results in= 0.23 dex, which we adopt as the error to the [Fe/H] values
of these three objects.

The numbers for the metallicities of the objects in Centauxware listed in Tab. 2.4.

Note that Hasegan et al. (2005) obtain the [Fe/H] estinfataheir objects also by compar-
ison of the colour indices to the ones of GCs, i.e. in very mthelsame fashion as is done here
for the objects in Centaurus A. The only MCOs with abundarstemates from line indices and
thus estimates directly linked to an actual presence oftherding elements in the cluster are
the objects from Evstigneeva et al. (2007), the objects frbiker et al. (2007)w Cen and G1.

Since Figs. 2.2, 2.3, 2.4 and 2.5 suggest a rather fluentiticanfrom the properties of
MWGCs to the ones of MCOs, it seems worthwhile to include thertine discussion further
on. A comprehensive compilation of the iron abundances of &4 is provided by Harris
(1996). Based on the results of Carney (1996), we assuariie] = 0.3 in order to calculate’
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Figure 2.7: The iron abundances adopted for this work plotted agairestdgmamical mass for the
MWGCs and the MCOs. Open circles represent the MWGCs, filietes the MCOs with abundance
estimates from line indices, open diamonds the MCOs in @emsaA (Rejkuba et al. 2007) and filled
diamonds the MCOs in the Virgo cluster from Hasegan et @0%2. The values for [Fe/H] of the latter
two have been calculated from colour indices.

for them, as we did for the MCOs (eq. 2.7).
Like the ones of MCOs, the stellar populations of MWGCs candesidered as old and coeval,
but, in contrast to the ones of MCOs, dynamically evolvegl (loss of low-mass stars though
evaporation driven by two-body relaxation).

The [Fe/H] that are adopted for the MWGCs and the MCOs ardqalan Fig. 2.7. A
tendency to higher abundances with higher masses is urdieniote however that selection
effects might play a role here. There is a bias against migtalebjects for MWGCs, because
they are concentrated towards the bulge of the Galaxy anéftre harder to observe than
the metal-poor halo MWGCs (Harris 1976). The GC systemslipitielal galaxies, on the other
hand, have a larger fraction of red (probably metal-rich@3#&hich are also somewhat brighter
than the blue (probably metal-poor) ones (Harris et al. 2U0@hner & Harris 2007).

2.4.3 Predictions forM /Ly ratios from SSP models

If information on the dependency 8f/ Ly ratio of a SSP or¥ is combined with the estimates
on the metallicity of the MCOs, it can be appraised what d#fees inYy arenot due to
differences inZ. Theoretical estimates af for different Z are taken from Maraston (2005)
for SSPs that formed with a canonical IMF or a Salpeter-Mass# and from Bruzual &
Charlot (2003) for SSPs that formed with a Chabrier IMF.

The canonical IMF is a continuous multi-power law,

i (m) ocm™, (2.10)
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with oy = 1.3 for m < 0.5 My anday; = 2.3 for m > 0.5My. It has been constrained
after a decade-long study of various biases and found to h&stent with all resolved stellar
populations so far (Kroupa et al. 1993; Kroupa 2001, 2002720The Chabrier IMF is given
form < 1M as
1 (log(m/Mg) — log 0.08)?
Solm) oc 0 exp | - 0.9522

and equals the canonical IMF for > 1 M, up to a normalisation factor. The transitiona,

is continuous (Chabrier 2001, 2003). This IMF cannot bamjsiished from the canonical IMF
within the observational errors (Fig. 2.8). To simplify neais, we will therefore also refer to
the Chabrier IMF as the canonical IMF. The Salpeter-MasB#y ik a single power law with

a = 2.35 (Salpeter 1955; Massey 1998). The SSP models used here éavebtained under
the assumption that the IMFs are defined fremM,, to 100 M.

(2.11)

10 — ————m]
i — canonical IMF 1

----- Chabrier IMF

number density
o
L

0.01 |

0.001 E .

mass [solar units]

Figure 2.8:A comparison between the canonical IMF and the Chabrier iMReé interval from0.1 M,

to 10 M. Both IMFs are normalised such thﬁ?o &(m)mdm = 1, wherem is the mass in solar units.
The two IMFs are barely distinguishable on the whole magsvat. They actually are identical above a
mass ofl My, except for a slightly different normalisation factor.

Note that the upper mass limit of the IMF as suggested by Vegi&rKroupa (2004), Oey
& Clarke (2005) and Figer (2005) is higher th&as0 M, but this does not have a mentionable
affect on the expectedl// L ratios of the SSPs discussed here due to the scarcity ofrhags
stars in them.

A lower mass limit of0.1 M, for the IMF neglects the existence of brown dwarfs. This
is probably unproblematic, if one follows the argumentatxy Thies & Kroupa (2007). They
suggest that star-like objects and brown dwarf-like olgject different populations and thus
their frequencies cannot be described by a single, conimidF as e.g. in Kroupa (2001).
The combined mass functions for brown dwarfs and stars wtheffind for star clusters in the
Milky Way have many fewer brown dwarfs. Assuming a similaoation in the MCOs, brown
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Table 2.5:Fit parameters for the interpolation formula f, to the data from the SSP models. The
SSP models are from: 1: Maraston (2005), 2: Bruzual & Ch#2003).

Model a b c Ref.

Salpeter IMF, 9 Gyr  3.33 0.82 2.30
Salpeter IMF, 13 Gyr 3.37 1.20 2.84
canonical IMF, 9 Gyr 3.42 0.42 1.51
canonical IMF, 13 Gyr 3.46 0.79 1.88
canonical IMF, 9 Gyr 3.70 0.23 1.23
canonical IMF, 13 Gyr 3.48 0.55 1.71

NN R R R R

dwarfs are not expected to contribute more than a few petodhieir total mass (opposed to
~ 10% for a mass function as in Kroupa 2001).

The ages that are considered here for the SSPs are 9 Gyr angr.1Bl@Ge that Maraston
(2005) distinguishes between different horizontal bramoinphologies, but this has a negligible
impact on the dependency ®f, on Z of an old SSP.

The benefit from using both the SSP models from Bruzual & @h&#003) and Maraston
(2005) although they cover the same ages and use (in ped¢he same IMF is that different
stellar evolutionary models have been used for constrgi¢ctiem.

In order to make statements on tfiflg- of objects with anyZ, an interpolation formula
that covers the whol&-interval is needed. While it should be fairly simple, it sk also
closely fit theM / Ly ratios that Bruzual & Charlot (2003) and Maraston (2005) fordspecific
metallicities. A function of the form

Mg

F([Z/H]) = (/7% + o), (2.12)
©

where the indexdistinguishes the different SSP models, fullfils these ireguents well enough
as Fig. 2.9 visualises. It can therefore safely be assunmadd@viant estimates fof, are
not due to an inadequate interpolation formula, but due ¢orirect assumptions on the stellar
population in the MCOs or to a failure of the SSP models. Thapaters:, b andc found in
least-squares fits are given in Tab. 2.5. Comparing thesamders for different SSP models
with the canonical IMF reveals that they do not only depentherassumed age of the SSP, but
also on whether the SSP models come from Bruzual & Charl@3p6r Maraston (2005). This
results in noticeably lower expectations for the/ Ly ratio from the SSP models from Bruzual
& Charlot (2003), if compared to an in terms of age and IMF td=h model from Maraston
(2005). This proves the relevance of different stellar etitohary models for the predictions
from the SSP models.

It should be mentioned that the value§ for the highest metallicity was left out for the fit
of eq. (2.12) to the data from Maraston (2005), because tligezhvalue was obtained by using
a different stellar evolution model than for the other datanf Maraston (2005). Moreover,
excluding it results into a much closer fit f([Z/H]) to the remaining data, which already
cover the metallicity range of the MCOs and the MWGC:s.

Note that stellar evolution only raises tiié/ L, ratio of a stellar population. Th&/ /Ly,
ratio of a13 Gyr old SSP therefore provides an upper limit for the/ L, ratio of a stellar
population with a certain metallicity and IMF, since stelmpulations cannot be much older
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Figure 2.9: The dependency of’y on Z for different SSPs. The origin and the IMF of the SSP
model are detailed in in the upper part of each panel. Theeguarrespond to the models for 9 Gyr old
populations and circles correspond to the models for 13 @&y88Ps. The lines indicate the interpolation
(eq. 2.12) between the data from the SSP models.

according to the current estimates on the age of the uniyesses ™18 Gyr; Spergel D. N. et al.
2007).

If the stellar population of a star cluster with metalliciy is similar to one of the modelled
SSPs, one would expett, to be close to the prediction from eq. (2.12) for thg Ly ratio at
AR

Tv|z, =~ Fi|z.

If the stellar PDMF and the age of the star cluster is knowragsumed) to be similar to one of
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the SSP models that were introduced above Antlas been measured;, of a cluster which
has the metallicityZ,, but is identical to the first one in all other respects candtierated:

Ty|z, ~ Bz X Ty|z. (2.13)

The division byF;| 7, is imposed by the condition that the estimate¥gr must not be changed
for Z1 = Zs. Yy |z, /Filz is the factor by which the theoretical prediction for the L ratio
of a stellar system differs from the value that is observete multiplication of these numbers
with F}|, is not necessary in principle, but it scales them by a cohsthi1.,, ratio such that
the predictedV// Ly ratio from an SSP model with metallicit¥, is expected to coincide with
an observed value, if the model is appropriate.

In order to eliminate the differences ifiy, that are caused by differences in metallicity
among the MCOs in the sample, we estimdte for them as it would be if they all had the
same metallicity. This can be achieved by settifigidentical for all objects while using the
measured for Z; in eq. (2.13):

Filz
T, = e
v Fiz

x Ty, (2.14)
where our (arbitrary) choice far, is the solar metallicityZ.. We refer to thelM/ /Ly ratios
calculated this way as the “normalisédl/ L ratios”, Ty ,. Note that a comparison of a whole
sample of values of observéd/ L, ratios to a single prediction for th&/ /L, ratio of a SSP
(as done in Fig. 2.10) becomes possible that way.

The values foff'y ,, turn out to be quite insensitive to the actual choice out efsitx sets of
parameters, b andc that encode different SSP models. This is due to the facthldtinctions
describing the dependency ®f, on Z are almost identical up to a scale factor for all the model
populations that are considered here, i.e. the d&tig, / F;| 7, is almost independent of the SSP
model chosen. This means that tlig , that are calculated here are very likely to be a good
representation of th&// L ratios the MCOs and MWGCs would have if all their stars hadrsol
composition, even if their PDMFs are different from all massctions discussed here.

However, the choice of the SSP model certaihgs an impact on the prediction for the
M/ Ly ratio of a population that completely fulfils the assumpsionade for the model: For
different models, the predictions on such a population wdnd different by about a factor of
Fi((Z/]))/ Fy([Z/H).

2.4.4 The normalised)M /Ly ratios of the MCOs and the MWGCs

The results fofYy , of the MCOs and the MWGCs assuming different SSPs are pexbsént
Fig. 2.10.

The general distribution of the plotted points in all six plnof Fig. 2.10 still closely re-
sembles the distribution of the points in Fig. 2.5, whichresent the same objects but with
their observedV// L ratios. However, the increase of thé/ L, ratios from the MWGCs to
the MCOs is less pronounced once the effect of the metallacitthe luminosity has been ac-
counted for, since the metallicities of the MCOs are usustipnewhat higher than the ones of
MWGCs (Fig. 2.7).

There is a large spectrum of values for flig ,, of the MCOs, ranging from= 2 M Lg}v

to ~ 15Mg Lg},. However, most of them lie between 3 M, L., and~ 7 Mgy L}
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Figure 2.10:Normalised mass-to-light ratid]y ,,, against mass for the MWGCs and MCOs based on
the assumption that their stellar population can be desgribith SSP models. The origin of the SSP
model, the assumed IMF and the assumed age of the SSP ardargibhencaptions in each panel. The
filled circles represeril’y, ,, of MCOs with measured, the open diamonds represent objects for which
Z was estimated from colour indices and open circles reptdd®¥iGCs. The dashed line indicates
Fi|z., i.e. theM /Ly ratio that the interpolation formula for the dependencyl’ef on Z predicts for
Zo, our reference metallicity. All points below that line havéowerY than the model predicts at their
metallicity, all points above it exceed the model predictidlaturally |7, is very similar to theM /Ly
ratios atZ. given in the actual models, where such a direct comparispossible. (Maraston (2005)
have data o'y for Zg, Bruzual & Charlot (2003) use different grid points).

This still covers a large range of values, but taking intooact that theY, ,, of individiual
MCOs typically also are uncertain within a range~ef2 M., L., to ~ 4 M L_}, it is not
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necessary to discuss physical reasons that could provisisdhtter. However, two extreme
outliers deserve more attention.

The first one of them is the faint MWGC NGC 6535, which Aas, ~ 15 M L}, with
large errors. As it is not only faint, but also fairly closeth® galactic centre (the position is
[ = 2718, b = 10° 44’ in Galactic coordinates), an accurate determination afaitus and
velocity dispersion may be difficult due to the contaminatrath foreground stars. Moreover,
its velocity dispersion has been derived from unpublishedsarements. We therefore exclude
it from Fig. 2.10.

The second outlier is the MCO S999 in the Virgo cluster (ldageet al. 2005), which is
the object with the largesfty, ,, in all panels of Fig. 2.10. If this rather high value is not due
to a flawed measurement, a scenario proposed by Fellhaueo&pidr(2006) might offer an
explanation. They proposed an enhancement of\thié.,, ratio of MCOs by tidal interaction
with the host galaxy. If this is indeed the case for S999, atfanvelope of stars may be
detectable around it. It is noteworthy that this model caly pnovide an explanation for the
Ty, for a few MCOs out of a larger sample, as it requires quiteifiparbital parameters.

A comparison of the predictions of the SSP models with solatatticity with the values
for calculatedY'y, ,, shows that the bulk of MWGCs and MCOs with masseg x 10°M,, has
lower Ty ,, than it would be expected based on the assumed SSP model&.3Fighmediately
reveals that these star clusters have relaxation timeshs&tiv a Hubble time, which means
that they are dynamically evolved due to their age. Thisltéstherefore in (at least qualitative)
agreement with the prediction by Baumgardt & Makino (2003) 8orch et al. (2007), who
expect, based on their numerical simulations, gL, ratio of a star cluster in a tidal field to
be lowered by dynamical evolution for most of its lifetime.

The MCOs however have a strong tendenchitgher A// L, ratios compared to the theo-
retical prediction for a SSP with the canonical IMF, evendal3 Gyr old population. There
is only one SSP model, where in most of the cases the modetejos for Yy, ,, is higher
than the actuall’y ,, of the massive MCOs. This is the model with a 13 Gyr old stedlap-
ulation which formed with a Salpeter-Massey IMF. For a 9 Gigr mopulation which formed
with a Salpeter-Massey IMF, there seems to be agreemenébetine model prediction faf
and the actual(y,. However, assuming that the IMF is truly universal and raaglthat the
stellar PDMFs of MCOs should still reflect their stellar IM&s their dynamical evolution is
slow, it can be concluded that the stellar population of tHed4 should be well described by
a SSP formed with the canonical IMF. The Salpeter-Massey dBlkates in the low-mass part
strongly from the canonical IMF and can thus be ruled outefabove assumptions hold.

It should be noted that the finding of observed Ly ratios being higher than the theoretical
prediction from a SSP model does not mean that the mass dunatithe chosen SSP model is
inappropriate. Likewise, an agreement between the obdéii/d., ratios and the prediction
from the SSP model does not mean that the assumed IMF is to@ewsider for instance the
presence of non-stellar black holes or non-baryonic DM eaMCOs, that lead to a rise of the
M/ Ly ratio unaccounted for by any SSP model. However, in case $ferBodel systemati-
cally overestimates th&// L, ratios of a sample of clusters, the model is certainly not@dgo
description for the stellar population of the clusters.

Evenifitis assumed that the MCOs only contain stars anthsteimnants, the significance
of the tendency for high€er'y ,, of the MCOs compared to SSPs whose IMFs agree with the
canonical IMF should still be discussed. The case of a 13 GYIS&P with the canonical
IMF from Maraston (2005) is of special interest and will tbiere be treated in detail, because
this is the model where the deviation of tifg ,, calculated for the MCOs from the theoretical
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expectation is the least pronounced. The valueSfor, agree in fact with the prediction from
the appropriate SSP model within the error for a large foactif the MCOs, as can be seen in
the middle right panel of Fig. 2.10. On the other hand, if teéte a sample, the MCOs which are
more massive thad x 10° M, still have a clear tendency for higher normalised Ly ratios
than one would expect from the SSP model.

A possibility to test whether a tendency is a significant dgen from an expectation is
Pearson’s test for the goodness of fit, as it is found in Bbhatteyya & Johnson (1977) (see
Appendix A.1.1). We apply this test on the MCOs more massdiam® x 10° M., under the
assumption that their values fdf, , would scatter just as much to higher values as to lower
values compared to the prediction f6, ,, from an appropriate model.

The result of the test is then that the probability for thenfdor an even more one-sided)
distribution of the values fofl'y, of the MCOs more massive thanx 10° M., around the
expected value for a 13 Gyr old SSP with a canonical IMF fromrddton (2005) is« 0.005.
The hypothesis that this SSP model can fully describe thegties of the MCOs can therefore
be excluded according to this test.

The reliability of this result can be doubted, because itas entirely clear whether the
sample of the 31 objects, for whidd > 2 x 10° My, is fulfilled, is large enough to apply
Pearson'’s test for the goodness of fit. Moreover, the obyeitisthe more uncertain metallicity
estimates from colour indices are included in this sample.

We therefore also apply the sign test, as described in Biattgya & Johnson (1977) (see
Appendix A.1.2), on the 13 MCOs with metallicity estimates line indices. The hypothesis
to be tested is that there is no significant difference beatwtbeir values forYy , and the
theoretical expectation assuming a 13 Gyr old SSP with artealdMF from Maraston (2005).
The probability that thé'y, ,, are larger than the theoretical expectation in 12 or moresces
0.002 according to this test, i.e. it is highly improbablattthe hypothesis is correct.

Both statistical tests thus suggest that stellar populatiodels cannot explain th¥// Ly
ratios as long as a canonical IMF is assumed, even for thermemiage the stellar population
could have in order to be consistent with the age of the usé&vaccording to cosmological
models. Note that Mieske et al. (2006a) suggest intermediges for the MCOs in the Fornax
cluster. The actual discrepancy between the true valued/fat, ratios and the SSP models
with the canonical IMF would then be larger than in the casewsed aboveThis means
that as long as the SSP models do not fail to describe redast@pulations, the MCOs either
contain additional non-luminous matter, or their PDMFs rhioe different from what one would
expect for a stellar system formed with the canonical IMF.

2.4.5 The normalised)M /Ly ratios of elliptical galaxies

We now compare thé// Ly ratio of elliptical galaxies and galactic bulges with thegtiction
for the M/ Ly ratio of a 13 Gyr old SSP with the canonical IMF according t® thodels from
Maraston (2005).

The metallicity estimate that enters the calculation of tbemalised)M /Ly ratio of the
elliptical galaxies and galactic bulges is based on resuitthe metallicities of galaxies from
the Sloan Digital Sky Survey obtained by Gallazzi et al. @00t is apparent from their data
that the metallicities of galaxies in a given total-steliaass bin are distributed over a range of
possible values (their figure 8 and table 2). In the presgmempshe median of this distribution
is taken as a representative value for the metallicitiehefdalaxies in that mass bin. The
metallicities of the elliptical galaxies and galactic besgn our sample as a function of their
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Figure 2.11:The 16th percentiles (lower open circles), the median &(fiked circles) and the 84th
percentiles (upper open circles) of the distributions @& thetallicities of galaxies in different total-
stellar-mass bins (Gallazzi et al. 2005). The lower dotieel the solid line and the upper dotted line are
our fits of eq. (2.15) to the 16th percentiles, the medianesahnd the 84th percentiles, respectively.

Table 2.6:Best-fitting parameters of eq. (2.15) if fitted to the medigs@ith percentiles) of the distribu-
tions of the metallicities of galaxies in different massdjias well as to the 16th and 84th percentiles of
these distributions. The required data on the metallidggritbutions is taken from Gallazzi et al. (2005),
their table 2.

Percentile a b c d
Median (P50) 0.29 3.06 —4.09 —0.267
P16 041 2.72 —4.37 —0.555
P84 0.13 1.78 —4.07 0.118

mass are calculated using the function

[Z/HKA@::@;HG&H(b{bg(loﬁg®>-+c}>—%d (2.15)

with parameters, b, c andd found in a least-squares fit to the median metallicities ¢dxgas
in total-stellar-mass bins between10? M, and~ 10'2 M., as given by Gallazzi et al. (2005).
The data from Gallazzi et al. (2005) as well as the fit to thershiswn in Fig. 2.11. The
best-fitting parameters b, c andd are noted in Tab. 2.6.

For the abundances of dSphs, it is assumed that their vabugsd/H] can be identified
with their values for £/H]. Iron abundances for most dSphs discussed here are igivéateo
(1998), except for And Il (McConnachie et al. 2005), And Xl¢®bnnachie et al. 2005) and
UMa | (Simon & Geha 2007).
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Figure 2.12:The normalised\//Ly ratios of all objects plotted in Fig. 2.5. The symbols areras i
Fig. 2. The stellar population model assumed for calcuatire normalised\/ /Ly ratios is the one
from Maraston (2005) for a 13 Gyr old SSP (i.e. the same SSRehamdfor the middle right panel of
Fig. 2.10). Black bars indicate for five of the elliptical gaies the range of normalised /Ly ratios
they would assume if their metallicity would vary betweer tidopted values for the 16th percentile
and the 84th percentile of the distribution of the metaiksi of galaxies with that mass. The dashed line
corresponds to the normalis@d/ Ly ratio expected according to the SSP model assumed for teetsbj
in this figure.

The normalised\// L ratios which are implied by the adopted metallicities far &liptical
galaxies, the galactic bulges and dSphs introduced in@e2tR are plotted together with the
normalised\// Ly ratios of MCOs and MWGCs in Fig. 2.12.

Gallazzi et al. (2005) find especially for low-mass galaxadarge spread for the distribu-
tion of their metallicities. To quantify the uncertaintiggat arise for the adopted normalised
M/ Ly ratios from the range of likely actual metallicities of ges, eq. (2.15) is also fitted to
the values from Gallazzi et al. (2005) for the 16th and 84tttgmtiles of the distributions of
metallicities of galaxies in different mass bins. The bdtnfj parameters, b, c andd can be
found in Tab. 2.6. Using these parameters, likely valuesafbigh and a low metallicity in a
given galaxy can be estimated depending on its mass anddbedawy normalised// Ly ratio
can then be calculated. In Fig. 2.12, the possible range mohalésed)/ /Ly ratios suggested
by the lower and the upper estimate of its metallicity is caded for five sample objects with
black bars.

It thereby becomes apparent in Fig. 2.12 that the spreadeofidhmalised\// L, ratios
of elliptical galaxies and galactic bulges cannot be exgdiby different metallicities alone,
but that at least one more parameter (e.g. the mean age o§tékar populations) must vary
among them as well.

Consider the elliptical galaxies and galactic bulges wlith highest normalisedi// Ly ra-
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tios. Given the adopted range for their likely metalliciti¢he range of\// Ly ratios possible
for them is inconsistent with the prediction for their notised M/ / L, ratio from a model for a
13 Gyr old SSP from Maraston (2005); especially for the disj@gth high dynamical masses.
This suggests, as for the MCOs, an IMF different from the o@a IMF for their stellar pop-
ulations or the presence of additional (gaseous or nonebaymatter in them.

2.5 Discussion

2.5.1 Howreliable are the SSP models?

The results that have been obtained in Section 2.4.1 anegtyrbased on the reliability of SSP
models which are in turn based on the reliability of evolo#iny stellar models. However, the
reliability of these models cannot be taken for grantedhaddifferences between the models
from Bruzual & Charlot (2003) and Maraston (2005) alreadyicate.

Another issue that may hint at difficulties with the SSP medelthe relation between the
iron abundance and the colour indices they suggest. Thisnes apparent when using them
to predict [Fe/H] of the MCOs in Centaurus A from their colsuihis can be done by setting
up alternative equations to egs. (2.8) and (2.9) by fittingrjpolation functions to th&/” — I)-
[Fe/H] value pairs and théB — V)-[Fe/H] value pairs given by the SSP models (i.e. as in
Section 2.4.3 for a relation between the metallicity andihéd. ratio). Fig. 2.13 shows that a
good fit between the data and the interpolation can be aahigite functions of the form

[Fe/H]vnssp = a(V —1)+b(V —1)"+c (2.16)

for the(V — I) colour index and analogous for th& — V') colour index. The subscribt SSP in
eg. (2.16) is supposed to indicate that these estimate&ddr] from colour indices are based
on SSP models, in contrast to the estimates for [Fe/H] frosn @38) and (2.9), which are based
on observations of the MWGCs.

In Fig. 2.14,[Fe/H] v _1) ssp is plotted againsfFe/H]z_v)gsp for the objects in Centau-
rus A. Each panel represents a choice of the SSP model whaslsigned to represent the stellar
population of the objects in Centaurus A best. There are éatufes of the distribution of the
data, which are remarkably little affected by that choicée Tirst one is the undeniable ten-
dency for[Fe/H|v_pssp < [Fe/H|z_vyssp. The second one is that the spread of the values
for [Fe/H]v_pssp is larger than the spread of the values iés/H] 5y ssp. However, if one
of the SSP models is an adequate description for the actird BSCentaurus A, no systematic
difference between the two estimates for [Fe/H] from thi® $®del would be expected.

One could therefore come to the conclusion that none of ther8&dels considered in this
paper reflects the actual stellar populations of the objec@entaurus A. Note however that
neither assuming an age o€ yr nor considering a different horizontal branch morpholagyy f
the models from Maraston (2005) can enhance the concordetaeenFe/H)s_y) ssp and
[Fe/H]v_n) ssp for the objects in Centaurus A. This could be evidence of thadard SSP
models failing to give a detailed and accurate descriptforal stellar populations in principle.
Xin et al. (2007) claim that this might indeed be the case ag ks SSP models are only based
on the evolution of single stars but neglect the existenddus stragglers, which are thought to
be products of stellar interactions. Given the complex dbuace patterns in resolved massive
star clusters, it also seems well possible that the obsdinezyrated) B — V') and(V — I)
color indices of the objects in Centaurus A can only be repced by stellar population models
which account for an age and metallicity spread of the stars.
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Figure 2.13:The relation between colour indices and [Fe/H] accordin§$® models. The right panels
show [Fe/H] against théV — I) colour index while the left panels show [Fe/H] against {iz— 1)
colour index. Squares show the data for 9 Gyr old populati®he dashed line is the fit to them. Circles
show the data for 13 Gyr old populations. The dotted lineefittto them. The thin solid lines represent
the relations that have been established for MWGCs by Baehby (2000). Out of the SSP models by
Maraston (2005), the case of a red horizontal branch is sliwms figure. This morphology is said to
reflect the horizontal branches in most of the metal-rich @b therefore seems to be an appropriate
choice for the MCOs, which show similar metallicities if nsesed.

An alternative explanation for the inconsistency betwi@eypH| 51 ssp and[Fe/H] v _ 1) ssp
could be a so far unidentified observational bias in the qotdaservations of the objects in
Centaurus A. This notion is made attractive by the finding #pglying the observed relations
egs. (2.8) and (2.9) for the estimation of [Fe/H] lead§9'H]y_ ) ssp < [Fe/H]p_v)ssp for
the MCOs in Centaurus A as well (Fig. 2.6). If the differenegvieen the metallicity estimates
from egs. (2.8) and (2.9) was, for instance, caused by arsgsieerror to thé B — V') colour
indices, their offset from the trugB — V') colour indices would be- 0.1 dex.

Considering both the inconsistency of the iron abundaneeised from the different colour
indices by using the SSP models and the noticeably diffpredictions of different SSP models
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Figure 2.14:A comparison betweeffe/H|5_y ssp and[Fe/H],_p) ggp for the objects in Centau-

rus A (Tab. 2.2 and Tab. 2.4). The values are estimated by tisefits to the data from the SSP models
plotted in Fig. 2.13. The dashed line indicates equalityathlestimates for the iron abundances. If there
was no systematic difference between them when appliedetolifects in Centaurus A, the distribution
of the data would follow these lines. Errors to the plotteth{are not shown. They are probably gov-
erned by the errors to the colour measurements (which ameowrkto us) and by a mismatch between
the SSP models and the real stellar populations of MCOs fwikito be shown by this figure), but not
by the errors to the interpolations plotted in Fig. 2.13. ffer SSP models from Maraston (2005), a red
horizontal branch is assumed. However, this does not haversgampact on the distribution of the data

in the according panels of this figure.

on theM /Ly ratio of the same population, it still seems possible thatehhancement of the

M/ L ratios of the MCOs compared to the theoretical predictiamsSSPs with the canonical
IMF is due to a failure of the SSP models.
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2.5.2 How reliable is an estimate of [Fe/H] from colour basedn observa-
tions?

The alternative to estimating [Fe/H] from colour indiceséad on a SSP model is the approach
chosen for this paper, namely using a relation between [JFaiH colour indices that has been
established on a sample of observed star clusters, suclsag2e) and (2.9). But just like
the estimate of [Fe/H] by using SSP models, this approaclotsinproblematic, as will be
discussed here.

It is helpful to define two terms for the further discussiore ¢éll the sample of objects for
which the relation between [Fe/H] and colour was estabtishe “calibration sample”. The
sample for which only colour indices are measured and wheredlation between [Fe/H] and
colour is used for a metallicity estimate is called the “ergample”. In our specific case, the
MCOs in Centaurus A are the target sample and applying ed®. 42d (2.9) on them makes
the MWGCs the calibration sample.

There are two problems, that are generally attached to anastof the iron abundances
from the colours of objects in a target sample based on oatens of an calibration sample.
Firstly, it has to be assumed that the objects in both santyzles at least typically the same
PDMFs for shining stars and the same ages. If this is not the, ¢his method is likely to fail
because colours depend on these parameters as well as diicityeta

Secondly, relations such as egs. (2.8) and (2.9) are fatig formulaeto a data sample
with scatter. However, if these relations are applied toothjects in the calibration sample, the
resulting estimates for [Fe/H] lie in the same parametecspa the values for [Fe/H] from line
indices. The same is true if the calibration sample and tlgetaample are indeed comparable.

As a test whether the MWGCs are a good choice for the caldraample for the MCOs
in Centaurus A, the values f¢Fe/H](V_I) from eq. (2.8) are compared to the values for the
estimates of the iron abundances from line indices (anddivastly linked to a observed iron
content in the star clustersye/H] ... The published data (see Tab. 2.3) allow such a compari-
son for the ten objects plotted in Fig. 2.15.

There is no significant trend fgFe/H] ;) to be larger or smaller thalire/H] ., as the
application of the sign test (Bhattacharyya & Johnson 1#ppendix A.1.2) shows. Under
the hypothesis that there is no significant difference betwhe two values, the probability for
having only four or less out of ten witlire/H] , . > [Fe/H],_; is 0.377. A result as the one
plotted in Fig. 2.15 is therefore quite probable. From tlompof view it seems justifiable to
apply eqg. (2.8) on the MCOs, although it was originally fittedhe MWGCs.

Recall however thaft'e/H] /) is systematically higher thalie/H] ,,_,, for the objects
in Centaurus A (Fig. 2.6). Since we adopt the meajt'eft],,_,, and[Fe/H] , ), [Fe/H] of
the clusters in Centaurus A will be overestimatefif/H],,_,, reflects their true abundances
well. This is a conservative choice in our case, because lzehigstimate for [Fe/H] leads
to a lower estimate fofl'y, ,. We arrived at the result that a SSP model with the canonical
IMF underpredicts the\// Ly, ratios of the MCOs nevertheless, this therefore being astobu
conclusion.

2.5.3 The impact of a wrong estimate of [Fe/H] on the compar@n of the
dynamical M/ Ly ratios with the SSP models

As the metallicities of the MCOs may be subject to systen@tiors, it makes sense to discuss
the impact of a wrong metallicity estimate on our claim theg// L, ratios of the MCOs are
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inconsistent with the predictions from SSP models with tnreomical IMF. We discuss one case
in detail in order to give an impression how this affects @asults.

Suppose the objects in the calibration sample are well destby a SSP with the same
mass function, but that the target sample is younger thaodligration sample. The colour of
the objects in the target sample is then bluer than it woulidithey were of the same age as the
objects in the calibration sample.

When relations like egs. (2.8) and (2.9) are applied in ci@estimate the iron abundance, it
is implicitly assumed that the stellar populations of thgeots in the target sample are the same
as the ones in the calibration sample. The estimates fordheabundances are therefore too
low if the target sample is younger than the calibration damgecause of the age-metallicity
degeneracy (Worthey 1994). As a consequenceYthgcalculated from eq. (2.14) is too high,
since the denominator on the right side of eq. (2.14) onlyehses with decreasirng due to
the exponential nature of eq. (2.12).

However, the prediction foly ,, made by a SSP model increases with the assumed age of
the SSP. The expectation for thg, , of the objects in the target sample is therefore also too
high, if they are compared to an SSP model which is, concgith@assumed age of the objects,
more appropriate for the objects in the calibration sampleus, the error that is made in the
estimation of the values fo/J/H] of the objects in the target sample by assuming a common
age for all objects tends to balance the error that is madeahebjects are compared to the
same SSP model.

An analogous argument can be found if the objects in the tagmple are depleted in
low-mass stars compared to the objects in the calibratiorpba In this case, it is the scarcity
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of low-mass stars that makes the objects in the target saoiyre and thereby leads to a too
low metallicity estimate for them. The resulting too highimste for Yy ,, for these objects
is compensated if they are compared to a SSP model with adplilption of low-mass stars
(which are faint and therefore enhance fti¢ L ratio of the stellar population).

The reverse argumentation can be applied to objects witlglzehiage or more low-mass
stars than the objects in the calibration sample.

It thereby seems that, also for objects with metallicityreates from colour indices, find-
ing the values forfl'y , above the expectation from the SSP model really is an inolidat
additional non-luminous matter in the object.

2.5.4 Implications of a high /Ly -ratio in the MCOs

Two explanations for the systematic enhancement of\thié,,; ratios of the MCOs more mas-
sive thar2 x 10° M., compared to the predictions from SSP models with the canbhitF- are
possible.

The first possibility is that the massive MCOs are embedd&Mrhaloes, as proposed by
Hasegan et al. (2005). However, for MCOs with small effextiadii and high\// L, ratios,
the mean density of the DM within five half-light radii wouldVe to be betweeh M pc—3
and10 M., pc2 in order to have the observed impact on their dynamics. Adgphe universal
DM density profiles as they are predicted by standafd>M cosmology (Navarro et al. 1997),
only DM haloes with masses @6'? M, or more could accumulate enough DM in their central
parts.

The alternative to suggesting non-baryonic DM in the MCO®igive up the notion of a
universal IMF for all stellar populations. Such an alteiveatMF would either be over-abundant
in low-mass stars with high// Ly ratios (bottom-heavy IMF), see Mieske et al. (2007), or ever
abundant in massive stars (top-heavy IMF). The latter pdggiwould imply a high number of
dark stellar remnants in an old stellar population. Esplgcatop-heavy IMF seems attractive,
since it is also suggested by models for galaxy evolutiog. (Baugh et al. 2005; Nagashima
et al. 2005; van Dokkum 2008) or GC evolution (e.g. D’Anton&Cé&loi 2004; Prantzos &
Charbonnel 2006). These issues will be examined in morel deta forthcoming paper (see
Chapter 3).

2.5.5 On the nature of MCOs

Apart from the finding that the MCOs more massive tltar 10° M., are in disagreement
with the expectations for theiv// Ly ratios according to SSP models with the canonical IMF,
the increase of typical radii at about the same mass is plpbabmost intriguing observation.
This raises the question whether the massive MCOs (mostbgified as UCDs in the literature)
constitute a population different to other populationsteflar systems as far as their origin is
concerned. This question is of special interest for thetimiadbetween massive MCOs and
GCs, since the seemingtpntinuougise of the mean radius above® M., makes the notion of

a single population of objects attractive (single popolain the sense of a common scenario
that leads to their formation). In this case, the evolutibeuxh an object must be different at
very high masses in order to account for the increase of sadith mass. A possible reason
for this could be a dependency of star formation on gas de(wiltich increases with mass for
objects with the same extension, consider e.g. the MWGCsgnZ4). If this dependency
would lead to a greater mass loss during the lifetime of thetel, it could explain the greater
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extensions because mass loss enlarges a star cluster. iBlpessimple would be a top-heavy
IMF in very dense star forming regions, which would causerangfer mass loss by type Il
supernovae.

On the other hand, there have been efforts to design modslsah specifically reproduce
the parameters of UCDs. One of these models is the scenafelthauer & Kroupa (2002a)
that UCDs are the merger of massive cluster complexes aganets be forming in massively
interacting galaxies. Another one is the scenario by Bek&l.€2003) and Goerdt et al. (2008)
that UCDs are the cores of nucleated galaxiesinder the condition that GCs form in the
collapse of a single molecular cloud, objects that were &tnim one of the above scenarios
would indeed be of a different origin. This would offer natbexplanations for the masses and
the radii of those objects to be larger than for typical G@ghls case, UCDs and GCs are two
different populations that mix in the mass interval fraft M, to 107 M, because both kinds
of objects formed in intense starbursts that converted dasiamount of gas into stars.

A question connected to the issues discussed here is wheithexpedient to discriminate
the MCOs into UCDs and GCs. We think that this distinction banustified. It clearly makes
sense if UCDs really formed in a different way than GCs. Buatisb makes sense in the case
that GCs and UCDs were initially formed in the same way, tliasraprinciple to be considered
as the same class of objects as far as their origin is cortemmnehis case, “UCD"would be a
useful term to emphasise the peculiarities, for exampldnitjeer relaxation times, which very
massive clusters usually show in comparison with their toass counterparts. Thus, UCDs
could bedefinedas those compact stellar systems, which have relaxatiastlonger than a
Hubble time and thereby are (almost) collisionless systemhis time scale. This definition
is the same as the one proposed by Kroupa (1998) for a distncetween star clusters and
galaxies, i.e. UCDs are galaxies in that sense.

Also G1 andw Cen are classified as MCOs instead of GCs in this paper, becdbe
spread that their stars show in [Fe/H] Cen certainly and G1 presumably). Peculiarities in
element abundances can in principle be another way to gisate UCDs from GCs by obser-
vational parameters. However, the MCOs in other galaxytefasannot be resolved into stars
with the current instrumentation. A similar pattern of tiiemical composition of their stars as
in the MCOs in the Local Group can for this reason only be pre=siiso far, but not be proven
in the near future.

2.6 Conclusions

In this paper, a sample of compact stellar systems covdmmgransition from globular clusters
(GCs) to ultra compact dwarf galaxies (UCDs) and referredganassive compact objects
(MCOs) in this work, is compared to other dynamically hotlatesystems. Moreover, the
M/ Ly ratios of the MCOs and the Milky Way GCs are compared to ptextis from models
for stellar populations. Our main conclusions are as fatlow

Departing from radii typical for GCs, which are constanthwitass, greater extensions are
correlated with higher masses for dense stellar systeme massive tham(0° M. A strong
increase of the median two-body relaxation time with matisasatural consequence. We also
find that stellar densities peak at a mass neanl...

SNote that the scenario Bekki et al. (2003) proposes is iristars with ACDM-theory, because it has to assume
that the DM haloes of the progenitors of the UCDs are coreausof cusped.
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Dwarf spheroidal galaxies (dSphs) take on a special posimong dynamically hot stellar
systems. This is especially apparent from their dynamic¢dl.,  ratios, which are in some
cases higher by one to two orders of magnitude than for angr athinamically hot stellar
system. Also note the large spread of ¢ L, ratios of the dSphs, which would imply very
different DM densities in the visible parts of different dfSp if the dSphs were in dynamical
equilibrium. It therefore seems improbable that the mas$etSphs can be determined by
simple application of Jeans’ equations.

The fact that compact stellar systems with < 75 mostly have a much loweY//L ratio
than systems with,.;, > 75 appears to be qualitatively consistent with Baumgardt & Mak
(2003) and Borch et al. (2007). They state that dynamicdléiem lowers thel// L ratio of star
clusters in tidal fields compared to dynamically unevolvksiers for most of their lifetime.
Dynamical evolution is slow for UCDs, as their high relagattimes indicate, and consequently
the decrease of the// Ly ratio by this process is slow as well. Moreover, the slow dyital
evolution leads to the stellar present-day mass functiomgb&most identical with the stellar
initial mass function for main sequence stars. We also fabatthe assumption of a population
of old coeval stars in each massive MCO probably constitutgsod approximation to their real
stellar populations.

Taken together, the lack of dynamical evolution and theavaage spread of the stellar pop-
ulations make a comparison between the MCOs and theoretiedictions from SSP models
with widely used IMFs reasonable. The SSP models also atbosctount for the differences
due to the different metallicities of the MCOs. The limitifagtor here is, if the reliability of the
SSP models is taken for granted, the only rough knowledgbheoétement abundances in the
MCOs. It turns out that the dynamic®l/ L ratios of the MCOs more massive thar 105 M,
have a significant tendency to be even higher than the prexscof models for very old stellar
populations, provided the IMF is chosen in agreement to bisekvations of stellar populations,
where at present times low-mass main-sequence stars casdiead (i.e. populations in the
Milky Way and in objects in its immediate surroundings, sastthe Magellanic Clouds).

It was shown however, that the SSP models that were usedda@stimate of the expected
M/ Ly ratio of the MCOs cannot produce consistent [Fe/H] estimftethe objects in Centau-
rus A from the different colour indices measured for themisdoses the question whether the
SSP models in their current state (e.g. without binary exa) are truly reliable. On the other
hand, if the predictions for th&// L ratios from the SSP models are correct, the discrepancy
between them and the dynamicdl/ L ratios observed in the MCOs suggests that the more
massive MCOs contain DM or that the stellar IMF in some stedisstems is different to the
ones of resolved stellar populations. Both possibilitidslve studied in follow-up papers.

Summarising~ 10° M, is a critical mass-scale at which the system length-scajinbe
to increase, the highest stellar density is reached, theatbn time becomes comparable to a
Hubble time and evidence for dark matter appears.
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Chapter 3

A top-heavy stellar initial mass function in
starbursts as an explanation for the high
mass-to-light ratios of ultra compact dwarf
galaxies

J. Dabringhausen, P. Kroupa, H. Baumgardt, 2008RAS, 394, 1529

Abstract;

It has been shown recently that the dynamiéadband mass-to-light ratios of compact stellar systems
with masses from0® M, to 108 M, are not consistent with the predictions from simple stedayp-
ulation (SSP) models. Top-heavy stellar initial mass fiomst (IMFS) in these so-called ultra compact
dwarf galaxies (UCDSs) offer an attractive explanation fus finding, the stellar remnants and retained
stellar envelopes providing the unseen mass. We thereforgtract a model which quantifies by how
much the IMFs of UCDs would have to deviate in the intermediatss and high-mass range from the
canonical IMF in order to account for the enhanddd Ly ratio of the UCDs. The deduced high-mass
IMF in the UCDs depends on the age of the UCDs and the numbeiirgfgroducts of stellar evolution
retained by them. Assuming that the IMF in the UCDs is a tlpae-power-law equal to the canonical
IMF in the low-mass range and taking 20 per cent as a plaushmé&e for the fraction of the remnants
of high-mass stars retained by UCDs, the model suggestxpiament of the high-mass IMF to be 1.6
if the UCDs are 13 Gyr old (i.e. almost as old as the Universey d.0 if the UCDs are 7 Gyr old, in
contrast to 2.3 for the Salpeter-Massey IMF. If the IMF watogsheavy as suggested here, the stability
of the UCDs might have been threatened by heavy mass lossdddy the radiation and evolution of
massive stars. The central densities of UCDs must have bebe rangel06-107 M, pc—3 when they
formed with star formation rates of 1®0 Mg, yr—!.
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3.1 Introduction

Ultra compact dwarf galaxies (UCDs) are stellar systemshickw10® M, to 10® M., of gas
were converted into stars within a volume of some ten pc imdiar (Hilker et al. 1999;
Drinkwater et al. 2000, 2003; Phillipps et al. 2001; Hagegaal. 2005). If UCDs are es-
sentially the massive end of the globular cluster sequeliteske et al. 2002, 2004; Forbes
et al. 2008), then this must have happened within a few Mythab the star formation rate
would have been 10-100, yr~!. Indeed, the enhancementdnelements, that Evstigneeva
et al. (2007) found in most of the UCDs they examined, suggasthort time scale for the
formation of their stellar populations. Taken togetheestproperties indicate that UCDs once
were among the most extreme star-forming regions in thecusgy

A fundamental function underlying star formation is thdlatanitial mass function (IMF),
£(m),

dN o &(m) dm, (3.1)

wheredN is the number of stars with initial masses betweeandm + dm. The IMF is the
parent distribution for the mass functions of stars in stasters (Kroupa & Weidner 2003).
These mass functions are subject to statistical scatterg@ieen 1997; Kroupa 2001) and have
an upper mass limit determined by the mass of the gas clouaf @utich the star cluster formed
(Weidner & Kroupa 2006).

One of the most debated questions concerning the IMF is whétfs universal, i.e. inde-
pendent on the conditions under which star formation takssep This is not expected from a
theoretical point of view. Adams & Fatuzzo (1996) and Lar§b®98) suggest an increase of
the characteristic masses of pre-stellar cloud cores witeasing ambient temperature. Mur-
ray & Lin (1996) discuss interactions of pre-stellar clunigeding to mergers as a process in
star formation. Their model predicts an increase of the nségllar mass with the density of the
star-forming region. At the transition from massive glandlusters (GCs) to UCDs (i.e. in the
mass range betwedii® and107 M), encounters between pre-stellar clumps must have been
particularly important. Only about 100 times the diametiethe orbit of Neptune is available
for the mean distance between stars in the central partsmé sbthese high-mass GCs or low-
mass UCDs (see fig. 4 in Dabringhausen et al. 2008). If expardiie to mass-loss through
gas expulsion and stellar evolution played a role during gfauth, then the densities of UCDs
would have been even higher at their birth.

On the other hand, all observedsolvedstellar populations are consistent with having
formed with the same IMF. ThisanonicallMF can be formulated as a two-part power law,

E.(m) = kym ™, (3.2)
with
1.3 01< 2 <05
1 ) ~ M@ )
m
—923 0.5 < 1 < Mipna,
%) ; S S m

wherem,,., is a function of the natal stellar mass of an embedded stateslat the time when
star formation is over angl. = 0 for m > my., (Kroupa 2001, 2008). The factoks ensure
that the IMF is continuous where the power changes.

During the past years suggestions for the IMF not being usalebut over-abundant in
high-mass stars (top-heavy) under extreme condition® hesumulated for different types of



76 CHAPTER 3. HIGH M/L-RATIO THROUGH TOP-HEAVY IMF

stellar systems. These include galaxies (e.g. Baugh ed@b,Nagashima et al. 2005 and van
Dokkum 2008), the Galactic bulge and centre (e.g. Balleral.e2007 and et al. 2007) and
Galactic globular clusters (e.g. D’Antona & Caloi 2004 amdrRzos & Charbonnel 2006).

Especially Milky Way globular clusters (MWGCs) have beeamined closely. Their stel-
lar mass functions might have been altered strongly by easigual gas expulsion (Marks et al.
2008) and stellar and dynamical evolution Baumgardt & Makifi03; Borch et al. 2007; Krui-
jssen 2008; Kruijssen & Lamers 2008), but the observationdif/idual stars in the MWGCs
can still give clues on their IMFs; namely by interpreting tomplex patterns of the element
abundances in MWGC stars (e.g. the Na-O anti-correlatexGratton et al. 2004 for a review
on the composition of MWGC stars). These peculiarities arelly taken as evidence for self-
enrichment, meaning that the last stars that formed in &péat MWGC contain material that
has been processed by stars that formed earlier in the sastercl

Different theories on how exactly the process of self-dmment took place have been
brought forward: the metal-enrichment in subsequentastgiénerations could be caused by
the ejecta of massive asymptotic-giant-branch stars, ggested e.g. by D’Antona & Caloi
(2004) and D’Antona et al. (2007), or by the winds from veryssige stars, as suggested e.g.
by Prantzos & Charbonnel (2006) and Decressin et al. (20081 both approaches require a
top-heavy IMF, although residual gas expulsion from maggegated clusters alleviates this
need (Decressin et al. 2008).

It was shown e.g. in Dabringhausen et al. (2008) and Forbat é2008) that GCs and
UCDs do not constitute two clearly distinguishable popals, if a sample that covers the
whole mass interval from GCs to massive UCDs is considerdis Juggests a close relation
between GCs and UCDs. It therefore seems well possiblehibgteéculiarities in the element
abundances that are found for stars in massive MWGCs coulcehde present in the even
more massive UCDs. But the only nearby objects that may bsidered as UCDs and can
(like the MWGCs) be resolved into individual stars ar€en and (at least to some extent) G1
in M31. Such observations indeed show the stellar contetitase most massive star clusters
(or low-mass UCDs) to have a spread of metallicities and égygs Meylan et al. 2001, Kayser
et al. 2006 and Villanova S. et al. 2007).

However, there is an alternative way to set constrains otMifrs of the UCDs, namely by
the comparison with simple stellar population (SSP) madésious authors thereby found that
the UCDs tend to have higher dynamidalband mass-to-lightA//L,/) ratios than expected
for any possible stellar population that formed with theardoal IMF (Hasegan et al. 2005;
Hilker et al. 2007; Rejkuba et al. 2007; Dabringhausen e2@08; Mieske et al. 2008)).

This result could indicate the presence of non-baryonik daaitter (Hasegan et al. 2005;
Baumgardt & Mieske 2008). However, Murray (2009) argues liméh numerical simulations
and observations of dwarf spheroidal galaxies hint to daakten densities that are far too low
to influence the dynamics of UCDs. This strengthens the ndtiat the high\// L,  ratios of
the UCDs are the consequence of an IMF different from the migabone. Mieske & Kroupa
(2008) discuss an over-abundance of low-mass stars (iees with highM /Ly ratios) as a
possible cause for the highf/ L ratios of the UCDs. They make testable predictions based on
the CO-index (Kroupa & Gilmore 1994). Complementary to ttagiproach, this contribution
is dedicated to top-heavy IMFs as an explanation for the higli, ratio of the UCDs, which
is in this scenario the consequence of a large number of nreimfram burnt-out stars in them.
The possible need for a top-heavy IMF also in the context efelement anti-correlations in
massive GCs, as outlined above, makes this approach partycattractive.

This paper is organised as follows. In Section 3.2, the datgte used in this work is intro-
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duced. Section 3.3 describes the model that is constructetid stellar populations in UCDs.
The results suggested by this model for the IMF of interntedimass and high-mass stars are
presented in Section 3.4. Some implications of these eauvdt discussed in Section 3.5. We
summarise and conclude in Section 3.6.

3.2 The data sample

The present paper is based on the data of GCs and UCDs conmpiNgeske et al. (2008), their
table 5, because the chosen sample fulfils two requirememtsssary for what is done in the
present paper:

1. Estimates for thdynamical maskave to be available for the objects.
2. Estimates of the global metallicity of the objects havbeagossible.

This sample is currently the largest and most updated saaipte kind. We note however
that the results in Dabringhausen et al. (2008) are quaktgtunchanged, although the present
sample has been revised and enhanced compared to the shayplese.

The term 'dynamical mass’ refers to a mass estimate thasisdoan the velocity dispersion
of the stars in the stellar system (derived from spectra Widths) and the spatial structure
of the stellar system (see Hilker et al. 2007 for details).e Thass estimates are therefore
independent from the observed total luminosities of thkssteystems.

The metallicities of the stellar systems are of importarmetie present paper because of
their influence on the luminosity of stellar populations. adnng them is therefore essential
for creating models of stellar populations with a cert&dri Ly ratio, which is the focus of the
present paper.

Besides newly estimated quantities, table 5 in Mieske €2808) also comprises numbers
that are taken from the previous literature, as documemtéukir paper for the masses but not
for the metallicities. Details on the origin of the metallycestimates for objects with masses
> 2 x 10° M, are given in Tab. 3.2 of our paper. When Mieske et al. (200&eheir own
metallicity estimate from thél” — I') colours of the stellar systems they use the relation

[Fe/H] = 3.27(V — I) — 4.50 (3.3)

(eq. 4 in Kissler-Patig et al. 1998). This has been done foolgkcts in their sample with
masses< 2 x 10° Mg, unless the stellar systems are MWGCs for which the meitidticare
taken from Harris (1996) (private communication with S. bke).

Following Mieske et al. (2008), we take an estimated mass af x 10° M, as an easy-
to-handle criterion to categorise a compact stellar systeaUCD instead of a GC. This mass
marks quite well the transition from objects with GC-likeoperties to objects with UCD-like
properties (Maraston 2005; Mieske et al. 2008; Dabringbau al. 2008), including the on
average distinctively higheY// L, ratios of the more massive objects. Note that the two-body
relaxation time exceeds a Hubble time for systems largerzhal0® M., (Mieske et al. 2008),
which has been proposed as the defining property to disshggalaxies from star clusters
(Kroupa 1998; Dabringhausen et al. 2008).
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3.3 A model for the stellar populations of the UCDs

We now construct a model for the stellar populations of th&d@nder the assumption that the
deviations of theit\// Ly ratios from the theoretical expectation for the/ L, ratio of a stellar
population with the canonical IMF are caused by an IMF thaiegfor intermediate-mass and
high-mass stars. The actual shape of the IMF in the UCDs ¢d®especified from resolved
stellar populations so far. The purpose of the following tterefore only be to give an idea by
how much the IMF must deviate from the canonical IMF in oradeat¢count for the mismatch
between observations and theoretical expectations favthe, ratio of the UCDs.

3.3.1 The model ingredients

The problem of modelling a stellar population with\a/ L, ratio equal to an observed value

can be formulated as \

Y, =0 3.4

Lm 14 ) ( )
where M, is the total mass of the model populatidn, is its luminosity in thel/-band and
Ty is the observed// Ly ratio of a stellar system\/,, and L,, depend on various parameters,
such as the assumed age of the population, the shape of itantlithe chosen model for stellar
and cluster evolutionL,, additionally depends on the metallicity. These dependsnaill be

formulated below, along with the assumptions that are madth& model presented here.

The IMF

The IMFs of the UCDs are connected to their present-day masgibns in the simplest way
possible, because of their median two-body relaxationdjmeg, which are of the order of a
Hubble time or larger (Dabringhausen et al. 2008; Mieské. 20#®8). The timescale on which
a stellar system dissolves depends on the tidal field stnebgt can be expected to be many
.1, SO that the stellar populations of UCDs are practicallyltened by dynamical evolution.
This stands in contrast to GCs, whaseare much shorter and therefore can have experienced
significant dynamical evolution since their formation (at®e Section 3.4.2).

We introduce a family of IMFs for the model stellar populatoof the UCDs:

Epi(m) = kym™, (3.5)
with
m
=1.3 01 <—<05
651 ) = M@ < )
m
=2.3 0 < —<«1
(8% ) = M@ )
m
R 1< < max
Qa3 € , < M® <m

wherem,,.. is the upper mass limit for stars. These IMFs will be refeteéds the 'three-part
power-law IMFs’. They are equal to the canonical IMF excepttheir slope abové M. We
assume that the UCDs have formed with a three-part powe\tw

Upper mass limits of00 M, and150 M, are considered. The upper mass limit 66 M,
equals the upper mass limit assumed in the simple stellaslpopn (SSP) models which are
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used in this paper (see Section 3.3.1). These are the saltae ptgulation models Dabring-
hausen et al. (2008) took as a reference when they foundi®at t L, ratios of a significant

majority of the UCDs tends to be higher than model predi&ifor the canonical IMF. This

mass limit is however not in agreement with the upper massflanstars in very massive star
clusters given by Weidner & Kroupa (2004), Oey & Clarke (2p8bd Figer (2005), which is
close to150 M. Therefore this more realistic upper mass limit is congdeas well. It turns

out that the results are affected surprisingly little by dpger mass limit of the IMF (Figs. 3.2
and 3.4 below).

Note that the lower mass limit of the IMF neglects the exiséeaf brown dwarfs. This is
probably unproblematic, since Thies & Kroupa (2007) shotrad a combined mass function
of brown dwarfs and stars shows a discontinuity. In the chaethe low-mass IMFs of the
UCDs are comparable to the ones in Galactic open star ctugerassumed to be the case
here), their results suggest that brown dwarfs contribotg @ few percent to the total mass of
the UCDs.

The formulation of the IMF in UCDs given in eq. 3.5 attributepossibly enhancetl / Ly
ratio of a UCD solely to a top-heavy IMF, i.e. to a large popiola of stellar remnants that
would have to be expected in such a case. Note however thatsgenption of a bottom-
heavy, Salpeter-Massey-like IMF in UCDs is currently anadtywalid approach to explain their
M/ Ly ratios (cf. figure 10 in Dabringhausen et al. 2008). Obsematto test the hypothesis
of a bottom-heavy IMF in UCDs using a method proposed in Mee&kKroupa (2008) are
underway.

Simple stellar population models

A simple stellar population (SSP) is defined as a populati@tars of the same age and metal-
licity. Various authors have set up grids of models of suchypations, e.g. Bruzual & Charlot
(2003) and Maraston (2005). The alteration of the stellassrianction due to dynamical evo-
lution is not considered in these grids; only stellar evoluthanges the mass spectrum of the
stars in the model populations.

The most closely examined object in the sample of UCDs useg] heCen, is known to
have several stellar sub-populations of different agesnagigllicities, i.e.w Cen is not a SSP
(e.g. Hilker & Richtler 2000; Hilker et al. 2004; Villanova. &t al. 2007). Still, the sub-
populations inw Cen can all be characterised as old and metal-poor. Taki@gn in this
sense as representative for the UCDs, we assume that g&l&r populations are composed of
different sub-populations, but that these sub-populatemesimilar enough to describe each
UCD as a single SSP for the purpose of this paper. Also notesteiar-encounter-driven
dynamical evolution is negligible in the UCDs (Dabringhan®t al. 2008). A disagreement
between the SSP models and the observations can in thidbkghterpreted as being caused by
assuming the wrong IMF.

The SSP models of Bruzual & Charlot (2003) and Maraston (R@iffer by the stellar
evolutionary models used to calculate the luminosity ofrttealelled population as well as the
total mass assumed for this population. Bruzual & Charl60@ assume a somewhat higher
mass-loss rate for the stellar populations (Maraston 2@Qarticular her figure 22), while the
luminosities they get from the stellar models they use anesto In effect, the estimates for
the M/ L ratios by Bruzual & Charlot (2003) are similar to the ones bgr&ston (2005, her
figure 24). However, considering the predictions for ¢ L, ratios of old populations, the
estimates by Bruzual & Charlot (2003) are about 20 per cem¢ddhan the ones by Maraston
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(2005). Note that this cannot be accounted for by the diffefermulations for the canonical
IMF these authors use since they turn out to be nearly idar(figure 8 in Dabringhausen et al.
2008). In fact, Bruzual & Charlot (2003) find that the stellaass of a 10 Gyr old population
is 52 per cent of the initial stellar mass for the canonicaFIMey use, while it would have
been 54 per cent if they had used the same formulation of thedMMaraston (2005) does.
The reminder of the difference in the//Ly ratio of an old stellar population must thus be
the consequence of the different stellar evolutionary rfeodeed and different assumptions
regarding the remnant masses (also see Dabringhausen2€08l.and Mieske et al. 2008).
As a compromise between the two sets of SSP models, we foHevapproach by Mieske
et al. (2008) and take the mean of the predictions from Briu&@harlot (2003) and Maraston
(2005) as the reference for a comparison to the observatd€Ds.

We consider ages of 7 Gyr and 13 Gyr for the UCDs, since thesevare at the limits
of the ages expected for them. An age of 7 Gyr would be comgigtigh the intermediate age
for the Fornax UCDs suggested in Mieske et al. (2006a) andikéiet al. (2008). Note that
assuming even younger ages would increase the discrepatvegdn the observed /Ly ratio
and the model predictions. Ages higher than 13 Gyr are erdiny the estimates for the age
of the universe¥3.73751¢ Gyr; Spergel D. N. et al. 2007).

The turn-off mass from the main sequence for a populationoelval starsyn.,, marks
quite well the stellar mass above which stars of that pofmuidtave already evolved into stellar
remnants. Itisz 1 Mg for a~ 10 Gyr stellar population. Since stellar evolution is slow for
old starsyny, = 1 M, is a reasonably good approximation for a 7 Gyr old SSP as \sdbtraa
13 Gyr old SSP.

The contribution of the stellar remnants to tridband luminosity of the UCDs is small and
therefore neglected in this paper. The luminosity, of a modelled stellar population is thus
insensitive to the degree of top-heaviness of the IMF, sinedMF is only allowed to vary in a
mass range where the stars have evolved aftéd Gyr. The masses of the stars that have not
evolved yet are assumed to be distributed in concordantetingtcanonical IMF. Thud,,, can
be determined using the SSP models from Bruzual & Charld3p&nd Maraston (2005) with
the canonical IMF.

We note that by this approach the influence of binary systemsta&llar evolution is ne-
glected.

The initial-to-final-mass relation for stars

In order to find an explicit formulation of/,, in eq. (3.4), a formulation of the masses of
evolved stars as a function of their initial masses is need@bd function, called the initial-to-
final-mass relationy,..,(m), allows to calculate the total mass of an evolved SSP frohviEs
for a given age. Using the three-part power-law IMFs fromt®ec3.3.1, the integral that has
to be solved in this calculation reads

TMmax

M, = mrem(m)gpl(m) dm7 (36)

0.1
wherem is the stellar initial mass il. The limits of the integration are set by the lower and
the upper initial mass limit for stars.
The initial-to-final-mass relation used in this paper iscsjped in the following.

For stars with initial masses < my,, m.em = m IS assumed, i.e. the mass loss of main-
sequence stars is neglected.
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Stars with initial masses oh,, < m < 8 My are assumed to have evolved into white
dwarfs (WDs), in concordance with the mass limit given by #tee & Reimers (1996). Kalirai
et al. (2008) find, performing a weighted least-squares f#t Infiear function to data based on
observations of WDs in star clusters,

Mrem = (0.109 & 0.007)Mﬂ +(0.394 + 0.025), (3.7)
©

for a relation between the mass of WDs and the initial masief progenitors, where: is the
stellar initial mass iV. This relation is adopted in this paper.

Stars initially more massive thah M, but less massive thasy 25 M, are predicted to
evolve into neutron stars (NSs) with a remarkably narrowssgsead (cf. figures 12 and 16 in
Woosley et al. 2002). This is observationally supported bgrett & Chakrabarty (1999), who
find the mass-distribution of pulsars (i.e. observable Nis#)eir data sample to be consistent
with a Gaussian distribution with a mean bB5 M., and a width 0f0.04 M. Thus, in this
paperl.35M, is adopted for the masses of all stellar remnants with infiesses betweenM
and25 M.

Stars with initial masses aboé M, are generally thought to be the progenitors of stellar-
mass black holes (BHs). However, the theoretical predistior the masses of their remnants
are not only strongly dependent on metallicity, but alsol@assumptions on how the evolu-
tion of such stars proceeds (see figures 12 and 16 in Woosty2102). Figure 12 in Woosley
et al. (2002) might suggest that the case of the higher retmasses is the more appropriate
choice for low-metallicity environments such as GCs and WYCBowever, the masses of ob-
servationally confirmed BHs lie all in a range that is covelogdassuming that the remnants
of very high-mass stars only have 10 per cent of the initiadsnat their progenitors (Casares
2007). In our paper, we thus assume that stars with- 25 M., evolve into BHs that have
either 10 per cent or 50 per cent of the mass of their progestiéos, but the emphasis is on the
case with the less massive BHs because of the observatiquadi for their existence.

Note that BHs formed through single-star evolution difiemh NSs in mass, but not in the
processes that precede their creation. NSs and BHs are botpact remnants that emerge
from the core collapse and SN explosion of a massive star.

To summarise, the complete initial-to-final-mass functien,,, used here is

m m

Mo’ Mo < Moo
—_— 0.109 Mo + 0.394, Mg < Ao <8, (3.8)
1.35, 8 < - < 25,
©
0.1% or 0.5%, 25 < % < Munax,

wherem,, denotes the turn-off mass amd,,., the upper initial mass limit for stars (egs. 3.2
and 3.5). Inserting eq. (3.8) into eq. (3.6) and carryingtbetintegration on the right hand

side of eq. (3.6) yields the mass of all stars and stellar egntsnas a function of only the high-

mass IMF-slopeqs, if my, (i.e. age) andn,,., are specified. The terms resulting from this
integration for initial stellar masses above, are written down explicitly in Appendix A.2.

Normalised mass-to-light ratios

The metallicities estimated for the UCDs usually do not cmla with the grid points of the
SSP models by Bruzual & Charlot (2003) and Maraston (2006j)s therefore necessary to
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Table 3.1:Fit parameters for the metallicity-dependent interpolatiormula forYy to the data from
SSP models with the canonical IMF. BC indicates SSP modeis Bruzual & Charlot (2003) and M
SSP models from Maraston (2005).

Model a b c

BC, 7Gyr 3.29 0.12 1.05
M, 7 Gyr 3.26 022 124
BC, 13 Gyr 348 0.55 1.71
M,13Gyr 346 0.79 1.88

find interpolation formulae that describe the metallicispendency of thé// Ly ratio in the
models (which actually is a dependency of the luminosity @tatticity). This can be done by
fitting exponential functions of the form

Mg

Flz = F([Z/H]) = (al?/M¥ 4 ¢) T (3.9)

©
to the data from Bruzual & Charlot (2003) and Maraston (20@%)ere[Z /H] is the metallicity.
The best-fitting parameters b and ¢ found in a least-squares fit to the models used in this
paper are listed in Table 3.1. The excellent agreement sftyipie of function to the models
from Bruzual & Charlot (2003) and Maraston (2005) is dematst in fig. 9 in Dabringhausen
et al. (2008).

The reference relation that is taken to describe the meitglidependency of thé// Ly
ratio for a SSP with a certain age and with the canonical IMRésmean of the corresponding
relations derived from the SSP models from Bruzual & Chg2603) and Maraston (2005) (cf.
Mieske et al. 2008). The ratio between the obsevEd. ratio for a UCD and the result from
the reference relation at the appropriate metallicity issmsure for the discrepancy between the
observed value and the theoretical prediction. It is corargrfor the purpose here to multiply
these values by the prediction of the reference relatiothi@i// Ly ratio at Solar metallicity.
These quantities will be referred to as normalidédL, ratios,Yy .,

Fpelz + Fulz

Tyn X (Fpclze + Fulzs) (3.10)

where a subscript BC indicates that the parametebsandc correspond to a SSP model from
Bruzual & Charlot (2003) and the subscript M indicates tinat parameters, b andc corre-
spond to a SSP model from Maraston (2005) (for the same age).

Using these values féfy ,,, eq. (3.4) can be rewritten as

My

Lm|Z@

— Ty =0. (3.11)

Lz, is thereby no longer a metallicity-dependent variable,iiixed to the value the ref-
erence relation predicts for Solar metallicity and therehly depends on the age assumed in
the model and the amplitude of the factérsn the IMF. The metallicity dependency is shifted
into the transformation from the observéd/ L, ratio of the UCD toY ,. TheYy , values
are noted in Tab. 3.2 and shown in Fig. 3.1. Their uncergsriiave been propagated from the
errors of the observed dynamichl/ Ly ratios and the errors of the metallicity estimates.
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The numerical value of,,, is calculated from the secondary condition that the preafict
for Ty , from the SSP models should correspond to a stellar popualatid the canonical IMF
with m.. = 100 My and a full population of remnants (i.e. a stellar populatsnin the
SSP models). For thisy,.., as given in eq. (3.8) is used, adopting the case that the bialek
massesygy, are 10 per cent the stellar initial massesgf; = 0.1m).

There is evidence that GCs usually havenrichments|a/Fe], of 0.3 dex (Carney 1996).
Evstigneeva et al. (2007) find that the safm@Fe]| is also typical for the UCDs in the Virgo
cluster they examine. On the other hand, Mieske et al. (2@0d)that a number of UCD
candidates is consistent with having SolayFe], which is why Mieske et al. (2008) adopt
Solar|a/Fe| for all stellar systems in their study. However, assuming@es Solara/Fe| is
the more careful choice in the context of the present papere & attributes more of a possibly
enhancedV// Ly ratio in UCDs to metallicity effects. As in Dabringhauseraét(2008), we
therefore adopjv/Fe] = 0.3 dex for all GCs and UCDs and estimate their metallicities,H],
from their iron abundances, [Fe/H]. This is done using thetian

[Z/H] = [Fe/H] + 0.94 [a/Fe] (3.12)

taken from Thomas et al. (2003). Consequently, [tfig]] used for calculating th& ,, are
0.28 dex higher than the [Fe/H] and th€,, , in this paper are thereby slightly lower than the
ones in Mieske et al. (2008).

The assumed age turns out to be almost irrelevant foi'the calculated for the individual
stellar systems. However, the assumed age does have a istyoact on theX'y, , predicted by
the SSP-models (see also Dabringhausen2008).

The fate of the processed material and the stellar remnantsiithe UCDs

In order to have an influence on the dynamics of a stellar sydtee stellar remnants that form
in it have to remain bound to it. This can be assumed to be the foa the WDs in the UCDs,
since WDs inherit the peculiar velocities of their progengtars and two-body encounter driven
mass loss is negligible for the UCDs (see Section 3.3.1).

Unlike the case with WDs, stellar evolution has a direct iotfman the velocity distribution
of NSs. It is well established that many pulsars move witrhhpgculiar velocities, which
they must have obtained somehow in their formation out oir ghegenitor stars (Woosley
1987; Lyne & Lorimer 1994). Lyne & Lorimer (1994) give the nmepulsar birth velocity as
450 £ 90 kms~!. Since the processes that lead to the formation of BHs thrmingle-star
evolution are the same as the ones that precede the fornwtiN®ss, the BHs should also
receive kicks.

The UCDs have velocity dispersions gf 50km s~!, which suggests escape velocities of
the order of< 100km s—t. Thus, the peculiar velocities of most NSs and BHs shouldigie h
enough to leave the UCDs. On the other hand, NSs are knowrptdgde GCs, which suggests
that also the UCDs are able to retain some fraction of thegetsh

Most of the matter processed in intermediate-mass andrhiggs stars is reinserted as gas
and dust into the interstellar medium during stellar evohutlts fate is therefore crucial for the
developement and consequently the L, ratio of a stellar system.

There are in general three possibilities for what can happehis material. If it remains
inside the cluster, it can (at least in principle) simply @otlate (and thereby emit almost no
radiation in thel’-band) or it can be used up in the formation of subsequetastpulations.
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Figure 3.1:NormalisedM /Ly ratios, Ty ,, of the stellar systems collected in table 5 in Mieske et al.
(2008), provided their dynamical mass is estimated t@ be10° M., or more. Thus, the figure only
shows objects that are UCDs according to the definition usekis paper. The ages assumed for them
are either 13 Gyr (left panel) or 7 Gyr (right panel). The aakhorizontal lines indicat& 'y ,, for a
SSP that formed with the canonical IMF and is of the age thatssimed for the UCDs in the according
panels. The dotted horizontal lines correspond to the mé#red’y, ,, of all UCDs in the sample and
the shaded areas indicate the uncertainty given to thigvaloese numbers are used to estimate the high
mass-slope of the UCDs (see Section 3.4.2).

Alternatively, the gas can be driven out of the UCDs, e.g.yipetl SNe or by the ram pressure
caused by the movement of the UCD through the intergalactidium.

Gas and dust originating from intermediate-mass stars gas@ chance to stay inside the
UCDs, since these stars form in their final stage planetaoylae that expand with moderate
velocities & 20km s~!; see e.g. Gesicki et al. 2003). These velocities are toodothe matter
to leave a star cluster with a deep potential well immedyat€his makes massive AGB stars
attractive progenitors for a second generation of stanst@sosed in D’Antona & Caloi (2004)
and D’Antona et al. (2007).

However, massive stars evolve into SN and thereby releasé™ erg per Solar unit of
initial mass of the progenitor star (cf. fig. 1 in Nomoto et2006). This clearly exceeds the
binding energy of a star to a UCD. Material originating frohese stars will therefore easily
escape from the stellar system, unless the kinetic enerdlieofas from the SN explosion
is dissipated (e.g. by the interaction with primordial gaghe collision of expanding gas
envelopes from different SNe with one another). The gasityesrsd the holding time inside the
UCDs might become long enough for the gas to cool and to csdlag@s discussed in Tenorio-
Tagle et al. (2007).
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Note however that neither self-enrichment by massive AGsstor self-enrichment with
SN ejecta can explain the multiple stellar populations i€en, since both scenarios act on a
time scale of< 200 Myr, whereas the age difference between the different stedipulptions
inw Cen is a few Gyr (Hilker & Richtler 2000; Hilker et al. 2004;IMinova S. et al. 2007).

The essence of this is that the current knowledge on the #&eolof the UCDs does not
allow solid conclusions on the composition of the UCDs. Werdfiore consider six different
compositions of the UCDs for which we estimate the high-ntisi$sslope:

1. Out of all material from burnt out stars, only WDs are ne¢al by the UCDs. This can
be taken as the lower limit for the amount of matter that siagsle the UCDs since the
UCDs are nearly unaffected by dynamical evolution (cf. BecB.3.1).

2. 20 per cent of the compact remnants from stars initiallyarmoassive tha® M., are
retained by the UCDs. The remnant masses of starsmith25 M., mpy, are assumed
to be 10 per cent of the initial mass of their progenitorg;y = 0.1m. The NS and
BH retention rate of 20 per cent is an arbitrarily chosen @ahut this scenario might
still be close to a realistic one. On the one hand it allowssfame NSs in the UCDs
as observed for GCs, but on the other hand it also takes immuat that the observed
velocity dispersion of pulsars is high by estimating theti@ of retained NSs to be low.

3. As scenario (i), but withngy = 0.5m.

4. All stellar remnants are retained by the UCDs amgl; = 0.1m. Such a population,
where all stars and stellar remnants, but not the ejecta §tams are considered, is as-
sumed in the SSP models.

5. As scenario (iv), but withngy = 0.5m.

6. The UCDs were gas-free after star-formation ceased i theit all material that was
processed in burnt-out stars is retained by the UCDs andicstaation with the gaseous
component of this matter is somehow inhibited. Of all the eisd¢onsidered here, this
is the one where stars contribute the least to the total nfakseedJCD (consisting of
stars, remnants and possibly gas). Note however that th@dyaamic calculations by
Tenorio-Tagle et al. (2007) suggest that such a scenaridiiely because the gas accu-
mulating in the UCDs due to stellar evolution will more likedither leave the UCDs or
collapse into new stars.

Interstellar gas and all remnants in the UCDs are considevetb contribute to the light of
the UCDs. In other words, the very higlf/ Ly ratios of these components of the UCDs are
taken to be infinity.

3.4 Results

The value for the high-mass IMF slope;, implied by a given normalisedi// Ly ratio, Ty ,,
for the assumptions on the stellar populations in the UCE=ifipd in Section 3.3 can be
calculated from eq. (3.11) using the Newton-Raphson roolifig method.

There is a lower limit for thel'y, ,, that leads to a solution for eq. (3.11), because the lowest
Ty, that can be realised within the model is the one for a stebaufation whose IMF is cut
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offat1 Mg (i.e. a3 = o0). If the age of the UCDs is assumed to be 13 Gyr, the individyal
of a number of UCDs is actually below that limit.

Close to that lower limites increases rapidly with decreasiffy, ,,, implying a steep high-
mass IMF (Fig. 3.2). In this range, the solutions to eq. (BobEtome degenerate for the different
assumptions on how much mass is retained by the UCDs. Thateuke a steep high-mass
IMF means few high-mass stars and it is therefore not dexisivtheY, , of an old stellar
system how much matter from those stars is retained.

The a3 of the canonical IMF is in the regime where the relation befw, , andas is
already close to being degenerate for different assumpbonthe NS and BH retention rate.
Only assuming all matter processed in burnt-out stars mesnaside the UCDs without forming
new stars would lead to a distinctively highgy ,, for as = 2.3. In other words, the predictions
of the models from Bruzual & Charlot (2003) and Maraston @d0r theY, ,, for a SSP with
the canonical IMF (shown as the horizontal dashed line in &ifj and as the vertical dashed
line in Fig. 3.2) depend, except for extreme cases, only Wyeak the fate assumed for the
material processed in massive stars.

Table 3.2:NormalisedM /Ly ratios, Yy ,,, of the UCDs for assumed ages of 7 Gyr and 13 Gyr, and
the high-mass slopess, theseYy, ,, suggest if 20 per cent of the remnants of massive stars aieedt
by the UCDs, BHs have 10 per cent of the initial mass of theigpnitor stars and the upper mass limit
of the IMF ism . = 100 M. The contents of the columns are the following: Column 1: ®bject
identification (as in Mieske et al. 2008, table 5), Column BePprojected half-light radius of the UCD,
Column 3: The estimate for the iron-abundance, Column 4:riass of the UCD, Column 5: 1§y ,,
based on the models by Bruzual & Charlot (2003) and Maras2005) for a 7 Gyr old SSP with the
canonical IMF, Column 6: The estimate fag based on the value fdfy ,, in Column 5, Columns 7
and 8: As Columns 5 and 6 respectively, but for an assumedfage &JCD of 13 Gyr. The superscript
numbers in Column 3 indicate the origin of the [Fe/H] estimat: Mieske et al. (2008), 2: Hasegan
et al. (2005), 3: Meylan et al. (2001), 4: Harris (1996). Aeatgeript * indicates that [Fe/H] was not
obtained from colour indices, but from line indices or theperties of the resolved stellar population
of the stellar object (private communication with S. Migsk&'y ,, is estimated usingZ/H], which

is &~ 0.3 dex higher than the corresponding [Fe/H] due to the assumetihancement of the stellar
systems (see Section 3.3.1). Dots in Columns 5 and 8 indidagee no solution for eq. (3.11) is found
under the given assumptions. The canonical IMF would have- a3 = 2.3 (Salpeter-Massey index,
eg. 3.2).

Name M re [FelH] Ty a3 Tvn Qs
(7 Gyr) (7 Gyr) (A3 Gyr) (13 Gyr)
[10°Ms]  [pc] [Mo L34 [Ms L]
F-7 105 149 -1.3'  6.614+097 086750 7.07+£1.06 1.15757]
uUCD1 321 224 —0.7"  6.26+£0.95 0.88%007 648 +£1.04 123703
F-9 141 9.1 —0.8" 6.19+1.66 089707 6.45+1.76 1.2301
UCD5 18.0 31.2 —1.2'  513+1.33 099707 547+1.43 1.4270732
F-19 93.6 89.7 —0.4" 5.03+£0.95 1.00707; 5.09+£1.01 1.5370%
F-34 55 4.9 —0.9'  4.34+£1.07 110507 455+£1.14 17715
UCD2 21.8 321 —0.9"* 4314076 1111077 4524082 1.797} 3
F-6 125 7.3 0.2 381+£093 1.21%0%  3.82+1.05 2.65T7,
F-24 245 295 —0.4" 3.69+£1.25 1.247970 3.73+£1.29 2.91F;.

F-53 39 4.4 09" 3644099 1.25707 3.65+£094 3.227,.
F-5 13.7 5.0 —0.3' 3204068 1397530 3.254+0.91
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F-51 35 42 —0.8' 3124086 1.4373% 321+0.71

F-17 6.3 3.3 —0.8" 2914076 154753  3.03+0.81

F-12 8.3 10.3 —0.4" 2534094 18715,  2.56+0.96

F-22 53 10.0 —0.4* 2294049 2327, 2.3541.59

F-11 57 3.6 —0.9" 2244152 2477, 2.31+0.52

F-1 16.2 23.1 0.0 203+0.56 3.957;; 1.9940.57 .
S999 234 19.1 —1.4> 164643.18 0.51700 17.68£3.46 0.67799
S417 295 14.4 —0.7° 838+£192 075702 893+210 09975
S928 19.3 21.8-1.32 835+194 0.75702 867+204 1.0170%
VUCD7 88.3 96.8 —0.7"* 5514147 0.9570% 570+£1.55 1.377573
VUCD1 28.2 11.3 —0.8" 53941.02 09605 5624110 1.38751
S314 9.1 32 05 5254096 098753 536+1.03 14570
VUCD4 243 220 —1.0% 4914132 1.0270% 517+1.41 15073
S490 145 3.6 0.22 4424070 1.097015 453+£1.46 1.78;
VUCD5 29.1 17.9 —0.4" 4324081 1.10701% 436 +£0.87 1.90%;,,
VUCD6 17.7 14.8 —1.0™ 4304137 11179092 4244075 2.017;,,
H8005 48 281 —1.3> 4104221 1.14%;, 4384237 1.89%;.,
VUCD3 40.0 187 0.02 3.614+0.74 126753 3.53+0.77 3.9875,
HCH99-2 42 11.4 —1.5" 5994233 091703 6464252 1.23701¢
HGHH92-C21 4.8 7.0 —1.2' 5904216 091753  6.28+2.32 1267110
VHH81-C5 50 10.0 —1.6"  5.7441.38 0937017  6.21+1.50 1271042
HGHH92-C1 6.8 24.0 —1.2' 5594142 094751  595+1.52 1317031
HGHH92-C17 5.1 57 —1.3' 5324175 0.9779% 569+1.89 1.37)3
HCH99-18 11.2 13.7 —1.0' 5234203 098704 5524215 1.417;,,
HGHH92-C11 5.3 7.8 -0.5' 5.054+1.89 1.0070% 5154196 1.51%;,,
HCH99-15 56 5.9 —1.0' 4424139 1.0970%  466+1.48 1.717;,,
HGHH92-C29 3.3 6.9 —0.7" 4404156 1.097010 456+1.63 1.77 5,0
HGHH92-C7 6.3 7.5 —1.3' 4214151 1127037 450+£1.62 1.807;,
HGHH92-C22 2.6 3.8 -1.2' 4204132 1.13%101 4484142 1.82%;,,
HCH99-16 20 121 —-1.9" 3874144 1.1970%5 421 +£1.57 2.04%5
HGHH92-C23 6.6 3.3 —1.5' 2.78+0.92 1.63%;,,  3.00%0.99 .
HGHH92-C6 3.6 4.4 —0.9' 219+0.58 2677, 2.29+0.61

VHH81-C3 24 4.4 —0.6" 2014063 4287, 2.06+0.66
G1 72 3.0 -1.0° 5124093 099707 540+ 1.01 1.44%5352
w Cen 3.0 80 —1.6* 406070 1.15%91® 4394076 1.88%} 4

Comparing solutions of eq. (3.11) for the safie, and remnant retention rate, but for
upper mass limits of00 M., and150 M, reveals that the remnants of very massive stars do
not play a decisive role for the; that are obtained, as illustrated in Figs. 3.2 and 3.4. This
finding may be surprising, since the total mass of the rensnafrhiigh-mass stars is a function
of the exponenty; (see Appendix A.2). This mass must therefore increase dieaig with
increasingys above some critical value fars.

The results of solving eq. (3.11) if a remnant retention cét20 per cent anthgy = 0.1m
is assumed are noted in Table 3.2. However, for many indalithCDs solutions do not exist
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if a high age is assumed for them (i.e. th®iy ,, is clearly below the prediction from the SSP
models for a canonical IMF), and the uncertainties are laigeny case. On the other hand,
application of the Pearson test for the goodness of fit (ctatBlcharyya & Johnson 1977 and
Dabringhausen et al. 2008) on the 46 UCDs from Mieske et D& shows that the actual
distribution of theY ,, of the UCDs in the sample is highly unlikely if their individlY ,,
scatters equally to both sides of the prediction for The, of a SSP with the canonical IMF
(less than 1 per cent if the age of the UCDs is assumed to keragximum, 13 Gyr, and much
less than 0.5 per cent if the age of the UCDs is assumed to bea)7 Glye properties of the
sec342of UCDs therefore imply an IMF that deviates from the canahlMF (provided that
they do not contain non-baryonic DM), such as a three-pavepdaw IMF with a3 < 2.3.

The emphasis in this paper is therefore on constrainingyléaues for the high-mass IMF
slopes of the UCDs from the properties of the whole sample@bDEland different subsamples
thereof. It is decisive for this to know whether tifg- ,, of the UCDs are correlated with their
mass,M, and to quantify this correlation if there is one (Sectiof.B). If such a dependency
is found, the dependency af, on T, can be translated into a dependencyobn ).

3.4.1 Doesy; depend on mass?

At present, it is unclear whether UCDs are the most massive (8@. Mieske et al. 2002,
2004; Forbes et al. 2008) or whether UCDs and GCs are diffpegoulations (e.g. Drinkwater
et al. 2004; Goerdt et al. 2008). However, the answer to teston has implications on how a
dependency oty , on M, Ty ,,(M), has to be formulated for GCs and UCDs. An appropriate
formulation of Y, ,(A/) as a representation for the typichl, ,, of objects with a given mass
would be a single, continuous function in the first case, bif¢m@nt functions for GCs and
UCDs in the second case.

The MWGCs, which make up most of the GCs in the sample used(tadre5 in Mieske
etal. 2008), show no evidence for a bulk-dependenéyowith A/ (McLaughlin 2000). There-
fore, the meary ,, of the GCs in the data samplégc, is adopted fof(y (M) in this mass
range. Thus, fot/ < 2 x 10° Mg, Ty (M) = 2.43 £+ 0.16 My, L}, if the assumed age is
7 Gyr andYy (M) = 2.61 £ 0.18 Mg Lg)}v if the assumed age is 13 Gyr (uncertainties are
one-sigma values).

The uncertainties of the data for the UCDs leaves many opfanan appropriate formula-
tion of T ,(M) for them. We choose

Ty (M) = <A [mgm (M%) — log;o(2 x 106)} + B) I\L%D (3.13)

for M > 2 x 10° M, whereM is in Solar units andi and B are parameters which are either
fixed by a secondary condition or determined by a least-gguiitr Note that weighting the
uncertainties when fitting is not advisable in this caset wsuld cause an unwanted bias. This
becomes evident by considering two stellar systems witlséimee mass and uncertainty of the
mass, but different luminosities. The uncertainty of a lnosity measurement is negligible
compared to the uncertainty of a mass estimate. The unugrtai the M/ L ratio is thus
higher for the stellar system with the highef/ L ratio, even if the parameter that induces this
uncertainty is the same for both systems. The parametexrsd B are therefore determined
with equal weight to every measurement and the uncertaiofiel and B are estimated only
from the scatter of the data.
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In order to constraif(y, (M) for the UCDs in the case that UCDs and GCs are two dis-
tinct populations A and B in eq. (3.13) are left as free parameters for the fit. The hitistg
parameters ard = 1.84 + 0.89 andB = 3.71 £ 0.70 if the UCDs are assumed to be 7 Gyr old
andA = 1.87+ 0.81 and B = 3.47 4+ 0.64 if the UCDs are assumed to be 13 Gyr old. This
may hint at a systematic increase of tfig , of the UCDs with/, but the significance of this
result & 20) is not high enough to allow definite conclusién¥his finding is consistent with
Mieske et al. (2008), who performed a similar test but onhtfie UCDs in Fornax.

If UCDs are the most massive GCS;, ,(M) is expected to be continuous &f = 2 x
10 M, which in this paper is taken to be the mass that separatesa@C9CDs (see Section
3.2). For this cas€eYy (M) of the UCDs is therefore estimated by settiBgin eq. (3.13)
to the numerical value ol ¢ in Solar units and leaving onlyl as a free parameter to be
determined in the fit. The result ¥ = 3.00 4+ 0.42 if the UCDs are assumed to be 7 Gyr old
andA = 3.04 +0.46 if the UCDs are assumed to be 13 Gyr old. In this case, theaseref the
Ty, of the UCDs with their mass is highly significant.

Ty (M) is plotted in Fig. 3.3 together with the data for the GCs ardUiCDs.

3.4.2 Constrainingas from the whole sample of UCDs
UCDs and GCs as independent populations

We mention that weighting the UCDs by the uncertaintiesseqdhlitatively to the same results, although the
best-fitting values fod and B and their uncertainties are slightly lower.
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Figure 3.2:The high-mass slopeys, against the normalised mass-to-light rafiy,,,, as implied by
solving eq. (3.11) for a three-part power-law IMF (see e§.&8d the equations in the appendix). The
curves are for a 13 Gyr old SSP (upper panel) and for a 7 Gyr 8kl ®wer panel). The different styles
of the curves correspond to different assumptions on howhnpuacessed matter (with extremely high
M/ Ly ratio) besides WDs is retained by the UCDs (from the bottortiéotop curves in each panel):
no remnants of massive stars; 20 per cent of the remnantsssiveastars; all remnants of massive stars;
all material processed by burnt-out stars. Two curves of#ime style indicate different assumptions for
the upper mass limit of the IMF for the same assumption on tatemretained in the UCD<:00 M,
(lower curve) and 50 M, (upper curve). The dashed horizontal lines indicate in gacdiel the canonical
high-mass IMF indexqs = 2.3. Its intersections with the curves show tifig- , which the canonical
IMF would imply for a particular remnant population. Th&, ,, of the individual UCDs are shown as
crosses at the bottom of each panel. The dashed verticalifidecateYy, ,, for a SSP that formed with
the canonical IMF and is of the age that is assumed for the UG E® according panels. The dotted
vertical lines correspond to the mean of thg ,, of all UCDs in the sample and the shaded areas indicate
the uncertainty given to this value (see Section 3.4.2).iftegsections of a vertical line with the curves
show thatas corresponding to a particulafy ,, for the different assumptions on the retained remnant
population. In this Figure, the remnants of stars with> 25 M, are assumed to have masses of 10 per
cent of the initial mass of their progenitors whereever ihiglevant.
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Figure 3.3:Normalised)M /Ly ratios, Yy ,, of all objects listed in table 5 in Mieske et al. (2008). The
assumed ages for them are either 13 Gyr (left panel) or 7 Gymt(panel). Contrary to Fig. 3.1, this
figure also shows stellar systems with dynamical massestasg x 10% M, i.e. stellar systems that
are not UCDs but GCs according to the definition used in thjepaObjects considered as GCs are
seperated from objects considered as UCDs by the thin, dasdrécal line in each panel. The solid
line indicatesY'y ,,(M), a function that describes the systematic increase of #x@geYy , with mass
for the case that GCs and UCDs are a single population. If GdI.ECDs are separate populations,
YTy .(M) of the UCDs is represented by the dotted line that stars>atl0% M. Note that in this
case the uncertainty to the slope is very high and is thexefot significant. The dashed horizontal line
indicates the prediction fdYy ,, of an SSP with the canonical IMF.



Table 3.3: Estimates for the most likely values of; for different assumptions concerning age and remnant ptipual of the UCDs, as detailed in
Section 3.4.2. The first column specifies the supposed renpagulation of the UCDsr,.x = 100 Mg). For the stars more massive th2hM, the
cases of them forming BHs with 10 per cent their initial masgyg = 0.1m, or 50 per cent their initial mass;gg = 0.5m, are considered whereever this
makes a difference. The second column displaysatheorresponding to the mean of thg, ,, of the UCDs and the uncertainties &g calculated from

[(e]
N

the uncertainties to the meah, ,,. This can be taken as a convenient number to quantify therigs IMF slope of the UCDs as a class of objects. The

numbers in Columns 3 to 5 have the same meaning as the numb@adumn 2, but for different subsamples of UCDs. The subsasngre chosen by the
larger structures the UCDs are bound to, namely the Fornast€ (Column 3), the Virgo Cluster with S999 (Column 4) aritheut S999 (Column 5) and

Centaurus A (Column 6).

All Fornax  Virgo Virgo Centaurus A
(with S999) (without S999)
Model as as as as a3

assumed age of 13 Gyr

no SN remnants 1.3579% 2107099 0.817503%  1.1175% 1.497029
20 per cent of the SN remnantagy = 0.1m  1.577517  2.177088  1.2270%3 1.417017 1.687033
20 per cent of the SN remnantagy = 0.5m  1.7875%5  2.267078  1.507319 1.6570 0 1.867015
all SN remnantsyy = 0.1m 1.851014 9334078 1561020 172401 1.947018
all SN remnantsyigy = 0.5m 211158 2501558 1.861018 2.0015-2 2.18%510
all processed material 2.937020 3,902 2431032 269102 3.0810:35
assumed age of 7 Gyr
no SN remnants 0.491009  0.737915  0.197020  0.36*01 0.5610 00
20 per cent of the SN remnantsgy = 0.1m  1.047992  1.17+009 . gg*010 (9 g7+007 1.097008
20 per cent of the SN remnanisgy = 0.5m  1.34700% 1467007 1917009 1 9g+0.0> 1.381904
all SN remnantsygy = 0.1m 1.40709%  1.521008  1.257000 1.3310:08 1.437002
all SN remnantsyigy = 0.5m 1.72100%  1.827007  1.59100 1.661700% 1.75109%
all processed material 2191000 2367512 2.00t0 210105 2.251008

AN AANVIH-dOL HONOYHL OILYH-T/W HOIH "€ 431dVHO
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Figure 3.4:The high-mass slopes, in dependency of massd, as implied by solving eq. (3.11) for the
values ofY'y , (M) at the according/ and for a three-part power-law IMF (see eq. 3.5 and the espusti

in the Appendix). The curves are for a 13 Gyr old SSP (uppeelpamd for a 7 Gyr old SSP (lower
panel). The different styles of the curves correspond tieidint assumptions on how much processed
matter (with very high\// Ly ratio) besides WDs is retained by the UCDs (from the bottortinéotop
curves in each panel): no remnants of massive stars; 20 peotée remnants of massive stars; all
remnants of massive stars; all material processed by buttrdtars. Two lines of the same style indicate
different assumptions for the upper mass limit of the IMFtfar same assumption on the matter retained
in the UCDs: 100 M, (lower line) and150 Mg, (upper line). The dashed horizontal lines indicate in
each panel the canonical high-mass IMF index,= 2.3. In this Figure, the remnants of stars with
m > 25 Mg, are assumed to have masses of 10 per cent of the initial méssiioprogenitors whereever
this is relevant.

It was shown in Section 3.4.1 that there is no hard evidenca fwrrelation of thel'y ,
of the UCDs with their mass if UCDs and GCs are separate popnta For this case, it is
therefore a useful and good assumption that all UCDs haveameY, ,, and that deviations
from it are due to statistical scatter. Thus, we estimat&thg of the UCDs and the uncertainty
of this value by performing a least-squares fit of eq. (3.18) w = 0 to theY, , of the UCDs.
The best-fitting parametds then equals to the numerical value of the mean offthe, of the
individual UCDs, Tycp, and is(4.75 £ 0.34) Mg, L.}, if the age of the UCDs is assumed to
be 7 Gyr and4.97 + 0.37) M L.}, if the age of the UCDs is assumed to be 13 G¥tcp
is shown as the horizontal dotted line in Fig. 3.1 and as thigca¢ dotted line in Fig. 3.2. The
uncertainties off ycp are indicated as shaded areas in these figures.

A given value forTycp is taken to depend only oms. This implies that all UCDs have
formed with the same (top-heavy) IMF, which can be consuiex® characteristic for very
dense star-forming regions. Note however that even if thssiaption is consistent with the
available data, it is a simplification because e, of the UCDs areexpectedo scatter due to
age differences. Furthermore, the suggestion that the #Miép-heavy in UCDs in comparison
to less massive stellar systems is based on the notion thptdlcess of star formation (and thus
the IMF) depends on the physical conditions under whictkisgplace. This implies that there
can be as many IMFs as physical conditions under which stardtion takes place.

Tycp can be translated into different expected valuescfgrdepending on the assumed
remnant population in the UCDs. The upper limit to the expeéat; can be obtained from the
lower bound of the uncertainty &fycp, and the lower limit to the expected can be obtained
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from the upper bound of the uncertaintyBf,cp. The values fory; are listed in Tab. 3.3.

Mieske et al. (2006a) found that the UCDs in Fornax and the an¥irgo are (despite their
similarity) distinct in their properties, which could iradite a different origin or age for the two
groups. Among these distinctive properties is the avefagg of the UCDs, which is clearly
higher for the ones in the Virgo Cluster. It is therefore warhile to relax the assumption of a
commonYy , for all UCDs and assume a commadR ,, only for the UCDs that are bound to
the same larger structure (i.e. the Fornax Cluster, theoM@yister or Centaurus A), although
the smaller size of the subsamples decreases their statisignificance. Estimates fog for
the UCDs in the different subsamples can then be obtaindueisame way as for the whole
sample. The results are given in Tab. 3.3.

Note that the values obtained fog for the UCDs in Fornax have large uncertainties if they
are assumed to be 13 Gyr old. This is because in thattasg for them is quite close to the
Ty, Wherea; asympotically approaches infinity. Consequentlys obtained from an interval
in Ty, where small variations dfy ,, imply large changes ins. This applies in particular to
the upper limit tons. Thus, the numbers in question are only of use for giving kdveeinds for
the high-mass IMF slope, which are obtained at,a, where the dependency of on Ty , is
more moderate.

Also note the strong impact of S999 with its extreifie,, (upper-most data-pointin Figs. 3.1
and 3.3)on theys derived for the UCDs in the Virgo Cluster. The relevance @f tharticular
cluster is evidently much smaller if the whole sample of UGPsonsidered. The main results
presented in this paper are therefore either not or onlylynfiected by this stellar system. In
particular, S999 plays no role for deciding whether thegesgynificant correlation between the
Ty, of the UCDs and their mass. Such an outlier may be due to figdadticed tidal effects
(Fellhauer & Kroupa 2006).

GCs and UCDs as a single population

Contrary to the case that UCDs and GCs constitute differeptifations, the slopd is highly
significant if UCDs and GCs are a single population. A refatietweeny; and massqs (M),
can be established by solving eq. (3.11) for the diffefént, (M) corresponding to different
masses. The results for this are plotted in Fig. 3.4. Thetfetin the mass range of GCs,
Ty (M) almost coincides with the model predictions for a SSP withdainonical IMF for an
assumed age of 7 Gyr is purely coincidental. Independeimatgs on the ages of MWGCs
(which are the bulk of the GCs in the sample used here) arerctosl3 Gyr than to 7 Gyr
for most of them (VandenBerg 2000; Salaris & Weiss 2002). e\, if an age of 13 Gyr is
assumed for the GCs and UCDs, (M) is not defined forM < 3 x 10° M, because in this
mass rang&’y (1) is below the minimum value for which eq. (3.11) is solvable.

This finding implies that the present-day stellar mass fonabf the corresponding stellar
systems has to be poorer in very low-mass stars than the icahtviF, since theirfl'y, , cannot
be realised in any case if the mass function of their main esecgl stars equals the canonical
IMF. There are different processes which tend to drive vewyinass stars out of a star-cluster.
One of them is dynamical evolution (cf. Kruijssen 2008 andifssen & Lamers 2008). It
acts faster the less massive a star cluster is. Howeverxpezd effect on thé// Ly ratio is
only small according to Baumgardt & Makino (2003), their figd4 and Borch et al. (2007).
More relevant would be gas expulsion if the GCs were injtiallass-segregated (Marks et al.
2008). In other words, if GCs have formed with the canonibét,Itheir stellar mass functions
must have changed with time (see also Dabringhausen etG8.8t Mieske et al. 2008). The
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dependency of the stellar mass function on the cluster carate®n (De Marchi et al. 2007)
indeed suggests this to be the case. Consequently, the ptssuimmf a stellar population only
altered by stellar evolution would only be valid for steligistems with\/ > 3 x 10% M.

For a parametrisation af; as a function of the mass of a stellar system we suggest

@ (M) = [mgm <O<fo5_(;?\;/f\\f (i ;w_@)f)} B +0.42, (3.14)

for M > 2 x 10 M, andaz(M) = 2.3 for M < 2 x 10° M, whereM is measured it,.
a3(M) thus returns the canonical IMF for GCs, which is motivatethwie invariance of the
IMF in resolved stellar populations (Kroupa 2001, 2008; kéaet al. 2008). In the range of
massive UCDs, which are the least vulnerable to dynamiaal&en, as()M) is chosen to be
roughly the mean ak3( /) for assumed ages of 7 Gyr and 13 Gyr at a NS and BH retention rate
of 20 per cent. Note that the changecgf /) in this mass range is only moderate for the two
extreme assumptions on the age of the UCDs. In the interteeaiass range fro x 10° M,

to ~ 10" M, az(M) is an (in principle arbitrary) interpolation from the lowass regime to

the very high-mass regimeg (M) is plotted in Fig. 3.5.

3.5 Discussion

3.5.1 Stability of the UCDs

Baumgardt et al. (2008) show that for a star cluster with #reaical IMF the combined energy
input from all SNe exceeds the binding energy of star clgstégth initial masses up te:
10" M, (cf. their fig. 3f. This implies that star clusters loose not only most of thé¢endound

in massive stars, but also their primordial gas in less #taxiyr (~ 40 Myr is the time it takes
until all massive stars in a SSP have evolved, cf. the gridSdhaller et al. 1992). Although
many UCDs certainly had initial masses higher thahM,,, they also had many more massive
stars that evolved into SNe if they formed with IMFs as topalyeas suggested in this paper.
In this case, they would loose an even larger fraction ofrtimgial mass during their early
evolution than less massive stellar systems, because t#rtfeemass-faction bound in massive
stars. For instance, 23.0 per cent of the total initial atethass of a star cluster is in stars more
massive thai® M, if oz = 2.3. This value rises to 73.0 per cent fo§ = 1.57 (which is the
high-mass IMF slope suggested in Tab. 3.3 for 13 Gyr old UCiasretain 20 per cent of their
NSs and BHs withngy = 0.1m) and to 93.3 per cent far; = 1.04 (which is the corresponding
value for 7 Gyr old UCDs).

Observations of star-forming regions in the Milky Way shiwattonly a fraction of available
gas is actually converted into stars (e.g. Lada & Lada 2088%uming that this left-over gas
is swept out of young star clusters by the radiation and é&wwriwf massive stars, the total
mass-loss of the stellar system until the end of massivesgtdution can be written as

Minit - Mﬁnal = A]\Jinit[1 - SFE(l - .’L‘)], (315)

whereM;,;; and Mg,,,; are the initial mass of the stellar system and the final ma#seddtellar
system respectively (stars and gas), SFE is star formatficreacy of the stellar system and

2Star clusters less massive thed7 M, can survive this energy input because the energy from theiShiat
distributed uniformly on all matter in the cluster.
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Figure 3.5:The parametrisation of the high mass IMF slopg, as a function of the mass of a stellar
system,M, as given by eq. (3.14). Itis indicated by the solid line.cAéhown arevs (M) as found from

eg. (3.11) using eg. (3.13) assuming a NS and BH retenti@enafa20 per cent and BHs having 10 per
cent of the initial mass of their progenitor stars. The uptashed line corresponds to an estimated age
of 13 Gyr and the lower dashed line to an estimated age of 7 @&yhé& UCDs.

the mass-fraction of stars with > 8 M. Itis thereby assumed in eq. (3.15) that the total mass
of the remnants remaining in the stellar system is negkgtoimpared to the total initial mass
of all stars withm > 8 M. This approximation is well fulfilled for all cases where timass

of the remnants of massive stars is rather small or only a fetlvean remain inside the stellar
system. (These cases correspond to our models 1, 2, 3 andh&foomposition of the UCDs;
see Section 3.3.1. That is why the IMFs estimated for the UtDsout to be so flat if one
of these models is assumed for their composition, even iflifierence between the predicted
M/ L ratio and the observedi//L ratio is not very large.) Assuming that the star formation
efficiency in a UCD is 0.4, the mass-loss within the fi#8tMyr is, according to eq. 3.15, 69.2
per cent of the total initial mass (stellar and gas) if thenhigass IMF slope of the UCD was
ag = 2.3 (canonical IMF), but 89.2 per cent far; = 1.57 and 97.3 per cent foti; = 1.04.
(Note that a SFE of 0.4 would be a high value for an open clubtdrnot necessarily for a
UCD, cf. Murray 2009. Note also that we ignore the probabgygicant loss of stars from the
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UCD due to the unbinding effect from gas expulsion. We retarthis in a follow-up paper.)

The behaviour of a stellar system that loses a large fractfats initial mass very much
depends on the rate of the mass-loss. This behaviour canaractérised by two limiting
cases:

e Rapid mass-loss (i.e. the mass-loss takes place on a tileeduarter or comparable
to the crossing time): Arguing with the virial theorem, Hil1980) finds from analytic
estimates that a star cluster dissolves if it loses more B0gper cent of its initial mass
instantaneously. Using/-body integrations, Boily & Kroupa (2003) and Fellhauer &
Kroupa (2005b) show that the survival of a star cluster is dispendent on the density
profile of the star cluster and the velocity distribution t&f stars, but a sudden loss of
more than 67 per cent of its initial mass is critical in anyecas

e Adiabatic mass-loss (i.e. the mass-loss is slow enougthéostellar system to stay near
virial equilibrium at all times): Adiabatic mass-loss doex unbind the remainder of the
star cluster, but inflates it. The change in radius is

Tfinal M init
_ , 3.16
Tinit M, final ( )

wherer;,;; and M;,;; are the radius and mass, respectively, of the stellar syateimne
beginning of mass-loss ang,.; and Mg, the according parameters at the end of mass-
loss (Kroupa 2008).

Important numbers for deciding whether the mass-loss fr@D#gJis rapid or adiabatic are
their crossing timeg,.., which is defined a&., = 2r,, /o, with r,, being the 3D half-mass radius
ando being the 3D velocity dispersion of the stellar system (K@2008). Furthermore the
ratios between half-mass radius and tidal radiygy,, decide upon survival of the stellar sys-
tem. The data published in Evstigneeva et al. (2007) andeHék al. (2007) for the properties
of UCDs as they are observed today impjyr; well below 0.1 for most of them (sometimes
as low as 0.01) and, of the order of 1 Myr. This suggests a timespan of the ordenaf, for
the timescale for SN-driven mass-loss.

In the grid of N-body simulations performed by Baumgardt & Kroupa (200#t-slusters
are predicted to dissolve if they loose 95 per cent of théiiairmass, even for the most mod-
erate tidal fields«, /r, = 0.01) and longest duration for mass-loss (10 they consider. How-
ever, if the stellar system looses only 90 per cent of itsahihass on that timescale, the stellar
system may not completely dissolve as long as the tidal felddak. The mass fraction of
the remnant of the star cluster that continues to be grawitaly bound after it has returned to
virial equilibrium is then 0.65 for, /r, = 0.01 and 0.35 for, /r, = 0.033, while the half-mass
radius increases to approximately ten times its initialgah both cases. This implies that the
stellar density in those systems decreases to lesslthantimes its initial value. If also the
gas leaving intermediate mass stars as they evolve into Wdsven out of the UCDs (e.g.
through type | SNe), the mass of the UCDs is decreased furth@/s7 of its original value
for ag = 1.57 and to 0.40 of its original value fax; = 1.04. Since this mass-loss would be
adiabatic, the according change in radius can be calculatied) eq. (3.16) and is a factor of
1.75 foras = 1.57 and a factor of 2.48 forrs = 1.04. The density would thus be further
decreased by a factet 10. At present, the UCDs typically have mean central densit@s
102 to 10% Mg, pc2 (fig. 4 in Dabringhausen2008). A mass-loss of 90 per cent @firtftial
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mass (stellar and gas) over the first40 t., and subsequent adiabatic mass-loss through the
evolution of intermediate-mass stars would therefore esgiitial central densities of at least
10% to 107 Mg, pc~2. This corresponds t8.9 x 10° to 3.9 x 10° stars pempc? for as = 1.57
and8.4 x 10* to 8.4 x 10° stars pepc? for az = 1.04, the fraction of stars more massive than

8 M among them being 5.5 per cent fa§ = 1.57 and 23.7 per cent foti; = 1.04. Such
systems would thus have had extensions similar to GCs-(j@f.a few pc). Typical total initial
stellar masses would be som@ M, implying a population ofc 10° stars withm > 8 M

for a3 = 1.57 as well as forv; = 1.04.

These numbers underline the extreme nature of UCDs. Tlabilisy seems questionable
if they would have formed with a top-heavy IMF and their conp®rary structural parameters.
However, the smaller extensions and higher masses the U@Bishave had before evolution-
ary processes set in imply that the conditions for adialméiss-loss were fulfilled much better
at that time. However, also if mass-loss from a UCD with ahepvy IMF was adiabatic at all
times, and its stability was therefore not threatened, ddp $till implies an enormous inflation
and decrease of density for it.

The observation of UCDs today therefore does not contradfotmation scenario with a
very top-heavy IMF for them. A more detailed, numerical stodlthis issue will be provided
in a follow-up paper.

3.5.2 The Star formation rate in UCDs at their formation

The notion that UCDs might be the most massive star clustepsigs that they formed from
a collapsing molecular cloud. Star formation within theuzlas thought to set in as soon as a
certain density is reached, which is according to Kawamuah €1998) at a column density in
excess ofl.6 x 10?! N(H,) cm~2. Defining the sizeR, of a cloud ag.S/7)"® whereS is the
total cloud surface area, gives typical sizes; ot for the clouds in the sample of Kawamura
et al. (1998). This corresponds to a mean dengityf ~ 4 M, pc—? as the criterion for the
onset of star formation. It then proceeds rapidly and is deted within a timescale of the order
of a free fall time (Elmegreen 2000; Hartmann et al. 2001). dpherically symmetric matter
distributions, the free fall timey, is given agy = (37/32Gp)%°, whered is the gravitational
constant. Note the independencebn the total mass. The assumption of spherical symmetry
for star-forming gas clouds thus leads to a time scale of 4 dtywhich star formation takes
place, whereby the bulk of the stars may form on an even ghiame scale (for instance, 80
per cent within 1 Myr in the Orion Nebula Cluster, Prossen €t1294). If applied to the UCDs,
this suggests that their stellar populations formed witin ftirmation rates of 10 M, yr—! to

~ 100 M, yr~!, depending on the mass of the UCD. Given that most if not atksire formed
in star clusters (Lada & Lada 2003) and that the time scalstforcluster formation appears to
be independent of the mass of the cluster, these star famities would be the highest ever
to be found in a single star formation event.

3.6 Summary and Conclusions

It was shown in previous papers that the dynamiddlL, ratios, Ty, of compact stellar sys-
tems more massive thanx 10° M, are not consistent with the predictions from simple stellar
population models, if the canonical IMF is assumed for stamftion in them. Out of the
possible explanations for this result (top-heavy IMF, bottheavy IMF, dark matter, inaccu-
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racy of the SSP models), the notion of a top-heavy initidlatenass function (IMF) in dense
star-forming regions seems especially attractive.

With this motivation, we quantify by how much the IMF in a sdmpf massive compact
stellar systems (referred to as UCDs) has to deviate froraaghenical IMF in the intermediate
and high mass part for the modell&g to agree with the observed ones. The model constructed
for this accounts for the different metallicities of the USC5everal combinations of assump-
tions concerning age (7 Gyr or 13 Gyr) and the amount of pgesbsnaterial with very high
Ty retained by the UCDs besides white dwarfs (no remnants o$inestars; 20 per cent of
the remnants of massive stars; all remnants of massive athmsaterial processed by burnt-out
stars) are considered. The IMF of the UCDs is taken to be &{pagt power-law that equals
the canonical IMF below an initial stellar masslo¥ .. The exact upper mass limit of the IMF
(Mmmax = 100 Mg, or my. = 150 M) turns out to have a negligible impact on the results.

Assuming that all UCDs have the same normalidédL ratio (which is justifiable consid-
ering the uncertainties of thélf, ) and that the processed material retained by the UCDs are all
white dwarfs and 20 per cent of the remnants of massive starsnodel suggests a high-mass
IMF slope,as, of ~ 1.6 if the UCDs are 13 Gyr old (i.e. almost as old as the Universe) 6.0
if the UCDs are 7 Gyr old. If the UCDs were assumed to have fdrmi¢h the canonical IMF,
their Ty, would only be explainable if they contain significant amauot non-baryonic dark
matter or dense interstellar gas. Note that there would teebd some mechanism that inhibits
on-going star formation in this case.

TheTy of the UCDs in the Fornax cluster tend to be lower than the ohttse other UCDs.

If the Fornax UCDs are assumed to be 13 Gyr old they have a méfgnand consequently not
at a top-heavy IMF. Assuming that the discrepancy betweemptadiction of SSP models with
the canonical IMF and the observéd)/ L, ratios of the Fornax UCDs as high as for the Virgo
UCDs suggests an ages around 7 Gyr for the Fornax UCDs if tlgpWICDs are taken to be
13 Gyr old (Mieske et al. 2008).

The dependency af; on the normalised// Ly ratio, Yy ,,, established in eq. (3.11), can
be translated into a dependency @f on the mass of the stellar systedy,. This is done
using the increase of , with M formulated in eq. 3.13 and shown in Fig. 3.3. A possible
parametrisation of this dependency is given in eq. (3.1d)@otted in Fig. 3.5.

The mass-loss due to the evolution of massive stars may @ager cent of the initial
stellar mass of a star cluster for very top-heavy IMFs, e¥gmimordial gas expulsion is not
considered. The survival of the UCDs seems not to be thredtby the mass loss implied by
the evolution of the stars alone, as this mass loss would iadatic. However, the radiation
and evolution of massive stars also drives the expulsioheptimordial gas. The timescale on
which this process takes place is critical for the survifdhe UCD. This is an issue deserving
further study. In any case, the results in Sections 3.5.13aH@ suggest that UCDs formed
with likely central stellar densities afo® to 10" M., pc— and possible star formation rates of
~ 10 M, yr~! to~ 100 M., yr—!. These are among the most extreme sites of star formation.
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Chapter 4

Mass loss and expansion of ultra compact
dwarf galaxies through gas expulsion and
stellar evolution for top-heavy stellar

Initial mass functions

J. Dabringhausen, M. Fellhauer, P. Kroupa, 20MBRAS, 403, 1054

Abstract;

The dynamical/-band mass-to-light ratios of ultra compact dwarf galaxi¢€Ds) are higher than
predicted by simple stellar population models with the cacel stellar initial mass function (IMF). One
way to explain this finding is a top-heavy IMF, so that the @msmass is provided by additional remnants
of high-mass stars. A possible explanation for why the IMB@Ds could be top-heavy while this is not
the case in less massive stellar systems is that encouetsvedn proto-stars and stars become probable
in forming massive systems. However, the required numbeadditional stellar remnants proves to be
rather high, which raises the question of how their progesitvould affect the early evolution of a UCD.
We have therefore calculated the first 200 Myr of the evotutibthe UCDs, using the particle-mesh code
Superbox. It is assumed that the stellar populations of UG8 created in an initial starburst, which
implies heavy mass loss during the followirg40 Myr due to primordial gas expulsion and supernova
explosions. This mass loss is modelled by reducing the nfdaks particles according to tabulated mass
loss histories which account for different IMFs, star fotima efficiencies (SFESs), heating efficiencies
(HEs), initial masses and initial extensions of the comgut€Ds. For each combination of SFE and
HE we find objects that roughly resemble UCDs at the end of ithelation. For low SFEs, the IMF
would have to be steeper than in the case of very high SFEs©éombdels not to expand too much.
However, the main conclusion is that the existence of UCDssdwt contradict the notion that their
stellar populations formed rapidly and with a top-heavy IMF find tentative evidence that the UCDs
may have had densities as high1@#8M, pc~2 at birth. This will have to be confirmed by follow-up
modelling.
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4.1 Introduction

Ultra compact dwarf galaxies (UCDs) are stellar systemhb wwoital stellar masses betwesif
and10®M,, and projected half-light radii of 50 pc (Hilker et al. 1999; Drinkwater et al. 2000,
2003; Phillipps et al. 2001; Hasegan et al. 2005). They eaconsidered to be galaxies because
of their high median two-body relaxation times,, which are at least of the order of a Hubble
time, 74, while star clusters, including globular clusters (GCgvét,,, < 4 (Kroupa 1998;
Dabringhausen et al. 2008).

One of the most intriguing properties of UCDs are their gathehigh dynamicalM /Ly
ratios (Dabringhausen et al. 2008; Mieske et al. 2008). eleffit explanations have been sug-
gested for this finding, such as the presence of non-bargahicdark matter (CDM) in them
(e.g. Hasegan et al. 2005 and Goerdt et al. 2008) or therkestae of UCDs by the tidal field
of a massive galaxy (Fellhauer & Kroupa 2006). However, ibdvgpheroidal galaxies (dSphs)
are indeed DM dominatédand if UCDs are located at the centre of the same type of haloes
as dSphs, the DM-density in UCDs would be two orders of mageitoo low to explain their
elevated)// Ly ratios, although adiabatic contraction (Blumenthal etl&B6) may alleviate
this problem (Murray 2009). Tidal distortion can explaiw thigh A// Ly ratios of only a few
UCDs out of a larger sample, as it requires quite specifidarparameters in order to have an
observable effect. On the other hand, the massive staecM& in the merger remnant galaxy
NGC 7252 has a mass and a projected half-light radius tyfaca UCD, while its age sug-
gests that it formed during the merger of the progenitors G\N7252 (Maraston et al. 2004).
Fellhauer & Kroupa (2005a) have shown that star cluster ¢exep as observed in interact-
ing systems like the Antennae (NGC 4038 and NGC 4039) aréyltkeevolve into an object
similar to W3 on the required time-scale, but stellar systenginating from tidal interactions
would essentially be CDM-free (Barnes & Hernquist 1992m) stimmary, an unusual stellar
initial mass function (IMF) appears to be an attractive ahgspcally plausible alternative for
explaining theM/ L ratios of UCDs.

The IMF is a function defining the mass spectrum of stars bom single star-formation
event. If age, metallicity and IMF of a stellar populatiore &nown, itsM/ Ly ratio can be
calculated. For a given metallicity and a high enough ageigh h//L ratio of a stellar
population would either indicate an IMF with very many lovags stars (bottom-heavy IMF)
or an IMF with very many high-mass stars (top-heavy IMF) Ha tase of a top-heavy IMF, the
high M/ Ly of the stellar population is the consequence of a high nurobstellar remnants,
which contribute mass, but almost fi¢band luminosity. As an explanation for thié/ Ly
ratios in UCDs, a bottom-heavy IMF has been discussed inkdi&sKroupa (2008), while a
top-heavy IMF has been discussed in Murray (2009) and Dgbausen et al. (2009).

Proposing a variability of the IMF might seem daring at fiigfh$, because so far surveys
of stars have failed in providing supportive evidence fos tiotion (Kroupa 2001, 2002; Ku-
mar et al. 2008). This finding implies an invariant, univéid&~, which is referred to as the

1There is an ongoing debate on the origin of the dSphs arownblliky Way. Their disk-like distribution has
a natural explanation if the dSphs are ancient tidal dwdebges instead of DM-dominated primordial galaxies
(Metz et al. 2009 and references therein). The HghL ratios derived for them would in this scenario either be
the consequence of the assumption of virial equilibriumhadtling for them (Kroupa 1997) or would imply that
Newtonian gravity cannot be applied in the limit of very wedds. A tidal origin of dSphs may suggest the same
for dwarf elliptical galaxies, since Kormendy (1985) argtieat these two populations may actually be the same
type of galaxies.



104 CHAPTER 4. EXPANSION OF YOUNG UCDS

canonical IMF. It can be written as

Ec(my) = kkym (4.1)
with
=13, k=1, 01< = <05, < e il stel
wnerem, IS the Initial stellar mass,
ay =23, ko=k 057 =05 05< ﬂ—é < Mmax,

Mmax 1S the upper mass limit of the IMF, the factdrsensure that the IMF is continuous where
the power changes aridis a normalisation constant (Kroupa 2008). The subscrigeatifies
the canonical IMF&.(m,) equals O ifm, < 0.1 Mg or m, > my.,. FOr stellar systems as
massive as the UCD8$;,,,., IS equal to the maximum mass for stars, which is closetaM
(Weidner & Kroupa 2004; Oey & Clarke 2005; Figer 2005). Foy 8F, dN = &(m.)dm, is
the number of born stars in the mass intefwal, m.. + dm,|. In the present paper, the constant
k is chosen such that .

/ E(ms)my dm, = 1 Mg. (4.2)

0.1

Using this normalisation,

Mmax

0.1
is formally the number of stars whose total massi$.. Multiplying equation 4.3 by the factor
M. o/Mg therefore equals the initial number of stars in a star ctugiih an initial stellar mass
of M, , and the mean stellar mass, equals equation (4.2) divided by equation (4.3).

Note that there are limitations to the determination of M€ from star counts. For instance,
massive stars are short-lived, which is why this approaahocdy give the high-mass IMF for
recent star formation events. Low-mass stars on the othed ban be almost as old as the
Universe, but they can only be detected very locally.

The existence of a universal law for the stellar mass spectould indeed be surprising
from a theoretical point of view, since models for star-fatian predict that the stellar mass
spectrum depends on the conditions under which star foomasikes place (e.g. Adams &
Fatuzzo 1996, Murray & Lin 1996, Larson 1998 and Clark et 807). Moreover, a top-
heavy IMF is in fact required in a number of astrophysical eled This includes, besides the
model proposed in Dabringhausen et al. (2009) for the UCIBs,raodels for globular clusters
(GCs) (D’Antona & Caloi 2004; Prantzos & Charbonnel 2006¢i®ssin et al. 2007) distant
galaxies (Baugh et al. 2005; Nagashima et al. 2005; van Dokk@08; Chary 2008) and the
Galactic centre (et al. 2007). The motivations for the tepsiness of the IMF in these models
include a higher ambient temperature at the time when thereéd population formed and
violent star formation in particularly dense gas. Thesaldmns were likely to be given in the
young UCDs, since the universe was much younger when theyeidr(i.e. the temperature
of the cosmic microwave background was higher). Furtheemtirea-enrichment found by
Evstigneeva et al. (2007) in most of the Virgo-UCDs suggesgt&d star-formation.

However, if stellar remnants are to account for the unseessnrathe UCDs, the top-
heaviness of the IMF would have to be very pronounced. Inicody an IMF that equals the

2]f UCDs are indeed the most massive GCs, as proposed foniestia Mieske et al. (2002), Mieske et al.
(2004) and Forbes et al. (2008), it is evident that a top-héslF in GCs suggests the same for UCDs. Note
however that residual gas expulsion from mass-segreghitsitrs alleviates the need of a top-heavy IMF in GCs
(Decressin et al. 2008).
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canonical IMF belowl M, but has a different slopey, for m > 1M, Dabringhausen et al.
(2009) suggest.0 < o < 1.6, depending on the age of the UCDs. These high-mass IMF
slopes imply that the clear majority of the total initiallide mass was locked up in stars more
massive tha® M, in contrast to the case with the canonical IMF. These stars h very high
luminosity and evolve rapidly, which makes their abundaaey issue for the evolution of a
stellar system.



Table 4.1:The initial parameters and some derived quantities for te®uwnodels. The last two lines show the models for newly fatr@NC-type star
clusters from Kroupa et al. (2001) for comparison. The colardenote the identification number of the model, the inRiaimmer-radiusk,, o, its total
initial massM,, o, its stellar initial massM, o, the star formation efficiency (SEEM, . /M, o), the heating efficiency, the initial characteristic cings
time 7T, the initial characteristic three-dimensional velocitgpirsionosp o, the initial central mass density and an estimate for the4scale on which a
given proto-star encounters a star during the formatiom@tiCD (see Section 4.2.1).

model Rpl,O Mpl,O M*,O SFE HE Tcr 03D,0 Ppl,0,c tonc

[pc] Ml Ml [Myr] [kms™] [10°Mgpc™@] Myr
m7.r3.s1hl 30 10x10" 1.0x10" 1.0 1.0 0.153 65.0 0.088 0.23
m7.r5.s1hl 50 1.0x10" 10x10" 1.0 1.0 0.330 50.3 0.019 1.4
m8.r5.s1hl 5.0 1.0x10® 1.0x10® 1.0 1.0 0.104 159.0 0.191 0.043
m7.r3.s04hl 3.0 25x107 10x10" 04 1.0 0.097 102.8 0.221 0.15
m7.r5.s04hl 50 25x107 1.0x107 04 1.0 0.209 79.6 0.048 0.87
m8.r5.s04hl 50 25x10® 1.0x10® 04 1.0 0.066 251.6 0.477 0.027
m7.r3.s04h003 3.0 25x10" 1.0x10° 0.4 0.03 0.097 102.8 0.221 0.15
m7r5.s04h003 5.0 25x10" 1.0x10" 0.4 0.03 0.209 79.6 0.048 0.87
m8r5.s04h003 5.0 25x10% 1.0x10® 0.4 0.03 0.066 251.6 0.477 0.027
ONC A 0.345 1.12 x 10* 3.75 x 10> 0.33 - 0.23 6.8 0.065 9.4
ONCB 0.158 1.25 x 10* 4.17 x10* 0.33 — 0.066 10.8 0.759 0.52
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If UCDs indeed are the most massive star clusters, thelasppulations would essentially
have formed in a single burst over a time-spar-of Myr (cf. EImegreen 2000; Hartmann et al.
2001), meaning that their stars evolve almost simultarigo@onsidering the high energies
involved in massive star evolution, this implies that UCDghwery top-heavy IMFs (with
high-mass IMF-slope$.0 < a < 1.6, see Dabringhausen et al. (2009)) could have lost 90 per
cent of their initial stellar mass over a time sparrof0 Myr (which is the lifetime of the least
massive stars that evolve into SNe, cf. the stellar evahaiip grid by Schaller et al. 1992).
If there was residual gas (i.e. gas that was not used up irf@taation) in them, which was
swept out during this phase of violent star cluster evotytibe mass loss would have been even
more pronounced. Such an extensive mass loss shapes thaplpgarance of a stellar system
and may even be critical for its survival, if it happens on arskenough time scale (Boily &
Kroupa 2003; Fellhauer & Kroupa 2005a). However, Dabringgea et al. (2009) argued from
structural parameters that mass loss on a time scale of 40fdviyyCDs is probably in the
adiabatic regime and therefore inflates them, but does neatidn to dissolve them. It is clear
that a numerical study of this issue, including a more dedaiteatment of mass loss through
stellar evolution and residual gas expulsion, is necesgagonfirm these arguments. It is
provided in this paper.

4.2 Setup

4.2.1 Initial conditions

In the present paper, UCDs are assumed to have formed in thelithdic collapse of a frag-
menting gas cloud, and thus in contrast to the model for UQiDi&tion proposed in Fellhauer
& Kroupa (2002a) and Fellhauer & Kroupa (2005b), i.e. thegeeof a star cluster complex
into a single object (see also Kroupa 1998). This is not totkaythe merging of star clusters
is completely irrelevant for UCD formation. For instande tlensest part at the centre a proto-
UCD could undergo monolithic collapse, while in the outtkaf the proto-UCD a multitude of
star clusters is formed, which eventually merge. Howewer g@pparent universality of the IMF
in star clusters below the mass-scale of a UCD suggests th@lacould not have a different
IMF, if it is exclusively build up from such systems.

The adopted formation scenario for UCDs thus suggeststibgitare the most massive star
clusters, which implies that their stellar population fewchrapidly in~ 1 Myr (cf. EImegreen
2000; Hartmann et al. 2001). Tlheenrichment of the UCDs in Virgo reported by Evstigneeva
et al. (2007) indeed suggests a short time scale for starafitwm although for UCDs in other
environments, this--enrichment is less pronounced or even absent (cf. fig. 8 eské et al.
2007). For simplicity, we assume that the stellar poputetiof UCDs have formed instanta-
neously instead of over a very short time-span. This is aerwative assumption for the present
study, since it focusses on the stability of UCDs. A stellepyiation that is built up over an
extended time-span also releases the total energy it pesdtirough stellar processes) over a
longer time-span. In consequence, the mass loss from UCRishws powered by the energy
produced by the stellar population, will be slower and thaeeless threatening for the stability
of the UCD.
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Structural parameters

The UCD-models are set up with their mass distributed acegtd the Plummer-model (Plum-
mer 1911). The Plummer-model is the simplest plausible affecensistent model for a star
cluster (Binney & Tremaine 1987; Heggie & Hut 2003). The adage of using Plummer-
models is that all major quantities are analytically acit#ss

We choose nine different combinations of initial stellars®id’, ,, initial Plummer-radius,
R0, star formations efficiencies (SFEs) and heating efficesi¢HEs) for the UCD-models.
The choices of the mentioned parameters are detailed beldwhe considered combinations
of them are listed in Table 4.1, together with some major gties derived from them.

M., ¢ is chosen such in the models that a stellar mass of the ord@f o6 107 M, remains
after the evolution of the massive stars has come to an enslislifne range in which the stellar
masses of the observed UCDs lie. The chosen valueB jorare either 3 pc or 5 pc and thus
similar to the observed radii of GCs (eg. McLaughlin 2000 @rdan A. et al. 2005). This
leads to initial central densitiep, o ., ranging from1.9 x 10*Mg pc? t0 4.8 x 10°M pe
(Table 4.1). These values fpy, o . are similar to the ones that have been calculated for Galacti
open clusters, such as the Orion Nebula Cluster (ONC), wimitss parameters are discussed
in Kroupa et al. (2001). They consider models with . = 6.5 x 10*M pc™ or pyo. =
7.6 x 10°M, pc—? for that star cluster, as can be calculated from the initiabses and half-
light radii given in their table 1. The models discussed laeethus not extreme because of the
densities in their central regions, but because of the sidarof this central region. This may
account for the proposed top-heaviness of the IMF in UCDes Ssetion 4.2.1.

Embedded star clusters in the Milky way are thus less extétiten the models discussed
in this paper (also see Lada & Lada 2003, their table 1). Nwedlso GCs were initially less
extended than the UCD-models discussed in this paper,aitiieg lost very little mass since
their formation. The reason why smallfy, ; are not considered here are the extreme initial
central densities they would imply for the objects (for arste of the order af0” M., pc for
R0 = 1 pc; also see Fig. 4.14). Besides, the very small crossing tofieach objects would
make computations of the evolution very time-consuminglevimass loss from them would
approach the adiabatic regime, where the behaviour of ttetazican be calculated analytically
with equation (4.17) below.

The actual values of the SFE and the HE are hard to quantifyrder to get an idea of how
these parameters would influence the early evolution of a J@Btly different and in some
cases extreme values for them are considered in this paper.

The SFE is defined as the fraction of the primordial gas thedmserted into stars during a
star-forming event within the cluster- or UCD-forming ctbcore region. Inthe UCD-models, it
is taken to be 1 or 0.4, the latter value being approximatedyupper limit of the SFEs reported
for open star clusters (Lada & Lada 2003). These high chdmethe SFEs in UCDs are
motivated by the fact that it would be more difficult to exges primordial gas from UCDs than
from open clusters because of the deep potential wells of $XG€e also ElImegreen & Efremov
1997). It has even been suggested (e.g. in ElImegreen 1999iwaywP009) that all available
gas is turned into stars, if the forming stellar system issdeand massive enough. If indeed all
star clusters and UCDs form on the same time scale, the staafimn rate must be higher in
UCDs than in any of the less massive stellar systems. Takigrlas the characteristic time
scale for star formation in these systems, the average atauafion rate in UCDs would be
10-100M,, yr~! (Dabringhausen et al. 2009). Assuming UCDs are essensi@hclusters and
that star formation is the more rapid the denser the prinabgdis is, this could be understood
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Figure 4.1:The expected time until a proto-star collides with a stgg, in a forming UCD, assuming
that half of its total stellar population has already beemfed (see Section 4.2.1 for details). The
estimated:.,. for the UCD-models, in which all gas is eventually converteth stars, are indicated
by the three (blue) points. The grey shaded area is whgrds below the approximate life-time of a
proto-star, which is assumed to be° years. The solid lines show tttg,. as a function of,, o for
different constani\/, o, starting from10% M, and increasing by a factor of 10 downwards. The dotted
lines show thée.,. as a function opy, ¢ . for different constant?,,; o, with R, o being 0.1, 0.3, 0.5, 1, 3
and 5 pc from top to bottom.

if the primordial gas cloud forming a UCD is, compared to optar clusters, compressed to a
higher density during its collapse.

The HE is defined as the fraction of the energy released bhassf@ocesses that actually
drives gas out of a star-forming region instead of beingat®di away. That is, the HE is the ratio
between the kinetic energy of the interstellar medium (I&&pelled from the stellar system to
the total energy inserted into its ISM. The HEs in starbunstge been argued to be near 1 in
some studies (e.g. Chevalier & Clegg 1985), while othergesithat only a few percent of the
energy inserted into the ISM is turned in kinetic energy of tgaving the stellar system (e.qg.
Recchi et al. 2001; also see Melioli & de Gouveia Dal Pino 206#%r the present paper, HEs
of 1 and 0.03 are considered.

A major improvement compared to the rather arbitrary choic8FEs and HEs made here
would clearly be to estimate these parameters in self-stergi modelling of a collapsing gas
cloud large enough to form a UCD. This would also clarify hawg it would actually take the
stellar population to form in such a system, but is currentya computable option.

A possible influence of encounters on the IMF

If UCDs indeed formed with the initial conditions proposeetdy the likeliness for close en-
counters between members of their emerging stellar papoka({stars and proto-stars) would
be what sets them apart from ONC-like star clusters. Thisvaiats why the IMF in UCDs
might be top-heavy, while this is not observed in star chsslike the ONC.

The case of a proto-star encountering a star is of particotarest. A proto-star exists
over a time ofx~ 10° yr until most of its mass has accreted onto the central congctiérl
& Tscharnuter 2003) and is thus short-lived, compared tataacterisic time-scale for star-
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Figure 4.2:As Fig. (4.1), but for the UCD-models, where a star formatifficiency of 0.4 instead of
1 is assumed. While UCD-models shown here are assumed tadh@gamestellar masses as the ones
shown in Fig. (4.1) theitotal masses are higher, leading to higher velocity dispersiadsfaus shorter
tene at the same stellar density. The meaning of the solid anddttedllines is the same as in Fig. (4.1),
but the lowest constant value far, o chosen here i8.5 x 10° M, and increasing by a factor of 10
downwards with every solid line. The open squares show nsolleind B for the initial states of ONC-
type star clusters from Kroupa et al. (2001), which have, mared to the UCD-models in this figure, a
slightly lower SFE of 0.33.

formation in a star cluster{ 1 Myr). It has however a radius,,.., of the order of 100 AU for
essentially all stellar masses, since the dependengy@f on the mass of the proto-star is only
weak (cf. equation 4 in Goodwin et al. 2007). This makes amenier of a proto-star with a
star quite likely, as soon as a considerable stellar papulé already present.

To estimate a characteristic time-scale for such an eneotmt the UCD-models listed in
Table 4.1, consider Plummer-spheres with the initial patans from that table. Their density-

plOlileS are givell as
< )
jgpl,O

(equation 8.51 in Kroupa 2008), and thus their cerdtallar densities at the time when half of
their stellar populations have formed can be estimated as

5
-3
3Mp1,0

3
47TRpLO

p(R) (4.4)

3M* 0
Pplx,c = —. (45)
P 8TR
This density implies a volume that contains one star on aegid. It can be written as
Vo= - (4.6)
ppl,*,c

wherem is the average stellar mass. The time-dependent volumeghnahich a proto-star in
the central region has travelled due to its motion can bdewis

V(t) = 7T7’§roto 03D,0,c f}, (47)
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whereosp o . is thecentral 3D velocity dispersion, which is

|G My
¢ = =, 4.8
J3D,0, QRpl,O ( )

where( is the gravitational constant (cf. equation 8.59 in Kroup@&). The values calculated
from equation (4.8) for the UCD-models in this paper are ateoof magnitude higher than
in the models for the initial states of ONC-type star clustieom Kroupa et al. (2001), while
their central densities are essentially the same (see flabje The timet = ¢, by which a
proto-star is to be expected to have encountered a star cealddated be setting (¢) = V.
and solving fort. Thus,

m

4.9)

tenc = 3 .
7Trproto ppla*yC U3D70=C

Assuming that a top-heavy IMF results from an canonical IMRHe collisions of proto-stars
with stars;m = 0.65 M, (which is the average stellar mass for a canonical IMF, sb&e¥a?2),
andr..., = 100 AU = 4.85 x 10~ pc are reasonable choices for emerging open star clusters
and emerging UCDs alike. This implies that the IMF would bearacal until it is altered under
the influence of encounters between the members of an ergestgitar population and would
stay canonical in stellar systems where such encounterar@at all times.

Note that the derivation of equation (4.9) implicitly assshat the cross section for an
encounter of a proto-star with a star is the geometricalscsestion A, = 772, Whereas
the actual cross section for such an encounter is higheradtetinfluence of gravity. If both
the proto-star and the star have the same mastyis actual cross section is given as

_ 2
A - Trrproto

(1+0) (4.10)

at the centre of the emerging UCD, wheébas the Safronov number,

o__ 2Gm (4.11)

2
03D,0,c "'proto

(Murray & Lin 1996). However, assuming,.., = 100 AU andm = 0.65M, leads to® = 0.26

in the less compact model for the initial states of ONC-tytae slusters (ONC A in Table 4.1).
Using the same assumptiort3,is lower for all other models in Table 4.1 due to their higher
velocity dispersions. In the case of the UCD-models frora flaiper, the difference between the
actual cross section and the geometric cross section ishassl per cent. Thus, gravitational
focussing of stars onto the proto-star plays a minor rolettiermodels in Table 4.1, which
justifies the approximation.

The values fort,,. resulting from equation (4.9) are noted in Table 4.1 andtgtbin
Figs. 4.1 and 4.2. Comparing these values with the charsiitelife-time of a proto-star,
toroto ~ 10° years, it can be seen thal. < t,.to for the UCD-models withZ, ; = 10® M.
For the UCD-models with\Z,, = 107 Mg and R, 0 = 3 pc, tenc iS ONly slightly larger than
toroto- HOWever, for the UCD-models with/, ; = 107 M, and R0 = 5 pc, te,. €Xceeds
toroto DY @bout an order of magnitude. This suggests that the et®subetween proto-stars
and stars would influence star-formation in the models Wwith, = 10® M, and also, to a much
lesser extent, in the more compact UCD-models wlith, = 107 Mg, but not in the UCD-
models withM, o = 107 M, and R, = 5 pc. The UCD-models with\/,, = 107 M, and
R, 0 = 5 pc are in this respect similar to models A and B for the initi@tes of ONC-type
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star clusters from Kroupa et al. (2001) (see Fig. 4.2). Tinglies, invoking the universality of
the IMF in open star clusters, that the IMF in those UCD-msdélould also be given by equa-
tion (4.1), if deviations from the canonical IMF are causgdehcounters between proto-stars
and stars. According to the calculations in this paper, ti®unodels withM, , = 107 M,
and R, o = 5 pc would indeed only evolve into objects similar to an obserW&D if their
mass loss is as implied by the canonical IMF. The IMF in theepthCD-models would how-
ever have to be top-heavy to some extent for this (see Se¢t8)n The UCD-models in this
paper are thus self-consistent in that sense.

We note that equation (4.9) reveals the particular impadasf encounters between proto-
stars and stars. For a collision between two stgfs,, has to be substituted by a valde 1 AU,
which leads tot.,. > 10° years. Thus, collisions between stars only as a mechaniam th
changes the shape of the IMF (Bonnell et al. 1998; Bonnell &B#&02) requires even higher
densities. For the encounter between two proto-stars, éhsity of stars at a given time has
to be substituted by the density of proto-stars at that tiffaking 1 Myr as the characteristic
time-scale on which star-formation takes place aotyears as the life-time of a proto-star
suggests that the density of proto-stars:i®.1p,, . ., which is five times less than the density
of stars at the time when half of the total stellar populabbthe UCD has formed.

A caveat to the above discussion is that it is not specified tilgsconsequence of a collision
between a proto-star and a star is. This is a merger if theweneois slow enough. If the
encounter is fast enough for the star to only pass througprte-star, the star transfers some
of its kinetic energy on the proto-star and thereby disgessane of the matter that would
otherwise accrete on the proto-star. For deciding whiclhe$¢ processes would dominate for
a given velocity dispersion, as well as for answering thestjae of how and to what extent
they would alter the IMF, detailed modelling of the collisfowould be required. However, the
discussion here implies that any process resulting fromnaounter between stars and proto-
stars should only be relevant for the denser UCD-modelsln 44, in contrast to the models
for ONC-type star clusters, where most proto-stars shoelldiaffected by encounters.

We revisit the matter of a possible influence of encountershenMF in UCDs in Sec-
tion 4.3.4.

The IMF of the UCD-models

For each of the nine sets of models listed in Table 4.1, sixdMife considered. They are either
canonical or top-heavy to a different degree and have uppss tmits ., of either100 M,

or 150 M. However, all of them agree with the canonical IMF (equa#ddadh) form < 1 M.
Studies onn,,., suggest that,,., = 150 M, is more realistic tham,,., = 100 M, for very
massive star clusters and therefore also for UCDs (e.g. @yasslunter 1998, Figer et al. 1998,
Figer 2004). However, the treatment of stellar evolutiod @a effect on the mass loss from
UCDs in this paper (see Section 4.2.2) is based on stellaetatitat only range up tok20 M,
star. Assumingn,., = 150 M, for our models therefore requires extrapolating from tivegi
data, which may be problematic due to the strong dependentiellar properties on stellar
mass. The emphasis in this paper is therefore on IMFs mijth, = 100 M., (which is also a
common choice in simple stellar population models). Theaatpf the higher,,., = 150 My

is only tested for the canonical IMF and the most top-heavi.IM
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Table 4.2:The IMFs considered for UCDs. The content of columns is thieang: Column 1: the
identification number of the IMF, Column 2: the slope of thghimass end of the IMk (where 2.3 is
the Salpeter slope), Column 3: the upper stellar mass limjt,., Column 4: the ratio between the total
inital mass of stars more massive thani; and the total initial mass of all stars, Column 5: the ratio
between the inital number of stars more massive thaify, and the initial number of all stars, Column
6: the initial mean mass of stars.

IMF  « Mmax Mhms,O/M*,O ths,o/N*,O m

[Mo] [Mo]
1 1.1 150 0.921 0.2031 10.02
2 1.1 100 0.886 0.1830 7.16
3 1.5 100 0.719 0.0632 2.49
4 19 100 0.453 0.0210 1.07
5 23 150 0.230 0.0072 0.65
6 23 100 0.213 0.0071 0.64

100 |

mass of evolving star [ Mg, ]

10 |

0 10 20 30 40 50
age of stellar population [ Myr ]

Figure 4.3:The data from Schaller et al. (1992) on the lifetimes of steith different initial masses
from 7 to 120 M, (open circles) and an interpolation function to them (sti), which is given by
equation (4.12). It is apparent that the stars with the lghmasses evolve over an extremely short time
span. This increases the significance of the upper massirfie IMF for the dynamical evolution of a
star cluster or UCD.

4.2.2 Generating the mass loss Tables

The interstellar medium (ISM) of a new-born star cluster @Jis massively heated by the
radiation from massive stars, which leads to a mass lossitrantil the ISM is depleted. The
eventual evolution of the massive stars into supernovae)8Bats the ISM as well, but also
replenishes the ISM. The rate at which mass is lost from thedtster or UCD due to this
interaction between the massive stars and the ISM is théngrferce for its early evolution.
This is why the mass loss rate has to be quantified for our msodels recorded in look-up
tables, listing how much the mass of the UCD-models has tetheced for each time-step in
the calculation.

Evidently, knowing the lifetimes of massive stars is ess¢fr generating the mass loss
tables. A very good proxy for the time at which the life of tharsends is the time at which
carbon burning has finished. The time that has elapsed bistévolutionary stage is reached is
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Figure 4.4:The SN rates with time for the modelled UCDs with initial fattellar mass\Z, o = 10"M.
The different curves are for the different IMFs listed in Tat2. The numbers refer to the labels given
to the IMFs in Tab. 4.2. Note that the choice of the upper miasis bf the IMF determines the time
when the first SN explodes, but turns out to be almost irrelef@ the SN rates. For the models with
M. = 10® Mg, the SN rates are higher by a factor of 10. The SN rates arefioopl to the energy
input by the SN, because all SN are assumed to release theasamuat of energyl(®!erg).

M./ Mg

time [ Myr]

Figure 4.5:The evolution of the stellar mass of the UCI,,, with time due to stellar evolution)Z,

is plotted in units of the initial stellar mass of the UCH,, . The different lines in this figure represent
M, for the different IMFs listed in Table 4.2. The high-masgpgl@f the IMF is noted above the curves.
Solid (red) lines are for IMFs with an upper mass limii60 M and dashed (blue) lines are for an upper
mass limit of150 M. The choice of the upper mass limit has only a minor impacttiercanonical
IMF (o = 2.3), but is more significant for the most top-heavy IMF we coasifk = 1.1). For models
with SFE=1 and HE=1 these curves show the total mass losslhs we

taken from the stellar evolutionary grid by Schaller et 4892) for massive stars with various
initial masses. This time-span is identified with the |rfied of a star in this paper. A good
fit to the lifetimes of stars with high mass:({ > 7 M) and low metallicity ¢ = 0.001 and
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[Z/H] = —1.3 respectively) is the function
my = a(t, — b)¢, (4.12)
with
a=746, b=259, c¢=—0.63.

where the initial mass of the stan,, is measured iV, and the lifetime of the stat,,, is
measured in Myr (Fig. 4.3). It thus covers the whole rangetelfas initial masses of stars
that undergo SN explosions at the end of their evolutioncihé m, > 8 M, (Koester &
Reimers 1996). The parametersh andc have been found by a least-squares fit. The models
for low-metallicity stars were preferred over models farstwith Solar metallicity because of
the mostly sub-solar metallicities of the UCDs (Mieske e@l06a; Evstigneeva et al. 2007).
This choice has however only a minor impact on the bestditiarameters, b andc. Note
that since all stars in the UCD-models are assumed to haweetbat once in this paper, it is
possible to substitute the stellar lifeting, in equation (4.12) with the age of the UCD-model,
t, in order to find the initial mass of the stars that undergo 8t\that time.

Now consider the increase of the age of the UCD-model by the sitept; — ¢;,1. During
this time,A N, stars with a total mas& M, will complete their evolution. These quantities can
be written as

AN, ; = M- / ¢(my) dms,, (4.13)
MQ My id1
and
M*O it
AM,; = ’ / E(my)my dm, (4.14)
M® My i41

where¢(m.) is the IMF,m, ; is the initial mass of stars that evolvetat t; andm, ;1 is the
initial mass of stars that evolve at= ¢;,,. M, is the total initial stellar mass of the UCD-
model. Given the normalisation chosen for the IMF (see eguatd.1 and 4.2), the purpose of
the factorsM, /My is to scale equations 4.13, 4.14 and 4.15 to a UCD-model Wéfiritial
mass ofM, . AN, is equivalent to the number of SNe during the time step ¢, 1; i.e. the
SN-rate in the limit oft;,; — t; — 0. At the time when the most massive stars evolve, this
SN-rate is, for instancey 1 SN per 10 years for the UCD-models wittd,, = 10" M, and

a high-mass IMF slope of = 1.1, while it is a few SN pern0? years for the UCD-models
with M., = 10" My anda = 2.3. The influence of the top-heaviness of the IMF on the
SN-rates decreases as time proceeds. The SN-rates for Bemddels with)/, o = 107 M,
and the IMFs from Table 4.2 are shown in Fig. 4.4. The SN-rigeshe UCD-models with
M., = 10® M, are higher by a factor of 10 compared to the ones shown in thisfj but the
same otherwise.

Fig. 4.5 depicts the change of the stellar mass of the UCDemaith time, i.e. M., ; = M,
fort; <tgx andM,; = M, o — 22:1 AM,, fort; > tgn, Wherell,  is the total initial stellar
mass andgy is the time when the first stars become SNe.

The total energy deposited by stars into their surroundoygmdiation and stellar winds at
the timet = ¢;, L., is given as

/'\1 Mmax,i
*,0

L,;= M. /0.1 E(m)l(my) dm,, (4.15)
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with m.,..; being the mass of the most massive star that has not evolied BN at that time.
l(m.) is the energy deposition rate of stars into the ISM througlietéon and stellar winds as
a function of their initial mass. It is estimated as

1.72
I(m.,) = 2.16 x 107 (m* ) =8 (4.16)
( ) M@ Myr

which is identical to equation (12) in Baumgardt et al. (2008s in Baumgardt et al. (2008),
equation (4.16) is applied to stars of all masses, even thdaugas obtained in a fit to high-
mass stars. Note that the positive exponent in equatiob)4uid the negative exponent in the
IMF cancel out more or less in equation (4.15). The contrdoubf low- and intermediate-mass
stars to the total energy deposition into the ISM is theefmall at first, because the masses
of high-mass stars are distributed over a much wider range.

The algorithm

The integrations in equations (4.13) to (4.15) are done mgally for the IMFs listed in Ta-
ble (4.2). The used program is structured as outlined below.

Start att = 0 with a set of initial parameters taken from Table 4.1 and aFf tken from
Table 4.2. LetAt be the time step from to t;,; andtgy the time when the first stars become
SNe.

1. If t; > tgn, calculate which stars evolve frotm= t; to ¢t = t; + At using equation (4.12)
and then which total mass these stars have/, ; (equation 4.14). This mass is added
to the total mass of the interstellar mediui;sy; ;. This includes the possibility that the
UCD-model had no ISM left at the end of the previous time staghis case Mgy =
AM*’i.

2. The rate at which the stars and the SNe deposit energy hetéSIM during the time
step is calculatedl;. L; is approximated by; = L, ;i1 + Len;, WhereL, ;,; is the
rate at which the stars deposit energy into the ISMatt;, (equation 4.15) andgy ;
is the energy that the SNe deposit into the ISM from= ¢; tot = t; + At (which
is in the limit of At — 0 an energy depositiorate as well). Using the number of
stars that evolve during the time stépV, ;, (equation 4.13)Lgx; can be estimated by
assuming that each SN releases a characteristic amoumetickand electromagnetic
energy, which are the forms of energy that are relevant f@irdy matter out of the UCD-
model. Estimating this quantity d$°' erg per SN (e.g. Carroll & Ostlie 1996) leads
to Lgni = 10°'AN, ;erg Myr~'. The total luminosity is multiplied by the HE to obtain
Lyin i, Which is the luminosity that is not radiated away througérthal emission of the
ISM, but is converted into kinetic energy of the gas leavimgtCD.

3. The timer; it would take until all gas is expelled from the UCD-model ®imated,
assuming thaL,, ; does not change during that time. This is done using the eouat
Tilkini = |Epoti — Epots.i|, WhereE, ; is the total binding energy of the UCD-model at
t = t; and E,q.; Is the binding energy the UCD would have if it would lose alsga
that time. Note that the UCD-model inflates as it loses madsan. ; should therefore
be calculated using the Plummer-radius the UCD-model has @f gas is expelled. We
estimate it using the relation between initial radius andlfradius of a stellar system
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Figure 4.6:The change of the total mass of the UCD-modé},;, with time due to stellar radiation and
evolution for our models witSFE = 0.4 andHE = 1.0 or HE = 0.03 relative to the total initial mass of
the UCD-model M, o. The assumptions regarding SFE, HE, initial mass of the Uidiel and inital
Plummer-radius of the UCD-model for the mass loss histaiesvn are indicated in the corresponding
panel. The different lines in this figure represédt, for the different IMFs listed in Table 4.2. The
mass loss increases with the top-heaviness of the assunteddiMhe topmost curves = 2.3 and for
the lowermost curvea = 1.1. Solid (red) lines are for IMFs with an upper mass limitloH M., and
dashed (blue) lines are for an upper mass limit&f M. The choice of the upper mass limit has only
a minor impact for the canonical IMR(= 2.3), but is much more significant for the most top-heavy
IMF that are considerech(= 1.1). Note that fort > 3 Myr the mass loss histories shown in this figure
are equal to the change in stellar mass shown in Fig. 4.5 iptineordial gas is expelled before the first
star has evolved completely. However, contrary to Fig. Bestime-axis is scaled logarithmically here,
in order to show the sometimes very rapid expulsion of theprdial gas.

for adiabatic mass loss, even though the mass loss is in garsmanetimes clearly not
adiabatic. This relation is given by

na Mini
Tfinal _ it (4.17)

)
Tinit M, final
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wherer;,;; and M;,;; are radius and mass of the stellar system at the beginningas$ m
loss, respectively, antk,., and Mg, the are radius and mass of the stellar system at
the end of mass loss, respectively (Kroupa 2008 and refesetherein). Equation (4.17)
underestimates the expansion of the UCD-models at time®wfadiabatic mass loss
(cf. equation 8.20 in Kroupa 2008). Therefore, if the UCDsehexperienced extended
non-adiabatic mass loss, the mass loss rates calculatedieetoo low, because a more
pronounced expansion implies that the potential well besoghallower and the remain-
ing gas requires less energy to escape from it. This is ever mortant for a more
top-heavy IMF.

4. If i < At, setr; = At. The mass loss of the UCD-model during the time step is assume
to be At
OM = Msyi—- (4.18)
Ti
5. Calculate the new parameters of the UCD-model after itdeidhe mass M : The new
total stellar mass is decreased Ay/,; and the new Plummer-radius is estimated using
equation (4.17).

6. Ift;,1 = t; + At is less than it takes a star with, = 8 M, to evolve into a SN according
to equation (4.12), repeat steps (i) through (vi), buttfor instead oft;.

The underlying assumption in the chosen approach is thah#terial expelled from a SN
does notmmediatelyescape the UCD, but that its kinetic energy is thermalised,jsassumed
for massive star clusters in, e.g., Tenorio-Tagle et al0O720 This can happen either through
interaction with the surrounding ISM or through the cobisiof the expanding envelopes of
different SNe. The latter becomes more relevant with irgirgatop-heaviness of the IMF. The
notion of the thermalisation of the SN ejecta is flawed if éhisrno ISM left and if the SNe are
too few for their envelopes to interact with one another. Ewev, in this case also very low
HEs are sulfficient to keep the UCD-models gas-free.

The mass loss histories calculated by using the above matsshown in Fig. (4.6) for the
models with SFE=0.4 and HE=1 or HE=0.03. For the the models $FE=1 and HE=1, the
evolution of the stellar mass of the UCD-models shown in Ei§.also illustrates their mass
loss history, since the UCD-models are gas-free at all timéss case.

The role of compact stellar remnants

A simplification that is made in the creation of the mass Idssohies is that the whole mass
of the evolved stars is added to the ISM, including the madbtef compact remnants. For
testing under which conditions this approximation is readxe, the total mass of all compact
remnants of stars with initial masses > 8 M., M,..., needs to be compared to the total mass
of their progenitorsMs 0. If an IMF is given, calculatingV/,.,, requires a relation between
the initial masses of stars and the masses of their compactar®ts. Such an initial-to-final
mass relation is, e.g., formulated in equation (8) of Dajirausen et al. (2009). Their equation
is also used here. Thus, stars with initial massesMf, < m, < 25 M, are thought to evolve
into neutron stars (NSs) with a massio85 M., which is the mass Thorsett & Chakrabarty
(1999) have found for pulsars, i.e. a sample of neutron sihatscan easily be detected. Stars
with even higher initial masses are believed to evolve in&ehholes, but the actual masses
of these black holes (BHs) are poorly constrained (cf. fi@said 16 in Woosley et al. 2002).
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Table 4.3:The total masses of all stars more massive hai (M0, Column 2) and the total
masses of their compact remnanig,{,,, Columns 3 and 4) for the IMFs in Table 4.2. The masses are
in units of the total mass of all stars that were formed itijtial/, o. The two different values fob, e,

for a given IMF reflect that the mass of the remnants of verysimasstars is poorly known. While the
mass of the compact remnants of stars with initial mass8\f < m. < 25 Mg is 1.35 Mg, in both
estimates, the mass of the compact remnants of stargwyitty 25 M, is assumed to be eithérlm,
(Column 3) or0.5m, (Column 4).

IMF Mhms,O/M*,O Mrem/M*,O Mrem/M*,O
mpu = Olm* mpu = O5m*

1 0.921 0.0910 0.409
2 0.886 0.0871 0.369
3 0.719 0.0709 0.271
4 0.453 0.0452 0.150
5 0.230 0.0234 0.0698
6 0.213 0.0218 0.0605

Therefore, two cases are considered for the masses of Bhglyn#he case that they all have
10 per cent of the initial mass of their progenitonsg; = 0.1m,) and the case that they have
50 per cent of the initial mass of their progenitorss; = 0.5m.,) are considered. The resulting
values are noted in Table 4.3.

It is apparent from these numbers that fogy = 0.1m, the mass locked up in compact
remnants is indeed negligible, while this is not the casenigy; = 0.5m,. However, the
masses of observationally confirmed stellar-mass BHs (ssar€s 2007) seem to favour the
case ofmgy = 0.1m,, leading to BH masses 10 M. Apart from that, Lyne & Lorimer
(1994) report a mean birth velocity @60 4= 90 km s~ for pulsars (i.e. neutron stars) and the
processes that precede the birth of a stellar mass BH arstiadigethe same as the ones that
precede the birth of a neutron star (Woosley et al. 2002} 3inggests that a large fraction of the
compact remnants (BHs as well as neutron stars) are bornvelikities well above the escape
velocity of the UCD-models in Tab. 1, which for a Plummer sghis about twice the velocity
dispersion (compare equations 8.59 and 8.61 in Kroupa 200B)s, in a realistic scenario,
the total mass of the compact remnar@sainingin the UCD is likely to be small compared
to the total mass of the progenitorsalf compact remnants. Moreover, the mass-loss histories
created by the algorithm described in Section 4.2.2 sugfgasthe UCDs are gas-free at the
end of the evolution of massive stars, with the exceptiorhefrhodels with high initial mass
and low heating efficiency. The latter models suggest honténat the UCDs consist mainly of
gas at that time, which seems unlikely (see Section 4.3.8a éonclusion, UCDs are likely to
have lost most of the mass that was locked in massive stdrs &trie when massive stars have
evolved, if they formed as is assumed here (i.e. as very reastr clusters). This mass loss
proceeds however not only by the escape of the gaseous cemgmf the SN-remnants from
the UCD (i.e. a process modelled by the algorithm in Secti@®4, but also by the ejection of
the compact remnants. This latter process would play a antiskrole for the total mass loss
of the UCD ImeH = 0.5m,, but not |meH = 0.1m,.

Note that the expectation of a large difference betweendta mass of the compact rem-
nants left in UCDs and the total mass of their progenitordse the reason why the IMFs of
the UCDs have to be so extremely top-heavy, if the enhanéed, ratios of the UCDs are to
be explained by an over-abundance of stellar remnants. g bkat motivated the sometimes
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extreme choices for the IMF in the UCD-models in the first plac

In essence, neglecting the remnant masses seems justifidhle context of the present
study, as it also helps to avoid a number of very speculasgemaptions. This includes the
precise mass of the remnants, which fraction of them remiaitme UCDs and how much of the
kinetic energy available from the SNe is transferred to thAma result, the mass loss is over-
estimated in the UCD-models, but probably not by much maae 0 per cent. Consequently,
their expansion is over-estimated as well by about the sanwaigt, if the heating is sufficient
to expel all gas from them. This bias is thus opposed to theibduced by the assumption of
adiabatic mass loss at all times in the calculation of thesn@ss histories.

We note that also the treatment of the energy input from Sideh(@f them contributes
10°! erg) and the energy input from stars (equation 4.15 using equdtil6) is only approxi-
mate, but can hardly be done with greater precision withecurknowledge.

4.2.3 Time evolution of the UCDs

The UCD-models are set up to be in virial equilibrium befdre bnset of mass loss. This is
motivated by the fact that star-formation in a star clustéées place on a time-scale of 1
Myr, while the crossing times in the UCD-models are about @leioof magnitude lower (see
Table 4.1) and the time-scale for violent relaxation is a ée@ssing times (Binney & Tremaine
1987). Thus, the time-scale for the UCD-model to settle an&tate near virial equilibrium is
shorter than the time-scale for the formation of its stgdapulation. Note that the assumption
of virial equilibrium is crucial for the validity of the re#s in this paper, since UCDs would
evolve completely different if they were not in virial egbiium at the onset of gas expulsion,
see Goodwin (2009). But it is also argued there that very imassgar clusters are much more
likely to be in virial equilibrium at that time.

To calculate the evolution of the UCDs in the first few Myr treeticle-mesh code Superbox
(Fellhauer et al. 2000) is used. Each UCD is represented hilibmparticles and is integrated
forward in time until200 Myr using a small time-step @f.01 Myr for the models with HE=1
and SFE=1 and a time-step @)05 Myr for all models with SFE=0.4. The smaller time-step
for the models with SFE=0.4 is necessary because of theitesharossing times due to their
higher initial masses for our assumed stellar masses, $ée44.. The code is altered to allow
for the mass loss due to gas expulsion and rapid stellar #oolin the first tens of Myr. To
mimick this mass loss we implemented the look-up tables wlgeneration is described in
Section 4.2.2. They give the total mass of the UCD at each-$ir@p. The mass of each patrticle
and henceforth the total mass of the modelled UCD is reduceardingly.

The UCDs are modelled in isolation, i.e. in the absence alal field, even though UCDs
are found in the vicinity of massive elliptical galaxies.tBegarding the short time span of our
computations of 200 Myr (compared to their orbital times @ or longer) and the fact that
e.g. at a distance &0 kpc and adopting the potential of M 82 the tidal radii woulddoe pc
for the models withM,,; o = 107 M and 1400 pc for the models withV/,, o = 10° M, the
effect of the tidal fields can be neglected. (See also tabteHilker et al. 2007 and table 8 in
Evstigneeva et al. 2007 for a comparison between half-ligfii and tidal radii of UCDs.)
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Figure 4.7: Change of the Lagrangian radii (10, 20, ... 90 per cent mads) time for model
m8.r5.s1 h1 with IMF 1 (mpyax = 150 Mg, o = 1.1).

4.3 Results

We calculated a suite of 56 models, combining each of thedfatkCD parameters given in
Table 4.1 with each IMF given in Table 4.2. The results areuised separately for the different
assumptions regarding the SFE and the HE in the followingaéso Tables 4.4, 4.5 and 4.6.

43.1 SFE=1
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Figure 4.8: Expansion factorsf. of our models for a star formation efficiency of 1 and a heating
efficiency of 1 plotted against the number given to the assuiM& (as in Table 4.2). The symbols show
the different initial structural parameters of the UCD-ralsd (red) crosses fdk,, o = 3 pc and M, =

10" Mg, (green) squares fdk, 0 = 5 pc and M, o = 107 M, and (blue) circles foR, o = 5 pc and
Mo =107 Mg.
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Table 4.4:Final results of the calculations for a SFE of 1 and a HE of 1e iodels whose final parameters match the observed paranoétdCDs W
best are marked with a (+) before the first column. The infaéimnagiven in the columns is the following: Column 1: the naofehe model as given in
Table 4.1, Column 2: the IMF as given in Table 4.2, Column & tthtal mass of stars that have not evolved at the end of neaskiv evolution (i.e. stars "Uq
with m < 8 Mg) in units of the initial total mass of all stars, Column 4: tb&al mass of stars that remain bound to the cluster in uhitseatotal mass of all C
stars less massive th&lV (i.e. no stars become unbound if the entry in this column i€bjumn 5: the mass of the cluster at the end of the calculatio ':|
Column 6: the final half-mass radius, Columns 7 and 8: the fhainmer-radius,,; ¢ and its1-o error, Column 9: the expansion factfyr, Columns 10

and 11: the central surface densHy ¢ with its error, Columns 12 and 13: and the central line-ghtielocity dispersiomr ¢ with its error. Xy ¢ andog ¢

are derived by fitting Plummer-profiles to the data at 200 Myr, using a non-linear least-squares Marquardt-Levenbggorithm. Both the fits t&,  and

to 0+ also deliver estimates fdk,, ;. The quoted value foR,, ¢ is the one obtained from the fit &, ¢, but the one obtained from the fit &g ¢ is not much
different.

model IMF M,¢/M.o Mupys/M. M Rsor Rpie error f, Yo error op¢ error
[10°M¢] [pc] [pc] Mo pc?] [kms™']
m7r3.sl1hl 1 0.079 0.952 0.75 30.6 34.1 0.2 11.4 241 1 419 0.02
m7r5.s1hl 1 0.079 0.850 0.67 522 539 09 108 17 0 3.02 0.02
m8r5.s1hl 1 0.079 0.998 7.8 26.2 27.1 0.1 54 3869 2 21.65 0.07
m7r3.s1hl 2 0.114 0.973 1.11 22.3 23.7 0.1 79 736 2 6.09 0.02
m7.r5.s1hl 2 0.114 0.953 1.09 374 38.0 0.2 7.6 280 1 4.77 0.02
(+) m8r5slhl 2 0.114 1.000 11.4 184 186 0.1 3.7 12069 22 31.36 0.07
m7.r3.s1hl 3 0.281 0.999 2.81 9.6 10.0 0.0 3.3 10324 11 1452 0.06
m7.r5.s1hl 3 0.281 0.998 2.80 16.1 16.0 0.1 3.2 4131 8 11.60 0.04
(+) m8rb5sihl 3 0.281 1.000 28.1 10.8 10.7 0.0 2.1 90300 120 55.20 0.30
(+) m7r3slhl 4 0.547 1.000 5.47 51 53 0.0 1.8 70370 170 27.50 0.02
(+) m7r5s1hl 4 0.547 1.000 5.47 8.6 85 0.0 1.7 28286 27 21.90 0.30
m8r5.sl1hl 4 0.547 1.000 54.7 7.4 74 0.0 1.5 363990 310 8250 0.80
m7.r3.s1hl 5 0.770 1.000 7.70 3.8 39 0.0 1.3 181300 800 37.60 0.50
(+) m7r5.s1hl 5 0.770 1.000 7.70 6.3 6.2 0.0 1.2 73630 140 30.20 0.30
m8.r5.s1hl 5 0.770 1.000 77.0 6.3 6.4 00 1.3 678800 1400 98.30 1.10
m7r3.s1hl 6 0.787 1.000 7.87 3.7 38 00 1.3 191560 960 38.40 0.20
(+) m7r5s1lhl 6 0.787 1.000 7.87 6.2 6.1 0.0 1.2 78050 440 30.70 0.30
m8.r5.s1hl 6 0.787 1.000 78.7 6.3 6.3 00 1.3 713800 1100 100.30 1.20

XA
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The assumptions SFE=1 and HE=1 stand for the case of hightyeet star-formation
and heating. There is no expulsion of primordial gas in tlaise; but the mass loss through
the evolution of massive stars can still be quite severeh@$JCD is cleared easily from the
products of stellar evolution with such a high HE). It amautd up to aboub0 per cent of
the initial mass for the UCDs with the most top-heavy IMFs.wdwger, this mass loss is slow
compared to the short crossing-times of the initially vergssive and compact models. This
makes sure that the calculated UCDs always survive thisgei mass loss. In Fig. 4.7, the
time evolution of the Lagrangian radii of one of the modelshiswn. It can be seen clearly that
after an interval of rapid expansion due to the mass loss @i2-thodel finally settles back into
a new equilibrium. The expansion factfirof the models is measured by comparing the final
(Rp1¢) With the initial (R,,;0) Plummer-radius,

Rplf
, = P 4.19
[ Foro (4.19)

The Plummer-radii are found by fitting Plummer-models tosh&ace density profiles of the
UCDs, using a non-linear least-squares Marquardt-Lewgrddgorithm. The Plummer-radius
is also identical to the projected half-light radius for thedels (see equation 8.57 in Kroupa
2008). Fig. 4.8 shows the expansion factors for all UCD-nfmdéth SFE=1 and HE=1. Itis
visible that among the clusters with top-heavy IMFs (IMF#} the UCD-models with the
highest mass expand the least. This is because the morevenbK3D-models have shorter
crossing times and are therefore closer to the regime obatiamass loss.

Table 4.4 shows the final quantities for the models with SFBrd HE=1. The models
that are the best representations of present-day UCDs anthef the calculation are marked
with a '(+)’ in front of the first column. Note that some, buttradl of these have the canonical
high-mass IMF slope.

We note that assuming HE=1 is not decisive for most of the Uftialels with SFE=1.
For instance, if HE=0.03 is assumed for the UCD-models withrétial stellar mass)/, o,
of 10" M, and SFE=1, the mass-loss histories of such models are the asin the case of
HE=1. The same is true for UCD-models with® M. SFE=1 and HE=0.03 if their IMF is
the canonical one. On the other hand, for the two most topyhidFs in Tab. 4.2 (IMFs 1
and 2,a = 1.1), the UCD-models withl0® M., and SFE=1 retain most of the gas released
by the evolution of massive if HE=0.03, while they are gafat all times if HE=1. In the
case of H=0.03, these models are very similar to the UCD-isaglith 10® M, SFE=0.4 and
HE=0.03, which are discussed in Section 4.3.3.

Thus, it is UCD-models with the most top-heavy IMFs thatiretgas the easiest. This is
because by assuming that the amount of energy released byaedN\ot depend on the mass
of the progenitor star (as done in this paper), the total masfee by the SNe increases more
quickly than the total energy provided by the SNe. Also, tiraihosity of the stellar population
of the UCD, which is the other energy source that powers itssit@ss, decreases more rapidly
with time for more top-heavy IMFs.

4.3.2 SFE=0.4 and HE=1
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Figure 4.9:Expansion factorg, of the models with a star formation efficiency of 0.4 and a ingat
efficiency of 1 plotted against the number assigned to thenasd IMF (as in Table 4.2). The symbols
show the different inital structural parameters of the U@Ddels: (red) crosses fat, o = 3 pc and
My = 2.5%x10" Mg, (green) squares fdk, o = 5 pc andM,,; o = 2.5x 107 M, and (blue) circles for
R0 = 5 pcand M, o = 2.5 x 107 M. The modelled UCDs with IMFs 1 and 2 dissolve completely
due to their heavy mass loss.
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Figure 4.10:As Fig. 4.7, but for model m85_s04 h1 with IMF 4 (ma.x = 100 Mg, a = 1.9).



Table 4.5:As Table 4.4, but for a SFE of 0.4 and a HE of 1. These modeldqtrib@ complete dissolution of the UCD if IMF 1 or IMF 2 are as®ed (the
ones with high-mass slope= 1.1).

model IMF M,¢/M,o Muys/M.s M Rsor Rpie error f, Yo error oo error
[10°Ms] [pc] [pc] [Me pc?] [kms™']

m7r3.s04hl 1 0.079 UCD dissolves completely

m7r5.s04hl 1 0.079 UCD dissolves completely

m8r5.s04hl 1 0.079 UCD dissolves completely

m7r3.s04hl 2 0.114 UCD dissolves completely

m7r5.s04hl 2 0.114 UCD dissolves completely

m8.r5.s04hl 2 0.114 UCD dissolves completely

m7.r3.s04hl1 3 0.281 0.236 0.66 30,3 334 05 104 298 2 8.27 0.16

m7.r5.s04h1 3 0.281 0.125 0.35 51.3 60.8 1.9 119 53 1 4.49 0.06

m8r5.s04hl 3 0.281 0.482 135 429 46.7 0.6 88 3115 16 30.95 0.30

m7.r3.s04hl 4 0.547 0.460 2.52 19.0 16.0 0.1 5.0 3615 11 19.89 0.47

m7.r5.s04hl 4 0.547 0.234 1.28 288 286 04 56 672 4 11.41 0.22
(+) m8r5.s04hl 4 0.547 0.784 26.4 256 233 01 44 32182 33 70.43 0.88

m7.r3.s04hl1 5 0.770 0.626 4.82 13.6 109 0.1 3.4 14495 35 33.46 0.50
(+) m7r5.s04hl1 5 0.770 0.300 2.31 214 192 0.1 3.8 2429 8 18.22 0.51

m8r5.s04hl 5 0.770 0.896 69.0 19.2 16.7 0.0 3.2 96070 120 102.64 1.87

m7.r3.s04hl 6 0.787 0.671 5.28 13.2 105 0.0 3.3 16898 32 35,52 1.44
(+) m7r5.s04hl 6 0.787 0.322 2.53 21.3 19.0 0.2 3.7 2723 11 18.97 0.54

m8r5.s04hl 6 0.787 0.911 71.7 189 164 0.0 3.1 103396 80 105.38 1.94
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Figure 4.11:As Fig. 4.9, but for a heating efficiency of 0.03 instead of heTnodelled UCDs with
M. = 10" Mg, and IMFs 1 or 2 dissolve completely due to their heavy massdas are therefore not
shown here.

The assumptions SFE=0.4 and HE=1 imply an even more dramass loss than the case
of SFE=1 and HE=1 (Section 4.3.1). The energy input of masstiars is high enough to clear
the UCD-models of the primordial gas either well before othattime the first stars end their
evolution on the main-sequence. The mass loss is in factsd tiaat a significant fraction of
the stars of the UCD-models become unbound, even if an IMR thi¢ canonical high-mass
slope (x = 2.3, IMFs 5 and 6) is assumed. The calculated UCD-models dissminpletely if
the IMFs with the flattest high-mass IMF-slopes £ 1.1, IMFs 1 and 2) are assumed. Note
that they are dissolved by tloembinatiorof the very rapid expulsion of the primordial gas and
the more gentle mass loss though stellar evolution, sinéeséantaneous loss of 60 per cent of
the initial mass would still leave a bound remnant (Boily &kipa 2003), as would the mass
loss through stellar evolution alone (cf. Section 4.3.1).

Analogous to Section 4.3.1, the expansion of the UCD-moeiaeasured by the ratio
between their final Plummer-radii and their initial Plumrnadii and the results are plotted in
Fig. 4.9. It turns out that in this set of models, the UCDs thqiand the most are always the
ones with the longest crossing times while the UCDs that matphe least are always the ones
with the highest initial mass.

Table 4.5 shows the final quantities for the models with SFEafd HE=1. Model m85_.s04h1
with IMF 4 (« = 1.9) is the only one of them with a top-heavy IMF and with a goodeagr
ment between its final parameters and the parameters odsar&Ds. The evolution of its
Lagrange-radii is shown in Fig. 4.10.

4.3.3 SFE=0.4 and HE=0.03



CHAPTER 4. EXPANSION OF YOUNG UCDS

128

||||||| T |||||||| T ||||||| T ||||||| T ||||||| T
1000 |- Lagrange-Radii (10,20,...90%) =
100 | .
'E‘ i 1
2 C ]
= L |
B j _:
1 MEETTT BRI R TTT| BRI T ETT| B S R RTTT B S ETTT B
0.01 0.1 1 10 100
t [Myr]

Figure 4.12:As Fig. 4.7, but for model m73_s04 h003 with IMF 4 (1. = 100 Mg, o = 1.9).
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Figure 4.13: Change of the Lagrangian radii (10, 20,
m7.r3.s04h003 with IMF 1 (ny.x = 150Mg, o = 1.1). Here the UCD is disrupted by its mass

loss, unlike the models shown in Figures. 4.7, 4.10 and 4.12.



Table 4.6:As table 4.4, but for a SFE of 0.4 and a HE of 0.03. These modetiigi the complete dissolution of the UCD if IMF 1 or IMF 2 aad initial

total mass oR.5 x 107 M, are assumed. The models with an initial total mas2.9fx 10 M, on the other hand keep most of their primordial gas an

therefore their evolution is completely different.

model IMF M, ¢/M.o Mag/M.s M Rsor Rpi¢ error  fe Yo error oo error
[10°Me]  [pc] [pc] Mo pc?] [kms™']

m7r3.s04h003 1 0.079 UCD dissolves completely

m7r5.s04h003 1 0.079 UCD dissolves completely

m8.r5.s04h003 1 0.079 0.997 188.8 88 72 00 14 55622 65 271.1 20.9

m7r3.s04h003 2 0.114 UCD dissolves completely

m7.r5.s04h003 2 0.114 UCD dissolves completely

m8.r5.s04h003 2 0.114 0.997 196.5 85 70 00 13 86030 150 282.80 23.80

m7.r3.s04h003 3 0.281 0.742 2.09 29.0 28.1 0.2 104 1164 3 14.64 0.17

m7.r5.s04h003 3 0.281 0.469 1.32 425 46.8 0.6 9.2 308 1 9.69 0.11

m8.r5.s04h003 3 0.281 0.997 200.0 84 69 00 1.3 215810 340 287.40024.7
(+) m7rx3.s04h003 4 0.547 0.944 5.16 17.2 145 0.0 45 9278 9 29.66 0.43

m7.r5.s04h003 4 0.547 0.835 4.57 259 233 00 46 3376 6 22.73 0.30

m8.r5.s04h003 4 0.547 0.996 202.4 84 6.8 00 1.3 424440 500 290.70 025.6
(+) m7x3.s04h003 5 0.770 0.978 7.53 124 103 0.0 3.2 26578 18 42.36 0.79
(+) m7rx5.s04h003 5 0.770 0.906 6.98 189 166 0.0 3.3 9973 140 33.06 0.58

m8.r5.s04h003 5 0.770 0.996 208.4 82 6.7 00 13 623290 640 299.50 027.7
(+) m7r3.s04h003 6 0.787 0.980 7.71 12.2 101 0.0 3.2 28116 25 43.33 0.82
(+) m7r5.s04h003 6 0.787 0.919 7.23 18.7 16.2 0.0 3.2 10697 17 33.76 0.58

m8.r5.s04h003 6 0.787 0.996 208.4 82 6.7 00 13 633900 16 298.90 27.00
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In the case of a moderately high star formation efficiencyHS8F4) and and low heating
efficiency (HE=0.03), the UCD-models with/,; , = 2.5 x 10" M, are gas-free at the end of
the computation (as are all models with HE=1). In contraghtd, the models with\/,; o =
2.5 x 108 M, keep most of the gas at such a low HE, so that these UCD-moretsedicted
to expand barely and to consist mainly of gas at the end ofnttegiation, implying very high
M/ Ly ratios. (In the two most extreme cases, where the high-mMBsslope isa = 1.1,
approximately 5 per cent of the total mass of the UCD-modsiéss at that time, while the rest
is gas.) This is a very implausible situation. It is more Ijk@hat if the heating efficiency is
too low to drive the gas out of the cluster, the star formagfitiency would become higher
through new star formation episodes, until eventually atter is locked up in low-mass stars
and thereby a SFE of 1 is approached.

However, the half-mass radius of a UCD would hardly changh time in this case, since
it keeps most of its initial mass (cf. equation 4.17), whiie tnitial half-mass radii of UCDs
suggested in this paper are clearly smaller than the hassmadii of observed present-day
UCDs (cf. table 5 in Mieske et al. 2008). This means that, if @Uindeed retains most
of its mass, it must be born with an initial half-mass radilsse to the observed values. By
calculating mass-loss histories of UCD-models with,, = 2.5 x 10* My, SFE=0.4 and
HE=0.03 for different initial Plummer radii (by the methodstribed in Section 4.2.2), it turns
out that the energy input from massive stars is sufficienetoave all gas from these UCD-
models at an initial projected half-mass radius (i.e. Plenmadius) of 12 pc instead of 5 pc,
even if the UCD-models have the canonical IMF. In contrash&, the most massive observed
UCDs, with masses of 10°® M, are reported to have half-mass radii=ef100 pc. Thus,
adopting a major star burst as the scenario for the birth o€® Jas done in this paper), an
object that is able to keep gas after the star burst woulddedmpact to evolve into an UCD.
On the other hand, if the object has an initial half-massusdhat allows it to evolve into a
UCD, it would loose its gas on a time scale of a few Myr. Thisledes the above scenario
where a UCD forms a substantial part of its stellar poputatieer a longer period of time after
the initial star burst.

Fig. 4.11 depicts the expansion rates of the UCDs with SHEa8d HE=0.03 and shows a
strong difference between the modelled UCDs wifh, = 2.5 x 10® M, and the ones with
Mo = 2.5 x 10" Mg,. While the less massive UCD-models expand almost as muchths i
case of HE=1 (see Sections 4.3.1 and 4.3.2), the extensitire shore massive UCD-models
hardly changes.

The final quantities found for the models with SFE=0.4 and BlB3 are shown in Ta-
ble 4.6. Except for models with IMFs that have the canonidgghimass slope, only model
m7.r3.s04h003 with IMF 4 (@ = 1.9) is a good representation of a UCD. The time-evolution
of its Lagrange-radii is shown in Fig. 4.12. Fig. 4.13 on thieeo hand illustrates the evolution
of a UCD that dissolves completely because of extreme massliee to its very top-heavy IMF.
The only difference to the model shown in Fig. 4.12 is that IMk = 1.1) instead of IMF 4
was assumed.

4.3.4 Implications on the initial parameters of UCDs

Based on the fraction of the mass that is lost from the modsttdthr systems and the factors by
which they expand due to mass loss, initial conditions thaild/lead to UCD-like objects can
be estimated. The results of such estimates are shown id Eiy. Thus, UCDs may have been
born from extremely compact configurations with densitasging up tol03M,, pc—3. These
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Figure 4.14:Estimated initial masses and Plummer-radii that would keagpresentative, UCD-type
objects. The black square to the left represents in each panebserved typical small UCD with a
mass of5 x 10° M, and a Plummer radius of 10 pc, whereas the black square tagthterepresents
an observed typical large UCD with a mass40f x 105 M, and a Plummer radius of 20 pc. The
remaining symbols show estimated initial masses and Plurmaaé, that would lead to one of these two
representative UCDs with the IMFs from Table 4.2, identifiesle by the number assigned to them in
that table. The assumed star formation efficiency and hgafficiency are indicated at the top of each
panel. For the more massive UCD-like object, the estimatitidliparameters are based on the total mass
loss (through stellar and dynamical evolution) and exmganactors of the models starting with a total
stellar initial mass\/,. o = 108 M, (Table 4.1), while the estimates for the less massive U@Pdbiject

are based on the models witth. o = 107 M, (Table 4.1). The dashed lines in each panel show constant
central densities, starting froi)® M, pc—2 and increasing by a factor of ten downward with each line.
Note that the initial conditions resulting in the more magsepresentative UCD in the lowermost panel
(SFE=0.4 and HE=0.03) are based on models where hardly anig ¢@st from the UCD-model while

no more stars are formed from this material, which is a urgakcenario (see Section 4.3.3).

numbers have admittedly to be taken with caution, since dparesion factors and the total
mass loss of the objects have been derived for stellar sgsteti different initial parameters,

using mass loss histories through stellar processes thatspecifically created for them. Note
however the similarity between the expansion factors ofedith the same initial mass and
IMF, but different initial radii (Figs. 4.8, 4.9 and 4.11). nAlogous calculations to the ones
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Figure 4.15:The initial central densities that would lead to the repnéstve UCD-type objects shown
as black squares in Fig. 4.14, given the mass losses andstapdactors of the UCD-models calculated
in this paper for the IMFs listed in Table 4.2. It is assumegliaFig. 4.14) that the mass loss and the
expansion experienced by an object that evolves into the maissive representative UCD (with a mass
of 40 x 10° M., and a Plummer radius of 20 pc) is given by the mass losses quasions calculated
for the UCD-models that start with an initial total stellanss of10® M, (Table 4.1). The evolution
of the less massive representative UCD (with a mass »f10% M., and a Plummer radius of 10 pc)
from its initial state is thought to be consistent with thessibbsses and expansion factors found for the
UCD-models starting with an initial total stellar mass16f M, (Table 4.1). The central densities of
the initial states of UCDs in this figure are thus given by thigdl masses and Plummer radii assigned
to them in Fig. (4.14), using equation (4.4) with= 0.

performed here, but with the initial parameters plottedig &.14 are therefore likely to lead to
final parameters that represent the actual parameters osW€Rer, but this needs to be studied
in follow-up work.

The initial central densities following from the pairs oftial masses and initial Plummer-
radii plotted in Fig. 4.14 are shown in Fig. 4.15. The inigelrameters that would lead to
UCD-type objects according to Figs. 4.14 and 4.15 can be aosato the initial parameters of
the UCD-models listed in Tab 4.1, whose early evolution vadsudated in this paper. It thereby
becomes apparent that the initial conditions resulting@Dd may be even more extreme than
the ones that are specified in Table 4.1. Thus, encounterstaf-ptars with stars, as discussed
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in Section 4.2.1, may be even more relevant for the star fdboman actual UCDs than for

the UCD-models calculated in this paper. The UCDs may ever baen dense enough for
frequent collisions between stars, so that this proceskl@so have shaped their IMF (cf.
Bonnell et al. 1998).

Note the similarity of Figs. (4.8) (4.9) and (4.11) with theresponding panels of Fig. (4.15),
except for the different scaling. This is because the expariactor enters with the third power
into the calculation of the initial density for a given finahss and final Plummer-radius accord-
ing to equation (4.4), while the dependency on the lost nsasaly linear.

Also note that the negligence of compact remnants induceasadn the estimated initial
parameters: Remnants kept by the UCD-model diminish thes ithed leaves the UCD-model
and thereby also reduce its expansion. For arriving at thesraad the Plummer radius of the
representative UCD-type objects plotted in Fig. 4.14, a Li6@del that keeps some of the mass
of the massive stars in the form of remnants would thus neadyar initial radius and a smaller
initial mass than a UCD-model that looses all remnants framssive stars. Consequently, the
initial density of the UCD-model that keeps some remnantslavalso be smaller. The total
mass of the remnants remaining in the UCDs has however bgeedunlikely to be much
larger than 10 per cent of the total mass of their progentarsgSection 4.2.2) and the bias on
the initial parameters shown in Fig. 4.14 would be of the sanmder. The large implied mass-
loss through the evolution of massive stars does not cantridx high)M /Ly ratios of UCDs,
if the number of massive stars was sufficient in them, i.er tMF was top-heavy enough (cf.
Dabringhausen et al. 2009).

The bias caused by the the negligence of compact remnantfionagver be alleviated by
an opposed bias. This opposed bias comes from the fact thaadiabatic behaviour of the
UCD-models was taken into account in the actual calculadtibtheir dynamical behaviour,
but not in the modelling of the mass loss driving the earlyl@won of the UCD-models (see
Section 4.2.2).

4.4 Summary and conclusions



134 CHAPTER 4. EXPANSION OF YOUNG UCDS

| MR | —
1004 SFE=10 HE=LO 3 L
T + 3
4 A
" + 5 v
6 ¢
10+ A 3
I Av AV I
v
14— ——
1004 SFE=04 HE=LO 3 , L
T 5 v
— A 6 ¢
8 A
= ® v
= 10+ A €
= I
Y I
14— ——
- - 1 +
100+ SFE=0.4 HE=0.03 > +
I 3
4 A
A 5 v
AP 6 ¢
10+ v T
E L
1 HH e ——
1 10 100

M, [10° Mgy, ]

Figure 4.16:The final Plummer-radii against their final masses of all netleat have not dissolved at
the end of the integration. Different symbols encode diffedMFs, identified by the numbers assigned
to them in Tab 4.2. The assumed star formation efficiency aadirtg efficiency is given at the top of
each panel. The shaded regions indicate the parameter @paggied by real UCDs.



Table 4.7: Consistency-check between the models for the remnant atigus of the UCDs discussed in Dabringhausen et al. (2088¢don their
dynamical M /Ly ratios with the models discussed here for their early dynah®volution, assuming SFE=1 and HE=1 (for other SFEs and $&e
Section 4.4). Dabringhausen et al. (2009) consider twewdifft ages for the UCDs. The first column specifies variousiaatrpopulations of the UCDs, as
found in Dabringhausen et al. (2009). They differ by the ntdi$se SN remnants and which fraction of them remains bourig twost UCD. Concerning the
kind of compact remnant a SN leaves, it is assumed that sttrsnitial masses betweehiM, and25 M., become neutron stars with a mass &5 M.
Stars with initial masses abo@s M become black holes with either 10 or 50 per cent of the inimaks of their progenitorsn{gg = 0.lor 0.5m,).
The upper mass limit of the IMF i500 M, in all models. The second column displays the high-mass IMges,a, which correspond to these remnant
populations, given the mean dynamiddl/ Ly ratio of the UCDs (see Dabringhausen et al. (2009) for dgtailhe uncertainties of are calculated from
the uncertainties on the meadd/ Ly ratios. Columns 3 to 5 indicate how consistent the modetsud&ed in Dabringhausen et al. (2009) are with the one!
discussed here. In this context,-a 'means that + 0.1 agrees with the high-mass IMF slope in one of the UCD-modelsked with a ’(+)’ in Table 4.4,
i.e. @ — a| < 0.1, wherea is the high-mass slope of the IMF whose number according te™a2 is given in brackets. AJ' has an analogous meaning,
but it is only required thafa — a| < 0.2. A’ —' indicates that a model with these initial condidtions camyaeproduce final parameters as observed i
UCDs with an IMF withja — | > 0.2.

NOO ANV AHYIWNNS 7'y

SNORBNTD

remnant population «a m7r3.h1sl m7r5.h1sl m8r5hlsl

assumed age of 13 Gyr

no SN remnants retained 1.3570%8  — - O (3)
20 per cent of the SN remnants retainegy; = 0.1m, 1.577317 — — + (3)
20 per cent of the SN remnants retainegy = 0.5m, 1.7873853 0 (4) O (4) —
all SN remnants retaineehgy = 0.1m., 1.85T018  + (4) + (4) -

assumed age of 7 Gyr

no SN remnants retained 0491509 — — —

20 per cent of the SN remnants retainegy; = 0.1m, 1.04700 — - +(2)
20 per cent of the SN remnants retainegy; = 0.5m, 1.34700; — — O (3)
all SN remnants retainedhgy = 0.1m, 1.40100%  — — O (3)

GET
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We calculate the early evolution of extremely massive digsters, using the particle-mesh
code Superbox. Their initial radii are chosen in concordanith typical values for globular
clusters (GCs), while their initial masses reflect the masdeultra compact dwarf galaxies
(UCDs). The early evolution of a star cluster is driven by slass through gas expulsion and
stellar evolution. This mass loss is treated by reducingribss of each particle in accordance
with previously tabulated mass loss histories, so thatdted tass of all particles agrees with
the total mass of the UCDs as given in those tables. The rateh@nmagnitude of the mass
loss depends in particular on the stellar initial mass fiomciMF). Since it was suggested that
UCDs may have formed with a top-heavy IMF (Dabringhausen.e2G09), the integrations
use mass loss tables not only for the canonical IMF but alsio evfferent top-heavy IMFs. A
possible explanation for why the IMF in UCDs could be topsheia encounters between proto-
stars and stars. If UCDs indeed formed as the most massivelssters, as suggested in this
paper, such encounters would be quite likely in emerging 8D contrast, such encounters
are not very probable in stellar systems that evolve into dtssters like the Orion nebula
cluster. This implies that star formation in UCDs may be ieficed by processes that do not
play a significant role in less massive stellar systems. Tied fnasses and Plummer-radii
resulting from the calculations in this paper are shown @ &i16.

The possible initial conditions we uncover here (Figs. 4ahd 4.15) include densities as
high as10® Mg, pc—3 for the forming UCDs with top-heavy IMFsy( < 1.9). The supernova
rates are at times as high as one per year in the UCD-modéiswitit an initial stellar mass of
10" M, and the most top-heavy IMFs (Fig. 4.4) and higher by a fadtéfdn the UCD-models
with an initial stellar mass of0® M.

Starting from our initial conditions (Table 4.1), we seekgh final models that represent
UCDs in terms of their radii, masses amf)/ L -ratios in the following.

¢ If the UCDs form as star clusters with a high star-formatitiiciency and a high heating
efficiency (as discussed with the case SFE=1 and HE=1, s¢i@1$43.1), the properties
of present-day UCDs are reproduced from models with all INdF3able 4.2 except
IMF 1, i.e. with stellar populations with high-mass IMFs retwhole range from = 2.3
(canonical IMF) toa = 1.1 (see Table 4.4 and Fig. 4.16). The different models imply
however different ages and different stellar remnant patparis for the UCDs, because
they are constrained by the average Ly ratio that is observed for UCDs (cf. table 3 in
Dabringhausen et al. 2009). A consistency check betweemdd®ls in this paper and
the models in Dabringhausen et al. (2009) is provided in@dbr.Note that the model
from Dabringhausen et al. (2009) where stars with an inmiaks larger thaps M, are
assumed to evolve into black holes that have 50 per cent oh#ss of their progenitors
and all compact remnants are thought to be retained by theig@at listed in Table 4.7.
This is because it is not consistent with the assumption W@Ds loose most of the
mass that was initially locked up in their massive stars. klmv, it seems likely that
UCDs loose indeed most of this mass (see Section 4.2.2. THelifrtom Dabringhausen
et al. (2009) where all matter is kept within the UCDs is alsotted from Table 4.7, even
though it would seem consistent with the UCD-models wittiahstellar mass of 0° M,
a SFE of 0.4 and a HE of 0.03. These initial parameters leacehemto a unrealistic
situation at the end of the calculation, because the UCDatsdtiat can evolve this way
stay too compact for being consistent with real UCDs (seéi@e4.3.3).

As aresult of the comparison shown in Table 4.7, the modetsiviFs 5 and 6 (canonical
high-mass IMF slope) can be excluded as formation scentidse UCDs as a class of
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objects. This is because these models suggest thal/thia, ratio is consistent with
the ones predicted by simple stellar population modelschis not the case for UCDs
(Dabringhausen et al. 2008; Mieske et al. 2008). The modetsiiMFs 5 and 6 would
however be consistent with the UCDs in the Fornax Clustdraytare very old, because
their averagée\// Ly ratio is somewhat lower than the ones of UCDs in general (kéies
et al. 2008).

¢ If the UCDs form as star clusters with a moderate star-folemagfficiency and high
heating efficiency (as discussed with the case SFE=0.4 amdlH&ee Section 4.3.2),
extremely top-heavy IMFsa( = 1.1) can be excluded because they would lead to the
complete dissolution of the cluster. Model m8 h1 s04 with IMF 4 (@ = 1.9) resembles
a massive present-day UCD at the end of the integration. Apanison with table 3 in
Dabringhausen et al. (2009) shows that this model is camistith two cases listed
there. The first of them is the case of the UCDs being 13 Gyrkadping 20 per cent of
the SN remnants and black holes, which retain 50 per centahtiss of their progenitor
stars. The second is the case of the UCDs being 13 Gyr oldjrigeal SN remnants
and black holes having 10 per cent of the mass of their progestars. These would be
the only cases where a table analogous to Table 4.7 wouldatelconsistency between
the UCD-models here and the ones in Dabringhausen et al9)20%s in the case of
SFE=1 and HE=1, the models with IMFs 5 and 6 (canonical higissYIMF slope) can
be excluded as formation scenarios for the UCDs as a classjefts, because of their
too-low M/ Ly ratio (Dabringhausen et al. 2008; Mieske et al. 2008).

¢ If the UCDs form as star clusters with a moderate star-foionagfficiency and low heat-
ing efficiency (as discussed with the case SFE=0.4 and HB=6e® Section 4.3.3), the
models with an initial mass dof.5 x 108 M, lead to the unrealistic case that gas of the
order of10® My, is confined on a very small volume at the end of our calculatidfodels
starting with an initial mass of.5 x 10" M, on the other hand dissolve for the two most
top-heavy IMFs, like in the case of SFE=0.4 and HE=1. Modelr1804.h003 with
IMF 4 (o« = 1.9) is similar to a small present-day UCD at the end of the calooh. A
comparison with table 3 in Dabringhausen et al. (2009) shbafsthis model is consis-
tent with two cases listed there. The first of them is the c&$keoUCDs being 13 Gyr
old, keeping 20 per cent of the SN remnants and black holeghwhktain 50 per cent
of the mass of their progenitor stars. The second is the dae & CDs being 13 Gyr
old, keeping all SN remnants and black holes having 10 pdraf¢he mass of their pro-
genitor stars. These would be the only cases where a tallegana to Table 4.7 would
indicate consistency between the UCD-models here and tbeiarDabringhausen et al.
(2009).

Note the difference to the UCD-models with moderate SFE agl HE. In the case of
a moderate SFE and high HE, consistency between the UCDisode this paper and
the models for the remnant populations of UCDs from Dabraugen et al. (2009) is
reached for a UCD-model starting with an initial stellar ma$10® M., whereas in the
case of a moderate SFE and a low HE consistency is reachedJ6bamodel starting
with an initial stellar mass 0f0” M.,. The UCD-models from this paper are however
in both cases consistent with the same models for the renpogmitlations of UCDs in
Dabringhausen et al. (2009). As in the case SFE=1 and HEeImtdels with IMFs 5
and 6 (canonical high-mass IMF slope) can be excluded asatomscenarios for the
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UCDs as a class of objects, because of their tooéW.,, ratio (Dabringhausen et al.
2008; Mieske et al. 2008).

Thus, in summary, the preferred solution of the initial atinds problem for a SFE of 0.4
are a proto-UCD with a stellar initial mass t® M., and a projected half-mass radius of 5 pc
(HE=1) or a proto-UCD with a stellar initial mass 0" M., and a projected half-mass radius
of 3 pc (HE=0.03). UCD-models with SFE=1 are discussed iti&ed.3.1 and for SFE=1 and
HE=1, the preferred solutions are presented in Table 4.7.

The comparison between the final parameters of our model®lbserved parameters of
present-day UCDs contain some uncertainties for initishpeeters that lead to the formation
of UCDs because of a number of approximations and simplfgssumptions (also see Sec-
tion 4.2 for this matter). For instance, the density profdé€&/CDs are usually better fitted by
a King profile (King 1966) than by a Plummer profile. Also, treaulations performed here
stop at 250 Myr, whereas UCDs are 10 Gyr old. Thus UCDs will have suffered from adi-
abatic mass loss through the evolution of intermediatesrsta's, if the material expelled by
them is not used up in the formation of subsequent stellaulatipns. Finally, the tidal field
of the host galaxy of the UCD may play a role for its evolutionaGyr time-scale. The per-
formed comparison demonstrates however that also the rapie early mass loss triggered by
an over-abundance of massive stars does not necessadlyoleamplete dissolution of mas-
sive, dense stellar systems, but can result in objectsagitoila UCD. The existence of UCDs is
therefore not in contradiction with their formation with@theavy IMF. In a number of cases,
a top-heavy IMF leads to a strong inflation of the modelled WCBut does not completely
disintegrate them.
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Chapter 5

Low-mass X-ray binaries indicate a
top-heavy stellar initial mass function in
ultra compact dwarf galaxies

J. Dabringhausen, P. Kroupa, J. Pflamm-Altenburg, S. Miex&&2,ApJ, 747, 72
Abstract:

It has been shown before that the high mass-to-light rafiedtia compact dwarf galaxies (UCDS)
can be explained if their stellar initial mass function (IMkas top-heavy, i.e. that the IMF was skewed
towards high mass stars. In this case, neutron stars ankl idées would provide unseen mass in the
UCDs. In order to test this scenario with an independent atktive use data on which fraction of UCDs
has a bright X-ray source. These X-ray sources are integbra$ low-mass X-ray binaries (LMXBS),
i.e. binaries where a neutron star accretes matter from @wiey low-mass star. We find that LMXBs
are indeed up to 10 times more frequent in UCDs than expetted IMF was invariant. The top-heavy
IMF required to account for this overabundance is the samaeaded to explain the unusually high
mass-to-light ratios of UCDs and a top-heavy IMF appearstthk only simultaneous explanation for
both findings. Furthermore, we show that the high rate of tymipernovae (SNII) in the star-burst
galaxy Arp 220 suggests a top-heavy IMF in that system. Thdirfg is consistent with the notion that
star-burst galaxies are sites where UCDs are likely to beddrand that the IMF of UCDs is top-heavy.
It is estimated that the IMF becomes top-heavy wheneverttird@mation rate per volume surpasses
0.1 My, yr~—! pc=2 in pc-scale regions.
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5.1 Introduction

The stellar initial mass function (IMF) quantifies the distition of stellar masses in a newly
born stellar population. Together with the dependency alfastevolution on stellar mass and
metallicity, as well as the rate at which stars are formed@Universe, the shape of the IMF
determines the chemical evolution of the Universe and hesidllar content changes with time.
The shape of the IMF also has important implications for tawion of star clusters. Thus,
knowing the shape of the IMF is crucial for a broad variety stf@physical problems.

Resolved stellar populations in the Milky Way and its s#edl support the notion that the
IMF does not depend on the conditions under which star faondtkes place, but that the
stellar masses are distributed according to a single IMRvknas thecanonicallMF (Kroupa
2001, 2002; Kumar et al. 2008; Bastian et al. 2010). Ultra pach dwarf galaxies (UCDS)
on the other hand provide evidence for the opposite notiamaty that the IMF varies and is
top-heavy.

These UCDs are stellar systems that have first been disebiretee Fornax galaxy clus-
ter (Hilker et al. 1999). They havE-band luminosities betweert® and somel0” L, but
half-light radii of only about 50 pc or less (Drinkwater et 2D03; Mieske et al. 2008). The
confirmed UCDs are at distances where they cannot be reswmit@dtars with current tele-
scopes, but constrains on their stellar populations carebbysquantities derived from their
integrated spectra. One such quantity are the dynamica-todgght (/L) ratios of UCDs,
i.e mass estimates based on the density profile and theahiestocity dispersion of the UCDs
(Hasegan et al. 2005; Hilker et al. 2007; Evstigneeva &0l7; Mieske et al. 2008). For a clear
majority of the UCDs, thél// L ratios derived from their dynamics are higher than it wowdd b
expected if they were pure stellar populations that formét Whe canonical IMF (Hasegan
et al. 2005; Dabringhausen et al. 2008; Mieske et al. 2008} fAas been taken as evidence for
an IMF skewed towards high-mass stars (Dabringhausen22@9), i.e. a top-heavy IMF. The
elevatedM /L ratios of UCDs would then be explained by a large populationewtron stars
and black holes (hereafter called dark remnants), becéesage of the UCDs (Evstigneeva
et al. 2007; Chilingarian et al. 2008) implies that all masstars in them have completed their
evolution.

It is plausible that the IMF in UCDs is skewed towards highsmatars. Molecular clouds
massive enough to be the progenitors of UCDs become imdretior far-infrared radiation
while they collapse and become a UCD-type star-clusterermial heating of the molecular
cloud leads to a higher Jeans-mass in them preferring theatavn of high-mass stars (Murray
2009). A molecular cloud can also be heated by an externabflaighly energetic cosmic rays
originating from a local overabundance of type Il supermovecreasing the local Jeans-mass
(Papadopoulos 2010). With the young UCDs being very compésti crowding of proto-stellar
cores and their subsequent merging in young UCDs may leaddeexabundance of high-mass
stars in them (Dabringhausen et al. 2010; Weidner et al. 2011

However, the high\// L ratios of UCDs could in principle also be due to non-baryatack
matter (DM), as was suggested by Goerdt et al. (2008) and Bardh& Mieske (2008). This
is because dark remnants and non-baryonic DM would haveatme &ffect on thel//L ra-
tios of the UCDs, provided that a large enough amount of remydnic DM can gather within
the UCDs. Note that that non-baryonic DM is an unlikely cafeethe high\//L ratios of
UCDs, since non-baryonic DM is predicted to gather on ratheye scales while UCDs are
very compact (Gilmore et al. 2007; Murray 2009). Howevenrider to exclude this possibility
completely, the presence of a sufficient number of dark rertstaas to be confirmed indepen-
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dently by a method that does not rely on the fact that dark egntsnare non-luminous matter
like non-baryonic DM.

Such a method is searching for low-mass X-ray binaries (LMXB UCDs. In these bi-
nary systems, a dark remnant and an evolving low-mass staoraiting around each other.
The expanding outer atmosphere of the low-mass companixctieted by the dark remnant.
This matter produces a characteristic X-ray signature. nidmber of LMXBs depends on the
number of NSs and stellar-mass black holes (BHs) and thuseoiMF (Verbunt & Hut 1987;
Verbunt 2003). This implies that stellar systems with a hejvy IMF can be distinguished
from stellar systems with the canonical IMF by an excess oXBd.

The formulation of the IMF that is used throughout this paipantroduced in Sec. (5.2).
In Sec. (5.3), the LMXB-abundance in globular clusters ({z8&l UCDs in dependency of the
IMF and this model is compared to observations. The typexbesnova rate in star-bursting
galaxies in dependency of the top-heaviness of the IMF isudsed in Sec. (5.4). Itis found
in Sec. (5.3) and Sec. (5.4), respectively, that the UCDsthadtar-bursting galaxy Arp 220
show indications for a top-heavy IMF. This suggests thatsthe formation rate per volume is
perhaps the parameter that determines whether the IMF irvohame becomes top-heavy, as
is argued in Sec. (5.5). Conclusions are given in Sec. (5.6).

5.2 The initial stellar mass function

A varying IMF can be formulated as

E(m) =k k;m™, (5.1)
with
ay =13, 0.1< MEQ <05,
ay = 2.3, 0.5 < MEQ < My,
as € R, My < M% < M

wherem is the initial stellar mass, the factoks ensure that the IMF is continuous where the
power changes and is a normalization constant{(m) equals 0 ifm < 0.1Mg or m >
Mmax, Wherem,,.. is a function of the star-cluster mass (Weidner & Kroupa 2006idner

et al. 2010) andn, is the stellar mass at which the IMF begins to deviate fromctgonical
IMF. For m, = 1 Mg, the formulation of the IMF used here is identical with theearsed in
Dabringhausen et al. (2009), so that results found heréi®choice ofn;, can be compared to
results in Dabringhausen et al. (2009). kgr= o, = 2.3, Equation (5.1) is the canonical IMF
(Kroupa 2001, 2002). Fatz < 2.3, the IMF is top-heavy, implying more intermediate-mass
stars and in particular more high-mass stars.

In the mass range of UCDs;,,.« IS not set by the mass of the stellar system, but by the
observed mass limit for starsy, ... ThUS, M = Mmaxs TOr all UCDs. The actual value of
Mmaxs 1S, NOWever, rather uncertain: Estimates range from theruaal valuen,,,... ~ 150 Mg
(Weidner & Kroupa 2004; Oey & Clarke 2005) t0,,... ~ 300 M, (Crowther et al. 2010, but
see Banerjee et al. 2012). In this papef,... = 150 My is assumed, but note that assuming
mmaxs = 300 My instead would have little effect on the results reporte@ lfgee Section 5.3.3
and Figure 5.7).
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In the case of GCs and UCDs with LMXBs (see Section 5.3), theented luminosity,
L, is known to originate from stars with masses < 1 M. This is because their stellar
populations are old (Evstigneeva et al. 2007; Chilingagaal. 2008) and the more massive
stars have already completed their evolution. Being fixedliservations/. should however
not be changed when the IMF is varied. For the IMF given by Equa5.1), this can be
achieved by finding: from the condition

/ Ecan(m)mdm = 1 Mg, (5.2)
0

1 Mg

whereé.., is the canonical IMF, i.ea; = 2.3. With this normalization, the number density
of stars withm < 1 M, is the same for all values of;, since the normalization is set by the
canonical IMF and is therefore not affected by variationapf

In the case of the SN-rate of Arp 220 (see Section 5.4), the iged to estimate the star
formation rate (SFR), i.e. the mass of the material condart® stars per time-unit, originates
from stars over the whole range of stellar masses. With tliet8€reby given, we then normal-
ize the IMF such that the SFR remains constant when the IMBrigd. For the IMF given by
Equation (5.1), this can be achieved by findinffom the condition

/mmax* E(m)mdm = 1M, (5.3)
0

1 Mg

With this normalization, the number density of stars with< 1 M, decreases with decreasing
values ofas, i.e. with increasing top-heaviness of the IMF.

Stellar evolution and dynamical evolution turn the IMF ofarluster into a (time-dependent)
mass function of stars and stellar remnants; the star atlidrsemnant mass function, SRMF.
For a single-age stellar population, the connection batvwbe IMF and the SRMF can be
guantified by an initial-to-final mass relation for stars,,, which can be written as

(- m m Mo

— — <
Mg’ Mo Mg’
0109 2% 40394, oo ™ g
Mg Mo = Mg
Myem = m (5.4)
1.35, 8< U o5
Mg
m m
01— 25 < —< maxs
L Mg’ - Mg T "

wherem,, IS the mass at which stars evolve away from the main sequenaegaen age
(Dabringhausen et al. 2009). UCDs typically have ages 4D Gyr (Evstigneeva et al. 2007;
Chilingarian et al. 2008), which implies,, ~ 1 M for them. In the present paper, Equa-
tion (5.4) is used to calculate how the mass of a modeled UQient#s on the variation of its
IMF (see Section 5.3.2).

Note that Equation (5.4) reflects the evolution of singlesstin a binary system, the initial
mass of a star that evolves into a black hole is expected tagheh so that stars with masses
up to 40M, may become NSs instead of BHs (cf. Brown et al. 2001). It isdwew of minor
importance in this paper whether a massive remnant is a N8bi. 8oth kinds of objects can
become bright X-ray sources by accreting matter from a comopastar and BHs in such binary
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systems are actually detected by excluding that they aredi&so their mass (Casares 2007).
Also the total mass of a GC or UCD is not strongly affected lgyrttass-limit between NSs and
BHs. Using Equation (refeg54) witlw,, = 1 M, and Equation (5.4) withn,, = 1 My, the
total mass of NSs and BHs is 4.2 per cent of the total mass dftdikar system for; = 2.3
(canonical IMF) and 79.9 per cent fog = 1. These numbers are altered to 3.8 per cent of the
total mass of the stellar system fof = 2.3 and 75.0 per cent far; = 1 if the transition from
NSs to BHs is shifted fro25 M, to 40 M.

5.3 The LMXB-abundance in GCs and UCDs

5.3.1 Some properties of GCs and UCDs

For a number of GCs and UCDs, data (Mieske et al. 2008)drand luminosity ), dynami-
cal mass {/4,,) and effective half-light radius-() are available. These data suggest a transition
at Ly = 10° L, since the, and dynamical\// L ratios of objects withl.y, < 10° L., appear
to be independent ok, in contrast to objects witlh,,, > 10° L., (see Figures 5.1 and 5.2).
This motivates to consider the objects with < 10° L., as GCs and those withy > 10° L,
as UCDs, even though stellar systems close to this trangibald be assigned to either one of
these classes (Mieske et al. 2008).

Knowingr, and Mgy, of a stellar system allows to estimate its median two-bothxegion
time (Spitzer 1987), using

0.234 Maym rf’l
by, = Y. , (5.5)
" loglo(Mdyn/MG) G

whered is the gravitational constant (Dabringhausen et al. 2008g significance of,,, lies
in the fact that it sets the time-scale on which the structira self-bound stellar system is
changed by the process of energy equipartitionr [t ¢, holds for a stellar system with
being its age, it can be considered nearly unaffected byrdigz evolution and is thus only
subject to stellar evolution. This is the case for UCDst,.as> 4 is valid for them, wherey
is the age of the Universe suggested byAl@DM-model (see Figure 5.3). Thus, the properties
of UCDs can be calculated from their IMF while considering #ffects of stellar evolution,
but without accounting for the effects of dynamical evalati This means in particular that the
SRMF of UCDs can be calculated from their IMF and Equatiod)5Note that GCs, on the
other handare subject to dynamical evolution, since their ageg; are also similar toy and
thUSTGC > toh.

The data (Mieske et al. 2008) dn, andr,, of individual GCs in the MW and in Centaurus
A and UCDs in the Virgo-cluster are also useful for estimgitm average,,, 7, as a function
of Li,. GCs over the luminosity range frond* L, to 10° L., do not show a luminosity-radius
trend (McLaughlin 2000; Jordan A. et al. 2005). The lodamnic average;, of GC is

logy (T—h) —0.4314 (5.6)
pc

(Jordan A. et al. 2005). Performing a linear least-squfirés data in Mieske et al. (2008) on
UCDs in the Virgo cluster leads to

Th Ly
1 — | =1. l —_— .4314. 57
0g19 (pc) 076 logy, (106 LV,@) +0.43 (5.7)
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Figure 5.1: The effective half-light radii,;,, of GCs and UCDs. The circles show the sample of
individual GCs and UCDs from the compilation of Mieske et(aD08). The dashed line is an estimate
of the average;, of GCs and UCDs (cf. Equations 5.6 and 5.7). The verticaledoline sets the limit
between objects that are considered as GCs and objectsréhabmsidered as UCDs. Note that the
averagery, indicated for GCs by the dashed line is lower than the avergagd the GCs shown in this
figure. This is because the GCs shown here are mostly GCs dflitkg Way while the dashed line
corresponds to the averaggof GCs in the Virgo-cluster. The GCs in the Virgo cluster teéadthe more
compact than those around the Milky Way.

Note that equality between Equations (5.6) and (5.7),at= 10° L., was imposed as a sec-
ondary condition on the fit of Equation (5.7) to the data. ®esondary condition reflects the
fact that the, of GCs are indistinguishable from those of UCD<.at: 10° L, (see Figures 5.1
and 5.2).

5.3.2 Modeling the LMXB-abundance in GCs and UCDs
The origin of LMXBs in GCs and UCDs

Tight binaries consisting of a dark remnant and a low-masspamion can have in principle
two different origins:

1. They can be primordial. In this case a tight binary of a mgdiss star and a low-mass star
have formed already in the star forming event. The high-re@g®xplodes in a supernova
after a few million years leaving behind a dark remnant whaah remain bound to its
low-mass companion.
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Figure 5.2: The mass-to-light ratios)(/ L-ratios) of GCs and UCDs. The circles show the sample of
individual GCs and UCDs from the compilation of Mieske et(aD08). The vertical dotted line sets the
limit between objects that are considered as GCs and oltjettare considered as UCDs.

2. They have formed through encounters. GCs and UCDs arenggf enormously high
stellar density ranging from0 M pc~3 to 10* M pc—3 (Dabringhausen et al. 2008).
Encounters between dark remnants and low-mass stars egéotiedrequent and can lead
to the formation of LMXBs due to tidal capture (Verbunt & H87; Verbunt 2003).

As these formation mechanisms are quite different it is etquethat both processes would
contribute differently to the LMXB content in GCs and UCDs.

There are however strong arguments against a significattilmation from primordial bi-
naries to the LMXB content of GCs and UCDs:

1. The number of LMXBs in GCs is strongly correlated with the@unter rate and thus
clearly linked to it (Jordan A. et al. 2005; Sivakoff et al(7).

. There are several hundred times more LMXBs per unit ma&s than in the Galactic
field (Verbunt & Hut 1987). The LMXBs in the Galactic field ar&IXBs that probably
evolved from primordial binaries, since they are in a lomsley environment where
encounters play no role and most probably formed in stateisisrom which they were
subsequently ejected. The strong excess of LMXBs in GCetbex suggests that most
LMXBs in GCs form through encounters (Verbunt & Hut 1987).
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Figure 5.3: The median two-body relaxation times,, of GCs and UCDs. The circles show the sample
of individual GCs and UCDs from the compilation of Mieske Et(2008). The dashed horizontal line
indicates the age of the Universg;, according to the\CDM-model. The vertical dotted line sets the
limit between objects that are considered as GCs and oljeatsare considered as UCDs. Note that
t,n 2 g for UCDs. Thus, UCDs can be considered dynamically unedb{iZabringhausen et al. 2008)
and they may therefore be considered as galaxies from arstBlhamical point of view (Forbes &
Kroupa 2011).

The number of encounters relevant for the creation of LMXEs,encounters where a NS
can capture a low-mass star (Verbunt & Hut 1987), can beemriis

nns nS T3

o« ——=, (5.8)
o

wheren, is the number density of NSs, is the number density of potential low-mass com-
panion starsy;, is the core radius of the stellar system anid the velocity dispersion (Verbunt
2003). The potential companions to a NS in a bright LMXB asssthat come from a rather
narrow mass range where stars of a given age leave the ntiersee. At this stage of their
evolution, the stars expand rapidly, which makes a highedicer rate on the NS possible, which
in turn leads to a high X-ray luminosity.

A more recent study by Ivanova et al. (2008) revealed thal wdpture is not the only
dynamical process relevant for the formation of LMXBs. Qttignamical processes like direct
collisions between NSs and red giant stars or interactietwden stars and existing binaries
also play a role and can actually be even more important tlah ¢aptures. However, this
does not change the observational finding that the numbe¥dfs in GCs scales witl (e.g.
Jordan A. et al. 2005). Therefore,seems to be an adequate measure for the stellar dynamical
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processes that produce LMXBs in general. It is moreoveratgn Ivanova et al. (2008) that
primordial binaries only make a small contribution to thé&atgopulation of LMXBs in old
GCs.

There are thus strong observational and theoretical ntath&for the usage df as a mea-
sure for how many LMXBs are expected in GCs and UCDs.

The encounter rate in GCs and UCDs for an invariant SRMF

If only a single invariant mass function for stars and stellar remnant${BRs considered for
all stellar systems, then
Nps X Ng X /)0 (59)

holds, wherg, is the central mass density. Equation (5.8) can then bettewis

2,3
I o P0le (5.10)
g
by using Equation (5.9).

In order to link the theory on LMXB-formation to the opticalgperties of observed stellar
systems, it is in the following assumed that the mass dew$ity stellar system follows its
luminosity density. The structural parameters derivedhftbe distribution of the light in the
stellar system can then be translated directly into statésren the distribution of its mass, i.e.
guantities that determine the dynamics of the stellar syste

However,r. is difficult to measure for GCs and UCDs at the distance of tingotluster,
as these stellar systems are barely resolved with curretrtuments. The projected half-light
radiusry, (and thus the half-mass radius under the assumption that foléswvs light) is larger
and therefore less difficult to retrieve from the data. Faicfical purposes, it is therefore useful
to assume

Te X T (5.11)

and A
po x . (5.12)

Th

wherel is the mass of the stellar system. The King profile (King 196#) its three indepen-
dent parameters (core radius, tidal radius and centraltglgris thereby simplified to a density
profile with only two independent parameters (half-massusadnd mass). The underlying as-
sumptions are not necessarily true, and indeed, not fulffite GCs in the Milky Way since
McLaughlin (2000) finds that more luminous GCs tend to be noangcentrated. However,
regarding the conclusions on how the presence of bright LEIXBconnected to the optical
properties of GCs in the Virgo cluster, these assumptioasiaproblematic. Using the same
concentration for all GCs in their sample Sivakoff et al.q2pfind that they essentially come
to the same results as Jordan et al. (2004), who use andodivstimate for the concentration
of each GC in their sample.

When dealing with UCDs, replacing with r;, is even advantageous. The time-scale on
which the NSs gather at the centre of the UCD is given as

tseg = mﬂ Lees (513)

wherem =~ 0.5 M, is the mean mass of stars,,; ~ 1.35 M, is the mass of neutron stars
andt.. is the core-collapse time of the UCD without the NSs (SpitZe87; Banerjee et al.
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2010). If a Plummer sphere (Plummer 1911) is used as an appaibgn for the density profile
of a stellar systemt,. ~ 15 t,, holds (Baumgardt et al. 2002). With, being of the order
of a Hubble time for UCDs, Equation (5.13) implies that thstdbution of NSs in UCDs still
follows the initial distribution of their progenitors. Thalume relevant for the formation of
LMXBs in a UCD is therefore better measured/ythan byr., provided its stellar population
did notformmass-segregated. This is becayseepresents the size of the whole UCD, whereas
r. represents the size of its centre.

Thus, using Equations (5.11) and (5.12), Equation (5.10)eatransformed into

Ty X ——. (5.14)
Tp O

If the stellar system is also in virial equilibrium,

M0.5
0.5
o X py°Th X 05 (5.15)
holds. In this case,
M1.5
r

h

follows from Equations (5.14) and (5.15). In contrast to &pn (5.8), Equation (5.16) has
only two variables {7, r,) instead of four %, n,s, M, r.).

A further variable can be eliminated by replacing individualues forr, by luminosity-
dependent estimates fer, such as Equations (5.6) and (5.7), and noting that the s&MWFS
for all stellar systems in question impli@$ oc L for them. This leads to

. L1.5
P (5.17)

—25
LN

or, more explicitly by using Equations (5.6), and (5.7) petively,

_ L

for GCs (i.e.Ly < 10° L), and

= L
loglo(l—‘h) =—1.190 logw (10671) —+ A (519)
©]

for UCDs (i.e.Ly > 10° L). The constan#l is the same in Equations (5.18) and (5.19). Note
that the transition between Equations (5.18) and (5.19nsicuous due to the continuity of
atLy = 10 L,

Detecting a variable SRMF with LMXBs

For investigating how',, depends on the IMF, it is useful to consider the ratio betwigeas a
function of a3 and thel', implied by some reference IMF. This has the advantage tcadris
which do not depend on the IMF, cancel. The reference IMFag#nonical IMF in this paper;
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a choice that is motivated with the lack of dynamical evalntin UCDs (cf. Section 5.3.1).
Using Equation (5.12) thus leads to

Iy(as) _ Nns(t3) M(as =2.3)
Mh(as =2.3)  nps(ag =2.3) M (a3)

, (5.20)

ifit also assumed that the IMF varies only for stars with> m,, So that alsa, is constant. By
this last assumption, the luminosity of the UCDs, which i&giby observations, stays constant
when the IMF of the UCDs is varied. The right side of Equati®r2Q) can be calculated if the
IMF is specified. In particular,

nns(aii) o SW;\IZ;X* g(m) dm (5 21)
Nys(o3 = 2.3) Sm;;;"* Ecan(m) dm’ '
and _—
M(a3 = 2-3) _ 0.1m1\r/[nngnrem(m)£can<m) dm’ (5.22)
M<a3) 0.1 Mg mrem(m)g(m) dm

where the IMF is normalised using Equation (5&), is the canonical IMF andu,.,(m) is
given by Equation (5.4). Thus, Equation (5.20) quantifies g changes in a stellar system
(normalized withl'}, for the canonical IMF) if the number of dark remnants andédfee the
mass of the stellar system are changed, while its charstiteradius and the number of stars
are kept constant.

A difficulty is that I',, of a stellar system cannot be measured directly. Howeverttual
', of a GC or a UCD scales with the rate at which LMXBs are creaged Sec. 5.3.2), which is
proportional to the probability’ to form an LMXB above a certain brightness limit in a given
time. If a sample of GCs or UCDs in a certain luminosity int#ng given, a useful estimator
for the averageP of these GCs or UCDs is the fractigiiyxg of them that have an LMXB
above the brightness limit defined by the sensitivity of aegiget of observations. Thus,

fLMXB [0 ¢ P XX Fg, (523)

where the exponentaccounts for the claims that the LMXB-frequency in GCs anddd@ay
not be directly proportional td' or I'},, but to some power of or I', (cf. Jordan et al. 2004;
Sivakoff et al. 2007).

If the SRMF of UCDs is indeed independent of luminosity, thexg of UCDs in different
Ly intervals should all roughly coincide with the predictisarh Equation (5.19) for an appro-
priate choice of the constant If however thef;\xg Of at least ond.y, interval is inconsistent
with Equation (5.19) for any choice of, then this would be evidence for the SRMF changing
with the luminosity of the UCDs. This would imply that the IM# the UCDs changes with
luminosity, since the SRMF of UCDs is solely determined lsflat evolution, i.e. a process
that does not depend on the size of the system (see Sectidy. INdte that the actual value of
Ain Equations (5.18) and (5.19) has no implications for thespdal properties of the observed
stellar systems: For a given sample of GCs and UCDdepends on the detection limit for an
X-ray source or an arbitrarily chosen brightness limit abthe detection limit.

Data on the LMXB-frequency in GCs and UCDs

In order to search for a dependency of the IMF in UCDs on thamihosity, we use data
published in the upper left panel of figure (6) in Sivakoff €t(@007). These data provide



5.3. THE LMXB-ABUNDANCE IN GCS AND UCDS 151

the fraction of globular clusters and UCD§,vxg, hosting an LMXB in a given totat-band
magnitude interval.

The results of Sivakoff et al. (2007) were obtained by conmgriwo sets of data.

First, HST images of 11 elliptical galaxies in the Virgo Gkrswere used, see Table 1 in
Sivakoff et al. (2007). Ten of them are the brightest galsxieserved in the course of the ACS
Virgo Cluster Survey (Coté et al. 2004). The eleventh dM&C 4697) is a similarly bright
galaxy that was observed by Sivakoff et al. (2007) with netivé same observational setup as
in the ACS VIrgo Cluster Survey. Using the obtained imagdarge number of accompanying
GCs and UCDs was identified around each of these galaxies.

Second, Sivakoff et al. (2007) used archival Chandra Obseny X-ray observations of the
same galaxies. The setup for the X-ray observations variddiyfrom galaxy to galaxy, see
Table 2 in Sivakoff et al. (2007), which could in principle peblematic.

Sivakoff et al. (2007) find however that the global properted GCs and UCDs which
contain a LMXB are largely unaffected by the varying detaetimits for X-ray sources. Also
note that the LMXB-frequencies in GCs are well explainedh®y¢ncounter rates in them (see
Section 5.3.3), despite the different detection limitsXeray sources. This suggests that the
encounter rate is indeed a good measure for the rate at wMetBIs of any X-ray luminosity
are created. We therefore assume that a large number of GI33@Ds with an X-ray source
is indeed an indicator for a large number of dark remnantsemt

The size of the--band magnitude intervals in Sivakoff et al. (2007) is clmosach that each
of them contains 27 GCs or UCDs with a detected LMXB. Thisesponds to a total of at least
100 GCs or UCDs in each of these intervals, sifigexs < 0.2 in all of them. Thus,fLyvxs
can be taken as a reliable estimator for the averageform an LMXB ina GC oraUCD ina
givenz-band magnitude interval.

For comparing the data on the LMXBs in GCs and UCDs from Siffagbal. (2007) to
the prediction for the LMXB-frequency in GCs and UCDs foreield in Equations (5.18)
and (5.19),z-band magnitudes have to be converted ihte. For this purposez-band lu-
minosities are calculated fromband magnitudes with

Lz —_ 10—0.4(]WZ—4.51)L®’Z’ (524)

where M., is the absolute-band magnitude and. is z-band luminosity in Solar units (cf.
Equation 1 in Sivakoff et al. 2007). Now note that théand// L ratio of GCs in the Virgo-
cluster are all close tez 1.5M, /L, . (Sivakoff et al. 2007), which is essentially identical to
the averagé® -band)M/ L ratio of the GCs in the Milky Way in Solar units (McLaughlin D).
This implies that:-band and/-band luminosities of GCs are approximately identical ite$o
units. We therefore assunig /L. v = L./ L . in this paper.

The data from figure (6) in Sivakoff et al. (2007) is shown igle 5.4 with the--band mag-
nitude intervals from Sivakoff et al. (2007) converted iftp intervals. Three of these intervals
are at luminositied;, > 10° L, so that the objects in them are UCDs (cf. Section 5.3.1). As
the size of the intervals is chosen such that each of thenaicen27 objects with an LMXB,
81 UCDs with an LMXB are considered here. The total number GDd in the sample from
Sivakoff et al. (2007) is about 400, as can be calculated ffoix g in the according intervals.

For practical purposes, it is useful not to discuss indigldialues for thefi \ixg of UCDs,
but to replace them by a continuous functiBfLy-). This function is obtained by performing a
least-squares fit of a linear function to the valuesfigixg in the L intervals with the UCDs,
leading to

logyo(P) = alogo(Lv) + b, (5.25)
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where the best fitting parametersandb are given in Tab. (5.1).P can be interpreted as an
estimate for the average probability for UCDs with a givgnto host a LMXB brighter than
the detection limit. For a meaningful comparison betw@&eandT',, at different values forLy,
A needs to be gauged. This is done by imposing fh@t,,) = T',(Ly) for Ly = 10% Ly .
The motivation for choosing this condition to fix is that the stellar populations of systems
with this luminosity should be nearly unaffected by dynaahievolution (cf. Section 5.3.1),
while their M/ L-ratios suggest that their IMF is canonical, in contrastvenemore luminous
stellar systems (cf. Dabringhausen et al. 2009).

If the rate at which LMXBs are produced in GCs and UCDs is prbpoal to some power
~ of the encounter rate in them, leadingR¢L,/) « T, (cf. Equations 5.23 and 5.25), Equa-
tion (5.20) can be transformed into

P(Ly)" _  nslos) Moz =2.3)
Fh(Lv) nns(aii = 23) M<a3>

The left side of Equation (5.26) is then expressed in termsbskrvable properties of UCDs
and the right side only depends ag as a free parameter onee, is given. Equation (5.26)

can therefore be used to estimate the dependency of the IMikedfCDs as a function of
their observed.y.. SinceA is chosen such thad®(L,/)/T(Ly) = 1 for stellar systems that are
assumed to have formed with the canonical INFELy/)/T(Ly) > 1 implies a top-heavy IMF

andP(Ly)/T(Ly) < 1 implies a bottom-heavy IMF.

(5.26)

5.3.3 Results

In order to test for an LMXB-excess and thus a top-heavy IMRJ@@Ds from the observa-
tional data from Sivakoff et al. (2007) we now compare witkhdfetically expected LMXB-
frequencies.

The dynamical formation of LMXBs depends on the density ahbdark remnants and
low-mass stars (Equation 5.8). In denser star clusterse@acounters are more frequent and
the formation of an LMXB is more likely. GCs have a common fraHss radius of a few
parsec independent of their luminosity and their stellagsna on average proportional to their
luminosity (McLaughlin 2000). It therefore follows from Hgtion (5.18) that LMXBs should
be hosted predominantly in high-mass GCs if their SRMF dassdepend on their stellar
mass. The dashed line in Figure 5.4 shows the theoreticaigated LMXB frequency for
a constant IMF calculated with Equations (5.18) and (5.18h wl chosen such that these
equations reproduce the observed LMXB frequendy,at= 10° L. The theoretical prediction
then matches the observations in the GC regime [iie< 10° L), in agreement with earlier
studies on LMXBs in GCs (Jordan A. et al. 2005; Peacock éCGil0).

At Ly ~ 10° L, the transition luminosity from GCs to UCDs, both kinds alktr sys-
tems have the same half-mass radius (see Section 5.3.1eudgwnlike GCs, UCDs show a
luminosity-radius relation such that they become lessealeiith increasing luminosity (cf. fig-
ure 4 in Dabringhausen et al. 2008). Consequently, Equéiidf) predicts that the capture rate
of late-type stars by dark remnants and thus the expectedB.Mequency decreases rapidly
with increasingLy -band luminosity if the SRMF is constant. Note that a cons&RMF in
UCDs implies a constant IMF in them due to the lack of dynaimgsalution in UCDs (see
Section 5.3.1).

In Figure 5.4, the prediction from Equation (5.19) for the KBl frequency in UCDs with
a constant SRMF is shown by the dashed line in the accordminbsity range, wherel is
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Figure 5.4: The observed LMXB-frequency of GGs and UCDs in comparisoexfiected frequencies
if the IMF was canonical. Plotted are the observed frequan(squares) of GCL{ < 10° L ) and
UCDs (Ly > 10° Ly ) with LMXBs, fruxs, in the Virgo galaxy cluster as a function of the V-band
luminosity, Ly,. Each data point contains 27 objects showing the LMXB sigidle data points are
identical with the data points in the upper left panel of fey(8) in Sivakoff et al. (2007), except for
a rescaling ofz-band magnitudes t&'-band luminosities. The three brightest data are based4f0
UCDs, i.e~135 UCDs per bin. The dashed line shows the theoreticallpeen LMXB-frequency for
an invariant canonical IMF with indexs = 2.3 assumingfrvxs o L'y (left panel) andfiyvxp o
fg'g (right panel). In either case, the theoretically expect®iXB-frequency is significantly too low
for UCDs, while for GCs the theoretically expected LMXBdreency matches the observed LMXB-
frequency. The solid line is a fit through the UCD-regime (abt0® L, /). From it is derived the
variation with luminosity of the IMF indexxs such that this new model, based on a variable IMF,
accounts for the observefiyxg for Ly > 10° L v .

chosen such that Equation (5.19) reproduces the observexBLikéquency atl, = 10° L.
Two cases are considered, namélyxg o< Ty, and fvxs o« V. The second case is closer
to the dependency betwegnxg andI', reported by Sivakoff et al. (2007). The agreement
between the theoretical prediction and and the observeddrecy of LMXBs is in either case
good for GCs. Howeverf\xp o I')® seems indeed a better fit to the data thfaixs o .
Note that Maccarone & Peacock (2011) fiidx I'{® on average for GCs in the Milky Way,
which essentially means that the typical ratio betw&eand I';, depends for these GCs on
their mass. This is probably a consequence of the more neaS&ds in the MW being more
concentrated than the less massive ones (McLaughlin 20@ation 5.3.2), and likely to be
the case for the GCs in the Virgo cluster as well.

For UCDs however, the observed LMXB-frequency stronglyiais from the theoretical
prediction for a constant SRMF. It is observed thatt 5 per cent of the UCDs with.,, ~
5x 10° L, - have a bright LMXB, while Equation (5.19) suggests a LMXBgisency of about
2 per cent at this luminosity fof;vxs o 'y, and a LMXB frequency of about 3 per cent for
fivxs o T8 Thus, the expected fraction of LMXBs hosting UCDs is upxtol0 times
smaller than observed if all UCDs had the same IMF.

This discrepancy between the data and the model with aniamtgcanonical) IMF and the
data is highly significant. This cannot be explained with endark remnants remaining bound
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to UCDs due to higher escape velocities. This is becausesttage velocity from massive GCs
is much higher than the escape velocity from light GCs, stheecharacteristic radii of GCs
do no change with mass, but the encounter rate is nevershaléfgcient for quantifying which
fraction of them has a bright LMXB.

The situation is more complicated with the finding that redd€s and UCDs have more
LMXBs than the blue ones, while brighter objects (i.e. theD$n particular) tend to be redder
than the less luminous ones (Mieske et al. 2006b). Takingr@d an indicator for metallicity
leads to the interpretation that the LMXB-frequency in G8d BCDs does not only depend on
' or 'y, but also on metallicity (Jordan et al. 2004; Sivakoff e2&l07). Note that an increase of
metallicity with luminosity and therefore mass of GCs is sigtent with theoretical modeling,
according to which more massive star clusters retain maregssed (i.e. metal-enriched) gas
which is turned into subsequent stellar populations (Tiertagle et al. 2003).

Using metallicity (i.e. color) as a second parameter bedigendeed allows a more precise
modeling of the probability to find a LMXB in a given GC or UCDaihwhenl;, is assumed to
be the sole parameter determining the probability to find &IBNih that GC or UCD (Sivakoff
et al. 2007). The dependency of that probability is howewstertheless almost linear to the
encounter rate, while the dependency on the metallicity ushmveaker (Jordan et al. 2004;
Sivakoff et al. 2007). This may explain why the fraction of &@ith a LMXB is apparently al-
ready well explained if only the encounter rate in the GC®rsstdered (see Figure 5.4) despite
the color-luminosity relation for GCs in the Virgo clustef.(Mieske et al. 2006b). It is thereby
unlikely that the drastic discrepancy between the obse¥B-frequency in UCDs and the
theoretical prediction based on the encounter rate can flaiegd by an unaccounted metal-
licity effect, even though the color-luminosity dependgntay be somewhat more pronounced
for UCDs than for GCs (Mieske et al. 2010).

The conclusion is that the large number of LMXBs in UCDs istleglained by a large
number dark remnants as a consequence of a top-heavy IMFDs(Hhd not as a consequence
of different escape velocities or metallicities).

For an invariant IMF the theoretical LMXB frequency is highat a luminosity of., =
10° L v, because in these systems the present-day stellar deasity aximum and close
encounters are most frequent (Figure 4 in Dabringhauseh 20@8). If the very dense star
formation conditions are responsible for a top-heavy IMéntlon first sight, the smallest IMF
index a3 is expected in systems with,, ~ 10° L. and not in the most luminous UCDs.
However, in systems with a top-heavy IMF stellar feedbacktiengly enhanced and rapid
gas expulsion leads to an expansion of the UCDs (Dabringimesal. 2010). The UCDs
revirialise after a few dynamical time scales1(00 Myr) and undergo no further size evolution.
Thus, their present day stellar density is the dynamicalgvant quantity for producing the
LMXB population.

We now determine by what amount the dark remnant content iDdJ@s to be increased to
get the theoretical LMXB-frequency into agreement with ¢iiserved values. For this, Equa-
tion (5.26) withy = 1 andy = 0.8 is used. This equation hag andm,, as parameters (Equa-
tion 5.1). In this papenn,, = 1 My andm, = 5 Mg, so that the influence of the in principle
quite arbitrary choice ofn, is tested. Note that witm,, = 1 M, Equation (5.1) describes
the family of IMFs that were considered in Dabringhausen.e2809). For either choice of
my,, the canonical IMF (Kroupa 2001, 2002) correspondsste- 2.3 and a smaller value oi;
increases the fraction of high-mass stars and subsequénedanants. The that can explain
the discrepancy betwed?(Ly) (i.e. the function describing the observed LMXB frequenty i
UCDs) andl',(Ly) (i.e. the theoretical expectation for the LMXB frequencyd@Ds if their
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IMF was canonical) at a giveh,, can be found by numerically solving Equation (5.26) dar
with a given value forn,.

The Ly, dependence af; required to bring the model into agreement with the UCD data
is plotted as the solid line in Figure 5.5 for,, = 1 My and in Fig (5.6) form,, = 5 M. In
either case, the most massive UCDs must have an extremehetyy IMF in order to explain
their LMXB-excess. The higher,, is, the more exotic the IMF of UCDs must be in order to
explain the number of LMXBs in them. For a given value foy,, it is on the other hand only
of minor importance whetheP(Ly/) is proprotional td’}, or proportional tfﬁ'8.

Form. = 1 Mg, the independent analysis in this paper leads the sameetpHMF as
derived from the UCD mass-to-light ratios (Dabringhaudeal.€2009), shown as the dotted line
in Figure 5.5. Such a comparison is not meaningfubfey = 5 M, since the shape thereby
assumed for the IMF is different from the IMF considered irbbraghausen et al. (2009).

The most likely relations between; andlog,,(Ly) shown in Figures 5.5 and 5.6 are re-
markably close to a linear function,

a3 = clogo(Ly) + d. (5.27)

The best fitting parametersandd have been determined from a least-squares fit to 48 sample
values calculated from Equation (5.26). These are showle . Probably the best model
for the IMF in UCDs is calculated whefivxg o< 9% andm,, = 1 M, are assumed. This

is because observations suggest a less-than-linear dapsnaof f;\xg On the encounter rate
(Jordan et al. 2004; Sivakoff et al. 2007) and assuming> 1 M., implies even more extreme
deviations from the canonical IMF in high-mass UCDs while INIF is remarkably invariant

in open star clusters (Kroupa 2001).

Figure 5.4 suggests that the valuefgf;xg for the most luminous UCDs is of central im-
portance for estimating the slope Bf Ly/) (Equation 5.25) and thus for the calculated from
Equation (5.26). This is because of the distance of thesepizints to the other data points,
which is due to the fact that the corresponding interval is large. In order to estimate an un-
certainty to the dependency @f on L, we changed the value ¢f \ixg for the most luminous
UCDs (Ly 2 2 x 10° L) by 3 times its uncertaintyP(Ly ) was then recalculated with this
new value and used in Equation (5.26). The resulting limitthe dependency ef; on L are
indicated by the limits to the gray area in Figures 5.5 and Al§o the limits of the gray areas
are parametrized with linear functions, which are listedable 5.1.

The uncertainty of the upper mass limit for stans,...., has little effect on the results
summarized in Table 5.1. This is illustrated with Figure, 3vhere the dependency between
Ly andag calculated from Equation (5.26) is shown for,... = 150 M, (Weidner & Kroupa
2004; Oey & Clarke 2005) and for,,... = 300 M, (Crowther et al. 2010). The two functions
are almost identical.
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Figure 5.5: The IMF in UCDs form,, = 1 M. Plotted is the high-mass IMF index;, as a function
of the V-band luminosity of the UCDd,y for fiaxs o< T, leading toP(Ly) o T, (left panel) and for
fumxp o« T9® leading toP(Ly ) T® (right panel). The solid line shows the most likely high-mas
index required to increase the dark remnant content in U®Dxder to match to observed LMXB-
frequency (derived from the solid line in Figure 5.4). Theygshaded area marks an estimate for the 3
region. The horizontal long dashed line marks the canofid&lwith o3 = 2.3. The dotted line shows
the independently calculated high-mass IMF index obtaiineah the observed mass-to-light ratios of
UCDs (Dabringhausen et al. 2009). Simple-to-use fittingti@hs for the variation ofvg with Ly can
be found in Tab. (5.1).

fLmxg Proportional to I f mxg Proportional to %8
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Figure 5.6: The IMF in UCDs form, = 5 M, otherwise as Figure 5.5.
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Ly [10° Lo ] Lv [10° Lo

Figure 5.7: The high-mass IMF slopeys, as a function of/-band luminosity for different upper mass
limits of the IMF, m .« @ssumingn, = 1 Mg, (left panel) ormy,. = 5 M, (right panel). The solutions,
as(Ly), are calculated from Equation (5.26) with= 1, i.e under the assumption thatyixg o I'j.
Assumingy = 0.8 leads however qualitatively to the same results as assumiagl (c.f. Figures 5.5
and 5.6). The solid line corresponds in both panelsitg.«. = 150 Mg, and is thus identical with the
solid line in Figure 5.5, and Figure 5.6, respectively. Thstied lines correspondsig, .y« = 300 M.
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Table 5.1: The best fitting parameters for linear fitsh@nd as for different models. The different cases (most likely cagaper limit,
lower limit) listed here for every model correspond to diffiet values ofP for the UCDs with the highest masses (cf. Sec 5.3.3). Prgbabl
the best model for the IMF in UCDs is calculated whemixg o« I'):®* andm,, = 1 M, are assumed. This is because observations suggest
a less-than-linear dependency ff;xz on the encounter rate (Jordan et al. 2004; Sivakoff et &)72@nd assumingr,, > 1 M, implies

even more extreme deviations from the canonical IMF in mgdss UCDs while the IMF is remarkably invariant in open shasters (Kroupa
2001). The parameters describing the IMF according to tlmdehare shown in bold face in this table.

model a b c d
fumxs o« 'y, my; = 1 Mg, most likely case  0.207 1.249 —1.337 2.332
fimxs o« 'y, my = 1 Mg, upper limit 0.615 1.201 —1.878 2.375
fLMXB x Iy, mg =1 M@, lower limit —0.202 1.298 —0.884 2.396
fivxs o< I8, my, = 1 M, most likely case  0.207 1.249 —1.402 2.337
foaxs o< IV8, my. = 1 My, upper limit 0.615 1.201 —2.089 2.391
foaxs o< IV8, my. = 1 My, lower limit —0.202 1.298 —0.861 2.304
fumxs < 'y, my; = 5 Mg, most likely case  0.207 1.249 —2.415 2.275
finxs < Ty, my = 5 My, upper limit 0.615 1.201 —3.169 2.289
fLMXB x 'y, my =5 M@, lower limit —0.202 1.298 —1.679 2.263
frvxs o< IY8, my,. = 5 Mg, most likely case  0.207 1.249 —2.512 2.277
Jinvxs o< T8 my, = 5 Mg, upper limit 0.615 1.201 —3.442 2.290
fuMxB X Fﬁ'g, my = 5 Mg, lower limit —0.202 1.298 —1.594 2.263
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5.4 The supernovarate in Arp 220

Atop-heavy IMF in UCDs can theoretically be understood iflE¥ormed as very massive star
clusters that were internally heated by infra-red radratiat was trapped inside a molecular
cloud massive enough to form a UCD-type star cluster (Mu2@g9), or if UCDs formed from
molecular clouds that were heated by highly energetic cosayis originating from numerous
type-1l supernovae surrounding those molecular cloudpd@apoulos 2010; cf. Section 5.1).
Both scenarios imply that UCDs are formed during star-Bumsither because of the link be-
tween the formation of the most massive star-clusters agll $tiar formation rates (Weidner
et al. 2004), or because the cosmic-ray field would only theimtense enough for effective
heating of the molecular clouds. Note that likely progemsitof UCDs have actually been ob-
served in star-bursts (Fellhauer & Kroupa 2002a).

Ultra-luminous infra-red galaxies (ULIRGS) are believedoe galaxies with star-bursting
regions (Condon et al. 1991). They are thus systems wheresWe® probably forming. If
this notion is correct and the IMF in UCDs is top-heavy, thelRGs as a whole should have
more massive stars than expected for an invariant, candi€aAs a consequence, the rate of
type Il supernovae is expected to be higher.

In the following, we test the hypothesis of a top-heavy IMRJINRGSs. For this reason, we
guantify how the type-ll supernova rate (SNR) in a star bigsrebnnected to the star formation
in it. Based on this, theoretical predictions for the SNR gb 220, which is one of the closest
ULIRGs (Lonsdale et al. 2006), are calculated and compavembservations of this stellar
system.

The type-ll supernova rate (SNR) observed in a stellar systepends on its IMF as well
as on its star formation history (SFH), i.e. how the star fation rate in the stellar system has
changed with time, because these quantities determineutnéers and ages of stars in given
mass intervals. If star formation begins at a titgpeonly stars above a time-dependent mass-
limit my,,, can have completed their evolution at a time ¢,. For stars evolving into SNe, this
mass can be approximated (Dabringhausen et al. 2010) by

m, t—to 068
N — 74,6 —2.59 : 5.28
Mg ( Myr ) ( )

Note that no stars evolve to type-Il supernovae (SNe)+ift, < 2.59 Myr.

Now consider a time interval, t + At] and stars in a mass intervah, m + Am/|, where
m > myy. If the SFR was constant for all> ¢y, the number of stars evolving into SNe in the
given mass interval during the tim&t is equal to the number of new stars that are formed in
the same mass interval. Thus,

m+Am
ASNR  SFR /* () dm (5.29)

yrot o Mg yr!

m

in this case, wher&(m) is assumed to be given by Equation (5.1) with the normabtradefined
by Equation (5.3). This normalization keeps the total mdgske stars which are formed per
unit time constant.

If At is small compared to the time scale on whiek,, changes, the number of all stars
that evolve during\¢ can be approximated as

SNR N SFR /mm‘”‘*
yr—1 - Mg yr—!

£(m) dm. (5.30)

Miow
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Note that the SFR in Equations (5.29) and (5.30) should bseidered an average value over a
time-scale — . Variations of the SFR on much shorter time-scales are ompmrtance here.
The SFR of a ultra-luminous infra-red galaxy (ULIRG) can b&reated as

SFR o LFIR
Mg yr~! 5.8 x 10° Ly’

(5.31)

whereLgy is the far infra-red (FIR) luminosity of the ULIRG (Kennictit998).

One of the nearest ULIRGs is Arp 220. Usihgr = 1.41 x 10 L, for Arp 220 (Sanders
et al. 2003), Equation (5.31) implies a SFR~ef240 M, yr~! for that galaxy. The SNe in
Arp 220 have been observed in a central region with a diaméterl kpc, from where about 40
per cent of its FIR luminosity originates (Soifer et al. 199%quation (5.31) thus implies a SFR
of ~ 100 Mg, yr~? if only this part of Arp 220 is considered. Note that this SBRdnsistent
with the SFR that has been suggested for a forming UCD if UG fon a timescale of
approximately 1 Myr (Dabringhausen et al. 2009). Also nbtg the observed SN in Arp 220
do not seem to distributed evenly over the central part of 220, but to be concentrated in
two knots which have a radius 50 pc each (Lonsdale et al. 2006) (i.e. the size of a UCD).
This implies that indeed a major part of the star formatiothm central part of Arp 220 takes
place within these two knots. This would imply projectedr stamation densities of a few
1073 Mg, yr~! pc=2 in the knots.

SNRs calculated from Equation (5.30) for a constant SFR06fM, yr—! are shown as
functions of the high-mass slope of the IMF in Figure 5.8. Tie curves correspond to
different times at which the star burst was initialized, the expected number of SN per year
(i.e. the SNR) is low in any case. The number of SN thatally occur within one year can
therefore differ substantially from the calculated SNRtlesfrequency of SN over such a time
span obeys low-number statistics. Thus, the probabilityafoertain number of SN to happen
within one year is quantified by the Poisson distributionchion.

Now consider the case that the star-burstin Arp 220 alreagtyg for more than 40 Myr. This
impliesm,,,, = 8 Mg, S0 that the number of SNII per year is maximized for the QiS&iR.
The expectation value for the SNII-rate is then about oneg/gar if the IMF was canonical (i.e.
ag = 2.3), but about two per year for a top-heavy IMF with< a3 < 2, where the SN-rate is
only a weak function ofv; (cf. Figure 5.8). Thus, the probability to actually obsefver new
SNIl in a given year (Lonsdale et al. 2006) is then about twogeat if the IMF is canonical,
but about 12 per cent far < a3 < 2.

A more elaborate discussion of the SNII rate in Arp 220 is ioletéh by taking into account
that stars in a galaxy form in star-clusters of different sess sincen,,,., of the IMF depends on
the mass of the star-cluster for low-mass star-clusters ifiplies that the integrated galactic
IMF (IGIMF) of all star-clusters in Arp 220 combined is notiej to the IMF in its star-clusters.

This IGIMF is given by

Mecl,rnax (SFR)

Sicvr(m) = / E(m < Mupax(Mear))

Mecl,min

X gecl(Mecl) dMecla (532)

wherem is the initial stellar massl/.; is the initial stellar mass of a star clustéf, i, is the
minimum mass of newly formed star-clusteig,; ...x(SFR) is the SFR-dependent maximum
mass of newly formed star-clusteig;m) is the IMF andé..(M..) is the star-cluster mass
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function (Weidner & Kroupa 2005; Weidner et al. 2011). ThéM& can be parametrized by a
multi-power law,

Siaur(m) = kkym ™, (5.33)
with
1.3 01< -2 <05
a; = 1. ) — )
1 , S ML ,
s = 2.3, 05< L <1,
®
m
R 1 < — < Mumaxss
QIGIMF € K, S S m

where the factor; ensure that the IGIMF is continuous where the power changes: as
a normalization constancnr(m) equals 0 ifm < 0.1 Mg Of m > Muyaxs, Wherem.
is the maximum stellar mass. Thus, the IGIMF defined here isletp the IMF defined by
Equation (5.1), except for the high-mass slope and the uppss limit.

The case of a canonical IMF in all star-clusters, ag.= 2.3, implies (Weidner & Kroupa
2005)a1avr 2 3. The expectation value for the number of SNII per year wohéhtbe< 0.2
per year. On the other handjqiur < 2 is possible, if a varying IMF that becomes more
top-heavy with star-cluster mass is considered (Weidnal. &011; Kroupa et al. 2011). This
implies that the probability to actually observe four newllSN a given year (Lonsdale et al.
2006) is essentially zero if the IMF is canonical in all sthrsters, but it can still be about 10
per cent if the IMF becomes top-heavy in massive UCD-typeditssters.

The remnants produced by SNII are neutron stars and blaegls h®he SNII-rates thereby
are an indicator for how many mergers of such remnants caretectéd by searching for
gravitational waves. Comparing the SN-rate fgfnr = 3 to the SN-rate forgnr = 2
thus suggests that about an order of magnitude more of seciisemay be expected if the IMF
in massive star-clusters is not canonical, but top-heanusTthe hitherto predicted detection
rate of about 30 mergers of dark remnants per year (Banerjae 2010) for the upcoming
adLIGO-experiment could be too low by an order of magnitidean invariant IMF has been
used for this estimate.

Further evidence for a top-heavy IMF in star-bursting gisxs found by Anderson et al.
(2011) in Arp 299. They study numbers of different types giesmovae in Arp 299 and con-
clude from the mass of the appropriate progenitor starstiieatMF is probably top-heavy in
that system. Thus, Anderson et al. (2011) qualitativelyeoorthe same conclusion for Arp 299
as we did for Arp 220, while their method is different.

5.5 Star formation densities and the IMF

A top-heavy IMF in UCDs is in-line with different studies adoding a top-heavy IMF in
high-redshift star forming galaxies (van Dokkum 2008; Leestein 2006). Contrary to this,
a recent spectroscopic study of two low-redshift very massiliptical galaxies suggests a
hitherto unseen large population of low-mass stars (varkiwk& Conroy 2010), which has
been predicted as a possible consequence of cooling flowsagsive ellipticals (Kroupa &
Gilmore 1994). Itis on the other hand unlikely that the midyarf the UCDs formed in potential
wells deeps enough to cause cooling flows.

Also note that the current stellar densities suggest tleastidwr-formation densities (SFDs),
i.e. the SFR per volume, of UCDs were very different from tDS of elliptical galaxies.
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Figure 5.8: The SN-rate in the center of Arp 220. The SN-rates are funstaf the slope of the IMF
above a stellar mass oM, a3, but also depend on the length of the star burst (which isatidd above
the corresponding curve). They do not exceed SN yr-! for the canonical IMF (whose high-mass
slope is marked by the dotted vertical line),~or2 SN yr—! for a top-heavy IMF.

Consider for instance an exemplar present-day UCD With= 10" M, andr, = 10 pc and
an exemplar present-day elliptical galaxy with = 10'2 M, andr, = 10* pc. These values
can be considered representative for typical UCDs and nese8iptical galaxies, respectively
(cf. figure 4 in Misgeld & Hilker 2011). Star formation is thglt to have proceeded quickly
in UCDs and massive elliptical galaxies, so that the steltgsulation of the exemplar UCD
may have formed within0” yr (Dabringhausen et al. 2009) and the stellar populatiothef
exemplar elliptical galaxy may have formed withif® yr (Thomas et al. 2005). This leads
to a SFR ofl M, yr~! for the exemplar UCD and to a SFR of* M., yr~! for the exemplar
elliptical galaxy. The SFD can be estimated by dividing tfRSy r, leading to a SFD of
1072 Mg, yr~* pc=3 for the exemplar UCD and a SFD 00~ M., yr—! pc—3 for the exemplar
elliptical galaxy. However, according to Dabringhausemlet(2010) UCDs must have been
even more compact when they formed (= 1 pc), since the mass loss following star for-
mation with a top-heavy IMF must have expanded them to th@isent-day radii. With the
masses of UCDs being® M, < M < 10® M, their SFRs ranged frori.1 M, yr~! to
10 Mg, yr~! if they formed within 10 Myr. An initialr, of 1 pc thereby implies SFDs ranging
from 0.1 M yr~! pc=3t0 10 M yr~! pc=3. Thus, the SFDs of UCDs can easily be higher by
six to ten orders of magnitude than the SFDs of massive iellibpgalaxies. Massive ellipticals
can therefore not serve as a proxy for the stellar populati®fCDs.

It is therefore perhaps the SFD that determines whetheMRean some region of space be-
comes top-heavy, and not the overall SFR in a forming steylsiem. This is actually consistent
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with models why the IMF may become top-heavy: Dabringhawei. (2010) argue that the
central densities in forming UCDs were so highx 10° M., pc~3) that collisions and perhaps
mergers between pre-stellar cores were important in theropmtrast to less massive stellar
systems. Likewise, if the heating of molecular clouds byntegays is the process by which
the IMF becomes top-heavy (Papadopoulos 2010), it is ag&tithe number, but the number
densityof the surrounding massive stars that makes heating of tihecodar cloud effective.

5.6 Conclusion

The dynamical mass-to-light ratios of ultra compact dwatagies (UCDs) are surprisingly
high (Hasegan et al. 2005; Dabringhausen et al. 2008; Mieslal. 2008). This finding was
explained by Dabringhausen et al. (2009) with an IMF that mase massive stars than the
canonical IMF deduced by Kroupa (2001) from resolved st@itpulations in the Milky Way.
The high mass-to-light ratio of UCDs is then a consequencelafge population of dark rem-
nants (i.e. neutron stars and black holes) in them.

These dark remnants become visible as X-ray sources if teegi@ matter from a low-mass
companion star. The rate at which low-mass X-ray binariégXBs) are formed in globular
clusters and UCDs scales with the number density of dark aatsnsee Section 5.3.2). Data
on the fraction of UCDs that harbour a bright X-ray source4koff et al. 2007) can therefore
be used to confirm the presence of a large population of dankaats in UCDs by a method
that does not rely on the fact that dark remnants only ineréas mass of a UCD, but not its
luminosity. It is shown in this paper that LMXBs in UCDs arelé@ed up to 10 times more
frequent than expected for an invariant, canonical IMF. dterabundance of LMXBs is used
to quantify the dependence of the high-mass IMF-slegepn the luminosity of UCDs. This
function is essentially equal to the dependence betweeluthimosity of the UCDs and their
ag suggested in Dabringhausen et al. (2009) based on the owighitratios of UCDs (see
Section 5.3.3). Note that thie, of present-day GCs and UCDs is just one of many properties
of such systems. Dependencies\gfon their initial mass, initial density and their metalltici
are therefore discussed in Marks et al. (2012).

UCDs can be understood as the most massive star-clustech whiy form at extremely
high galaxy-wide star formation rates (SFRs) (Weidner &ufra 2004). Alternatively, UCDs
could form by the merger of gravitationally bound systemstaf clusters as they are observed
in interacting galaxies (Fellhauer & Kroupa 2002a). In eitkbase, the formation of UCDs
would be connected to star-bursts. Given that ultra-lunsnofra-red galaxies (ULIRGS) are
interpreted as galaxies with star-bursting regions (Caretal. 1991), they should show indi-
cations of a top-heavy IMF as a consequence. The nearest®IdRrp 220. We show that
the observed rate of type Il supernovae in this ULIRG is indeighly improbable if the IMF
is invariant, but not if the IMF is top-heavy (see Section)5.4

There are thus three mutually consistent arguments for-héapy IMF in UCDs or more
generally star-bursting systems. Together with the edddar the formation of UCDs being
connected to star bursts, these arguments imply that thebiddBbmes top-heavy in star-bursts
(cf. Weidner et al. 2011). This finding stands in contrast®grevalent notion that the IMF is
invariant (Kroupa 2001, 2002; Bastian et al. 2010; Kroupal €2011) and thereby has impor-
tant implications. For instance, estimates of the SFR oflaxgdased on observations that are
sensitive only to high-mass stars and the assumption oanamt IMF (like Equation 5.31) are
too high if the IMF actually is top-heavy. Consequentlyjrastes for the time scale on which
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the population of low-mass star in that galaxy is built uplthe gas of the galaxy is depleted
become too short. Also the chemical evolution of galaxiedifferent if the IMF in them can
become top-heavy, since the nuclear reactions that ocaustar mainly depend on its mass.
This has implications on their content of metals and playetgstems (Ghezzi et al. 2010).
Furthermore, as more dark remnants are formed if the IMFpshavy, more dark-remnant
mergers and thus gravitational-wave emitters should bectk in this case. Finally, the dy-
namical evolution of star clusters critically depends oa shape of the IMF (Dabringhausen
et al. 2010).
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Chapter 6

Dwarf elliptical galaxies as ancient tidal
dwarf galaxies

J. Dabringhausen, P. Kroupa, 20MINRAS, 429, 1858

Abstract;

The formation of tidal dwarf galaxies (TDGSs) is triggered tne encounters of already existing
galaxies. Their existence is predicted from numericaluwdations of encountering galaxies and is also
well documented with observations. The numerical cal@uiaton the formation of TDGs furthermore
predict that TDGs cannot contain significant amounts of baryonic dark matter. In this paper, the first
exhaustive sample of TDG-candidates from observationsnangerical calculations is gathered from
the literature. These stellar systems are gas-rich at #sept, but they will probably evolve into gas-
poor objects that are indistinguishable from old dwarfptitial galaxies (dEs) based on their masses
and radii. Indeed, known gas-poor TDGs appear as nhormal A&sording to the currently prevailing
cosmological paradigm, there should also be a populatiopriofordial galaxies that formed within
haloes of dark matter in the same mass range. Due to therdadiff composition and origin, it would be
expected that objects belonging to that population woule lzedifferent structure than TDGs and would
thus be distinguishable from them, but such a populationape identified from their masses and radii.
Moreover, long-lived TDGs could indeed be numerous enoogictount for all dEs in the Universe.
Downsizing, i.e. that less massive galaxies tend to be yeningpuld then be a natural consequence of
the nature of the dEs. If these claims can be kept up in the Gffuture observations, the presently
prevailing understanding of galaxy formation would neebteaevised.
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6.1 Introduction

Observations show that encountering galaxies often hadgds of matter connecting them
or elongated arcs of matter extending from them (Zwicky 3956ll known examples are
the Antennae Galaxies (NGC 4038 and NGC 4039) and the Micax@&sl (NGC 4676A and
NGC 4676B). Theoretically, the formation of these filamey&iructures can be understood by
gravitational forces that the encountering galaxies exedgach other (Toomre & Toomre 1972).
These gravitational forces lead to a distortion of the gakecause strength and direction of
an external gravitational force depends on the locatiohiw# galaxy. The position-dependent
changes of the external force within the galaxy are knowidas fiorces, and hence the arcs of
matter created by them are called tidal tails.

The disks of spiral galaxies are, due to their extensioriiquéarly sensitive to tidal forces.
The tidal tails thereby formed mostly consist of matter aagrirom the disks of the galaxies,
i.e. stars and a considerable amount of gas.

Numerical calculations show that some of the gas in the tall collapses into structures
that are bound by their own gravity (Barnes & Hernquist 19®lmegreen et al. 1993; Bour-
naud 2010). These structures have masses of Uy tol, (EImegreen et al. 1993; Bournaud &
Duc 2006) and have radii of the order of 1 kpc (Wetzstein 2@0.7; Bournaud et al. 2008). It
has also been shown that these objects can survive on acmees10° years and can be sites
of long-lasting star formation (Bournaud & Duc 2006; Recehal. 2007). With these proper-
ties, the structures emerging in the tidal tails can be cemed galaxies (cf. Bournaud et al.
2007; Forbes & Kroupa 2011). Due to their size and their ariguch galaxies been named
tidal dwarf galaxies (TDGs), and a number of structures #natTDG-candidates have been
observed (Mirabel et al. 1992; Monreal-lbero et al. 20075hida et al. 2008; Duc P. A. et al.
2011).

However, the formation of the first galaxies in the Univessdriven by non-baryonic cold
dark matter (CDM) according to theCDM-model, which is the currently prevailing cosmolog-
ical model. The CDM is thought to collapse into haloes andeb to create the gravitational
potentials that bind the baryons of the forming galaxies.ofder to distinguish them from
TDGs, these galaxies are called primordial galaxies.

In contrast to the primordial galaxies, the TDGs are predid¢b consist only of baryonic
matter, even if the progenitors of the TDGs contained a sultisi amount of CDM (Barnes

theoretical discussion of this finding).

Since only the baryonic matter interacts electromagnigticdDM and baryonic matter
must behave differently. Due to the different compositidrttee TDGs and the primordial
galaxies, it would be natural if these two types of galaxiesiM constitute populations that are
distinguishable by their properties. Thus, observatiortstheoretical calculations support the
notion that there are two types of galaxies, namely priradgilaxies and TDGs. This finding
has been termed the 'Dual Dwarf Galaxy Theorem’ by Kroupd 220

A substantial fraction of the galaxies of the Universe aradwelliptical galaxies (dEs).
These dEs are of particular interest, because the masshksiostellar populations and their
radii would fit to TDGs, but they are usually considered to lie kind of galaxies that forms
within CDM-haloes of rather low masses (see, e.g., Li et@L.® Guo et al. 2011). Reviews
on dEs and how they may have formed are given by Ferguson &Rin¢1994) and Lisker
(2009).

Using a compilation of data on old, dynamically hot stellgstems by Misgeld & Hilker
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(2011) on the one hand and a first-time compilation of data fvarious authors on masses and
radii of observed TDG-candidates (observed or from nuraécalculations) on the other hand,

it is discussed in this paper whether primordial galaxies BDGs are indeed distinguishable
populations, as would be expected. The data used for thipaoson is described in Sec-

tion (6.2). The results are presented and discussed inoBsd.3) and (6.4). Our conclusions
are given in Section (6.5).

6.2 Data

6.2.1 Old stellar systems
Galaxies

Data on the masses and the radii of old elliptical galaxiestaken from Bender et al. (1992)
and Bender et al. (1993), Ferrarese et al. (2006), Misgedt £008) and Misgeld et al. (2009).
The data on the dwarf spheroidal galaxies (dSphs) are tatenTable (1) in Misgeld & Hilker
(2011), provided an estimate of the mass of their stellavfans,).., is available there. This
table also lists some compact elliptical galaxies, whighiacluded in the present compilation
as well. The catalogues of galaxies in the Hydra | clustes(did et al. 2008) and galaxies in
the Centaurus cluster (Misgeld et al. 2009) comprise a langeber of dwarf elliptical galaxies
(dEs) and are of particular interest for filling a gap in luosity between the data from Bender
et al. (1992, 1993) and the dSphs from Table (1) in Misgeld &eti (2011). TheM, of
all mentioned galaxies are calculated from their publisliedinosities and colours, using the
estimates for their stellar mass-to-light ratios publdhe Misgeld & Hilker (2011). Note
that the baryonic masse&/, of these objects are essentially equalMg since these kinds of
galaxies contain almost no gas or dust (Wiklind et al. 199ng L. M. et al. 2011).

GCs and UCDs

Masses and effective radii of globular clusters (GCs) atrd gbmpact dwarf galaxies (UCDs)
are taken from Table (5) in Mieske et al. (2008). Note thatrtfasses listed in that table are
mass estimates based on the internal dynamics of the GCs@bd (.e. dynamical masses,
My, ) instead of masses estimated from the light and colour dodtilear populations (i.elZ.).
The internal dynamics of GCs and UCDs is however probablyniltenced by a hypothetical
presence of DM in them, since DM would usually be distributedr larger scales. (Murray
2009; Willman & Strader 2012). A non-Newtonian law of gravim the limit of weak fields
(i.e. the alternative to the dark matter hypothesis) woldd &ave the dynamics of GCs and
UCDs unaffected in most cases (see figure 7 in Kroupa P. eD30)2 Finally, GCs are free of
gas and dust (van Loon et al. 2006), and given the similaritid)JCDs to GCs, it is reasonable
to assume the same for UCDs. These reasons imply\that = M.. for GCs and UCD5

INote that some authors discuss the elevatet.- ratios of UCDs (see, e.g., Hasegan et al. 2005; Dabring-
hausen et al. 2008; Mieske et al. 2008), which suggest thesiigpio be true. The detected difference between
the Mgy, and theM, of UCDs is however rather small, even though this deviatimbably carries important
information on star formation in UCDs (see Dabringhauseal.€2009, 2012; Marks et al. 2012 and the review by
Kroupa et al. 2011).
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6.2.2 TDGs
Observed TDG-candidates

Data on the masses and the effective radii of observed TD@idates are difficult to obtain
and collected from various sources in the literature:

e Miralles-Caballero et al. (2012). The sample from Miral@aballero et al. (2012) is an
extension of the sample from Monreal-lbero et al. (2007)e TiDG-candidates taken
from Miralles-Caballero et al. (2012) are, among all TDGwtidates considered in the
present paper, the ones for which the most complete infeoman masses and radii is
available. The data given on the TDG-candidates comprisie #dguivalent total radii
(r), their effective radii£.), their mass estimated from théiwband luminosity using the
ages estimated under the assumption of a single star bur3t their mass estimated
from their Hy-emission lines {/y,), their mass estimated from thdirband luminosity
under the assumption that most stars in the TDG-candidegeddi(M,,q) and their mass
estimated from the internal dynamics of the TDG-candid@tés..). M;, My, andMq
are all estimates fon/,, the mass of the stellar population of the TDG-candidate. In
oder to have a concrete value fof,, M, = M; is assumed, since estimates far,
based on optical luminosities are available also for aleoDG-candidates, in contrast
to estimates based omkemission. Settind/, = M; therefore adds to the homogeneity
of the sample of TDG-candidates. The adopted single-bgestsathe average of the age
estimate derived from photometric data and the age estidesiteed from the equivalent
width of the Hh-emission. The values are of the order16f years. Miralles-Caballero
et al. (2012) estimate by adding up the areas of alldHemitting regions within a TDG-
candidate, leading to a total arda, from whichr is calculated from

r= \/%. (6.1)

The average ratio betweenandr, of the TDG-candidates in Miralles-Caballero et al.
(2012) is 3.5. The standard deviation about this value isSirhple estimates of, from
r can thereby be calculated from

r=(35+1.1)xre (6.2)

for other galaxies. Note, however, that Miralles-Caballet al. (2012) only estimate
the effective radius of the dominating knot if a TDG-candédhas more than one star-
forming knot. Thusr, is underestimated for these TDG-candidates.

e Galiannietal. (2010). The TDG-candidates discussed ly tievel -band luminosities
of 1.6 x 10° L, and2.6 x 10° L, respectively. By giving estimates for the stellar masses
of these TDG-candidates, Galianni et al. (2010) implicgtgte that thé’-band mass-
to-light ratio of the TDG-candidates &5 M, /Ly, and2.3 My /L., respectively. A
comparison with single-burst stellar population modelg.(éMaraston 2005) suggests
that these assumptions on th&/ L, -ratios of the TDG-candidates discussed in Galianni
et al. (2010) are reasonable, since Galianni et al. (201®}lade from a spectroscopical
analysis that the stellar populations of their TDG-cangidare old and have metallicities
[Fe/H]> —1, like the ones of old GCs and dSphs. Valuesifdnave been found by fitting
Sérsic-profiles (Sérsic 1963) to the TDG-candidates.
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¢ Yoshida et al. (2008). Photometric data suggests an ageeddrtter of10® years for
the star-forming knots they observed (termed 'fireballsthim). This motivates their
assumption of\/, / Lr = 1M /L, for the objects when they calculate the stellar masses
of the objects from theiR-band luminosities. Values fog have been estimated by fitting
Gaussian profiles to their luminosity profiles. They are @ien collectively as ranging
between 200 pc and 300 pc for all observed objects. In ordeate a concrete value for
the radii, they are set to 250 pc for all fireballs in the prégaper.

e Duc et al. (2007). The TDG-candidate identified by them hatelas population with
a mass between/, = 3 x 107" My and M, = 7 x 10" Mg, as they find from fitting
a modeled stellar population to the spectral energy digioh of the TDG-candidate.
In order to have a definite valud/, = 5 x 10"M,, is assumed in the present paper.
Photometric data suggests that most stars in this TDG-datelformed3 x 10® years
ago and the diameter of the TDG-candidate is given as 4200 pc.

e Bournaud et al. (2007). The stellar masses of the three Ti¥8asked in that paper have
been estimated from their optical luminosities and modélgang stellar populations,
since Boquien et al. (2007) estimate ages of less 3han(°® years for the stellar popula-
tions of these galaxies. The radii given in Bournaud et &07 are the radii up to which
rotation curves have been measured. For an estimatdrm these radii, equation (6.2)
is used in the present paper.

e Tran H. D. et al. (2003). Photometric data suggest an age-of x 10° for the TDG-
candidate discussed in that paper. Utdand luminosity (corrected for emission lines)
then implies)M, = 6.6 x 10°> M,,. r. was estimated by fitting a King model (King 1962)
to the surface-brightness profile of the object.

e Hunsberger et al. (1996). The masses of the TDG-candidistesl lin that paper are
estimated from thei?-band luminosities under the assumption that At/ L ratios
of the TDG-candidates is M, /L.. This M. /L ratio implies an age of the order of
108 years for the TDG-candidates. This choice for the age isvatatd with Hunsberger
et al. (1996) searching for TDG-candidates in Hickson cazhgeoups (Hickson 1982),
i.e. in very compact groups of galaxies. Such groups haedéirties of the order of
108 years, within which the formation of TDGs is triggered by thteraction between
primordial galaxies belonging to the group. The extensibthe TDG-candidates is
quantified in Hunsberger et al. (1996) by estimates of thaiméters from their projected
areas. Estimates of the of the TDG-candidates are calculated in the present paglbr wi
equation eq. (6.2).

The adopted properties of the observed TDG-candidatesuanenarized in Table (A.1) in
Appendix (A.3.1).
Note that not all objects in Table (A.1) are confirmed TDGse Téasons are the following:

e For some young objects, itis doubtful whether they will kebs (cf. Monreal-Ibero et al.
2007; Miralles-Caballero et al. 2012), even though theigiorfrom tidal interactions
between primordial galaxies is not disputed.

e Tran H. D. et al. (2003) argue that the TDG-candidate theyenes possibly was a
stellar supercluster (SSC), i.e. a gravitationally bouathglex of star clusters, which
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can evolve into a galaxy if a galaxy is defined as a stellaresystith a relaxation time
larger than a Hubble time (Kroupa 1998; Forbes & Kroupa 20Mtithis sense, SSCs can
be understood as precursors of TDGs. SSCs are however als@asdikely progenitors
of extended star-clusters and UCDs (Fellhauer & Kroupa a)Bruns et al. 2011),
i.e. objects that are much more compact than the TDG-catadida Table (A.1) are,
including the TDG-candidate discussed by Tran H. D. et &l08).

e Yoshida et al. (2008) consider it more likely that the olgetiey observed formed from
gas that was stripped from the probable merger remnant RBIU® % its motion through
the intergalactic medium, rather than from matter ejectedhe tidal forces acting be-
tween the progenitors of RB 199 during the merger. In ordefistnguish the objects
they observed from actual TDGs, they termed them ‘firehalsi the other hand, the fire-
balls are gas-rich and star-forming, like the TDG-candidatbserved by Monreal-Ibero
et al. (2007) and Miralles-Caballero et al. (2012). The fatebare also indistinguishable
from the TDG-candidates based on their masses and radib@hdkinds of objects have
formed from matter that was previously bound to other galsxin contrast to primordial
galaxies. Moreover, the arguments by Bournaud (2010) for WhGs do not contain
DM would also hold for galaxies that form from stripped gakeTireballs are therefore
in the following also considered as TDGs, even if the firedaik not actual TDGs.

In the present paper, we will concentrate on the question thewT DG-candidates will
evolve if they are indeed long-lived, self-gravitatingustiures, as at least some (if not all)
of them are. For simplicity, all objects in Table (A.1) wilus be treated like actual, long-
lived TDGs in the following. This can be motivated by the fimglithat they indeed make the
impression of a homogeneous sample in Fig. (6.2).

Numerical calculations of TDGs

As a complement to the observed TDG-candidates, numsricaltulated TDG-candidates are
considered as well. The formation of TDGs during the Newdarinteraction between gas-
rich galaxies has been studied with numerical calculatlmnsnany authors (e.g. Barnes &
Hernquist 1992b; Elmegreen et al. 1993; Barnes & Hernqu861Bournaud & Duc 2006;
Wetzstein et al. 2007; Bournaud et al. 2008). Detailed patars of the resulting objects are
however only available for a few exemplary objects, whicmedrom the following sources:

e Bournaud et al. (2008), who show in their figure (5) five TDGatidates as they appear
at the end of their numerical calculation. Values fat, are given in that figure. In
order to calculate estimates for theof these objects, the absolute maximal extension of
these objects and the maximal extension along the orthbggisavere read off from this
figure. These values were multiplied in order to obtain anrede Ar, which was used
to calculate an equivalent radius from equation (6.1). €lesgiivalent radii were used to
calculater, from equation (6.2).

e Wetzstein et al. (2007), who describe the most massive T@xldate that formed in
their numerical calculation in detail. If the progenitordayey of the TDG-candidate is
scaled to the Milky Way, the total mass of the TDG-candidat&/i ~ 3.5 x 108 M.
About 70 per cent of this mass is gas. Since there is no DM witie TDG-candidate
(even though the progenitor galaxy was assumed to residevatDM-halo), the mass
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of the stellar population of the TDG is 30 per cent of its totalss. Fitting Sérsic-profiles
(Sérsic 1963) to the calculated TDG-candidate, Wetzsteal. (2007) estimated that the
r. Of the stellar population is 700 pc for the adopted scalinge $ame procedure holds
r. = 1400 pc of the gaseous component of the TDG-candidate.

e Barnes & Hernquist (1992b), who describe the most massiv@ Tiat formed in their
numerical calculation in detail. If the two progenitor ga&s in the numerical calculation
are scaled to the Milky Way, the total mass of the TDQ/4s~ 4 x 10® M. Barnes &
Hernquist (1992b) note that there is no DM within the TDG, thaty do not distinguish
stars and gas in their numerical calculation. It is theefassumed here that the ratio
between gas and stars is the same as in the TDG calculatedtbgt@vie et al. (2007). An
estimate fon, of this TDG was calculated from the left panel of figure (1) iarBes &
Hernquist (1992b). The TDG shown there has a diameter 6fl5 x 10~2 length units,
corresponding tez 2500 pc if the progenitor galaxies are scaled to the Milky Way.rgsi
equation (6.2), this implies, ~ 350 pc.

The adopted properties of the observed TDG-candidatesiarmarized in Table (A.2).

6.3 Results

6.3.1 Properties of old dynamically hot stellar systems

It is well known that old, dynamically hot (or pressure-sappd) stellar systems can be divided
into two categories: A star-cluster-like population catisig of GCs and UCDs and a galaxy-
like population consisting of normal elliptical galaxied=ss), dwarf elliptical galaxies (dEs) and
dwarf spheroidal galaxies (dSphs) (Gilmore et al. 2007bEsret al. 2008; Misgeld & Hilker
2011). Almost every object shown can indeed easily be asdigmone these two populations
by its position in Figure (6.1). Exceptions like UCD 3 or M3&a&xtremely rare (see also
Section 6.4.2).

Within these two populations of stellar systems, subpdpmria can be identified by changes
of the mass-radius relations that characterize these pulgimns. This leads to a distinction
between dSphs, dEs and nEs within the galaxy-like populatia a distinction between GCs
and UCDs within the star-cluster-like population (e.g. d&kl & Hilker 2011).

The exact locations of the transition from one subpopufetttoanother is a matter of defi-
nition. In the present paper, members of the galaxy-likeupatpon are considered dEs if they
have a stellar mass/, < 3 x 10° M., and nEs otherwise. It is impossible to make a similar
distinction between dEs and dSphs (cf. Ferguson & Bingd#i4). Thus dEs and dSphs will
all be referred to as dEs in the following. Taking théir, to be equal to their total mass (cf.
Section 6.2.1), members of the star-cluster-like popoadire considered GCs if they have a
stellar mass\/, < 2 x 10% M, and UCDs otherwise.

Performing a least-squares fit to dEs with masges> 10* M., a mass-radius relation for
them is quantified as

M,
log, (ﬁ) = (0.122 £ 0.013) log,, (—) + (1.87 £ 0.10). (6.3)
pc Mg
Performing the same kind of fit to dEs with masdés < 10° M, leads to

M,
log, (r—h) = (0.42 4+ 0.08) log, ( ) +(0.3+£0.3). (6.4)
pc Mg
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Figure 6.1:The half-light radii of old stellar systems against the mafstheir stellar populations)Z,
(cf. Section 6.2.1). Provided that the mass of dust, gas anebaryonic matter is negligible in these
systems, the estimates for the mass of their stellar papotaare in fact estimates of their total masses.
The distinction between GCs and UCDs and elliptical gakugeas in the literature from which the
data is taken. The dashed line is a mass-radius relatioimedt#hrough a least-squares fit to (normal)
elliptical galaxies with masses/, > 3 x 10° M, (cf. equation 6.6), which incidentally also fits well
to the UCDs. The dotted lines are mass-radius relationsr@utahrough least-squares fits to (dwarf)
elliptical galaxies with masse®)* M, < M, < 3 x 10° M, (cf. equation 6.3), and (dwarf) elliptical
galaxies with masses/, < 10°% M, (cf. equation 6.4), respectively. The thin solid lines oade
constant densities ¢f = 1073 M pc=3, p = 1072 My pc3, p = 0.1 Mg pc 2 andp = 1 M, pc 3
from top to bottom.

A constant mean density for galaxies implies

Th 1 M*
log,o (1) = 21 .
0819 (pc) 3 0819 <M®) +c, (6.5)

wherec is a constant. Equation (6.5) is consistent with equatiof) (6o that dEs with very low
masses may indeed be characterized by a typical averagigyddimss is however not the case
for the more massive dEs. Their typical densities increatfetiveir mass, as is apparent from
equation (6.3).

There are however several potential problems with the datdEs with massed/, <
10° M

1. The data is very sparse in that mass range. The mass-ratition given by equa-
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tion (6.4) is derived from only nine dEs, of which the five masssive ones are also
well consistent with mass-radius relation given by eque{@3).

2. The objects in this mass-range have very low surface tragises, so that their are
difficult to measure.

3. If these objects are pure stellar populations (for instadmecause they formed as tidal
dwarfs and thus contain no DM), they are the most vulnerabligdtl fields that may
alter their structure (Kroupa 1997; Metz & Kroupa 2007; Gastaial. 2012, see also
Section 6.3.3)

Thus, the apparent steepening of the mass-radius relati@is towards lower masses has
to be taken with caution.
A least-squares fit to nEs yields

M,
log;, (T—h) = (0.593 £ 0.027) log; (—) — (2.99 + 0.30). (6.6)
pc Mg

This mass-radius relation for nEs is consistent with theltes Dabringhausen et al. (2008),
even though Dabringhausen et al. (2008) estimated the syatgee nEs from their, and their
velocity dispersions, whereas in this paper their luminesiand colours were used.

UCDs lie along the same mass-radius relation as nEs, evaghhidCDs belong to the star-
cluster-like population while nEs belong to the galaxyelfopulation (Dabringhausen et al.
2008). Note that UCDs were not included in the fit of equati®m®) to the data. The mass-
radius relation of GCs, in contrast, is essentially flat.

Possible reasons for the transition from dEs to nEs are skgclin Section (6.4.4) and
possible reasons for the transition from GCs to UCDs areudsed in Section (6.4.4).

6.3.2 Properties and evolution of TDGs

A comparison of the numerically calculated TDG-candidatiis the observed TDG-candidates
shows that the estimates df, andr. of the calculated TDG-candidates are consistent with the
observed ones. If these parameters are however comparbd txtording present-day pa-
rameters of the GCs, UCDs, dEs and nEs (i.e. the stellarmagstgroduced in Section 6.2.1
and shown in Figure 6.1), the (young) TDG-candidates are orass-radius relation below
the mass-radius relation for (old) dEs. The old TDGs by Galizet al. (2010) are however
consistent with being typical dEs.

In order to find the actual interrelations between the TD@dadates and the other stellar
systems, it is necessary to estimate what they would loakifikhey all had the same age.
This requires to account for the future evolution of the TB&didates listed in Tables (A.1)
and (A.2) in the Appendix, since almost all of them have adeleorder ofl0® years or less,
while the objects shown in Figure (6.1) are at least a félvyears old (see Misgeld & Hilker
2011). The age difference between these systems is contsiste the finding that many TDG-
candidates show evidence for ongoing star formation, aslthemission from these systems
indicates.

The amount of gas is actually very substantial in the thre&Jdandidates observed by
Bournaud et al. (2007). They estimate the mass of the stahese TDG-candidates by their
luminosity and the amount of gas in them by the strength af #maission lines. They thereby
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Figure 6.2:Estimates for the final radii of TDG-candidates after theis ¢nas been expelled against
estimates of their stellar mas&{,. The estimates are based on the data on present-day pasaiete
TDG-candidates (cf. Section 6.2.2 and Table A.1) and on datdDGs taken from numerical cal-
culations on the formation of TDGs during the encounter af-geh galaxies (cf. Section 6.2.2 and
Table A.2). Probably the largest uncertainty to the datehenfDG-candidates shown here comes from
the poor knowledge on how star-formation and mass-lossinfilience the future evolution of the gas-
rich present-day TDG-candidates until they possibly rdderold, gas-poor dEs (cf. Section 6.3.2). In
order to quantify this uncertainty on the data for the TD@elidates, the lower limit for future radius
of each TDG-candidate is taken to be its present-day radibigh corresponds to no future mass-loss
according to equation (6.8). The symbol representing th&T¥andidate is placed at a radius twice its
present-day radius, which corresponds to a future masssfdsalf of its present-day mass according to
equation (6.8). The upper limit for the radius of each TDGdidate is taken to be four times its present-
day radius, which corresponds to a loss of 75 per cent ofésqmt-day mass according to equation (6.8).
Thus, the errorbars to the data on the TDG-candidates sheventere not formally calculated from the
uncertainties to the observational data, but represefereift assumptions on the future evolution of the
TDG-candidates. These assumptions are admittedly quiteraay, but as they are not very restrictive
concerning the future mass-loss (and thus the future éwa)udf the TDG-candidates, they are also
conservative. The data on old stellar systems presenteid.ifé-1) are also shown here for comparison.
The thin solid lines indicate the tidal radii for stellar s in the vicinity of a major galaxy0® pc
away. The mass of the major galaxylis = 10'° M., M = 10! M, andM = 10'2 M, from top to
bottom.

find that stars make up only about ten per cent of the baryomissnn each of the TDG-
candidates they studied. Such a detailed analysis of togiposition has not been made for the
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other TDG-candidates discussed in the present paper. dinsver likely that the composition
of other very young TDG-candidates from Miralles-Caballet al. (2012) with ages of the
order of 10° years is similar, especially since the masses derived fhain internal dynamics
are much higher than the masses derived from the luminokttyer stellar populations. The
TDG-candidates discussed by Yoshida et al. (2008) and Déc &t al. (2011) suggest that
also TDG-candidates with ages of at leést years can still contain enough gas to be sites of
very recent star-formation. Thus, gas is the principal ntassponent in many of the TDG-
candidates, since they do not contain DM (Barnes & Herndq@82b; Bournaud 2010; Kroupa
2012). The fate of the gas in the TDG-candidates is therefecesive for their future evolution.

The two TDG-candidates studied by Galianni et al. (2010}la@eonly ones in Table (A.1)
that have ages similar to those of the old stellar systemsdated in Section (6.2.1). Like
the other old stellar systems, the TDG-candidates showauesrof ongoing star-formation,
which suggests that there is no gas left in them. This ma@&ss/édie assumption that the other
TDG-candidates will also have lost their gas once they haaelred that age.

There are several processes by which the gas can disapp@ethie young TDG-candidates
on a time-scale of the order 06° years:

1. The conversion of gas into stars.
2. The removal of the gas through heating by massive stariotimain the TDG-candidates.

3. The removal of the gas through ram-pressure strippingwine TDG-candidates move
through the intergalactic medium.

More than one of these processes may contribute to the rérobtlee gas. The first two
processes are even intimately linked to each other, sircprissence of massive stars implies
recent star formation, while the removal of gas through #egting of these massive stars influ-
ences further star formation. This interrelation is knowreedback. The second and the third
process are similar regarding their effect on the furthelwion of the stellar system. Both
imply that the TDG-candidate looses mass and in consequexpands (see Kroupa 2008 for
a detailed discussion on the effect of mass-loss on stgltaems). However, the actual contri-
bution of each of these processes to the disappearance gashe the TDGs is unknown. It
is likely to be different for each individual TDG, but accord to the models by Recchi et al.
(2007), an isolated TDG self-regulates its star-formasioch that it is relatively stable against
feedback and major blow-outs do not arise.

Let us assume for now that the second and the third processearsost relevant ones for
the future evolution of an existing young TDG-candidate, ithat it looses much of its mass
through the removal of gas, while only little of the gas is\eened into stars that add to the
existing stellar population of the TDG-candidate. Thisuaggtion is motivated by the finding
that the gravitational potentials of the TDG-candidatesrather shallow (Bournaud 2010), so
that matter can quite easily be removed from them.

If the evolution of a stellar system is primarily driven by ssdoss, it is decisive whether
the mass-loss is fast or slow compared to the crossing tintteedstellar system. This crossing
time can be defined as 5

fo = 222 (6.7)

o

wherer, is the effective radius of the stellar system ands its internal velocity dispersion
(Kroupa 2008). For the TDG-candidates, typical valuessfare of the order of 10 km/s (see
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table 2 in Miralles-Caballero et al. 2012) and typical valder r. the order of 100 pc (see
TableA.1). Noting that 1 km/s is essentially equal to 11p¢years, the typical crossing times
of TDG-candidates are of the order td” years. The TDG-candidates observed by Yoshida
et al. (2008) are of the order af)® years old, but still contain enough gas for star formation.
Taking this as evidence that the time scale on which the dastifrom the TDG-candidates is
not less theri 0® years, the mass-loss would be slow compared to the typioasitrg times of
the TDG-candidates. In the case of slow (adiabatic) masstlos expansion of a stellar system
is given by

Mf T

= 6.8
T (6.8)

where M is the final mass of the stellar systend; is the initial mass of the stellar system,
is the final radius of the stellar system ands the initial radius of the stellar system (Kroupa
2008).

In order to calculate the future expansion of the young TR@didates with equation (6.8),
M; = M, andr; = r, is assumed. Two cases are considered her@fonamelyM; = 2M;
and M; = 4M;. Thus, the TDG-candidates are assumed to loose 50 per cgmbaper cent
of their mass through the removal of their gas. That is sona¢\wgss than the amount of gas
traced by Bournaud et al. (2007) in TDG-candidates, whiflects the expectation that some
of the gas available at the present will not be expelled, hlitb@ converted into stars. The
resulting final parameters of the TDGs are shown in Fig. 6.2.

Given the assumptions that were used to calculate thene #stgnates for the final values
for M, andr, of the young TDG-candidates can only be approximationsirwerall consis-
tency with the according parameters for the old TDGs dissdigy Galianni et al. (2010) and
the (old) dEs is however remarkable.

Despite the fact that young TDGs probably mostly consistas, gt is by no means clear
that gas-expulsion is indeed as important as assumed festimation of their final parameters
as shown in Figure (6.2). Gas expulsion is however not theg @macess by which the extension
of the stellar component of a TDG can grow. According to nuoca¢icalculations performed
by Recchi et al. (2007), star formation in a TDGs starts atcergre and spreads from there
with time.

Whether this buildup of the stellar population of the TDGnfréhe inside to the outside
or mass loss is more important for the evolution of its sizenslear at the present. It would
however be natural that growth from the inside to the outsideost relevant for the TDGs with
the deepest potentials (i.e. the most massive ones), aat@dye least vulnerable to mass loss.
Thus, young TDGs lie on a mass-radius sequence below thefahe @Es, but the parameters
of the TDG-candidates would evolve naturally towards theapeeters of dEs as they reach a
comparable age.

6.3.3 The tidal radii of the TDGs

A TDG expelled from the interacting or merging progenitolagées (cf. EImegreen et al. 1993)
will evolve self-regulated (Recchi et al. 2007) and may Imee@ dwarf irregular galaxy (Hunter
et al. 2000). However, if a TDG is bound to a host (either adagglaxy or a galaxy cluster), its
size is limited by its tidal radius. This tidal radius;q, depends on the mass of the TD@,,,

the mass of the hosi/,,..;, and the distance between the TDG and its host. For systans th
effectively are point masses and oh#,,, > 10 M,,, a good approximation tg,q is given

~
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by (Binney & Tremaine 1987)

1

Mgal 3
= R. 6.9
i (3Mhost) ( )

For given values folR and M., equation (6.9) gives the minimum average density a TDG
needs to have in order to be an object kept together by its oauntg At radiir > rq, matter
cannot be bound exclusively to the TDG, but only to the comgawitational potential of the
TDG and its host.

Since TDGs form from tidal arms, it is indeed likely that a T¥3ound to a larger struc-
ture. This larger structure can be its progenitors or a gatéxster in which the TDG formed.
The notion of many TDGs remaining bound to their progenga@upported by the dwarf galax-
ies bound to the Milky Way, whose disk-like distribution amltdyned angular momenta can, as
it seems, only be understood if they are ancient TDGs (Kraipd. 2005; Metz et al. 2008;
Kroupa P. et al. 2010; Pawlowski et al. 2012b,a; Kroupa 20E®y TDGs that remain bound
to their progenitor galaxies total mass@s® M, < M. < 102 M, (i.e. the mass of a major
galaxy) and distanceB ~ 10° pc would be typical. The tidal radii implied by these paraengt
are plotted in Fig. 6.2.

If the TDG-candidates introduced in Section (6.2.2) adiabHy loose 75 per cent of their
mass (i.e.M; = 4M; in equation 6.8), their radii become similar to the tidaliratiown in
Figure (6.2). Thus, the TDG-candidates cannot expand attyeuf they loose even more mass,
provided that the choices dff,.s and R are appropriate. Note however that a adiabatically
expanding TDG would not dissolve completely if its outskiekpand beyond its tidal radius.

Interestingly, the tidal radii shown in figure (6.2) alsormade well with the maximun,
observed for dEs with stellar mass®s < 10"M,,. This is evidence that tidal fields are indeed
relevant for the structure of low-mass galaxies for whictkdaatter haloes do not play a role,
as is very likely to be the case for such galaxies (see KroQfta and Sections 6.4.1 and 6.4.4).
At higher masses, the mass-radius relation for dEs is signifiiy flatter than a relation implying
a constant average density in dEs. Thus, the density of tlie massive dEs tends to increase
with their mass, so that they are less effected by tidal fieldse reason might be that the
galaxies with the lowest masses have the weakest gravitdfpmtentials and therefore are the
most vulnerable to mass-loss and subsequent expansione idassive galaxies might keep
more of their initial gas and use it up in star formation, sat they expand less.

Thus, the young TDG-candidates are likely to expand (setd®e®. 3.2), but tidal fields are
likely to limit this expansion. The young TDG-candidatesatlissed in this paper would thereby
naturally evolve onto the mass-radius relation of dEs amdime indistinguishable from them
in this respect.

6.4 Discussion

6.4.1 The relation between dEs and TDGs

According to theACDM-model, there are two kinds of galaxies with mass#sM, < M <
10*° Mg,. The first kind are primordial dwarf galaxies that form witibM-haloes of rather
low masses (Li et al. 2010; Guo et al. 2011), as they are pestlio numerical calculations of
structure formation in the Universe. The second kind are $@ose formation is predicted in
numerical calculations of encountering galaxies that eres in concordance with theCDM-
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model (Barnes & Hernquist 1992b; Bournaud & Duc 2006). Thidjction by theACDM-
model has been termed the 'Dual Dwarf Galaxy Theorem’ by Keo{2012).

The 'Dual Dwarf Galaxy Theorem’ poses a problem for #t€@DM-model for several rea-
sons:

1. It would be natural that primordial galaxies containingubstantial amount of CDM
have a different structure than old TDGs, which do not can2M and are of a dif-
ferent origin. Thus, old TDGs and primordial galaxies woh&lexpected to form two
distinct populations. Following this argument, the dataFig. (6.2) suggests that the
dEs are old TDGs. The dynamical/L-ratios in the central parts of dEs with masses
108 Mg, < M, < 10°M,, imply that there is little CDM at best in these regions of tiesd
(Wolf et al. 2010; Toloba et al. 2011; Forbes et al. 2011). Atbdly, about a (hypothet-
ical) presence of CDM in the outskirts of these galaxieshimgtis known so far from
observations. Less massive dEs tend to have seeminglyrhighg-ratios, but this may
be due to the disturbance from a tidal field of a neighbouriagomgalaxy (Kroupa 1997;
Casas et al. 2012), or due to Newtonian gravity not beinglvalthe limit of very weak
gravitational fields (see figure 8 in Kroupa P. et al. 2010). DdGre galaxies accord-
ing to some definitions of a galaxy (see Forbes & Kroupa 204l 2ection 6.4.2) and
have elevated mass-to-light ratios, but a significant arnofti€DM in them is very un-
likely nevertheless (Murray 2009; Willman & Strader 201@e slso Dabringhausen et al.
2012). Thus, a population of dwarf galaxies that definijnermed within DM-haloes
cannot be identified in Fig 6.2.

2. Even if all dEs were galaxies that formed within low-ma$3MGhaloes, their number
would still be low compared to the predicted number of CDNiBbka in the appropriate
mass-range (Moore et al. 1999; Klypin et al. 1999); a findimaf has been termed the
'missing satellite problem’. In consequence, mechanigraswould supress the forma-
tion of galaxies within most low-mass CDM-haloes were désad (e.g. Benson et al.
2002; Li et al. 2010). The number of dwarf galaxies that fomweartheless according to
such models is however only consistent with the number oéiesl dwarf galaxies if the
existence of TDGs is neglected (Kroupa P. et al. 2010; Krd@fi?). There is however
strong observational evidence for formation of TDGs in emters between galaxies (e.g
Mirabel et al. 1992) and that the TDGs thereby created areenoms (e.g. Hunsberger
et al. 1996). Thus, the 'Missing Satellite Problem’ pessist

3. The satellite galaxies of the Milky Way form a rotatiogglbr angular-momentum) sup-
ported disk (Kroupa et al. 2005; Metz et al. 2008; Pawlowskl€2012b), which would
be logical if these galaxies are TDGs, but incomprehengilhey formed as primordial
structures in agreement with tieCDM-model (Pawlowski et al. 2012a). This implies
that all dEs around the Milky Way are in fact ancient TDGs. sltmding strengthens
the previous two points, namely that firstly all dEs are madeely old TDGs rather than
primordial galaxies and that secondly the 'Missing SatslProblem’ thereby is far from
being solved within the standard cosmological model.

The notion that all dEs are old TDGs raises the question venetisufficiently high number
could have been produced over the age of the Universe. Gungehis matter, Bournaud &
Duc (2006) show in numerical calculations that about 25 pet of the TDGs initially created
in an encounter would survive for more tharx 10° years, which corresponds to an average
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between 1 and 2 long-lived TDGs per calculated interact@kazaki & Taniguchi (2000) argue
that a TDG-production at this rate would already be sufficiermccount for all dwarf galaxies
in the nearby Universe (also see Kroupa P. et al. 2010).

An implication of all dEs being ancient TDGs is that the dymeah)\// L-ratios of dEs with
masses/, > 10® M, must be consistent with thef/ L-ratios of pure stellar populations. This
can be seen in figure 7 in Misgeld & Hilker (2011), which shohatthe internal gravitational
acceleration in these dEs is at or above the limit for Milgiamdynamics (Milgrom 1983, see
Famaey & McGaugh 2012 for a rewiev), while TDGs do not contirk matter even if their
progenitors did (Barnes & Hernquist 1992b; Bournaud 2010).

Observations of dEs with dynamical masses,, > 10® M reveal that most of them
have dynamical-band M /L-ratios of2 < Mgy, /L; < 4 within their effective radii (Wolf
etal. 2010). Sucli/y,, /L -ratios correspond, for instance, to th& /L, ratios of single-burst
stellar populations with a metallicity of [Z/H] —0.33 and age$ x 10° yr < ¢ < 13 x 10° yr
(Maraston 2005). This does not exclude that the actuabstetipulations of the dEs shown in
Wolf et al. (2010) are more luminous, so that an additionaten@omponent would be needed
in order to explain the observed,,,/L; ratios. The central,y,/L;-ratios of the 21 dEs
listed in table 7 in Toloba et al. (2011) are however indeethefsame order of magnitude
as their central stellan, /L;-ratios. Given that the centrdll,/L;-ratios of these dEs are
quite uncertain and in 7 cases higher than the accortiing / L,-ratios, there is moreover no
compelling evidence thal/s,,, > M, holds for them. Thus, observations do indeed support the
notion that the dynamics of the central region of dEs is @ast with Newtonian dynamics,
even if little or no dark matter is present there.

The typical My, / L-ratios of dEs with masse¥. < 10® (often referred to as dSphs in the
literature, but see Ferguson & Binggeli 1994 and Sectiorl$3rongly increase with decreas-
ing mass (cf. figure 4 in Wolf et al. 2010). This makes them nsistent with the assumption
that dEs with masses/, < 10® are pure stellar populations that are in virial equilibriand
obey to Newtonian dynamics. However, being less tightlyrabthan the more massive dEs
(cf. figure 7 in Misgeld & Hilker 2011), these dEs are more lykd be disturbed by tidal
fields, which would lead to seemingly high,,,, / L-ratios if the dEs are assumed to be in virial
equilibrium (Kroupa 1997; McGaugh & Wolf 2010; Casas et &112). Moreover, the internal
accelerations in low-mass dEs are in the regime where Milgan dynamics (Milgrom 1983)
would be relevant (cf. figure 7 in Misgeld & Hilker 2011). Nateat Milgromian dynamics
would also explain the remarkably high dynamical masses@fltDG-candidates discussed
by Bournaud et al. (2007), which cannot be explained withbidwgonic matter found in these
galaxies, even though numerical experiments stronglyigirfte absence of DM in TDGs (e.g.
Barnes & Hernquist 1992b; Gentile et al. 2007; Bournaud 20IBus, also low-mass dEs can
be understood as dark-matter free TDGs, if they are not ial\e@guilibrium or if their internal
dynamics is non-Newtonian.

It has also been established from observations that lessdws elliptical galaxies (i.e.
dEs) tend to be bluer than more luminous elliptical galagies nEs). This colour-magnitude
relation exists, because less luminous elliptical gakatead to be younger and less metal-rich
than more massive elliptical galaxies (Gallazzi et al. 2006

If the notion of all dEs being old TDGs is correct, and nEs amprdial galaxies, the dEs
would tend to be younger than the nEs because the dEs couldnaster of principle only
form after the formation of the first primordial galaxies. uBh this scenario would naturally
explain 'downsizing’, i.e. that the least massive galaxesl to have the youngest stellar pop-
ulations, although they should be the oldest galaxies daugto theACDM model (see, e.g.,
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Cimatti A. et al. 2004).

Understanding why the dEs tend to be less metal-rich thansEss intuitive under the
premise that dEs are old TDGs. This is because the dEs wouedfbemed from pre-enriched
material if they are not primordial objects. However, thd 8IDGs have formed at a time
when the primordial galaxies were less self-enriched they are today. Old low-mass and
metal-poor dEs can therefore be understood as TDGs thaetbfrom matter that was scarcely
pre-enriched and in which self-enrichment was not veryctitfe. The low-mass dEs are indeed
less tightly bound than the more massive dEs and nEs, as figar#isgeld & Hilker (2011)
indicates. Thus, the low-mass dEs are may have been mokgtikose the gas expelled by
evolving stars, while high-mass dEs and nEs may have beeae likety to reprocess it. This
would explain why the typical metallicity of dEs increaseghatheir mass, no matter whether
they are ancient TDGs or not.

Thus, so far the properties of the dEs seem to be consistdntivem being old TDGs. This
would, however, imply that there are no primordial galaxiéth stellar masses/, < 10*° M,
which would be inconsistent with theCDM-model (Kroupa P. et al. 2010; Kroupa 2012). This
may be evidence for theCDM-model needing to be replaced with a cosmological modhene
the apparent need for DM as an explanation for the internaauhycs of galaxies is replaced
with a non-Newtonian law of gravity in the ultra-weak fielchit. An excellent example of such
a law of gravity is provided by Milgromian dynamics (Milgroh983).

6.4.2 The relation between UCDs and TDGs

The highly resolved numerical calculation of the mergenaf alaxies performed by Bournaud
et al. (2008) implies that two types of stellar systems aeated during the merger:

1. pressure-supported stellar systems with massesl, < M, < 10” M, and diameters
between 10 and 100 pc. Bournaud et al. (2008) identifiesypis of stellar system with
the super star clusters (SSCs) discussed by Kroupa (19983pmplexes of star clusters
that are kept together by mutual gravitational forces. PsSSCs have been observed
by Whitmore & Schweizer (1995) and they will evolve into atiethat observers would
classify as UCDs (Kroupa 1998; Fellhauer & Kroupa 2002a)xterded star-clusters
(Fellhauer & Kroupa 2002b; Briins et al. 2011).

2. rotating stellar systems with masd€8 M., < M, < 10° My, and diameters of a few?
pc. This type of stellar system has been identified with Zilzed’ TDGs by Bournaud
et al. (2008). Candidates for observed TDGs are listed ineTghl), and may evolve
into dEs (see Sections 6.3.2 and 6.3.3).

The properties of the stellar systems that form during a eresfjgalaxies according to the
numerical calculations by Bournaud et al. (2008) are tloeeetonsistent with observations,
as is also illustrated in Figure (6.2). This consistencyhuiite observations includes the lack
of objects intermediate to SSCs and 'classical’ TDGs. Givenprobable future evolution of
these objects, their absence translates into the abseabgeots intermediate to UCDs and dEs,
which is illustrated with Figure (6.1).

Thus, the numerical calculation by Bournaud et al. (2008)emtly reproduces the mass
spectrum and the sizes of objects forming during a galaxgereirhis is strong evidence for the
physical processes included in the model (gas dynamidigrstignamics, star formation law)
being sufficient and their implementation in the numericae being adequate for the overall
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description of a galaxy merger. A detailed understandingtof two distinct types of objects
are formed during the merger (namely SSCs and TDGSs) is hovetMemissing. Given the
apparent link to physical processes, it nevertheless stamgason to distinguish galaxies from
star-clusters by their different structure, i.e. by the bapnveen a star-cluster-like population
(to which the UCDs belong) and a galaxy-like population (taak the TDGs belong). This is
essentially equivalent to the distinction between stastelrs and galaxies proposed by Gilmore
et al. (2007).

Note however that there are also other ways to define a gataeyHorbes & Kroupa 2011).
The choice of the definition is decisive for the classificatid UCDs and their progenitors.

If a galaxy is defined as a stellar system whose dynamics td®explained with its
baryons obeying Newton’s laws of gravity (Willman & Strad12), UCD$ and SSCs are
star-clusters. The internal properties of even one of thetrmassive UCDs have indeed been
argued to be consistent with it being an extremely massarectister (Frank et al. 2011).

If a galaxy is defined as a stellar system whose relaxatioa &tnts half-mass radiusg,
is longer than the age of the universg, (Kroupa 1998, 2012), most UCDs and SSCs are
galaxies. Thus, the numerical calculations performed byrBaud et al. (2008) would predict
the formation of two different kinds of tidal galaxies acdimg to this definition of a galaxy.
Note however that this definition implies that any stellasteyn will become a star-cluster at
some point of time by the aging of the universe.

In essence, each of the proposed definitions is based onerpréipat is typical for a galaxy.
By choosing a certain definition, the importance of the agicgy property is emphasized. Defin-
ing a galaxy as a stellar system with > m; emphasizes the fact that such systems cannot have
evolved dynamically through two-body encounters at thesgmég which has important impli-
cations for how to model the dynamical evolution of such eyst effectively (Kroupa 2012).
Defining a galaxy by its extension, or by the impossibilitgiglain its dynamics with its bary-
onic matter and the Newtonian laws of gravity, emphasizesmddmental physical difference
of these systems.

6.4.3 The GCs of dEs

It is known that dEs usually are surrounded by GC systemsica@i/pizes of these GC systems
range from a few GCs to about 100 GCs. Not considering thé notaber of GCs in these
systems, but the number of GCs per unit luminosity of thestlgalaxy, the GC systems of
some low-luminosity dEs are actually large in comparisomttrer galaxies (Peng E. et al.
2008).

If dEs are ancient TDGs, their GCs can have formed in diffeneys:

1. The numerical calculation by Bournaud et al. (2008) satgat during a galaxy merger
GCs and TDGs are created at the same time. If they are forntathwihe same phases-
pace volume, a forming TDG might capture forming GCs withégravitational field.

2. SSCs, which are possible progenitors of TDGs, are highthgtsuctured. While most of
the subsystems quickly merge into an object that would hetifiled as a UCD or a TDG

2The elevated\// Ly ratios of UCDs (Hasegan et al. 2005; Dabringhausen et 8B;2@ieske et al. 2008) are
probably not due to CDM or non-Newtonian gravity (see Secfi®.1), but to the presence of a large population
of neutron stars and stellar-mass black holes in UCDs, wikittte consequence of a top-heavy stellar initial mass
function in UCDs which formed as a major star-burst (Dabiigugsen et al. 2009, 2012; Marks et al. 2012).
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by observers, some subsystems may survive on a timescl péars (see figure 11 in
Fellhauer et al. 2002) and might qualify as GCs.

3. According to Weidner et al. (2004), the mass of the mostsivastar-clusters that can
form within a stellar system depends on the star formatide o that stellar system.
If the initial star formation rate in the TDGs was high enou@Cs may have formed
during the evolution of the TDG as its most massive startelgs In contrast to the first
two scenarios, this scenario implies that the GCs are yauhge its host.

In any case, GC-candidates should be very common around ddp@idates of any age, if
the dEs are old TDGs and if their GC-systems form early dutfiegy evolution. As these GCs
would have formed from pre-processed matter, they would tefve more metal-rich than GCs
that formed with the formation of a primordial galaxy. Thtargds in contrast with the finding
that dEs tend to have a higher fraction of blue GCs than nEghadould be interpreted as the
GCs of dEs tending to be less metal-rich than the GCs of nEfigcfre 8 in Peng E. et al. 2008).
Note however that the bluer colour of the GCs belonging toatisd also indicate a lower age.
This would be natural if the nEs are primordial galaxies eiiile dEs are old TDGs (and thus
younger than nEs) and if the GCs formed together with thest galaxies. Moreover, metal-
enrichment might not have proceeded very far in the progegglaxies when the progenitors
of present-day dEs possibly have formed as TDGs (cf. Se&idrl). Thus, finding GC-
candidates in a systematic search around TDG-candidatds e supportive evidence for the
dEs being old TDGs.

If no GC-candidates are found around young TDG-candid#tes could be explained in
different ways:

1. Only the dEs with very few or no GCs are ancient TDGs.
2. GCs form rather late during the evolution of a young TD® iatdlE.

3. Marks & Kroupa (2010) note that metal-rich GCs form witlgler radii. These GCs are
thus more susceptible to destruction than the GCs that fbahthe age of ancient TDG-
formation, which arguably formed from matter that was bapgk-enriched. Presently
forming TDGs may thus have a small specific frequency of GCs.

Note however that the case of finding no GC-candidates ardldta-candidates does not
seem very likely, considering the substructure found in $&&@l the TDG-candidates discussed
in Miralles-Caballero et al. (2012) and the possibilityttsame of these substructures may
survive for a long time according to Fellhauer et al. (2002).

6.4.4 Mass-radius relations

In the following, possible reasons for the mass-radiugiogia described in Section (6.3.1) are
discussed.

The mass-radius relation of nEs and UCDs

The mass-radius relation for UCDs and nEs is very remarladtause it bridges the gap be-
tween the galaxy-like population and the star-clustes-fopulation (cf. Section 6.4.2). The
common mass-radius relation suggests that the overatitasteiof UCDs and nEs was shaped
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by a process that is relevant for both types of stellar systeven though the formation of
objects intermediate to UCDs and nEs is inhibited. As spbaleystems with little or no sub-

structure and primarily old stellar populations, UCDs af share indeed many similarities,
despite being separated by the size gap noted by Gilmore €Q47). Since there is most
probably no CDM in UCDs (cf. Section 6.4.2), considering WEC&hd nEs as similar objects
at different masses argues against the presence of DM inInEact, strong evidence for the
absence of CDM in galaxies has already been found by Disnaly €008).

The process that shaped UCDs and nEs could be monolithizpsa) i.e. that the stellar
systems form rapidly by the collapse of a single gas clouttheimass of a cloud is sufficient for
the formation of a UCD, it becomes optically thick for infear radiation during the collapse,
which leads to internal heating. This internal heating sh#the collapse and Murray (2009)
finds that the radius at which the collapse is halted dependf® mass of the cloud. This
dependency is quantified as

log(ry) o 0.6 log(MM,), (6.10)

i.e. up to a constant by the same mass-radius dependenaydbdbund for nEs and UCDs
from their observed parameters (cf. Dabringhausen et @8;20isgeld & Hilker 2011 and
equation 6.6). Note that Murray (2009) only discusses tfferénce between GCs and UCDs.
However, if monolithic collapse is the reason for the masditrs relation of UCDs, the fact that
nEs and bulgéslie on the same mass-radius relation suggests that theyalsed through
monolithic collapse. Monolithic collapse has indeed alsebeen considered for the formation
of nEs and bulges (e.g. EImegreen 1999; Sanders 2008).

As an extension to the model of pure monolithic collapseait be assumed that the gas
clouds formed substructures while they collapsed. Thegmteday UCDs and nEs would then
have formed by the merging of these substructures, as disdurs the literature for UCDs (e.g.
Kroupa 1998; Fellhauer & Kroupa 2002a; Bruns et al. 2011).

The mass-radius relation of GCs

The members of the star-cluster-like population lie an asaradius relation that changes its
slope at a mass/, ~ 2 x 10° M. This change of the slope marks the transition from GCs to
UCDs. (Hasegan et al. 2005; Mieske et al. 2008).

The progenitors of UCDs were gas clouds above a certain rhasshbld, at which gas
clouds become optically thick for infrared radiation whéeyt collapse and form stellar sys-
tems. They follow equation (6.10). The progenitors of GCd apen star clusters like the
Plejades or the Orion Nebula Cluster would be gas cloudsehadined transparent for infrared
radiation because their masses were below the thresholddiR2009; see also Section 6.4.4).
Such clouds collapse to sizes of 0.1 pc (Marks & Kroupa 204B)ch is the observed size of
dense cloud cores that are thought to be the progenitorsaeimass star clusters (Bergin &
Tafalla 2007). The 0.1 pc scale may be set by the width of fiteswevithin molecular clouds.
Star formation is observed in the filaments if the mass perlength exceeds a critical value
(André Ph. et al. 2010).

Thus, there is no fundamental difference between the prmyerof present-day GCs and
the progenitors of present-day UCDs, except for their mabs;h has implications for their
evolution. A common origin of both types of stellar systesimdeed implied by the continuous

3Note that the location of bulges within the fundamental planggests that they are essentially identical to
nEs (e.g. Bender et al. 1992).
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transition between GCs and UCDs. This common origin may aettiey have formed during
the interaction between galaxies, which is not only a likelyger for the formation of UCDs
(Fellhauer & Kroupa 2002a), but also for the formation oh&dical’ GCs (Zepf & Whitmore
1993). Thus, UCDs can be understood as the most massive GE€sk@et al. 2012).

Such an origin would make UCDs and GCs similar to TDGs. Thikesat even harder to
understand why the radii of TDGs are about an order of madeitarger than the radii of GCs
and UCDs of comparable mass (see Fig 6.2), so that GCs and biCtbe one hand and TDGs
on the other hand are distinct populations of stellar syst@in Section 6.4.2).

The mass-radius relation of dEs

At a stellar masd/, ~ 10'° M, the mass-radius relation for dEs branches of from the mass-
radius relation defined by nEs and UCDs. In the context oft8@®M-model, this can heuris-
tically, but not quantitatively be understood if the dEs prienordial galaxies, of which some
formed the nEs by hierarchical merging (cf. White & Rees 1% seth & Fall 1980; Kauff-
mann et al. 1993; Springel et al. 2005).

However, in the light of the arguments given in Sections.@§.4nd (6.4.4), it seems to be
more likely that the nEs are primordial objects that formetigh the monolithic collapse of
gas clouds (see Section 6.4.4), while the dEs are seconbggte that formed as TDGs (see
Section 6.4.1). The difference between the mass-radiatiorlfor dEs and the mass-radius
relation for nEs would then nevertheless indicate the ttiansbetween a primordial and a
secondary population of galaxies.

6.5 Conclusion

6.5.1 The nature of old pressure-supported stellar systems

In this paper, the largest existing catalogue of young T2@dwdates is collated and their re-
lation to old pressure-supported stellar systems is désulis The old stellar systems can be
categorized into three groups:

¢ dEs, which follow a mass-radius relation quantified by eigug6.3) for10* M, < M, <
3 x 10° Mg, with a steepening for very low-mass dEs. The propertiebede galaxies
are best explained with them being ancient TDGs. The reasdhat there is plenty
of evidence for the existence of young TDGs, both obsermati¢e.g. Zwicky 1956;
Mirabel et al. 1992; Duc P. A. et al. 2011; Miralles-Caballet al. 2012) and theoretical
(e.g. Barnes & Hernquist 1992b; Bournaud & Duc 2006). Thgstesms would naturally
evolve onto the mass-radius sequence defined by the dEy gtineive for a long enough
time (see Sections 6.3.2 and 6.3.3) and Okazaki & Tanigl®0) have shown that
already a rather low production rate of TDGs per galaxy entayruwould be sufficient
to account for all observed dEs (see Section 6.4.1). NoteTtb&s cannot contain a
significant amount of CDM (Barnes & Hernquist 1992a; Boutha010; Kroupa 2012).
Consequently, this would also be true for the dEs if they d&3. DynamicallM/ L-
ratios derived from spectroscopic measurements indeegestithat there is little or no
CDM in the central parts of dEs with stellar massés > 10% M., (Forbes et al. 2011;
Toloba et al. 2011). At the present, no similar claim can belenfar the outskirts of
dEs due to the lack of suitable data. Thé&/L-ratios of dEs with lower masses are
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much higher in many cases, but this does not necessarilyatelthat these galaxies are
dominated by CDM. The extrem¥ / L-ratios of these galaxies may also indicate that the
assumption of virial equilibrium is not valid for them (Krpa 1997; McGaugh & Wolf
2010; Casas et al. 2012) or that the laws of gravity have to béifred in the limit of
weak gravitational fields (Hernandez et al. 2010; McGaughd@f\8010; Kroupa P. et al.
2010; Famaey & McGaugh 2012; Kroupa 2012).

nEs, which follow a mass-radius relation quantified by eguaf6.6) for M, > 3 x
10° M. Surprisingly, the UCDs lie along the same mass-radiusioelésee Section 6.3.1),
which suggests that the structure of nEs and UCDs was shapd bame process. This
process may be the formation of stellar systems by monolabliapse of gas clouds (see
Section 6.4.4), since this process can explain the masssreelation for UCDs (Murray
2009). This would make nEs primordial galaxies. The rapiunfation that monolithic
collapse implies for the nEs is consistent with the chenpoaperties of the nEs, namely
their large alpha-element enrichment (Thomas et al. 20@5¢cR et al. 2009). Also the
trend of the nEs being older than the dEs (Cowie et al. 1998agzaet al. 2002; Thomas
et al. 2005; Recchi et al. 2009) can easily be explained ifarésndeed primordial ob-
jects and dEs are old TDGs, which can only form after a popuiaif primordial galaxies
has formed already. This finding is much more difficult to wistend if nEs are built up
from dEs via hierarchical merging.

GCs and UCDs, which lie along a continuous mass-radius segubat changes its slope
atamass/, ~ 2 x 10° M, (see, e.g., Mieske et al. 2008). GCs and UCDs might well be
the same kind of object (e.g. Mieske et al. 2012), which waldd explain why the for-
mation of GCs and UCDs alike seems to be connected to thaatien between gas-rich
galaxies (see Zepf & Whitmore 1993 for GCs and, e.g., Fe#h&uKroupa 2002a for
UCDs). This would make GCs and UCDs similar to the TDG-caatdid in Tables (A.1)
and (A.2) as well, and thus to probable progenitors of dEe f&gure 6.2). GCs and
UCDs are however much more compact than dEs (see Figure d1dhair probable
progenitors listed in Tables (A.1) and (A.2). This indicagefundamental difference be-
tween GCs and UCDs on the one hand and dEs on the other han@i(ofore et al.
2007; Misgeld & Hilker 2011), even if all of them owe their sténce to the interactions
between galaxies. Interestingly, a difference betweeaslylibrogenitors of GCs and ex-
tended TDGs has apparently been reproduced by Bournaud(208B) in a numerical
calculation of the interaction between gas-rich galaXigis.however still not understood
how the different physical processes implemented in theutation by Bournaud et al.
(2008) actually lead to the formation of two distinct typdobjects from the matter in
tidal tails.

In effect, the observational evidence suggests that adlskai old pressure-supported stellar
systems do not contain CDM.

6.5.2 Implications for cosmology

Currently, there are two competing schools of thought imealsgy, i.e. the attempt to describe
the Universe and its evolution as a whole. These schoolsowigttit are best distinguished by
the conclusions they draw from the fact that general retgt{fGR) cannot explain the dynamics
of galaxies, if only their visible, baryonic matter is takieto account.
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e According to the first (and at the present dominant) schodahofight, GR is an exact
formulation of the laws of gravity on all size scales and nesses. The fact that the
dynamics of most galaxies cannot be explained with GR frar traryonic matter would
then indicate the presence of unseen, non-baryonic matteese galaxies. Extensions
of the standard model of particle physics predict partithed would be candidates for
this kind of dark matter, but experiments with the aim to degteich particles have not
been successful so far. TRCDM-model is nevertheless widely accepted, because GR
has passed many experimental tests, and becaus€h®-model is a good description
of the Universe on large scales (but see Kroupa 2012).

e According to the second school of thought, the dynamics txjes is not evidence for
the presence of DM in them, but indicates that GR has to be fraddn the limit of
very weak space-time curvature. This approach has indemddodremely successful in
describing the properties of galaxies (see Famaey & McGa0dR for a rewiev).

A prediction from theACDM-model is the 'Dual Dwarf Galaxy Theorem’, which stathe t
coexistence of primordial dwarf galaxies and TDGs at masses; 10'° My, (Kroupa P. et al.
2010; Kroupa 2012). The primordial dwarf galaxies wouldénéawmed within CDM-haloes,
while the TDGs cannot contain CDM. Thus, the primordial dwgalaxies and the TDGs would
have very different matter compositions, which stronglggests that they should fall into two
easily distinguishable groups. Two groups of objects inappropriate mass-range can in-
deed be identified in Figure (6.1), namely the UCDs and the dHesvever, according to the
conclusions presented in Section (6.5.1), neither the dEdhe UCDs seem to be popula-
tions of primordial dwarf galaxies within CDM-haloes, bather populations of objects whose
formation was triggered by the tidal interaction betwees-geh galaxies. Thus, the conclu-
sions presented in Section (6.5.1) support the second kehttmught, according to which the
ACDM-model needs to be replaced by a cosmological model shaased on a new theory of
gravity.

Note however that the data on TDG-candidates used here &desTA.1 and A.2) is gath-
ered from different previous publications and is thus basedbservations with different in-
struments, and different numerical calculations, respelgt Moreover, the methods by which
the listed parameters have been estimated are in some edisesarude (cf. Sections 6.2.2
and 6.2.2). In order to put our conclusions on a strongeiirigptt would be advisable to re-
evaluate the existent raw data on TDG-candidates in antéffanake the data as comparable
as possible, or even to make a new observational survey didi@ecandidates.
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Chapter 7

The mass function of CDM-halo masses

Section 3 in P. Kroupa et al., 2018&A , 523, 23

Abstract:

According to the currently prevailing cosmological modiie concordance cosmological model
(CCM), most of the matter in the Universe is non-baryonic dddk matter (CDM). Numerical simula-
tions based on the CCM predict that the CDM would collapse @®DM-haloes of various masses as
the Universe evolves into its current state. These CDMdwdue the sites where the first galaxies form
according to the CCM. However, if every CDM-halo containedadaxy, the Milky Way would have
many more satellite galaxies. This finding has been terme¢htissing satellite problem’ by theorists.
In order to solve the 'missing satellites problem’, modaksttexplain why most low-mass CDM-haloes
would contain no baryons and thus no galaxy have been deadIdmese models lead to a mass-function
of luminous CDM-haloes (i.e. CDM-haloes that contain a g@laUsing Monte-Carlo modelling, it is
tested here whether the mass function of luminous CDM-Isalloat was derived by Li et al. (2010) is
not only qualitatively, but also quantitatively considterith the mass function of the satellite galaxies
of the Milky Way. The hypothesis that the satellite galaxaéshe Milky Way have been drawn from
the mass function derived by Li et al. (2010) is thereby tei@avith more than 95 per cent confidence.
Thus, the 'missing satellites problem’ persists also wittiesof-the-art modelling.
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7.1 Introduction

One of the predictions of th&CDM hypothesis is the self-similarity of DM-halos down td (a
least) the mass range of dwarf galaxies, i.e. that massies bantain sub-halos of lesser mass,
but with the same structure in a statistical sense (Mooré @089; for a major review see Del
Popolo & Yesilyurt 2007). The mass function of these sulm$ad, up to a critical mass/,;;,
very well approximated by

dN _
Eoun(Myir) = Ve oc MM, (7.1)

wheredN is the number of sub-halos in the mass inted@&)., M., + dM,;, (Gao et al. 2004).
M. 1S given by M;, =~ 0.01M,, where ), is the virial mass of the hosting CDM-halo. The

virial mass,M.,;,, is defined by

Mise = T Boipor, 72)
wherepy is the critical density of the universe afd,, is a factor such thah ;. p, is the critical
density at which matter collapses into a virialised halcspite the overall expansion of the
universe. The virial radius,;, is thereby determined by the density profile of the collapsed
CDM-halo. ForM,;, > 0.01 My, the mass function steepens (Gao et al. 2004), so that it
is effectively cut off at a mas8a/,,,.. (see Eq. 7.3 below). It is reasonable to identif,
with the mass of the most massive sub-halo, which must beddngn/..;;, where the mass
function begins to deviate from Eq. 7.1 and smaller th4p the mass of the host-halo. Thus,
Mot < Mpax < My,

Thus, a halo with\/,;, ~ 102 M, like the one that is thought to be the host of the MW,
should have a population of sub-halos spanning severatoadenagnitude in mass. It is well
known that, in consequence, a steep sub-halo mass fund&eid. 7.1 predicts many more
low-mass sub-halos than the number of observed faint MWlisasgMoore et al. 1999; Klypin
et al. 1999), a finding commonly referred to as the “missirnglbtes problem”. Efforts to solve
this problem rely on physical processes that could eithesrcCDM-halos of all baryons or
inhibit their gathering in them in the first place, and thatwdbaffect low-mass halos pref-
erentially (e.g. Moore et al. 2006; Li et al. 2010; SectiomZiroupa P. et al. 2010). More
specifically, Li et al. (2010) find that the mass function ahinous halos¢,,,., (M), would
essentially be flat for0” M, < M5, < 10°M. All sub-halos with)M,;, > 10° M, would keep
baryons and therefor@,,,(M.i;) = &un(M,yir) In this mass range. Thus, the mass function of
luminous sub-halosan be written as

glum(Mvir> = kklM\;?L7 (73)
with
ar =0, k=1, 1o7§%—g<109,
Qg = 19, ]€2 = ]{Zl (109>o¢2—a1’ 109 S ]]\\/[/[—\g S MmaX7

where the factorg; ensure that,;. (M) is continuous where the power changes &nd a
normalisation constant chosen such that

MmaX
/ Conn( M) dMoy — 1. (7.4)
1

07
From a mathematical point of view, Eqg. 7.3 is the probabitltgtribution of luminous sub-
halos. Note that the luminous sub-halo mass function prghasMoore et al. (2006) is very
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similar to the one in Li et al. (2010). In the high-mass pdrhas the same slope as the mass
function for all sub-halos and flattens in the low-mass p&rtf{g. 3 in Moore et al. 2006). The
lower mass limit for luminous halos is however suggestecetd/ty, ~ 10® M, in Moore et al.
(2006). Note also that the mass functioraifsub-haloshasa; ~ a, ~ 1.9 (Gao et al. 2004).

7.2 NFW-halos

It is well established by now that the density profiles of ggtaized CDM-halos are similar to
a universal law proposed by Navarro et al. (1997). It is gagn

_ 50/)0
r/rs (1 —i—'r’/'r’s)Q’

wherer is the distance from the centre of the halo agds the critical density of the universe,
while the characteristic radius andJ, are mass-dependent parameters.

By integratingpnpw () Over a volume, the total mass of CDM within this volume is ob-
tained. Thus,

pxew(T) (7.5)

M(r) = /0?“ p(ramr dr’! (7.6)

is the mass of CDM contained within a sphere with radiasound the centre of the CDM-halo,
andM (r) = M, for r = ry;,.. Performing the integration on the right-hand side of Ef.ahd
introducing the concentration parametet r.;./rs leads to

4 3 -
M(r) = 2P0 vy { Bt 4y (1+ ”) —1]. (7.7)

3 Tyir +CT Tyir

Note thatj. can be expressed in termsof

AVir 03
3 In(l4+¢)—c/(1+¢)’

as can be verified by setting= r,;, in Eq. 7.7 and substituting/ (r.;,) = M, by Eq. 7.2.

If the halo is luminous, it is evident that () is smaller than théotal mass included within
r, M,. However, assuming that the MW satellites are in virial #gquum and that their dynam-
ics is Newtonian, the mass-to-light ratios calculated fi@nt are generally high and imply that
they are DM-dominated and thu¥/[(r) = M, would be a good approximation. This relation is
therefore adopted for the present discussion. Note inqudati that)/ (r = 0.3kpc) = Mg skpe
in this approximation.

In principle, the parameteys (Navarro et al. 1997); (Bullock et al. 2001) and\;, (Main-
ini et al. 2003) depend on the redshifbut for the purpose of the present paper only 0
needs to be considered, as this is valid for the local unevérbus,

_ 3H3
Po = 87TG’

with the Hubble constantl, = 71kms~' Mpc™' (Spergel D. N. et al. 2007)\.;, ~ 98 for
ACDM-cosmology (Mainini et al. 2003), and

5. = (7.8)

(7.9)

Mvir
Mg



7.3. PROBING THEACDM HYPOTHESIS WITHM skpc 193
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ACDM theory --- -~
MW satellites —

cumulative probability
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Mass within 300 pc [ solar units ]

Figure 7.1:The 'overpredicting luminous satellite problem’. The cuative distribution function for
the mass within the central 300 g 3i,,c, Of the MW satellites (solid line) and the cumulative distr
tion function for Mj sy, of a sample 005 CDM-halos picked from the parent distribution of luminous
sub-halos (Eq. 7.3, dashed line). The null hypothesis tsthigaMW satellite)M) si,. masses are drawn
from this parent distribution. The maximum distance betwte two curves is 0.333 so that the null
hypothesis can be discarded with 99.1 per cent confidence.

wherec is the expectation value efas a function of\/,;,. Thus,¢ decreases slowly with/,;,,
while the scatter of the actuals rather large, being

Tlogyge = 0.174 (7.11)

(Maccio et al. 2007). Note that the only caveat here is thatNFW profile is used to in-
tegrate the mass, while the now-preferred Einasto profievéiNo et al. 2010, Section 1 in
Kroupa P. et al. 2010) makes only a small difference in théraéparts.

7.3 Probing the ACDM hypothesis with M i

Strigari et al. (2008) use stellar motions in 18 MW satedlftar calculating their mass within the
central 300 pc)My skpe. They assume the satellites to be in virial equilibrium drat Newtonian
dynamics can be applied to them. The sample from Strigarl.2808) can be enlarged
to 20 satellites by including the Large Magellanic Cloud (CMand the Small Magellanic
Cloud (SMC), since van der Marel et al. (2002) estimated tlassrof the LMC within the
innermost 8.9 kpcMi e, using the same assumptions as Strigari et al. (2008). Tipas
Minc = (8.7+4.3) x 10 My, of which the major part would have to be DM. Egs. 7.2,7.7, 7.8
and 7.10 have been used to create tabulated expectatiossvafiy/ () for NFW-halos with
different M,;, and it can thereby be seen that for a typical NFW-halo withr = 8.9kpc) =
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8.7x10° My, M(r = 0.3kpc) = 2.13 x 107 My, = My sipe @and M5, = 1.2 x 10! M,,. Noting
that the SMC has about 1/10 of the mass of the LMC (Kallivdgakl. 2006), the virial mass of
its halo can be estimated a%,;, = 1.2 x 10'° M, corresponding td/g s, = 1.51 x 107 M.

In order to test the shape of the MW satellite distributiondiion against the shape of the
distribution of theM,, s, values of the MW-satellites, artificial samplesiof Mj sy, masses
are generated in concordance with tt@DM hypothesis, using Monte-Carlo simulations. As
noted in Sect. 7.2 s IS well approximated byl/(r = 0.3kpc) in a CDM-dominated
galaxy, M (r = 0.3kpc) can be calculated if/,;, andc are given, and the expectation value
for c is a function ofM,;,. The first step is therefore to choose a valueff, using uniform
random deviates and the probability distribution of lumiadalos given in Eqg. 7.3 (see e.g.
chapter 7.2 in Press et al. 1992 for details). The next stép addtribute a value foltog,,(c)
to the chosen/,;,. This is done by multiplying Eq. 7.11 with a Gaussian rand@wiate and
adding the result to the value forg, ,(¢), which is calculated from Eq. 7.10. After transforming
log,o(c) to ¢, My skpe = M (r = 0.3kpc) of the given halo can be calculated from Eq. 7.7, using
Eq. 7.2 and Eq. 7.8. These steps are repeated, until a safmple & 3, values is generated.

If two samples are given, the maximum distance between¢henulative distribution func-
tions, D, can be calculated. Performing the KS-test, this quantibyva to estimate how likely
it is that they are drawn from the same distribution functidime null hypothesis is that the
observed satellite galaxies are drawn from the theoréticalculated mass function of lu-
minous halos; the parent distribution is thus assumed tdhéeariass function ofi/(0.3kpc)
values of luminous sub-halos according to tfieDM hypothesis. Setting/,,.. in Eq. 7.3 to
10 M, which is approximately the mass estimated for the CDM-bélhe LMC, and taking
M, = 107 My, leads toD = 0.333. According to the KS-test, given the parent distribution
the probability for an even larger distance is 0.011. Thiamsehat the null hypothesis can be
excluded with 98.9 per cent confidence. Both cumulativeidistions are shown in Fig. 721

Omitting the LMC and SMC from the observational sample bwgieg M., = 107 M,
and M,,.. = 10! M, in the theoretical sample yield3 = 0.294 leading to exclusion of the
null hypothesis with a confidence of 95.5 per cent. Additlynsetting M., = 4 x 10'° M,
yields D = 0.301, leading to exclusion of the null hypothesis with a confideo€ 96.3 per
cent. A mass oft x 10'° M, equals thell,;, that corresponds to the most MassiMg sip.c
in the sample by Strigari et al. (2008), i.e. the most massikehalo except the haloes of the
Magellanic Clouds. The latter two tests thus comprise a lygameous mass-sample of observed
satellites as compiled by Strigari et al. (2008).

The fact that the mass function is expected to steepéd gt = 0.01 My, even increases
the discrepancy between th&€DM hypothesis and the observations. Returning the LMC and
SMC back into the observational sample and cuttingtQff(M.;,) at M., = 10°M,, (with
Min = 107 M), which would be close td/,,;; for the CDM-halo of the MW (see Sect. 7.1),
and one order of magnitude below the estimated mass of the-@&lof the LMC, implies
D = 0.359 and an exclusion with 99.5 per cent confidence.

On the other hand, settin/,,., = 10'2 M, (with M, = 107 M) leads toD = 0.329
and an exclusion with 98.8 per cent confidence. Any reasenafiertainty to the actual value
of M., can therefore be excluded as an explanation for the disccggzetween the observed

IMonte Carlo experiments are used to quantify the confidealtes for the KS-tests: Drawing the correspond-
ing number of sub-halo masses (e.g. 20 as in this case) from.BEqD’ is calculated. This is repeated® times.
Counting of D’ values gives the fraction of cases wheh > D, whereD is the actually obtained’ value from
the data (e.gD = 0.333 in this case). These fractions are reported here as likadilvalues, and are about half as
large as the probability values obtained using approximmagthods, as e.g. in Press et al. (1992).
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sample ofM/; 3, and a sample generated based ont@®M hypothesis. As a consequence,
the same is true for the uncertainty to the actual mass ofdledf the MW, M,,, since M.«
is linked to M, (see Sect. 7.1).

Thus M., is kept at10'* M, in the following. Setting the lower limit of;,,..(M,;.) from
107 My, to 10® M, then leads taD = 0.319 and an exclusion of the null-hypothesis with a
confidence of 98.4 per cent confidendé® M, is the M,;, suggested by the lowest 3. in
the sample from Strigari et al. (2008). Note that the liketil decreases with decreasiig,..,.
This is due to the overabundance/df ;. ~ 10" M, halos becoming more prominent in the
observational sample.

Strigari et al. (2008) suggest that..,(M.;;) might even be cut off below a mass ef
10°M,, either because halos below that mass do not contain bagrods not form at all.
Indeed, modifyingS.. (M.i:) given by Eq. 7.3 accordingly, results in an agreement batwee
the theoretical distribution and the data & 0.188 with exclusion confidence of only 70 per
cent). A&um(M,i) with a lower mass limit ofl0° M, is however in disagreement with the
ACDM hypothesis, since the limiting mass below which all CDislos are dark ought to be
two orders of magnitude lower according to Li et al. (2010).

Note, that the recently newly derived reduced mass of Hesc{Adén et al. 2009) does not
affect the calculated likelihoods nor the conclusions ineddere.

7.4 Conclusion

In summary the mass distribution of the putative DM halos of obsere@lites can be un-
derstood in terms of thACDM hypothesis with at most 4.5 per cent likelihood. Assugnin
the dSph satellites are in virial equilibrium and Newtonggmamics to be valid, the observa-
tionally deduced DM halo masses of the MW satellites showgaificant overabundance of
My zipe = 107 M, halos and a lack of less-massive values compared to theetiwadly cal-
culated distribution for luminous sub-halos, despite mettart to solve the “common-mass-
scale” problem (Sect. 2 in Kroupa P. et al. 2010).
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Chapter 8

Outlook

8.1 Further observational tests for the hypothesis of a top-
heavy IMF in UCDs

It was suggested in Chapters 3, 4 and 5 that UCDs form with enéapyy IMF due to the
conditions under which star formation takes place in UCDsefsthe fundamental importance
of the IMF in astrophysics, further tests of this scenarens@dvisable. Methods by which this
can be done are given below.

8.1.1 Testing the hypothesis that LMXBs in GCs and UCDs are foned
through close dynamical encounters.

Based on the hypothesis that essentially all LMXBs in GCs d@is are formed through
encounters between star and stellar remnants, Dabringhaisl. (2012) found that the IMF
in UCDs varies with their mass. This underlying hypothesisld be tested with the GCs in
the Milky Way, since it has already been noted by Katz (198} the GCs in the Milky Way
harbor numerous X-ray sources and further studies havalesvenore probable LMXBs. A
census of these can therefore be taken from the existimgtlite. Also age estimates have been
published for a number of the GCs in the Milky Way (Salaris &i¥8e2002). Using these age
estimates for the GCs, their masgésand their half-mass radt,, the number of crossing times
that have passed can be calculated. The number of crossiagis a measure for the frequency
of stellar encounters. Thus, there should be a correlatbmden the number of LMXB ina GC
and the number of its crossing times. Moreover, this caiggiashould be such that it would be
consistent with the GCs having no LMXBs at zero crossing $infeheir population of LMXBs
indeed originates from close encounters between low-ntassand neutron stars.

Such a study on the dependency between the LMXB-frequen®Us and the age of the
host-GCs would be complementary to a recent study by Zhaalg @012) on the dependency
of the LMXB-frequency in galaxies and the age of the hosagals. Zhang et al. (2012) remove
the LMXBs in GCs from their sample, in order to obtain a sangflé MXBs that was not
formed dynamically through interactions between starseyTtherefore investigate to what
extent the LMXB-frequency depends on the aging of stars imari population that is not
changed through encounters. The study proposed here, rasgwill rely on GCs as systems
where dynamical interactions between stars are relevaotder to confirm that the number of
LMXBs in GCs indeed primarily depends on the dynamical erotuthey have experienced.
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The number of GCs, for which both an age estimate and deejy X¥bservations exists,
is unlikely to be large. The statistical analysis of the LMXBtribution in GCs with their
age will therefore be made using the percentile-perceptdes described by Maschberger &
Kroupa (2009). If this statistical tool is used, no informaton the GC-age distribution is lost,
in contrast to methods that include binning of the data. Ththods introduced by Maschberger
& Kroupa (2009) therefore allow sound conclusions also frather small samples.

An increase of the LMXB-frequency in GCs with the age of thesG&buld also open
a new perspective on the well known dependency between tloe abextra-Galactic GCs
and the probability to find a bright LMXB in them. This probkiyiis the larger the redder
these GCs are (Jordan et al. 2004; Sivakoff et al. 2007). preeailing interpretation is that
the color of these GCs reflects their metallicity, so that enaretal rich (i.e. redder) GCs
have more LMXBs (e.g. Jordan et al. 2004). There is howeveegeneracy between the
integrated color of a stellar population and its age or rntietigl Equal-age stellar populations
are redder if they are more metal-rich, and stellar poputatiwith the same metallicity are
redder if they are older (Worthey 1994). This degeneracynioheen considered so far in the
context of the dependency between the frequency of brighKBMin GCs and their color. A
dependency between age and LMXB-frequency is however \axyral if LMXBs in GCs are
mainly created by close encounters between stars and dariargs. Using stellar population
models, we therefore intend to quantify how the LMXB-fregagin GCs depends on their age,
if their color is taken as a tracer of their age.

8.1.2 Testing the hypothesis of a top-heavy IMF with an extesed study
on LMXBs in UCDs.

Dabringhausen et al. (2012) have argued from the fractianQids with a bright X-ray source
(interpreted as a LMXB) that the IMF in UCDs is top-heavy. Whhe data they use is based on
arather large sample of UCDs400), a weak point in their analysis is that the data is grdupe
in only three luminosity bins. Information on the luminasg of the individual UCDs is thereby
lost, which otherwise could have been used with more powstétistical techniques.

It is therefore worthwhile to further test the results usitiger, more detailed data. This data
can be searched for in the wealth of literature on the cororebetween LMXBs and globular
clusters (e.g. Blanton et al. 2001; Maccarone et al. 200&Z8aet al. 2003; Woodley et al.
2008; Fabbiano et al. 2010; Paolillo et al. 2011). The reasloy these studies are useful for
studies for my work is that they usually include UCDs, evesutyh they are not distinguished
from GCs. It has indeed been argued that before that UCDstrhigkhe most massive GCs
(Mieske et al. 2008, 2012).

The statistical methods described in Maschberger & Kro2p@9) can be applied on the
sample of GCs and UCDs with a LMXB collected from the literatuThe results reported in
Dabringhausen et al. (2012) should thereby be confirmedheifiMF is indeed top-heavy in
UCDs. The general idea is to model the luminosity distritmutef GCs and UCDs using typical
observed parameters of GCs and UCDs and different assumpiio how the IMF of UCDs
depends on their luminosity. This leads to different hyps#s on the luminosity distributions
of GCs and UCDs with a bright X-ray source that indicates a [BA¥hether these hypotheses
are consistent with the observed luminosity distributibi&€s and UCDs can be tested with
the percentile-percentile plots introduced by Maschhetge€roupa (2009).

Given that with the methods described in Maschberger & Keo(#009) no information
on the luminosity distribution of the considered object$ost (in contrast to methods where



8.1. OBSERVATIONAL TESTS FOR A TOP-HEAVY-IMF IN UCDS 199

the objects are gathered in luminosity bins), they allownsbaonclusions also from rather
small samples. Therefore also a dependency of the LMXBdfgaqy and thus the IMF on
the environment could be tested for with the methods fromdWlaerger & Kroupa (2009):

Does the IMF in UCDs depend on wether they are associatedangidiaxy cluster or a field

galaxy? Does the luminosity and the type of the host galayxy@Ds play a role for their IMF?

Answering such questions could give further insights ondditions under which the IMF

becomes top-heavy (if at all).

The case of the Fornax Galaxy Cluster is of particular irstietd CDs in the Fornax Galaxy
Cluster have lowen// L ratios than UCDs in the Virgo Galaxy Cluster (Mieske et aD&0and
are consistent with having a canonical IMF (Chilingariamle2008). It is therefore expected
that they also have a lower incidence of LMXBs than the UCD#h&Virgo Galaxy Cluster.
This can be tested with the data on the Fornax Galaxy Cluster Paolillo et al. (2011).

8.1.3 Testing the hypothesis of a bottom-heavy IMF in UCDs.

Provided that LMXBs in UCDs are formed through close dynaiéncounters between dark
remnants and low-mass stars, an overabundance of LMXBsittaar be due to an overabun-
dance of dark remnants (i.e. a top-heavy IMF, see Dabrirggraat al. 2009; Murray 2009) or
to an overabundance of low-mass stars (i.e. a bottom-h@éwydee Mieske & Kroupa 2008).

The low-mass stars that could be part of a bright LMXB in a UGP the most massive
stars (neai M) that have not yet completed their evolution. They are floeeethe bright-
est stars in a UCD also at optical wavelengths. The obsewmdal M/ /L, -ratios of UCDs
thereby set strong constrains on the size of such a popalatid on the possible shape of a
bottom-heavy IMF. It is likely that a bottom-heavy IMF canlyfulfill the constraints set by
the overabundance of LMXBs in UCDs and thé/ Ly -ratios of UCDs at the same time if
the luminosity of a great number of possible low-mass conguanin LMXBs is balanced by
population of faint stars which would have to be introduceda additional parameter to the
model. This kind of fine-tuning would make a bottom-heavy Isifrimprobable explanation
for the observed properties of UCDs. However, for a more lemive statement, it has to be
quantified how a bottom-heavy IMF could explain simultarepuhe elevated\// Ly -ratios
and the LMXB-excess of UCDs.

8.1.4 Quantifying the spectra of young UCDs at high redshifi.

Given that UCDs probably were very compact when they fornmetithat their stellar popula-
tion formed quickly, they must have been extremely brighewkhey were young. This is due
to a large population of massive stars that had not yet eddertly after the formation of the
UCD.

Consider, for instance, a UCD with an initial massl6f M., and an elliptical galaxy with
a mass ofl0'? M. Given the short lifetime of the most massive stars, thefetanation rate
(SFR) is decisive for how many of them populate a stellaresysat a given time. Thus, the
luminosity of a young, star-forming stellar system is ldyg#etermined by the SFR, since the
most massive stars are also the most luminous ones. If théostaation took10° years in
the UCD (cf. Dabringhausen et al. 2009) artif years in the elliptical galaxy (cf. Thomas
et al. 2005), the SFR wa$)0 M, yr~! for the UCD andlL0? M, yr~! for the elliptical galaxy.
The young elliptical galaxy would thus be about ten timegltter than the young UCD if they
both had the same IMF. However, stars with maszd$ M., are about a hundred times more
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numerous for a top-heavy IMF with; =~ 1 than for a canonical IMFd; = a, = 2.3; see
Fig. 1.1 for a definition ofv3). While massive UCDs may indeed have top-heavy IMFs, the
IMF of elliptical galaxies was even suggested to be bott@avly by van Dokkum & Conroy
(2010). A young UCDs with a mass af = 10® M., may therefore be as luminous as a young
major elliptical galaxy with\/ = 10'? M.

Now consider the radii of elliptical galaxies and UCDs. Alipgical galaxy with M =
102 M, typically has a half-light radius ot 5 x 10? pc (cf. Dabringhausen et al. 2008), while
a UCD with an initial mass of/ = 10® M., may have evolved from an object with an initial
radius of 5 pc if the probable mass loss of the UCD is takenactmunt (cf. Dabringhausen
et al. 2010).This leads to a central star formation surfacsity of grr ~ 2 M, pc=2 yr~—* for
the young UCD and a central star formation surface densitys@f; ~ 2 x 107° M pc 2 yr—*
for the young elliptical galaxy.

Thus, a young UCD with a luminosity similar to that of a youngssive elliptical galaxy
would have had a surface brightne$g times higher than that of a young elliptical galaxy.
With a given telescope, a young massive UCD would thereferenbch easier to detect than
a young major elliptical galaxy of equal luminosity. Consenqtly, young UCDs should be
observable as bright point sources up to the same distana@siéh bright galaxies can be
observed (i.e. at redshifts < 10), provided they formed as early as galaxies. If UCDs form
through the interaction of galaxies (Fellhauer & Kroupa28)Qthey would also form at rather
low redshifts, which would make their detection easier.Wite current knowledge on UCDs,
a complete failure in finding young UCDs at any redshift wdogédan unexpected, but therefore
even more intriguing result. Such a result would excludefdinemation of UCDs in starbursts,
despite the evidence fear-enrichment in UCDs (Evstigneeva et al. 2007) and the eveddor
top-heavy IMFs in UCDs (Dabringhausen et al. 2009, 2012)ckviare understandable as a
consequence of extremely high densities in the young UCDRsupa et al. 2011).

However, in order to distinguish the young UCDs from otheinpsources, their spectral
properties have to be known. These properties depend onahsenation history (SFH) of
the UCD, the age of its stellar population, its metallicibdahe redshift. Finally, the spectral
properties of a UCD also depend on its IMF.

The strategy for predicting what a distant UCD would lookeltk an observer is a follows.
First, the time-evolution of the spectrum of the UCDs in thiest-frame needs to be calculated
for a grid of probable SFHs, metallicities and IMFs. Thisktasin be performed with the
publicly available stellar evolution codes ®ASEand SARBURSTI9. Assuming an expansion
history of the Universe (for instance, the expansion hysfmedicted by theACDM model)
and an age for the UCD, the effect of redshift on these speeinebe calculated. The result
would be a grid of UCD spectra whose parameters are the SkH naetallicity, and IMF of
the UCDs. Note that also integrated colors in different pasds can be calculated from these
spectra. While they do not contain as much information adlapectrum, the advantage of
such integrated colors is that they are simpler to obsertbee@ed spectra of point sources can
then be compared to this grid which would allow conclusiomshe properties of UCDs.

Alternatively, such a grid of UCD spectra can also be usecesb ¢cosmological models.
If a sample of distant UCDs is observed, the properties af 8tellar populations (SFH, age,
metallicity, IMF) can be chosen such that they agree witlapaters typical for UCDs in the
Local Universe. Their spectra can then be compared with reddgpectra for different choices
of the matter density),; and the vacuum density, in the Universe, which imply different
expansion histories of the Universe.



8.1. OBSERVATIONAL TESTS FOR A TOP-HEAVY-IMF IN UCDS 201

8.1.5 Quantifying the SNII frequency in young UCDs.

Dabringhausen et al. (2009) suggested that a massive UQbsfstars with a total mass of
108 Mg, within 10 Myr and therefore has an average SFR(@sf M, yr—!. With these param-
eters, up to one type Il supernova (SNII) per year would besetqul in such a stellar system
in the inertial frame of the UCD (cf. Fig. 8 in Dabringhauserak 2012). The brightest SNII
have aB-band peak luminosity ... > 5 x 10° Ly. Thus, SNII can become brighter than
a small spiral galaxy like M 33[(z ~ 5 x 10° L., cf. Karachentsev et al. 2004), but remain
dimmer than a large spiral galaxy like M 3L ~ 6.7 x 10'° L, cf. Karachentsev et al. 2004).
With such luminosities, SNII will be observable to redshift< 8 with the upcoming European
Extremely Large Telescope (E-ELT), while currently onlylBhith z < 1 are observed (Hook,
I. M. 2005). Thus, SNII in high-redshift UCDs can be obserired couple of years. A given
SNII cannot be detected for very long, as the timespan in lvhiexceeds 10 per cent of its
peak luminosity is only about 100 days in their inertial f(Doggett & Branch 1985).

Thus, SNII are bright enough to be detected to very largaxdcss in the near future, and in
a given UCD they are rare enough to produce clear variatibtieo luminosity (which would
not be the case, if the typical time between two SNII is shidhan the characteristic timescale
on which the luminosity of a SNII changes).

The probability to find a SNII near the maximum of its brighgaén a UCD can be estimated
for a given mass, IMF and age of the UCD. This is because ths arasthe IMF determines
the number of massive stars that formed in that UCD and theeigemines the number of stars
that are about to complete their evolution. The most madd®@Bs should be bright enough
to narrow down their ages, luminosities and IMFs by usingtioeleled spectra created earlier.
Based on the best-fitting models, the total number of UCDis aBNII near the maximum of its
brightness can be estimated. This number can be checkedsbyaty a sample of candidates
for bright and young UCDs and observing the same sample égdieast) one year later. After
one year, enough time should have passed also in the irfeatia of the UCDs for a significant
change of the luminosity of a SNII. The luminosity variatsoof the candidate UCDs between
the first and the second observation would therefore allogstomate the number of SNII that
have faded and the number of new SNII since the first observati
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Appendix A

Appendix

A.1 Statistical tests

A.1.1 Pearson’s test for the goodness of fit

Pearson’s test for the goodness of fit (Bhattacharyya & Juht877) can be used for deciding
whether the frequency of a certain result for a measurerhahbts been performed erbjects
deviates significantly from an expected frequency. For gezisl case that only two results A
and B can be the outcome of each measurement (A could be forpdsa result higher than a
theoretical expectation and B the opposite case), resuliilAave occurred; times and result
B n — j times. The probability of this outcome can now be calcul@tadertain probabilityp
for the case A as the result of a measurement is assumed. & asedisure for this is given by
the equation

= (j —pn)? N ((n—3) = (A =p)n)* (A1)
pn (1—=p)n

There are tabulated values fgf (e.g. table 6 in the appendix of Bhattacharyya & Johnson
1977) which make it possible to read off the probability fdrbeing higher than some value
for a series of measurements, if the hypothesis for the pibityap is correct. (The degree of
freedom is one in this case.)

A.1.2 The sign test

The sign test (Bhattacharyya & Johnson 1977) is specificibigned for a small number of
pairs of values(.X;, X5), and is supposed to detect whether there is a significard foenX,
being larger or smaller thai; or not. X; and.X, could be two measurements under different
conditions (e.g. other instruments), & could be a value inferred from an observation, while
X5 is the theoretical prediction for this value. If the conalits under whichX; and X, were
obtained do not result into systematically larger or smalédues forX, compared taX;, the
probability for X; being larger thatX, is 0.5. The probability thak’, > X, for j out ofn pairs

of values is then given by the binomial distribution.
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A.2 The total mass of the remnants

We explicitly note the terms withh > m,, that arise from the integration of the right hand side
of eq. (3.6), if eq. (3.8) is inserted fot,, (m).
The contribution of the white dwarfs ®/,,, M., wp, can be written as

Miwpy 0109 ks
M@ - 2 — Q3
0.394 ks

+7

l—Oég

(0 =)

(A.2)

< (81— ),
with the masses of the stars in Solar units, was argued to bes 1 M, in Section 3.3.1.

The contribution of neutron stars #d,,,, M, ns, can be written as

Mxs 135k
M@ N 1-— Q3

x (2517 — gl7s), (A.3)

The contribution of the remnants of stars with initial maskegher thar25 M, to M,
M, Bu, Can be written as

]\41][17'\)\/]37V . 0.1 ]i]g

= 2-az _ gp2-as) A.4
T g g X (m ) (A.4)

max
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A.3 Data on tidal dwarf galaxies



A.3.1 Data on observed tidal dwarf galaxies

Table A.1:Data on observed TDG-candidates, as described in Sectid2)6Listed are the identification of the object as in therse paper, its half-light
radius (.), its equivalent radiusr{ cf. equation 6.1), the mass of its stellar population estird from its optical luminosity/,), the mass of its stellar
population estimated from itsddemission lines {4, ), the mass of its stellar population under the assumptiattkie stellar population is a mix of old and
young stars {/,1q), the mass of the object estimated from its internal dynar{i¢,,,), the age of its stellar population assuming a single stestland
finally the reference to the source of the data (1: Hunsberpal. 1996; 2: Tran H. D. et al. 2003; 3: Bournaud et al. 200Ddc et al. 2007; 5: Yoshida
et al. 2008; 6: Galianni et al. 2010; 7: Miralles-Caballet@le2012). If the value for, is given in brackets, it has not been given in the literathts was
calculated here using equations (6.1) and (6.2).

identification To r M, Mo Maa Mayn t source
[pc] [pc]  [Mg] [Mc] [Mc] [Mg] years
HCGO0lb 1 (1283) 44901.6 x 108 — — — somel0? 1
HCG 01b 2 (563) 197025 x 107 — - - somel0? 1
HCG 01b 3 (1180) 41306.3 x 10® — - - somel(® 1
HCG 16a 1 (271) 950 7.9 x 106 — - - somel(® 1
HCG 16a 2 (286) 10003.2 x 105 — — — somel0® 1
HCG 16a 3 (163) 570 2.0 x 105 — — — somel0® 1
HCG 26b 1 (962) 33701.6 x 108 — — - somel0® 1
HCG 26b 2 (797) 27906.3 x 107 — — - somel0? 1
HCG 26b 3 (823) 28803.2x 107 — - - somel0® 1
HCG 3laN1 (389) 13605.0 x 10" — — — somel0® 1
HCG 3laN?2 (351) 12305.0 x 10" — — — somel0® 1
HCG 31laN 3 (189) 660 1.3 x 107 — — — somel0? 1
HCG 31c N (180) 630 4.0 x 10" — - - somel(® 1
HCG 31laS1 (169) 590 7.9 x 10® — - - somel(® 1
HCG 31laS 2 (371) 13001.3 x 108 — — — somel0® 1
HCG 38b N (591) 20704.0 x 10" — — — somel0® 1
HCG 38b S (429) 150079 x 10" — — — somel0® 1
HCG 92¢ 1 (474) 16606.3 x 106 — - - somel0® 1
HCG 92¢ 2 (429) 15007.9 x 10 — - - somel(® 1
HCG 92c 3 (289) 10105.0 x 106 — — — somel0® 1

90¢

XIAN3ddV 'V XIAN3ddV



HCG 92c 4
HCG 92c 5
HCG 92c 6
HCG 92c 7
HCG 92c 8
HCG 92c 9
HCG 92c 10
HCG 92c 11
HCG 92c 12
HCG 92c 13
HCG92b S 1
HCG 92b S 2
HCG 92b S 3
HCG 92b S 4
HCG 92b S5
HCG92bN 1
HCG 92b N 2
HCG 92b N 3
HCG92dS1
HCG 92d S 2
HCG92dN 1
HCG 92d N 2
HCG 92d N 3
HCG 92d N 4
HCG 96¢c E
HCG 96a W 1
HCG 96a W 2

UGC 10214 SSC

NGC5291N
NGC5291S
NGC5291SW

(557)
(409)
(263)
(466)
(451)
(517)
(429)
(451)
(591)
(603)
(403)
(280)
(434)
(569)
(377)
(497)
(534)
(406)
(417)
(274)
(429)
(249)
(300)
(440)
(674)
(729)
(631)
161

1950 1.3 x 107
1430 1.6 x 107
920 6.3 x 10°
1630 1.0 x 107
1580 2.0 x 107
1810 1.3 x 107
1500 2.0 x 107
15807.9 x 106
20702.5 x 107
21105.0 x 107
14104.0 x 107
980 2.0 x 107
15206.3 x 107
19901.3 x 10®
13202.0 x 107
1740 2.0 x 107
1870 1.6 x 108
1420 2.5 x 107
14605.0 x 107
960 2.5 x 107
1500 2.5 x 107
870 1.0 x 107
1050 4.0 x 107
1540 2.5 x 107
2360 5.0 x 107
25503.2 x 107
22106.3 x 107

— 6.6 x 10°

(1057) 37001.1 x 108
(1429) 50007.5 x 107

(571)

20003.0 x 107

somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0?
somel(®
somel0®
somel0®
somel0?
somel0®
somel(®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
4—5x 108
< 5 x 106
< 5x 108
< 5x 108
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VCC 2062

RB 199 Knot 1

RB 199 Knot 2

RB 199 Knot 3

RB 199 Knot 4

RB 199 Knot 5

RB 199 Knot 6

NGC 1097 Knot A
NGC 1097 Knot B
IRAS 04315-0840 1
IRAS 04315-0840 2
IRAS 06076-2139 1
IRAS 06076-2139 2
IRAS 06076-2139 3
IRAS 06076-2139 4
IRAS 06076-2139 5
IRAS 06076-2139 6
IRAS 07027-6011S 1
IRAS 070276011 S 2
IRAS 08572+3915 N
IRAS 08572-3915 SE 3
IRAS 08572+3915 SE 4
IRAS F10038-3338 3
IRAS F10038-3338 4
IRAS 12112+0305 1
IRAS 12112+0305 4
IRAS 14348-1447 1
IRAS 15250+3609 1
IRAS F18093-5744 N
IRAS F18093-5744 C
IRAS 23128-5919

(600)

250
250
250
250
250
250
336
482
38
21
77
59
53
51
41
66
31
61
105
76
191
43
88
200
82
280
165
20
37
83

2100 5.0 x 107

306
283
121
116
89
137
127
186
405
322
312
269
252
887
288
909
627
74
78
376

8.8 x 107
1.4 x 108
4.8 x 107
7.6 x 109
2.3 x 107
2.0 x 107
6.0 x 108
4.0 x 108
7.9 x 10*
1.6 x 10*
2.5 x 10°
7.9 x 10*
4.0 x 10*
3.2 x 10*
2.5 x 10*
1.6 x 10°
7.9 x 10*
3.2 x 104
2.5 x 10°
1.3 x 10°
3.2 x 10°
2.5 x 104
1.0 x 10°
1.3 x 107
2.5 x 10°
5.0 x 107
4.0 x 108
1.0 x 10°
6.3 x 10*
5.0 x 10°

3 x 108

somel0®
somel0®
somel0®
somel0®
somel0®
somel0®
somel0?
somel0?
4.6 x 10°
7.0 x 10°
4.2 x 108
4.5 x 108
5.4 x 109
4.8 x 10°
4.9 x 106
4.9 x 108
3.6 x 10°
3.2 x 106
4.0 x 10°
4.9 x 10°
5.9 x 106
3.6 x 10°
4.9 x 10°
4.3 x 10°
4.2 x 106
4.4 x 108
5.3 x 106
5.1 x 108
4.9 x 10°
4.8 x 10°
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IRAS 16004-3743 R1
IRAS 16004-3743 R2
IRAS 16004-3743 R3

828
884
851

6.3 x 108
6.3 x 108
6.3 x 107

6.3 x 10°
1.0 x 1010
1.3 x 100

7.1 x 10°
5.4 x 10°
6.4 x 10°

SN
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A.3.2 Results from numerical calculations on the formatiorof tidal dwarf
galaxies

Table A.2: Data on TDGs that were found in numerical calculations ofoenters between gas-rich
galaxies as described in Section (6.2.2). Listed are tleetfe radius of each TDG (), and if available
its size (given through diameters along two orthogonal pthe mass of its stellar populatioM,), its
total mass {/), the time at the end of the calculatiof) &nd finally the reference to the source of the
data (1: Bournaud et al. 2008; 2: Wetzstein et al. 2007; 3n8=a& Hernquist 1992b). The value bf,

for the TDG from Barnes & Hernquist (1992b) is an estimatesbdasn M .

To size M, M t source
[pc] [pc] x [pc]  [Mg] [Mg)] years

8.5 61 x 46 6.8 x 106  — 9.5 x 108 1

7.6 63x35 8.7x 100  — 9.5 x 10% 1

9.7 46 x 178 1.9x 10" — 9.5 x 10% 1

460 3700 x 2200 2.7 x 108  — 9.5x 108 1

420 4500 x 1500 5.2 x 108  — 9.5x 108 1

700 — 1.0x 105 35x10% 1.2x10% 2

229 — (1.3 x 10%) 4.0 x 108 7.5x10% 3
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