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RHEINISCHE FRIEDRICH–WILHELMS–UNIVERSITÄT
BONN

Abstract
by Maja Kierdorf

for the degree of

Doctor rerum naturalium

I performed an observational study of diffuse linearly polarized synchrotron
emission of a nearby galaxy and of extragalactic background sources in order
to study cosmic magnetism. The speciality of my work is given by the po-
larimetric observations using broadband and multi-channel capabilities of the
observing instrument. With these new broadband observations, depolariza-
tion mechanisms were used as a powerful new tool to probe the 3D structure
of magnetic fields in a spiral galaxy. Additionally, modern techniques such
as Rotation Measure (RM) Synthesis combines broadband multi-channel ob-
servations into Faraday depth spectra which encode the polarized emission
from different origins along the line-of-sight and within a resolution element.
For both studying wavelength dependent depolarization and applying RM-
Synthesis, the key instrumental parameter for a successful scientific polariza-
tion analysis is the total wavelength coverage and the spectral resolution.

In Chapter 1, I summarize the current understanding of cosmic magnetic
fields, specifically on their origin, structure, and strength in spiral galaxies
and Active Galactic Nuclei (AGNs). This is followed by an overview on
radio continuum processes and Faraday rotation and how I use polarization
observations to study magnetic fields in Chapter 2. Chapter 3 treats the
main technical methods used for the thesis specifically radio interferometry
and RM-Synthesis.

In Chapter 4, I describe the new high angular resolution and broadband
polarization observations of the nearby face-on oriented spiral galaxy M51 at
S-band (2 – 4GHz) using the Very Large Array (VLA). I discuss in detail the
different imaging parameters used for wideband polarimetric data.



In Chapter 5, I present new images of the total intensity, the polarized
intensity, the magnetic field structure, and the RM of M51. The observed
frequency range probes the magnetic field in a so far unknown layer of the
transition region between the disk and the halo1 in M51. The high angular
resolution data provide insights on the magnetic field structure on scales down
to about 360 pc. The good sensitivity of about 20µJy beam−1 (per spectral
window) and the broad bandwidth provided by the VLA allow me to apply
RM-Synthesis to obtain the first and high quality polarized intensity and RM
maps of M51 at this frequency range. I computed the radial profile of the
field regularity and depolarization in M51 and show that the total magnetic
field must be more ordered at larger radii, i.e. the ordered field decreases
more slowly as a function of radius than the turbulent field. Surprisingly, I
found the observed RM in the disk-halo transition region to be dominated by
fluctuations. This was also shown by the RM structure function at S-band.
A fluctuating RM pattern indicates that the magnetic field in the disk-halo
transition region is dominated by vertical (with respect to the galaxy plane)
magnetic fields.

In Chapter 6, I present the study of wavelength-dependent depolarization
in M51 across a frequency range of 1 – 8GHz. I combined the new S-band
polarization data with radio polarization VLA+Effelsberg data at C- and
X-band at 4.85GHz and 8.35GHz and with broadband L-band (1 – 2GHz)
VLA data. This provides me with the widest wavelength coverage in a polar-
ization data set ever existed for a nearby face-on spiral galaxy. The observed
degree of polarization as a function of wavelength was compared to an ana-
lytical depolarization model developed by Shneider et al. (2014a). The model
contains a multi-layer approach to decompose different magnetic field com-
ponents in different layers of M51. The model makes distinct predictions of
a two-layer (disk – halo) and three-layer (far-side halo – disk – near-side halo)
system. Since the model predictions strongly differ within the wavelength
range of S-band, the new S-band data are essential to distinguish between
the different systems. I developed a python tool to visually inspect the influ-
ence of varying different model parameters to the behavior of the predicted
fractional polarization as a function of wavelength and thus to find the best-fit

1I adopt the notification ‘halo’ for a physical layer between the synchrotron emitting disk and the observer
(containing baryonic matter – not to be confused with a dark matter halo).



parameter values. With this tool, I attempted but failed to fit the three-layer
model to the radio polarization data at S-band and thus a far-side halo is
inconsistent with the new radio polarization observations and therefore, a
two-layer system is more likely for M51. For a representative sector at a lo-
cation with a high signal-to-noise radio in polarized intensity, I found a total
regular field strength of Btot,d ≈ 10µG in the disk and Btot,h ≈ 3µG in the
(near-side) halo and a total turbulent field strength of btot,d ≈ 14µG in the
disk.

In Chapter 7, I present the second observational data set I have studied
in this thesis where I investigate magnetic fields of unresolved extragalactic
radio sources (EGSs). I observed 77 sources with the VLA at L-band (1 –
2GHz) which were selected to have degrees of polarization >30% at 1.4GHz.
Polarized emission of EGSs is believed to be produced in the jets and radio
lobes of AGNs. The degrees of polarization of my sample are exceptionally
high and thus could originate from extremely well-ordered magnetic fields.
Given the typical redshifts of our target sample provided by the Sloan Digital
Sky Survey (SDSS), with the high angular resolution observations I probe
magnetic fields of AGNs on kpc scales. Due to imaging issues such as artifacts
from poor uv-coverages and particularly weak signals in total intensity, only
12 targets were usable for scientific analysis. The final sample consists of
sources with the highest signal-to-noise ratio (> 10 in total intensity and
≥ 6 in polarized intensity). For those sources the newly observed degrees
of polarization range from 20 – 50%. I found a linearly increasing degree
of polarization with increasing synchrotron spectral index with a correlation
coefficient of 0.7 (I ∝ να, with spectral index α). I propose this to be related
to the jet location traced by the observation: The radio emission of EGSs
with flat spectral indices may originate from the region near the central core
of the AGN where the jet is collimated and hence the magnetic field is well-
ordered. Furthermore, I found all Faraday spectra to be simple with only one
prominent peak (given the resolution in Faraday depth of 126 radm−2). This
shows that the sources probably experience only little Faraday depolarization
intrinsic to the source and along the line-of-sight which is in agreement with
the observed high degrees of polarization. It is remarkable to be able to
draw such conclusions considering that I was not able to spatially resolve the
sources in my observations. Hence, broadband polarization observations of



unresolved EGSs provide a new opportunity to study the characteristics of
radio jets and lobes in AGNs.

In my thesis, I successfully probed the 3D structure of magnetic fields
in the nearby spiral galaxy M51 and in a sample of extragalactic polarized
background sources. I used modern tools such as wavelength-dependent de-
polarization mechanisms and RM-Synthesis technique and devised new ways
of analyzing and interpreting broadband multi-channel polarimetric data.
This thesis is one of the first projects analyzing broadband polarization data
and provides important insights towards studying magnetic fields during the
new era of radio astronomy provided by the Square Kilometre Array (SKA)
which will be the leading instrument with the best resolution, sensitivity, and
broadband capabilities for future research.



“If you only do what you can do, you will never be more than what you are
now.”

– Master Shifu
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Motivation

Magnetic fields are present everywhere in the Universe. They are observed on nearly all
scales, from stars and galaxies up to galaxy clusters and even beyond. Magnetic fields
on their own are invisible. Studying cosmic magnetic fields requires indirect methods to
probe their strength, structure and impact on the Universe. Radio observations suggest that
magnetic fields are essential for many astrophysical processes, such as cosmic ray electron
(CRE) propagation in the interstellar medium (ISM), star formation and the evolution of
galaxies (e.g. Beck, 2016) and collimation of jets in Active Galactic Nuclei (AGNs) (see e.g.
Marscher, 2006 as a review). Yet despite their importance, our knowledge on the structure,
origin and evolution of galactic-scale magnetic fields remains very limited. In turn, the lack
of knowledge makes cosmic magnetism a subject of intense and exciting study.

For the understanding of the evolution of spiral galaxies, the process of the exchange of
material between the disk and the halo is crucial. The interaction is believed to be driven by
gas flows from so-called galactic fountains (e.g. Shapiro and Field, 1976; Bregman, 1980).
Thermal pressure from the hot gas alone is not sufficient to produce the observed gas flows.
Instead, magnetic pressure together with CREs can sufficiently drive fast flows of hot gas
at least in massive star-forming galaxies (e.g Hanasz et al., 2013). However, the detailed
influence of magnetic fields on galaxy evolution is still not fully understood.

While traditional mean-field dynamo predicts coherent magnetic fields predominately
within the disks of galaxies, there is growing observational evidence that coherent fields also
exist in galactic halos in the Milky Way and external galaxies (e.g. Krause, 2014; Beck
and Wielebinski, 2013; Mao et al., 2012c). Some galaxies, including the Milky Way, show
evidence for an X-shape halo field component (Jansson and Farrar, 2012; Heald et al., 2009;
Krause, 2012; Irwin et al., 2012). These large-scale halo fields could result from advection
of disk fields into the halo via large-scale winds, or from a dynamo operating in the halo
(Sokoloff and Shukurov, 1990; Moss et al., 2010; Braun et al., 2010). Due to the lack of
simultaneous measurements of both disk and halo field structures in galaxies, the origin of
large-scale halo fields and how they are connected to the underlying galactic disk remains
poorly understood.

As a major part of this thesis we investigate the magnetic field properties in the transi-
tion region between the disk and halo of the grand design spiral galaxy M51 using new data
observed with the Very Large Array (VLA), providing high angular and high spectral reso-

1



2 CONTENTS

lution. The new polarimetric data cover a frequency range from 2 – 4GHz which allows us to
study wavelength-dependent Faraday depolarization effects and to perform rotation measure
(RM)-Synthesis to obtain an unambiguous RM distribution across the galaxy. Together with
our new observational data set, we complete the set of polarization measurements at multiple
frequencies and investigate the magnetic field properties over the widest frequency coverage
in polarization of a nearby face-on galaxy to date. Shneider et al. (2014a) developed a model
of the depolarization of synchrotron radiation in a multi-layer magneto-ionic medium. They
developed model predictions for the degree of polarization as a function of wavelength for a
two-layer system with a disk and a halo and a three-layer system with a far-side halo, a disk
and a near-side halo. Since the model predictions strongly differ within the wavelength range
of S-band, our new S-band data are essential to distinguish between the different systems.

The second project investigates the properties of unresolved extragalactic polarized back-
ground sources with exceptionally high degree of polarization. Strong polarized radio emis-
sion (a few tens of percent in fractional polarization) is most likely produced by powerful
AGNs and radio jets and lobes. Sources with ultrahigh fractional polarization could rep-
resent a class of EGSs with intrinsically extremely well ordered magnetic fields. Thus,
characterizing the polarization properties of highly polarized EGSs opens a new window
towards understanding the process that generates extremely well ordered magnetic fields.
Not only do polarization properties of individual sources reveal to us their intrinsic magnetic
field structures, the Faraday RM of polarized EGSs are also used as background probes of
magnetism in extended Galactic Hii regions (Harvey-Smith et al., 2011), in nearby external
galaxies such as the Small Magellanic Cloud (e.g. Mao et al., 2012a) as well as in galaxy
systems at high redshifts (e.g. Kronberg and Perry, 1982). For such foreground magnetism
studies and for the so called RM grid experiment (Gaensler et al., 2015), understanding the
polarization and magnetic properties of EGSs is essential to distinguish the intrinsic and
intervening signal.

The structure of the thesis is as follows. Chapter 1 gives a review on the current knowledge
on the origin and structure of magnetic fields in galaxies and AGNs. In Chapter 2, methods to
study cosmic magnetic fields are addressed and discussed. Chapter 3 provides an overview
on observational and analytical techniques mainly used for this thesis. Chapter 4 treats
the observation, data reduction, and imaging procedures of the new wideband polarimetric
data. Chapter 5 summarizes the scientific analysis and results of the magnetic field in the
nearby face-on spiral galaxy M51. In particular, we study the transition region between the
disk and the halo in order to understand the origin of large-scale magnetic fields (on scales
down to a few hundreds of pc) in halos of galaxies. In Chapter 6, we discuss a model of
depolarization applied to polarization data of M51 between 1 – 8GHz. Chapter 7 treats the
study of magnetic fields on larger scales of up to several hundred kpc in EGSs with the goal
to understand the process that generates extremely well ordered magnetic fields. In the last
Chapter 8, we summarize the results and draw a broad conclusion of the work of this thesis.



CHAPTER 1

Introduction

In this thesis, the magnetic properties in a nearby spiral galaxy and in unresolved extragalac-
tic background sources are investigated. To address open questions on cosmic magnetic fields
in both kind of sources, this first chapter gives an introduction to our current knowledge on
the structure and origin of magnetic fields in galaxies and in AGNs.

1.1 Origin and Structure of Cosmic Magnetic Fields

The origin of cosmic magnetic fields still is under debate. One possible scenario is the
induction of magnetic fields by initial currents in the early universe. The ISM of galax-
ies, for example, consists of plasma mostly containing free electrons and protons. Due to
the asymmetry of the proton-to-electron mass and the associated difference of their kinetic
energy, a separation of charges occurs in rotating media such as galaxies, which forms elec-
trical currents. These electrical currents can induce magnetic fields with field strength of
10−18 – 10−21 G into the ISM of galaxies (this number is based on numerical simulations on
cosmological time-scales, Zweibel, 2011). The formation of initial magnetic fields due to
charge separation is called Biermann battery effect (Biermann, 1950). However, this effect
is by far not strong enough to explain the required currents to induce the observed µG
magnetic field strengths.

Another scenario for the origin of cosmic magnetic fields is the formation of primordial
fields, generated in the early Universe. These weak “seed” fields could even be involved
in supporting the gravitationally collapse responsible for structure formation (Durrer and
Neronov, 2013). Primordial seed fields can be amplified and aligned due to turbulence and
compression in e.g the ISM of galaxies or the intra-cluster medium of galaxy clusters. For
details on the origin of cosmic magnetic fields see also Wielebinski and Beck (2005).

The process of forming the present day observed magnetic fields with their strength and
structure is separated into three stages. First, a seed field must be generated, which can

3



4 1.1 Origin and Structure of Cosmic Magnetic Fields

Figure 1.1.1: Simplified illustration of different field configurations and the corresponding
observables total synchrotron intensity I, linearly polarized intensity PI, rotation measure
RM, and the variance of the rotation measure σRM, for an ideal case with a well defined
beam size. Note that in reality, the magnetic field lines are always connected, which is not
illustrated in these Figures. Also note that the observed quantities are strongly dependent
on the viewing angle of the observer. The different observables will be explained in Section
2 and 2.2. Image from Jaffe et al. (2010).

result from charge separation in different cosmological scenarios, such as plasma fluctuations
in protogalaxies, injection by the first stars, or generation of seed fields by jets (see Section
1.3) produced by the first black holes (see Beck (2016) as a review). Secondly, to reach the
present day µG magnetic field strengths, seed fields must be amplified on different scales and
through different mechanisms. The effect of amplifying seed fields by turbulence in the gas is
called small-scale dynamo. In the ISM of galaxies, the small-scale dynamo is predominantly
driven by supernova explosions and stellar winds (e.g. Kim et al., 2006; Ferriere, 1996).
The resulting field is an isotropic turbulent magnetic field (statistically random distribution
of direction and orientation), also referred as random magnetic field. Figure 1.1.1 shows a
simplified illustration of different magnetic field configurations. The right panel shows an
illustration of a random magnetic field configuration. As a third step, turbulent fields can
be ordered on larger scales (from kpc- up to Mpc-scales) for example by differential rotation
in spiral galaxies, galaxy interactions (Elmegreen and Scalo, 2004) or by shock waves from
supernova explosions in the ISM of galaxies (e.g. Balsara et al., 2004) or shock waves
generated by mergers of galaxy clusters (e.g. Iapichino and Brüggen, 2012). The resulting
anisotropic turbulent magnetic field where the field lines are aligned in a certain orientation
with frequently occurring field reversals (middle panel of Figure 1.1.1), also referred to as
ordered magnetic field, follows the spiral structure of the galaxy or is aligned parallel to the
shock front. In spiral galaxies it is even possible to generate coherent magnetic fields (field
lines with the same direction - left panel in Figure 1.1.1) on kpc-scales. Coherent fields
are also referred to as regular magnetic fields with coherence scales much larger than the
turbulence scales and no field reversals within the telescope beam (Kulsrud and Zweibel,
2008). Those regular fields are generated by the so-called large-scale or mean-field dynamo.
Details on the formation process of regular magnetic fields in galaxies are described in the
next section.
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1.2 Magnetic Fields in Galaxies

The ISM of galaxies consists of different components, where the largest volume is present
in form of ionized gas (up to 70%) followed by neutral atoms (10 – 20%) and molecules,
dust, and cosmic rays (CRs) (e.g Longair, 2011). For the induction of magnetic fields from
currents, positive and negative charges need to be separated. Thus, magnetic fields can
be observed in the diffuse ionized medium (i.e. magneto-ionic medium), since there, the
ions and electrons are apart from each other. Magnetic fields are present everywhere but
only observable if certain circumstances are fulfilled: magnetic fields can be illuminated
by CR electrons(CREs), for which the dominant key-acceleration process are supernova
remnants. If the magnetic fields have µG strengths, they can be observed in the radio
regime via synchrotron radiation (Section 2.1.2). In optical, magnetic fields can be traced
by the emission from dust grains whose magnetic moments align along the magnetic field
lines, producing a linearly polarized optical signal. In absorption and emission lines, the
strength and direction of the parallel (with respect to the line-of-sight) component of the
magnetic field can be directly measured via the Zeeman effect. Since Zeeman splitting needs
high magnetic field strengths to be observable (∼ 10µG in the Milky Way and mG strengths
in external galaxies), this effect can only be used to measure the strength of magnetic fields
in dense regions of molecular gas. For the aim of this thesis, observations of radio emission
generated by synchrotron radiation are used because this is a tracer of the structure of the
large-scale magnetic field in the plane of the sky and can be observed across the entire
extend of the diffuse ISM. Furthermore, synchrotron radiation provides information on the
3D structure of the magnetic field, since Faraday rotation of linearly polarized emission
yields information on the line-of-sight component of the magnetic field and its direction (see
Section 2.2.1).

Magnetic fields in spiral galaxies are well studied in both edge-on (inclination close to
90◦) and face-on (inclination close to 0◦) oriented galaxies. It has been observationally
shown that the magnetic field in the disk of spiral galaxies is oriented mostly parallel to
the spiral structure. More precisely, fields including random orientations are concentrated
in spiral arms, especially in star-forming regions, while ordered fields are strongest in inter-
arm regions, following the orientation of the adjacent gas spiral arms (Beck, 2009). One
prominent example for a spiral structured magnetic field is seen in the face-on grand design
“whirlpool” galaxy M51 and is shown in the left panel of Figure 1.2.1. Observations of edge-
on spiral galaxies show plane-parallel magnetic fields along the disk, as expected from face-on
observations. However, in the halo of edge-on galaxies the large-scale magnetic fields shows
X-shape structures, as seen in the right panel of Figure 1.2.1. The origin of the magnetic
field in the halo is still under debate. A possible origin could be a transport of the disk
magnetic field via galactic winds from the disk into the halo (Krause, 2014; Heald, 2012).
This is one of the key-questions addressed by an observational study of the nearby face-on
spiral galaxy M51 in this thesis.

The strength of the total magnetic field in our own Galaxy is about 6µG in the solar
neighborhood, obtained from synchrotron radiation (assuming equipartition - see Section
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Figure 1.2.1: Left: Magnetic field lines in M51 and contours of total emission at λ 6 cm
(VLA+Effelsberg), overlaid on an optical image (Fletcher et al., 2011). Right: Magnetic
field lines and contours of the total radio emission at λ 3.6 cm of the edge-on spiral galaxy
NGC891, observed with the 100-m telescope in Effelsberg. The radio map is overlaid on an
optical image of NG891 taken with the Canada-France-Hawaii Telescope (from M. Krause,
MPIfR).

2.1.2 in Chapter 2), see review by Beck (2016) and references therein. The typical magnetic
field strengths of external galaxies are found to be 10µG on average. Stronger magnetic
fields are found in galaxies with high star formation rates where the magnetic fields can reach
strengths of typically up to 30µG (Beck, 2009). Stronger star formation leads to stronger
dynamo action which causes higher field strengths. The above described mechanisms of
amplification and alignment of magnetic fields take place in the ISM of galaxies but can
also be applied to the intra-cluster medium of galaxy clusters. So far, no magnetic fields
were detected in elliptical galaxies (without central AGNs), possibly invisible due to the lack
of CREs (produced by star formation processes such as supernova explosions and stellar
winds) illuminating the magnetic fields. Some detections of large-scale magnetic fields were
made in irregular galaxies such as, for example, the Large Magellanic cloud (e.g. Gaensler
et al., 2005; Mao et al., 2012b) and NGC4449 (e.g. Chyzy et al., 2000). The strongest
magnetic fields of the diffuse ISM (about 50 – 100µG) are detected in starburst galaxies like
M82 (Adebahr et al., 2013) and barred galaxies (Beck et al., 2005). In the Milky Way, a
plane parallel magnetic field was detected, wheres towards larger latitudes, some indications
of vertical magnetic fields can be seen (e.g. Planck Collaboration et al., 2016).

In spiral galaxies, the formation of regular or coherent magnetic fields on kpc-scales is
attributable to the α-Ω-dynamo, where the α-term describes the influence of turbulence
and the Coriolis force, and Ω the effect of differential rotation (Beck et al., 1996). To form
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Figure 1.2.2: Simplistic illustration of the α-Ω-dynamo driven by a supernova according
to Kulsrud (2005) and Kulsrud (2010).

regular large-scale fields, the α-Ω-dynamo needs ordered rotation of material and hence,
in the intra-cluster medium of galaxy clusters it is not working. Figure 1.2.2 shows an
illustration of the α-Ω-dynamo effect. According to e.g. Kulsrud (2005) and Kulsrud (2010),
considering, for example, a supernova explosion in the disk of a spiral galaxy, the underlying
magnetic field can be twisted by the Coriolis force in vertical direction, away from the galactic
disk. Due to the differential rotation of the galactic disk and the moment of inertia of the
supernova remnant, the rotation of the remnant slows down, which leads to a backward
rotation relative to the galactic disk. This leads to an opposite positioning of the foot
points of the remnant, so that the magnetic field lines are folded. This process amplifies
the initial magnetic field. For real amplification, the supernova explosion must be powerful
enough to blow out the magnetic field line entirely out of the gravitational potential of the
galaxy, otherwise the remaining magnetic field line would annihilate with the newly generated
line. Since differential rotation and star formation processes continue, this effect is highly
repetitive and can produce the present day observed µG strengths of regular magnetic fields
in spiral galaxies in about 109 years (e.g. Rodrigues et al., 2015).

The mean-field approximation of the α-Ω-dynamo equation (Beck et al., 1996; Ruzmaikin
et al., 1988; Parker, 1979)

∂B
∂t

= ∇× (v×B) +∇× αB + η∇2B , (1.2.1)

where B is the strength of the magnetic field, v the velocity of the gas motion (i.e. rota-
tional velocity and large-scale flows, for example due to galactic winds), and η the magnetic
diffusivity can provide solutions with different symmetries, e.g. azimuthal symmetries (usu-
ally denoted with m for "modes") and vertical symmetries. Modes m are basically Fourier
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(a) (b) (c) (d)

Figure 1.2.3: Possible large-scale magnetic field configurations in disk galaxies: Axisym-
metric spiral (a) and bisymmetric spiral (b) field configuration of a face-on galaxy. Even (c)
and odd (d) field configuration of an edge-on spiral galaxy (Haverkorn and Heesen, 2012).
The illustrations show a simplified view of the magnetic field configurations, whereas in
reality the magnetic field structure is more complicated.

expansions of the magnetic field in azimuthal angle. The most simple configurations are
axisymmetric (m = 0) or bisymmetric (m = 1) in the disk plane and even parity or odd
parity configurations with respect to the plane, as seen in edge-on galaxies (Figure 1.2.3).
However, more complicated configurations in therms of higher order or a mix of different
modes can be present in spiral galaxies.

1.3 Magnetic Fields in Extragalactic Background Sources

The distribution of the degree of polarization from extragalactic background sources shows
a mean value of ∼ 2% fractional polarization (Tucci et al., 2004), based on the NRAO
VLA Sky Survey (NVSS)1 catalog conducted by Condon et al. (1998) at 1.4GHz and 45′′
resolution. However, the maximum theoretical degree of polarization amounts to about 70%
(see Section 2.2). This indicates that most of the polarized radiation from EGSs experience
strong depolarization (see Section 2.2.2) either intrinsic to the source and/or on the way to
the observer as well as within the telescope configuration like the telescope beam and the
observing subbands.

Polarized emission of EGSs is most likely produced by powerful AGNs. Magnetic fields
in AGNs are present in radio jets, which can reach sizes of Mpc scales, by far larger than
the size of the host galaxy. Radio jets originate in the center of AGNs, where the term
‘active’ refers to galaxies with an extreme energetic central region. The high energy level
and the resulting high luminosity of such AGNs can not be attributed to stars of the ISM
of the AGNs host galaxy. Instead, the strong luminosity is generated by a supermassive
black hole (SMBH) forming an accretion disk which strongly radiates in optical, ultra-violet
(UV), and X-ray. In some cases, the luminosity of the central AGN is so high that it can
over-shine the emission of the entire host galaxy. The strong luminosity makes AGNs to
perfect candidates for studying distant objects in the early Universe. The energy spectrum

1http://www.nrao.edu

http://www.nrao.edu
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of AGNs reflects the different emission mechanisms occurring in the source. Compared to
galaxies, the energy spectrum shows signatures at a broad range of frequencies: From radio
to γ-ray frequencies, emitted from different locations within the AGN. The radio emission is
generated by synchrotron radiation processes (see Section 2.1.2) in the radio jets, whereas
the optical emission comes from the accretion disk. The X-ray emission is produced by
inverse Compton scattering of photons from the accretion disk by a corona of hot electrons
located above the central SMBH (Peterson, 1997).

Radio jets are formed close to the accretion disk of the central SMBH driving material into
the galactic medium. Typically, two radio jets are formed, pointing in opposite directions
from the central nucleus. Jets are made of magnetic fields which can transport charged
particles out to large distances into the inter-galactic medium (IGM). The detailed process
of jet formation is still poorly understood. A commonly accepted theory is that the jet get
launched close to the SMBH, powered by rotation. Instabilities in the magnetic field at the
surface of the accretion disk could cause “flares”, which are then collimated parallel to the
rotation axis of the disk (Longair, 2011).

Radio jets contain CREs and hence they can be observed via synchrotron radiation (see
Section 2.1.2). The key-acceleration process of CREs in jets is still under debate (e.g Romero
et al., 2017). An observational overview of magnetic fields in AGN jets on pc-scales is given
in Hovatta (2017). Observational studies of jets on kpc-scales are very rare. Theoretically,
the degree of polarization can reach values up to about 70% if the magnetic field is completely
ordered (see Section 2.2). However, such high polarization degree values are not typically
seen in AGN jets in the radio (e.g. Aller et al., 2003; Lister and Homan, 2005). Therefore,
magnetic fields in jets must be (in general) disordered (or the polarized emission experience
strong depolarization within the source or along the line-of-sight). The structure of the
magnetic field in radio jets is showing either a parallel or perpendicular orientation relative
to the jet axis, depending on the level of helicity (Worrall et al., 2007; Pudritz et al., 2012).
RM gradients (see Section 2.2.1) have been observed in some jets, which could be a hint for
the jet structure to be helical and collimated along the entire jet (e.g. Gabuzda et al., 2017).
A typical magnetic field strength of 200µG was measured in jets (e.g. Pudritz et al., 2012),
whereas close to the core, the magnetic field strength can amount up to 200mG (O’Sullivan
and Gabuzda, 2009).

When the material blown out by the jet reaches a medium with high density, the particles
will be decelerated and radio lobes can be formed. Radio lobes often have hot spots with very
high intensity in the radio regime. Radio lobes host both turbulent and ordered magnetic
fields (Black et al., 1992; Bridle et al., 1994; Leahy et al., 1997) with a strength of about
of tens of µG in the lobes, and up to 250µG in the hot spots (Longair, 2011). One of the
most popular examples of an AGN which contains both, radio jets and radio lobes, is shown
in Figure 1.3.1. The viewing angle allows the observer to trace both radio jets and lobes,
pointing into opposite directions from the central nucleus.

To study the magnetized plasma of EGSs one can analyze their polarization properties.
Studying the linear polarization properties of unresolved EGSs at radio wavelengths provides
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Figure 1.3.1: False color image of the radio jet and lobes in the luminous radio galaxy
Cygnus A at 5GHz with 0.5′′ resolution, observed with the VLA. Red color shows regions
with the brightest radio emission (hot spots), while blue color shows regions of fainter emis-
sion (image from R. Perley, C. Carilli & J. Dreher, NRAO). Original publication: Perley
et al. (1984).

a new opportunity to probe the magneto-ionic medium on spatial scales below the resolution
limit (e.g. Burn, 1966; Gardner and Whiteoak, 1966; Gaensler et al., 2015) and to learn
more about the environment and evolution of radio galaxies and AGNs (e.g. Goodlet and
Kaiser, 2005; Bernet et al., 2008). Since EGSs are also used as background probes to study
the magnetic properties in intervening systems such as the intra-cluster medium of galaxy
clusters (e.g. Bonafede et al., 2010; Pizzo et al., 2011), intervening galaxies along the line of
sight (e.g. Gaensler et al., 2005; Mao et al., 2008; Feain et al., 2009) and our own Galaxy
(e.g. Taylor et al., 2009; Mao et al., 2010; Harvey-Smith et al., 2011; Van Eck et al., 2011),
understanding their polarization and magnetic properties is essential to separate the intrinsic
signal from modifications of the signal by intervening systems.



CHAPTER 2

Radio Observations as Tracers of Magnetic
Fields

The study of this thesis is based on observation in radio regime. In the following, I provide
an overview on radio emission processes. Further, I will explain how magnetic fields are
studied using radio observations.

2.1 Radio Continuum Spectrum

Radio continuum emission is separated into thermal and non-thermal radiation. Magnetic
fields are traced by non-thermal synchrotron emission while the observed radio continuum
emission of galaxies (see observational results on M51 in Chapter 5) contains a fraction of
thermal emission as well.

A typical radio continuum spectrum of a nearby star-forming galaxy is shown in Figure
2.1.1. As the diagram shows, thermal emission of free electrons (also known as thermal
bremsstrahlung or free-free emission) dominates the spectrum over synchrotron emission
only within a small range (in this case between ∼ 30 – 200GHz), whereas at lower frequencies
(below 30GHz), non-thermal synchrotron radiation represents the dominant contribution to
the total emission. Within a small frequency range of about 10 – 40GHz, emission which is
believed to originate from rapidly spinning dust grains (also known as anomalous microwave
emission (AME)) can dominate the radio spectrum of galaxies (Murphy et al., 2018). Beyond
∼ 200GHz, the spectrum is dominated by far thermal dust emission.

2.1.1 Thermal Emission – Radiation from a Free Electron

Thermal continuum radiation in the radio regime is produced by free-free emission or thermal
bremsstrahlung. Free electrons move in a hyperbolic orbit around an ionized atom (in most
cases a proton) and loose part of their energy in form of a photon. The resulting photons

11
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Figure 2.1.1: The observed radio and far infrared (FIR) spectrum of the nearby star-
forming spiral galaxy M82 (Klein et al., 1988; Carlstrom and Kronberg, 1991). The total
spectrum is the sum (solid line) of synchrotron (dot-dash line), free-free (dashed line), and
dust (dotted line) components. The Hii regions in this bright starburst galaxy start to
become opaque below ν ∼ 1GHz: For thermal emission the spectrum becomes optically
thick, and absorption of synchrotron emission by thermal gas reduces the synchrotron flux
density. The free-free component is largest only in the poorly observed frequency range
30 – 200GHz (Condon, 1992).

form a thermal radiation spectrum. This radiation is produced by an ensemble of free
electrons that have random motions and random energies, therefore the resulting spectrum
is a continuum and the emission is unpolarized. The typical spectral index of thermal
radiation in galaxies amounts to αth = −0.11 if the thermal emission is optically thin.

2.1.2 Non-thermal Emission – Synchrotron Radiation

Non-thermal synchrotron radiation is produced by cosmic ray electrons (CREs) that gyrate
along magnetic fields in media such as the ISM of galaxies or in the intra-cluster medium of
galaxy clusters. Due to the Lorentz force

FL = e

c
(v×B) , (2.1.1)

1The spectral index is defined as Iν ∝ ναth in the case of thermal emission.
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Figure 2.1.2: Schematic of synchrotron radiation produced by a relativistic electron spi-
raling around a magnetic field line (Credit: Heald & Zenit).

relativistic electrons are constrained to spiral around the magnetic field lines, where e is the
electron charge, c the speed of light, v the velocity of the electron, and B the magnetic field.
The radiation results in a synchrotron spectrum, which occurs in a characteristic frequency
range (GHz regime for µG magnetic field strengths). Figure 2.1.2 shows a schematic of
synchrotron radiation in case of an electron. The energy distribution of the emitting electrons
traveling through a magnetic field may be given by a power-law

N(E)dE ∝ EgdE , (2.1.2)

where g is the energy spectral index and N(E) the number density of electrons in the energy
range E+dE. When the electrons orbit around the magnetic field, they lose energy. The in-
tegration over the emission spectra from individual electrons results in a typical synchrotron
spectrum seen in Figure 2.1.3, which also shows a power-law

Iν ∝ ναnth , (2.1.3)

where Iν is the emitted intensity and αnth = g+1
2 the non-thermal synchrotron spectral index.

The intensity of synchrotron emission is dependent on the number density of CREs nCRE
(cm−3), the strength of the magnetic field component perpendicular to the line-of-sight B⊥
(µG) in the emitting region, and the observing frequency ν:

Iν ∝ nCRE ·B1−αnth
⊥ · ναnth (2.1.4)

According to Beck and Krause (2005), assuming equipartition2 of cosmic ray electron
energy and the energy of the magnetic field: ECRE = EB = B2 / 8π, it is possible to deduce
an expression for the total magnetic field strength Btot, only dependent on the observed

2Energy equipartition means that particles in a system which is in thermal equilibrium have on average
the same energy density.
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Synchrotron spectrum

Figure 2.1.3: Spectrum of a single electron (left) and the total synchrotron spectrum (right)
which is the sum of emission spectra from individual electrons (Figure credit: UliKlein, AIfA
Bonn).

synchrotron intensity Iν , the frequency ν, the path length through the synchrotron emitting
medium L, and the ratio of proton-to-electron density K = nCRp/nCRe :

Btot,⊥ ∝ [(K + 1) Iν ναnth/L]1/(3−αnth) (2.1.5)

The proton-to-electron ratio is uncertain, since it is strongly dependent on the acceleration
mechanism of CREs. In disks of spiral galaxies, a proton-to-electron ratio of K = 100 is a
generally assumed approximation (Bell, 1978). There are several issues with estimating the
magnetic field strength using the equipartition formula (Beck, 2016): (1) Equipartition only
holds for sources with steep radio spectra where αnth < −0.5. (2) Using the equipartition
formula can overestimate the total magnetic field strength if Btot varies along the line-of-
sight or within the observing telescope beam. (3) In regions with strong magnetic fields and
high gas density (regions with high star formation rate), the ratio of CREs and CR protons
is different from the global value, because CREs are much more affected by energy losses
compared to protons. Hence, the proton-to-electron density ratio becomes larger in regions
with strong star formation.

2.2 Radio Polarization

Considering a distribution of non-relativistic electrons spiraling around magnetic field lines,
the radiation is circularly or, in projection to the sky plane, elliptically polarized since the
electrons emit radiation in a cone perpendicular to the magnetic field. When the electron
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Figure 2.2.1: Illustration of an unpolarized and linearly polarized electro-magnetic wave.
Unpolarized radiation is an assemble of electro-magnetic waves with randomly distributed
polarization angles as illustrated in the left part of the sketch. In the case of a linearly
polarized wave, the angle between a certain axis and the plane of polarization does not
change (illustrated in the right part of the sketch). Image Credit: http://physicsopenlab.
org/2016/03/13/electromagnetic-waves-polarization/

velocity approaches the speed of light, the emission pattern is sharply collimated forward
and appears like a narrow beam. Therefore, only the emission from electrons whose emission
direction is pointed directly towards the observer (parallel to the line-of-sight) within the nar-
row emission cone (see Figure 2.1.2) is visible. The emission from a single relativistic particle
is elliptically polarized, while the emission from an assemble of charged relativistic particles
moving through a magnetized plasma, is linearly polarized (the elliptical components will
cancel out, as emission cones will contribute equally from both sides perpendicular to the
line-of-sight – see Chapter 6.5 of Rybicki and Lightman (1986)). This is the reason why we
see linearly polarized synchrotron emission. This means that the orientation of oscillation of
the transverse electro-magnetic wave does not change along the propagation direction. Fig-
ure 2.2.1 illustrates the difference of unpolarized radiation compared to a linearly polarized
electro-magnetic wave.

Considering two electro-magnetic polarized waves with different amplitudes E1 and E2
moving in z-direction, the electric field (Ex, Ey) can be described by

Ex = E1 cos(kz − ωt) (2.2.1)
Ey = E2 cos(kz − ωt− δ) , (2.2.2)

where k is the wave number, ω the frequency and t the time. If there is a phase-shift δ between
the transverse and vertical component, the wave is elliptically polarized. The detected wave
is then given by the vector sum ~E = Exêx +Eyêy, where êx and êy are the unit vectors in x
and y direction. The length of this vector changes depending on the relative phase shift and
the amplitudes of the individual components. If the there is no relative phase shift between
the two components (δ = 0◦ or δ = 180◦), the wave will be linearly polarized. The angle of
the polarization plane (relative to the y-direction if the wave propagates in z-direction) is

http://physicsopenlab.org/2016/03/13/electromagnetic-waves-polarization/
http://physicsopenlab.org/2016/03/13/electromagnetic-waves-polarization/
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Figure 2.2.2: The polarization convention defined by the International Astronomical Union
(IAU). The local x-axis points to the North, the local y-axis points to the East, and the local
z-axis points inwards to the observer for a right-handed system.

dependent on the amplitude difference of the two components. For example, if E1 = E2 and
δ = 0, the resulting polarization angle of the linearly polarized electro-magnetic wave is 45◦.

To describe the polarization properties of an electro-magnetic wave in a simple way,
George Gabriel Stokes in 1852 defined the so-called Stokes parameters I, Q, U and V . The
Stokes parameters are connected to the properties of the electro-magnetic wave (on a linearly
polarized basis) as:

I = E2
1 + E2

2 (2.2.3)
Q = E2

1 − E2
2 (2.2.4)

U = 2E1E2 cos(δ) (2.2.5)
V = 2E1E2 sin(δ) (2.2.6)

The different Stokes parameters provide individual information on the intensity distribution
described by Stokes I, the linearly polarized emission described by Stokes Q and U , and on
the circular polarization Stokes V . The total power of an observed source is represented by
Stokes I. For a completely unpolarized wave, Q = U = V = 0 and the entire power of the
source is given by its total intensity. For purely linearly polarized waves, only the Stokes
parameter V vanishes.

Figure 2.2.2 illustrates the definition of the Stokes parameters Q and U , describing the
linear polarization state of the electro-magnetic wave. By definition, Stokes Q and U can
have positive and negative values. Changing the polarization angle by 90◦ changes the sign
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of the signal in Stokes Q and U . The linearly polarized intensity P can be expressed as
a complex vector quantity where the observed Stokes parameters Q and U are the vector
components of P= Q + iU = p I ei2ψ = p I · (cos(2ψ) + i sin(2ψ)). The polarization angle
ψ which is the angle between the polarization plane and the north-axis (called PA in Figure
2.2.2) is given by:

ψ = 1
2 tan−1

(
U

Q

)
(2.2.7)

The linearly polarized intensity PI is given by the length of the complex polarization vector

|P| = PI =
√
Q2 + U2 . (2.2.8)

Since the polarization plane of the electro-magnetic wave is perpendicular to the magnetic
field orientation in the emission region (compare Figure 2.1.2), synchrotron emission traces
the magnetic field component in the plane of the sky, perpendicular to the line-of-sight
B⊥. Observing synchrotron emission of astronomical objects is a powerful tool to probe the
structure of cosmic magnetic fields.

The degree of linear polarization p is given by the ratio of the polarized intensity PI and
the total intensity I and can be expressed by the synchrotron (non-thermal) spectral index
αnth of the emission region (Le Roux, 1961):

p = PI

I
= 3− 3αnth

5− 3αnth
(2.2.9)

For αnth = −0.1 to −1.0 (Iν ∝ ναnth), the maximum observable fractional linear polarization
can reach up to 67% to 75% for a perfectly ordered magnetic field. The intrinsic polariza-
tion fraction can be reduced by different depolarization mechanisms, which are described in
Section 2.2.2. Studying these depolarization processes can be used as a powerful probe of
the magneto-ionic medium of e.g. the ISM in galaxies.

2.2.1 Faraday Rotation

To get information on the three-dimensional (3D) structure of the magnetic field in the
interstellar medium of galaxies or in the intra-cluster medium of galaxy clusters, the third
magnetic field component parallel to the line-of-sight is required. This component can be
derived from measurements of Faraday rotation: A linearly polarized electro-magnetic wave
can be decomposed into two circular (left-handed and right-handed) components with equal
amplitude. Since the refractive index of a magnetized medium with thermal electrons is
different for the two components, the propagation speeds slightly differ. This causes a
difference in phase velocity and from this, a relative phase shift between the two components
occurs. As a consequence, in the presence of a magnetized plasma with thermal electrons,
the polarization angle. ψ observed at λ of a linearly polarized electro-magnetic wave will be
rotated relative to the intrinsic polarization angle ψ0 of the emission region. The polarization
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Figure 2.2.3: Illustration of Faraday rotation: A linearly polarized electromagnetic wave
at frequency ν passes through a magnetized plasma, and as a consequence the plane of
polarization changes by the angle ψ. The schematic shows how synchrotron emission traces
the magnetic field component perpendicular to the line-of-sight intrinsic to the synchrotron
emitting source, while the parallel component of the magnetic field in a thermal plasma can
be traced by Faraday rotation. Both methods together give a 3D picture of the magnetic
field along the line-of-sight. Image credit: Beck and Wielebinski (2013).

angle changes proportional to λ2 where the proportionality constant is the so-called rotation
measure (RM):

ψ = ψ0 + RM · λ2 (2.2.10)
An illustration of the effect of Faraday rotation is shown in Figure 2.2.3. RM is measured
in radm−2 and is dependent on the charge and mass of the electron e and me, the speed
of light c, the thermal electron density ne (cm−3) and on the strength of the magnetic field
component B‖ (µG) of the Faraday rotating medium parallel to the line-of-sight l (pc):

RM = e3

2πm2
ec

4

observer∫
source

neB‖ · dl (2.2.11)

RM is positive (negative) for magnetic fields directed towards (away from) the observer.
From observations, RM can be determined by plotting the frequency dependence of the
observed polarization angle ψ vs. λ2. The slope of this dependency gives the RM and the
intrinsic polarization angle (ψ0 = ψ − RM · λ2). Since the polarization angle is a quantity
which is measured between plus and minus 90◦ (or between 0◦ and 180◦), measurements
at only two frequencies cannot distinguish between ψ and ψ + nπ (n ∈ Z) which makes it
hard to derive the rotation measure unambiguously (especially when RM is high). This is
commonly referred to as the nπ ambiguity. Broadband observations, typically over a range
of a few GHz, can solve the ambiguity. Furthermore, it is possible that in a single beam
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volume, sources of polarized emission with different RM contributions can be present. The
signals from such regions mix, which breaks the linear dependency of the polarization angle
and wavelength. In such complex cases, RM is referred as Faraday depth φ which is not
constant anymore. More details on complex Faraday rotation and how to decompose the
signals is given in Section 3.2.

2.2.2 Depolarization

Investigating depolarization effects of linearly polarized synchrotron emission is a powerful
tool to put constraints on different magnetic field components in, for example, the ISM
of galaxies. To define the different depolarization mechanisms, one distinguishes between
media which only rotate the plane of polarization (magnetized medium including thermal
electrons) and media which contain synchrotron emitting and Faraday rotating components
(magnetized plasma including thermal electrons and cosmic rays). Depending on the intrinsic
magnetic field morphology, that is whether the magnetic field has regular or isotropic or
anisotropic turbulent character, the main observables of synchrotron emission total intensity
(I), polarized intensity (PI), and RM differ (compare Figure 1.1.1). Not only the total
amount of these observables tell us something about the underlying magnetic field structure,
also studying wavelength-dependent depolarization effects allow us to investigate magnetic
fields in the Universe.

The intrinsic degree of polarization (Equation 2.2.9) can be reduced by different effects
within the source or along the line-of-sight between the source and the observer, or within the
volume traced by the telescope beam. Depolarization mechanisms can be broadly divided
into wavelength-independent and wavelength-dependent effects. Besides physical reasons
for depolarization caused by Faraday rotation, there are additional depolarization effects
caused by properties of the observing instrument such as the beam size and the observing
bandwidth. The present day depolarization models are all based on the work of Burn
(1966) and Sokoloff et al. (1998), who studied the degree of polarization of radio sources
as a function of wavelength with different underlying magnetic field configurations (whether
turbulent fields are present or how magnetic fields change the amount of Faraday rotation
along the line-of-sight). In the following, different depolarization effects and their conditions
are summarized.

Beam depolarization
Beam depolarization occurs when the magnetic field intrinsic to the synchrotron emitting
source is tangled on scales smaller than the telescope beam. The polarization fraction then
smeared out over the beam size and the measured polarization reduces relative to the intrinsic
polarization fraction. This wavelength-independent depolarization effect can modify the
intrinsic degree of polarization in the presence of turbulent magnetic fields. Observing with
high angular resolution can reduce the effect of beam depolarization. In nearby galaxies, a
typical beam size of a few arcsec (when observing with radio interferometers, see Section
3.1) results in linear scales of a few hundred pc up to kpc scales. Since the turbulence
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scales in the ISM of galaxies are smaller (typically about 50 pc, e.g. Fletcher et al., 2011;
Beck, 2016), the polarized signal observed in nearby galaxies is always attenuated by beam
depolarization. On the other hand, for example in radio relics of galaxy clusters, magnetic
fields can be well ordered over large-scales (up to Mpc). In such objects, it is possible to
directly observe the intrinsic degree of polarization, even with single-dish telescopes as the
100-m Effelsberg radio telescope (e.g. Kierdorf et al., 2017). The same holds for giant radio
galaxies whose radio jets and lobes are extended over Mpc scales (e.g. Schoenmakers et al.,
2000).

Bandwidth depolarization
Another effect which is connected to the observing instrument that reduces the degree of
polarization is bandwidth depolarization. Since the observed polarization angle is dependent
on the observing wavelength (ψ = ψ0 +RMλ2), observations with wide frequency bands can
reduce the degree of polarization. Particularly, the plane of polarization Faraday rotates by
slightly different angles at different frequencies within the observing frequency band. Aver-
aging over the frequency band entails the reduction of the polarized signal. Mathematically,
the degree of polarization reduced by bandwidth depolarization can be expressed as

p(λ2) = p0
sin(∆ψ)

∆ψ , (2.2.12)

where ∆ψ = RM · (λ2
max − λ2

min), with the observed rotation measure (RM in radm−2) and
the smallest (λmin in m) and largest (λmax in m) observing wavelength. p0 is the intrinsic
degree of polarization (e.g. Burn, 1966; Klein and Fletcher, 2015). To reduce bandwidth
depolarization, the band can be split into small sub-bands which, however, decreases the
image quality due to higher noise level in the sub-band images. To avoid bandwidth depo-
larization, one can apply the so-called RM-Synthesis technique on the polarization data. A
detailed description of this method is given in Section 3.2.

Differential Faraday rotation (DFR) - also known as Burn slab
If the synchrotron emitting and Faraday rotating source are present in the same volume,
differential Faraday rotation occurs. The polarization plane of electro-magnetic waves emit-
ted from different layers of near and far side regions will be rotated by different amounts of
Faraday rotation. This results in a reduced polarized signal after integrating over the entire
region along the line-of-sight. If the medium contains a purely coherent (regular) magnetic
field and constant electron density, the intrinsic polarization fraction p0 will be reduced by

p(λ2) = p0
| sin(2RMλ2)|
|2RMλ2|

, (2.2.13)

where RM is the observed rotation measure (Burn, 1966; Sokoloff et al., 1998; Arshakian and
Beck, 2011). Differential Faraday rotation occurs, for example, in the ISM of spiral galaxies,
where regions with thermal electrons generated by ionizing starlight, CREs accelerated in
e.g. supernova remnants, and large-scale regular magnetic fields are mixed.
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Internal Faraday dispersion (IFD)
In the case where turbulent magnetic fields are present within the emitting region, the
polarized signal will be reduced by internal Faraday dispersion. The plane of polarization
gets randomly Faraday rotated along the line-of-sight and after integrating over the emission
region (along the line-of-sight) opposite directions cancel out, what reduces the observed
polarization degree. For this case, the observed degree of polarization decreases by a relation
dependent on the RM dispersion σRM and the observing wavelength to the power of 4 (Burn,
1966; Sokoloff et al., 1998):

p(λ2) = p0
1− e−2σ2

RMλ
4

2σ2
RMλ

4 (2.2.14)

The dispersion of the RM is dependent on the average electron density 〈ne〉, the average
strength of the turbulent magnetic field 〈Bturb〉 parallel to the line-of-sight and the turbulence
cell size d (given in pc):

σ2
RM = (0.81〈ne〉〈Bturb〉)2Ld/f (2.2.15)

f = 〈ne〉/ne is the filling factor of the turbulent cell and L the path length through the
medium (in pc). Since turbulent magnetic fields are present in e.g. the ISM of spiral
galaxies, internal Faraday dispersion can be detected in observations of galaxies, especially
in star-forming regions where the small-scale dynamo is most efficient and hence the turbulent
magnetic field is strong.

External Faraday dispersion (EFD)
If the polarized signal crosses a Faraday rotating region along the line-of-sight, which contains
a turbulent magnetic field component, the signal will be depolarized by external Faraday
dispersion. For significant depolarization, the turbulent cell size must be smaller than the
telescope beam. The same holds if a regular magnetic field changes the strength or direction
within the telescope beam. In case of external Faraday dispersion the intrinsic polarization
fraction will be reduced by

p(λ2) = p0e
−2σ2

RMλ
4
. (2.2.16)

The Milky Way foreground can cause external Faraday dispersion when observing extra-
galactic polarized radio sources. At GHz frequencies, this effect decreases when observing
targets with high Galactic latitude (|b| > 20◦) due to less possible confusion with magnetized
structures in the Galactic plane (Schnitzeler, 2010).

The above equations can be fitted to the observed degree of polarization as a function
of wavelength to get information on the intrinsic magnetic field configuration. Particularly,
by fitting different models to multi-frequency polarization data, one can distinguish between
regular and turbulent magnetic field configurations as well as whether the depolarization oc-
curs internally or externally of the synchrotron emitting source. A detailed model application
on a data set of the nearby spiral galaxy M51 is described in Chapter 6. Besides fitting the
observed degree of polarization, one can fit Stokes Q(λ2) and U(λ2) simultaneously. This
is considering not only the amplitude of the polarized signal but also the phase between
Stokes Q and U which may contain additional information and gives advantages in the error
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prediction, since the flux density error of Stokes Q and U is well defined unlike the error in
polarized intensity. Sokoloff et al. (1998) summarized different models of depolarization and
e.g. O’Sullivan et al. (2012) and Pasetto et al. (2018) applied those models to Stokes Q and
U data of extragalactic polarized point sources. Futher broadband depolarization studies
can be found in e.g. Goodlet and Kaiser (2005), Laing et al. (2008), Lamee et al. (2016),
Anderson et al. (2016), and Vernstrom et al. (2018).



CHAPTER 3

Techniques

In this chapter the main technical methods used for the thesis are described. The data
were observed with a radio interferometer which is a radio telescope with features to reach
high angular resolution to probe detailed structures in astronomical objects. The concept of
radio interferometry and how to obtain images of the radio sky from interferometric data is
discussed. In the second part, a modern method to decompose multiple contributions to the
polarized signal along the line-of-sight, called rotation measure synthesis, is described.

3.1 The Concept of Radio Interferometry

Radio astronomy is a powerful tool to study various astrophysical mechanism and structures
in the Universe. In radio astronomy observations are performed at wavelengths in the cen-
timeter up to meter regime. The resolution of a radio telescope Θ is given by the diameter
of the dish D and the observational wavelength λ:

Θ ≈ 1.2 λ

D

Hence, the angular resolution of a radio observation is limited by the physical size of the
radio antenna. To accomplish a resolution of arcminutes or even arcseconds, dishes with a
diameter of hundreds of meters are necessary. To reach a higher angular resolution than
the largest (fully steerable) single-dish radio telescopes (D ≈ 100m gives Θ ≈ 9 arcmin at
λ 21 cm) the concept of radio interferometry was implemented. Arrays of smaller antennas
are used to simulate a large dish to reach higher angular resolution. An interferometer
measures the interference pattern produced by multiple apertures. More antennas is like
having more slits. With more information, you can produce much more detailed images.

Figure 3.1.1 shows a simple illustration of a 2-element array interferometer. The signals
from a certain position the sky where the telescope points to arrive at different antennas at
slightly different times, depending on the antenna’s location in the array. An interferome-
ter measures the interference pattern produced by pairs of apertures where the interference

23
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Figure 3.1.1: Simple illustration of a 2-antenna interferometer where B is the baseline be-
tween two antennas, ∆t the time shift between the signals arriving at two different antennas,
c the speed of light and θ in this case is the angle between baseline B and the line-of-sight of
the observation. The signals are amplified and digitized at each antenna and then combined
in the correlator. Image from Saleem Zaroubi, Caltech.

pattern is related to the source brightness and structure. The raw data achieved by an inter-
ferometer are visibilities or measures of the spatial coherence function, formed by correlation
of signals from the array’s elements. The most common mode of operation will use these
data, suitably calibrated, to form images of the radio sky as a function of sky position and
frequency. In particular, for small fields of view (FOVs) the complex visibility V (u,v) is
the 2D Fourier transformation of the brightness on the sky T (x,y). This means the Fourier
transformation relates the interference pattern to the intensity on the sky:

V (u,v) =
∫ ∫

T (x,y)e2πi(ux+vy)dxdy Fourier domain (3.1.1)

T (x,y) =
∫ ∫

V (u,v)e−2πi(ux+vy)dudv Image domain (3.1.2)

xy are the coordinates on the sky plane and uv the corresponding coordinates in the plane
of the antennas. To combine the incoming signal of each antenna to an image, each antenna
has to measure both the amplitude and the phase of the incoming signal. The result of an
interferometric observation has the form of a data “cube” with the source brightness shown in
a spatial coordinate system and the frequency as the third dimension. Each pair of antennas
(i.e each baseline) will generate a visibility (amplitude and phase). More different baselines
(more antennas) gives a better uv-coverage and therefore better image fidelity. The Earth
rotation can be used to increase the uv-coverage of an observation. Each radio interferometer
has different uv-coverages and different shapes of coverage, depending on the shape of the
configuration of the antenna array.

The observations for this thesis were done using the Very Large Array (VLA) in Socorro,
New Mexico, conducted by the National Radio Astronomy Observatory (NRAO). The VLA,
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Figure 3.1.2: Left: The Very Large Array in Socorro, New Mexico conducted by the
National Radio Astronomy Observatory (NRAO). 27 antennas (each with 25m diameter)
with largest separation of 36 km and highest resolution of 0.04′′. Middle: uv-coverage of the
VLA in snapshot mode. Right: uv-coverage of the VLA for a long observation. Images from
NRAO.

shown in the left panel of Figure 3.1.2, is one of the world’s largest radio interferometers,
containing 27 radio antennas with 25m diameter each. There are four basic antenna ar-
rangements, called configurations, whose extends vary from small to large. The antennas
are configured in a Y-shape with a maximum antenna separation of 36 km in A-configuration
and a separation of 1 km in D-configuration. At the highest central frequency of 43GHz and
the maximum antenna separation the VLA reaches an angular resolution of 0.04′′. The VLA
has 8 different receivers available, covering a frequency range from 73MHz up to 50GHz (24′′
up to 0.04′′ resolution). The uv-coverage of the VLA reflects the shape of the configuration.
Figure 3.1.2 (middle and right panel) shows the uv-coverage of the VLA without and with
Earth rotation (for short and long observations). For radio interferometric observations the
FOV is limited by the primary beam of one antenna which is given by 1.2λ/Di where Di is
the diameter of one antenna element in the array (25m for the VLA) and λ the observational
wavelength.

The theoretical thermal noise σth expected for a synthesized image using natural weight-
ing (see Section 3.1.1) of the visibility data is given by

σth = SEFD

ηc
√
npolN(N − 1)tint∆ν

, (3.1.3)

where SEFD is the “system equivalent flux density” (given in Jy) which is equal to 420 Jy at
L-band (1 – 2GHz) and 370 Jy at S-band (2 – 4GHz) for the VLA. ηc ≈ 0.93 is the efficiency
of the correlator, ηpol = 2 is the number of polarizations (equals 2 for observations in Stokes
I, Q, U and V ), N = 27 is the number of antennas, tint the total on source integration time
(in seconds) and ∆ν the width of the used frequency band (in Hz). The sensitivity of a radio
interferometer is given by the electronic properties. To improve the signal-to-noise ratio it
is necessary to observe with longer integration times. Using wide frequency bands provides
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Figure 3.1.3: Spectral range and opacity of observations through the Earth’s atmosphere.
For radio waves from astronomical objects in cm and m wavelength regime the Earth’s
atmosphere is transparent. Image from NASA.

better spectral resolution (e.g. for narrow spectral line observations) and additionally in-
crease the uv-coverage (compare also Section 3.1.1) and therefore the sensitivity. The VLA
has a very good sensitivity compared to other radio interferometric telescopes. In 2011 an
upgrade of the 1970s technology was performed and the VLA has evolved into the Expanded
Very Large Array (EVLA). The new EVLA has an increased sensitivity by up to an order of
magnitude. As the beginning of a new era of radio astronomy the Square Kilometre Array
(SKA) will provide the best resolution and sensitivity for future research.

During a radio interferometric observation, the amplitudes and phases of the signal can
be corrupted by atmospheric and instrumental effects. Figure 3.1.3 shows a schematic of the
opacity of the Earth’s atmosphere for a spectral range from γ-rays to long radio waves. Radio
waves are ideal to be observed from ground, since the atmosphere is transparent within this
spectral window. However, there are several effects which can interrupt the signal and leads
to artifacts in the final image (see Section 4.2 for an overview on calibration of data from an
interferometric observation). At low radio frequencies (ν < 30MHz, λ > 10m), signals can
increasingly be degraded by variable (in time and across the FOV) ionospheric refraction in
the Earth’s atmosphere. At high radio frequencies (ν > 300GHz, λ < 1mm), emission is
absorbed by water and oxygen in the Earth’s atmosphere. In the vicinity of 1GHz (λ 30 cm),
man-made Radio Frequency Interference (RFI) is the biggest problem because atmospheric
effects can be reduced by calibration procedures at GHz frequencies (see Section 4.2). RFI
are strong and rapid changes in amplitude, often much stronger than the astronomical signal,
originating from man-made signals, e.g. satellites, radar systems and the Global Positioning
System (GPS).
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3.1.1 Synthesized Imaging

Imaging of visibilities is a very complex procedure. The visibilities own information on
different scales, depending on the length of baselines between the antennas. The longest
baselines provide visibilities of the smallest structures and defines the resolution in the final
image. The shortest baselines gives information on the largest structures and are crucial
for high sensitivity. For visibilities provided by the VLA, synthesis imaging is done using
the NRAO Common Astronomy Software Applications (CASA) package (McMullin et al.,
2007) using the task clean, which includes different algorithms for synthesis imaging. Clean
models the sky visibilities and convolves the model visibilities with a Point Spread Function
(PSF) or dirty beam which is given by the Fourier inversion of the visibilities of an unresolved
source. The power pattern of the PSF has a similar shape as the shape of a Sinc function,
with a main lobe and lower-level side lobes. The full width at half maximum (FWHM) of
the main lobe defines the resolution of the synthesized image. The level of the side lobes is
strongly dependent on the uv-coverage of the observation. An example is shown in Section
4.3.

The clean-algorithm was first developed by Högbom (1974). This algorithm enables the
synthesis of complex objects, even if they have relatively poor Fourier uv-plane coverage.
The first step of cleaning is to Fourier transform the visibilities which forms a so called
dirty image (compare Equation 3.1.1). Then, the algorithm searches for the pixel with the
highest value in the dirty image, subtracts its PSF and saves the pixel information (position
and amplitude) into a model image. In the leftover residual image, the algorithm continues
to search for and subtract the highest peak. In case of a single pointing observation, the
clean task uses the Cotton-Schwab cleaning algorithm (“cs-clean”). This algorithm breaks
the cleaning process into major and minor cycles where the minor circle operates in the
image domain. This circle continues until a certain criterion, such as a maximum number
of circle iterations or a flux density threshold, is reached. The model image is then (in the
major circle) convolved with the PSF and added to the last residual image to form the final
synthesized image.

An important choice during the imaging process is how to weight the visibilities, since dif-
ferent weighting algorithms have different influence on the image properties (e.g. sensitivity
and angular resolution). The three most common algorithms are:

• Natural Weighting: Using natural weighting all visibilities get the same weight
given by the inverse of noise variance (1/σ2

i ). This type of weighting produces a good
sensitivity for extended sources in an image but the angular resolution suffers most
for this weighting method. Natural weighting was utilized in Chapter 7 to reach the
highest possible signal-to-noise ratio for radio continuum images of extra galactic radio
sources.

• Uniform Weighting: For this method of weighting all visibilities are assigned to a
grid and each grid pixel is weighted by the inverse of the number of visibilities assigned
to that pixel. This produces noise levels a factor of 2 worse than natural weighting but
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minimizes the sidelobe level and thus gives a better angular resolution than natural
weighting.

• Briggs Weighting: Uniform weighting minimizes sidelobes, whereas natural weight-
ing minimizes the noise level. Briggs weighting provides a compromise between the
two, doing so in an optimal way (Briggs, 1995). In this method a “robust” parameter
R is given and the scaling of R is such that R = 0 gives a good trade-off between
resolution and sensitivity. The robust R takes values between −2.0 (close to uniform
weighting) to 2.0 (close to natural). For imaging of the nearby galaxy M51 in Chapter
5, we tested different weighting schemes in Section 4.3 and finally utilized the Briggs
weighting scheme with a robust parameter R = 0.

3.1.2 The Need for Short Spacings

One problem which comes with interferometric observations and imaging is the potential
missing of flux density from extended structures. As described in Section 3.1, radio in-
terferometers were developed to simulate huge single dish antennas to reach higher spatial
resolution. This method has two limitations: (1) The largest possible distance between an-
tennas is limited by the Earth’s diameter, or lately by the maximum diameter of satellite
orbits around the Earth. (2) Another important limitation is the shortest separation between
antennas. Limited by the size of single elements of an interferometer, the antennas cannot
be operated with infinitesimal small spacings. Depending on the observing frequency, the
interferometer sees only angular scales smaller than 1.2λ/Dmin, where Dmin is the shortest
spacing between individual antennas. For the VLA, the largest angular scale at S-band
(3GHz) in D-configuration (this is the array configuration with the shortest distances be-
tween the antennas) is about 500′′. For emission structures larger than the detectable angular
scale, the VLA is simply blind to the emission; this is a limitation unique to interferometers.
For a nearby galaxy like M51 the largest angular structures are represented by the diameter
of the galaxy of about 400′′. In this case, the interferometer operated in D-configuration
should see the full amount of flux density for a complete uv-coverage. However, observers
should always check the total integrated flux density detected by the instrument against e.g.
single dish observations or observations at other frequencies, since due to flagging of data,
i.e. from bad antennas, the uv-coverage can be affected in the sense that some angular scales
are not recovered in the final image. In Section 2 of Chapter 5 we show an image of M51
obtained from observation in (only) C-configuration. In this image it is clearly visible that
some emission on large-scales is missing which comes from a large gap in the visibilities that
hampers us from correctly recovering emission from M51 on all scales. New observations
at D-configuration (with shorter spacings between individual antennas) fills this gap and
enabled us to obtain images covering all scales in M51. This is similar to the strategy of
filling the missing spacings by combining interferometric data with single-dish observations.
In Section 4.3.1 we compare the total intensity of M51 detected by our new observations at
S-band to observations at multiple other frequencies and found a discrepancy which is caused
by the in-band spectral index derived by the multi-frequency synthesis algorithm discussed
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in Section 4.3.

3.1.3 Polarization Imaging

The main power of radio signals from astronomical sources observed at cm-wavelengths is
provided by synchrotron emission. As discussed in Section 2.2, synchrotron emission is
linearly polarized. A detailed description of the calibration procedure of polarization data
obtained by radio interferometric observations is given in Section 4.1. Synthesized imaging
in polarization is different compared to imaging in Stokes I. The FOV in polarization is
usually less crowded with neighboring (strong) sources which can cause imaging artifacts.
Therefore, and because one combines Stokes Q and U to obtain the polarized intensity,
the sensitivity is typically higher in polarization compared to the total intensity (at least
by a factor of 1/

√
2). However, for observations with wide frequency bands, the polarized

signal can suffer from bandwidth depolarization (Section 2.2.2). Because Faraday rotation is
wavelength-dependent, the plane of polarization Faraday rotates by slightly different angles
at different frequencies within the observing frequency band and after averaging over all
frequencies the polarized signal is attenuated. However, bandwidth depolarization can be
reduced by dividing the bandwidth into small sub-bands. Anyway, to obtain high signal to
noise in polarized intensity one can apply rotation measure (RM)-Synthesis technique on the
polarization data. A detailed description of this method is given in the following section 3.2.
This method requires data cubes in Stokes Q and U where the polarized signal is recorded
at multiple wavelengths (the frequency represents the third axis of the data cube).

3.2 RM-Synthesis

As discussed in Section 2.2.1, the polarization properties of an electro-magnetic radio wave
can be affected by Faraday rotation along the line-of-sight. For a Faraday rotating plasma
containing magnetic fields and thermal electrons between the source of emission and the
observer, the amount of rotation of the polarization angle relative to the intrinsic angle, the
RM, can be determined by observing the source at (at least) two separated wavelengths.
The slope of ψ vs. λ2 gives RM. However, the observed polarized signal of a radio wave can
be a composition of waves originating from different synchrotron emitting regions within the
telescope beam of along the line-of-sigh and can further be influenced by several Faraday
rotating regions along the line-of-sight. In this case, the proportionality between the po-
larization angle and λ2 is invalid and the RM and therefore the magnetic field components
along the line-of-sight must be determined in a different way.

To decompose the different constituents of one signal, a new technique called RM-
Synthesis has been developed, first described by Burn (1966) and further extended by Bren-
tjens and de Bruyn (2005). To be able to apply RM-Synthesis on polarization data, the
polarized signal must be observed at multiple wavelengths to prepare a 3-dimensional data
cube of the polarized sky where the third axis represents the observed wavelength. Broad-
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band receivers of modern radio telescopes are ideal to fulfill this requirement. To explain
the advantages of RM-Synthesis, it is necessary to consider different kind of sources:

• Source “E” which only emits synchrotron radiation and does not contain thermal elec-
trons and therefore no Faraday rotation intrinsic to the source occurs. Source “E”
contains cosmic rays and a magnetic field component in the sky plane.

• Source “R” which only Faraday rotates the polarization plane of a linearly polarized
electro-magnetic wave. Source “R” contains thermal electrons and a magnetic field
component parallel to the line-of-sight. A Faraday rotating region between the source
of synchrotron emission and the observer is often referred as a Faraday screen (Burn,
1966).

• Source “ER” which emits synchrotron radiation and Faraday-rotates the plane of po-
larization simultaneously. This is the case for e.g. the ISM of galaxies, where magnetic
fields, thermal electrons, and cosmic rays are mixed within the same spatial volume.

If the polarization angle is a linear function of λ2, RM is constant. This is only the case if
the synchrotron emitting source is not Faraday rotating (i.e. for source “E”) and if one or
more Faraday rotating sources (“R”) are located between the synchrotron emitting source
and the observer (one or multiple Faraday screens). In this case RM is the sum of all Faraday
screens. In the case of a complex source which both emits and rotates (“ER”) RM needs to
be replaced by the Faraday depth φ which is not constant anymore (φ → φ(λ2)):

ψ = ψ0 + φ · λ2 , (3.2.1)

with

φ = e3

2πm2c4

observer∫
source

neB‖ · dl . (3.2.2)

φ is measured in radm−2 and is dependent on the thermal electron density ne (cm−3) and
on the magnetic field component B‖ (µG) of the Faraday rotating medium parallel to the
line-of-sight l (pc). Each synchrotron emitting source along the line-of-sight will produce a
separate polarized signal.

Figure 3.2.1, taken from Heald (2009), illustrates an example of different complex lines
of sight with emitting (“E”), Faraday rotating (“R”), and emitting plus Faraday rotating
(“ER”) sources. The background source has an intrinsic Faraday depth of 100 radm−2, seen
as a δ-function in the Faraday spectrum (see Section 3.2.1) of the top panel. In case of a
Faraday screen located between the source of emission and the observer (middle panel), the
observed Faraday depth is shifted by rotation within the intervening plasma. The bottom
panel shows a complex case where the intervening plasma contains its own synchrotron
emitting conditions. Each layer in this plasma emits a new electro-magnetic wave which
however gets Faraday rotated. The resulting Faraday spectrum shows a broad component
with different Faraday depths for different layers of the intervening plasma.



3.2 RM-Synthesis 31

Figure 3.2.1: Simplistic illustration of different lines of sight with a synchrotron emitting
source only (top panel), a Faraday rotating source (“R”) between the source of emission and
the observer (middle panel) and with an intervening source which contains both, synchrotron
emitting and Faraday rotating components (“ER”). Also shown are the corresponding Fara-
day depths φ in the Faraday spectra. Note that the background source has an intrinsic
Faraday depth of 100 radm−2. Image taken from Heald (2009).

3.2.1 Mathematical Derivation

In this section we explain the details of RM-Synthesis technique. As discussed above, the
requirements for applying RM-Synthesis are StokesQ and U measurements at a large number
of connected frequencies. Starting with the observed complex polarization vector p I e2 i ψ(λ2)

(where I is the total intensity and p = |P|/I is the fractional polarization, see Section 2.2)
and consider a vector which can originate from emission over the whole range of φ, the
observed quantity P(λ2) can be written as (Heald, 2009)

P(λ2) =
+∞∫
−∞

F(φ) e2 i φλ2 dφ , (3.2.3)

where F(φ) is the Faraday dispersion function or Faraday spectrum which describes the
intrinsic polarized flux density as a function of Faraday depth φ . Equation 3.2.3 relates
the intrinsic polarized radiation along the line-of-sight F(φ) to the observed quantity P(λ2).
Because this Equation takes the form of a Fourier transformation, one can easily express the
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intrinsic polarization in terms of the observable quantity:

F(φ) =
+∞∫
−∞

P(λ2) e−2 i φλ2 dλ2 (3.2.4)

From the observed polarized flux density P(λ2) one can determine the Faraday spectrum
F(φ) and therefore the intrinsic polarized flux density.

This method has physical boundaries, given by the observation: It is impossible to observe
in an infinite wavelength range. First we do not observe at wavelength λ2 < 0 . Secondly,
modern radio telescopes have limited bandwidths which are not sensitive to all values λ2 >
0 . To circumvent this problem Brentjens and de Bruyn (2005) introduced a window function
W (λ2) which only gives contributions ( 6= 0) at values of λ2 where the telescope is able to
observe. From this follows the so-called Rotation Measure Spread Function (RMSF)

R(φ) ≡ K

+∞∫
−∞

W (λ2) e−2 i φ(λ2−λ2
0) dλ2 , (3.2.5)

where K is the inverse of the integral over W (λ2). RMSF is the analogous to the ‘dirty
beam’ pattern of a telescope in synthesis imaging (see Section 3.1.1). The RMSF has the
form of a Sinc function which is the Fourier transformation of a box function, given by the
observing frequency band. Therefore, analogous to the beam pattern of a radio telescope (i.e.
the PSF) which is strongly dependent on the uv-coverage, the RMFS is strongly dependent
on the properties of the instrument and the observation (i.e. the λ2-coverage). Details on
instrumental and observational specifications and limitations are given in Section 3.2.3.

3.2.2 Application

To perform RM-Synthesis on polarization data it is best to observe with large bandwidths,
consistent of many small individual frequency channels, resulting in frequency cubes of Stokes
I, Q, and U . Due to Faraday rotation, the polarization angle can change significantly within
the observed bandwidth of the telescope (see Section 2.2.2 about bandwidth depolarization).
Splitting the observational bandwidth into many individual frequency channels will reduce
but not prevent this effect. The polarization angles for each frequency of each channel
have to be corrected for the physical Faraday depth of every source between the emitting
source and the observer. The RM-Synthesis technique compares the polarized signal from
different frequency channels given by a series of Faraday depths and finds the Faraday depth
which maximizes the polarization signal after adding all frequency channels together. This
algorithm works well, since with a ’wrong’ Faraday depth, the angles (ψ ∝ φλ2) may not
produce the highest polarization signal when added over the entire band. The final maximum
signal shows a peak at the Faraday depth φ of each Faraday rotating source along the line-
of-sight. While the inputs for RM-Synthesis are data cubes of Stokes Q and U where the
third axis is the frequency, the algorithm give out cubes of the polarized intensity, Stokes Q,
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and Stokes U where the third axis represents the Faraday depth. Additionally, maps of the
polarized intensity, and RM at the Faraday depth of the most significant peak are generated.
An application to an observational data set is explained in detail in Section 5.3.1 of Chapter
5.

If the radiation of a background polarized source propagates through a foreground
medium which both Faraday rotates and produces its own synchrotron emission in the same
volume (“ER”), the peak in Faraday depth space will spread out and turns into a Faraday
thick source. In an ideal case the Faraday spectrum will show a ‘perfect’ box which means
the polarized flux density will appear at different values of φi as illustrated in the bottom
panel of Figure 3.2.1. In reality those boxes are radiused because of the form of the RMSF.
If the observational wavelength range would extend from minus to plus infinity with no gaps,
the resulting RMSF would be a δ-function and the observed Faraday spectrum would show
a perfect box shape (the Fourier transform of a δ-function is a box function). However, in
reality, an extended source in the Faraday spectrum would show up like a double source with
two “horns” (see next Section 3.2.3). Examples for sources which both emits synchrotron ra-
diation and contains Faraday rotating plasma are our own Milky Way, intervening galaxies,
and galaxy clusters.

3.2.3 RM-Synthesis Specifications

Even if RM-Synthesis technique is able to decompose the polarized signal of an observation
along the line-of-sight, its results are limited by the observational setup. An overview of the
bounding instrumental parameters is shown in Figure 3.2.2.

Figure 3.2.2: The three instrumental parameters that determine the output of RM-
Synthesis. The black bar illustrates the observing frequency band. λ2

min is the shortest
wavelength of the observation, δλ2 the channel width and ∆λ2 gives the λ2-coverage of the
observing band. Image from Brentjens and de Bruyn (2005).

Resolution in φ space
The resolution δφ in φ space is determined by the full width of the λ2-coverage ∆λ2 of the
observing frequency band

δφ ≈ 2
√

3
∆λ2 . (3.2.6)
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This corresponds to the FWHM of the RMSF (Equation 3.2.5) in φ space. The FWHM of the
RMSF determines the precision with which one is able to distinguish different φ components
(also dependent on the signal-to-noise ratio of the peaks) and is the equivalent to the spatial
resolution of a radio interferometer (see Section 3.1). In reality, due to RFI the λ2-coverage
of an observation contains gaps which causes side lobes in the RMSF. If the side-lobe level
or rms noise is too high it is not possible to distinguish real signals and artificial peaks
in the Faraday spectrum. The theoretical resolutions δφ of the broadband receivers used
for this thesis, i.e. S-band (2 – 4GHz) and L-band (1 – 2GHz) receivers of the VLA, are
≈ 205 radm−2 and ≈ 51 radm−2, respectively. Unfortunately, a significant fraction of the
observational bandwidth is useless due to RFI. Therefore, the actual resolution reduces to
≈ 522 radm−2 and ≈ 126 radm−2 for S-band and L-band, respectively.

Maximum Scale
Applying RM-Synthesis on polarization data of a region that is emitting synchrotron radi-
ation and contains Faraday rotating plasma (“ER”) reveals an extended component in the
Faraday spectrum. However, sources broader than

max-scale ≈ π

λ2
min

(3.2.7)

cannot be recovered, where λmin is the shortest wavelength of the observation. That means
the larger λmin the smaller the Faraday rotating regions has to be to recover them. In the
case of a region which is larger than “max-scale” only two “horns” remain at the edges of the
structure in the Faraday spectrum (Beck et al., 2012), related to the emitting and rotating
layers at the front and the back (relative to the line-of-sight) of the structure. This problem
is similar to the missing short baselines in synthesis imaging (Section 3.1.2) where sources
larger than the largest detectable scales are “resolved out”. To resolve Faraday “thick”
sources (which are spread out in Faraday space) the FWHM of the main peak in the RMSF
should be narrower than the maximum scale one wish to observe (again in Faraday depth
space - not physical scale). This is equivalent to the beam/resolution of a telescope which
should be smaller than the largest detectable scale. From Equation 3.2.6 and 3.2.7 it follows

λ2
min < ∆λ2 (3.2.8)

as a requirement for resolving Faraday “thick” structures. Theoretically, observations at
S-band and L-band fulfill this requirement. However, due to RFI, the effective bandwidth
reduces and prevent us from detecting extended components in the Faraday spectrum at S-
band. At L-band, even after flagging of bad channels due to RFI, the effective bandwidth is
sufficient to fulfill the requirement of detecting Faraday thick sources. Compared to synthesis
imaging, in RM-Synthesis it is also possible that a source is unresolved in φ space in the
sense that its extent in φ is less than the width of the RMSF.

Maximum φ
The maximum detectable magnitude of φ is limited by the spectral resolution of the instru-
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ment i.e. the channel width of the observing frequency band and is given by:

||φmax|| ≈
√

3
δλ2 (3.2.9)

The S-band and L-band receivers used to observe the data for this thesis, provides a channel
width of 2MHz and 1MHz, respectively. This gives a theoretical maximum detectable
Faraday depth of ∼ 40 000 radm−2 and ∼ 10 000 radm−2 for S-band and L-band, respectively.
Since, the maximum amplitude of Faraday depth in galaxies and AGNs is by far smaller than
those values, we averaged frequency channels together, which reduces the computing time
when applying RM-Synthesis.

All parameters and limitations given by the observations obtained for this thesis are
summarized in Table 5.1 and 7.4 for S-band and L-band, respectively. RM-Synthesis is a
powerful tool to decompose different sources of polarized emission along the line-of-sight or
within the telescope beam. If the resolution in φ-space is not sufficient enough to resolve
different components, is is still advised to apply RM-Synthesis to broadband Stokes Q and
U data to prevent bandwidth depolarization.
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CHAPTER 4

Analyzing Wideband Polarimetry Data

In this chapter, we describe the observation and data reduction of the new radio polarimetric
wideband data of M51 in detail. Especially, finding the right synthesis imaging parameters
for large extended sources is anything but trivial. Section 4.1 gives details on the observation
with the Very Large Array (VLA) interferometer. Section 4.2 describes the data reduction
procedure including flagging and calibration of the new wideband S-band data. In Section
4.3 we discuss different imaging parameters and present the parameter values we used to
create synthesized images of M51 using the new broadband S-band data. We close this
chapter in Section 4.4 with a summary of the whole radio polarimetric data set for M51 used
in our scientific analysis.

4.1 Observation

The observations were taken at S-band (2 – 4GHz, λ 7.5 – 15 cm) in continuum mode in full
polarization. A brief summary of the observational parameters is given in Table 4.1. The
VLA was the instrument of choice because of its high sensitivity wide-band receiver capability
and the large antenna separation, resulting in high spatial resolution. The first two observing
blocks were performed in C-configuration with a maximum antenna separation of 3.4 km
and a resulting angular resolution of 7′′ at S-band. This corresponds to a physical scale of
about 300 kpc at the distance of M51. To reach a theoretical image noise of ∼ 4µJy in
total intensity, 3 hours of on-source time was necessary in C-configuration. This results in
2 separate observations of 2 hours (including telescope overhead and calibrator pointing),
taken in November and December 2014. 3C 286 was observed as flux density and polarization
angle calibrator, with a polarization angle of +33◦. As phase calibrator J1313+5458 was
observed once at the beginning, middle and end of the target observation. J1407+2827 was
observed as leakage calibrator. The measurement sets (MSs) consist of 16 spectral windows
with 64 channels with 2MHz channel width.

Unfortunately, there exists a large uv-gap in the C-configuration data. As discussed in

37
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Table 4.1: Radio Continuum Observational Parameters of M51.

Frequency (GHz) 2 – 4 (reduced to 2.6 – 3.6 after flagging)
Bandwidth (MHz) 2000 (reduced to 1000 after flagging)
No. of spectral widows 16 (reduced to 9 after flagging)
Total no. of channels 1024
Central Frequency (GHz) 3.06
Array Configuration C; D
Observing dates 26 Nov /14 Dec 2014; 09/10 Oct 2015
Total Flux Density Calibrator 3C 286
Polarization Angle Calibrator 3C 286

Section 3.1.2, missing spacings prevent us from correctly recovering the full extended emis-
sion in M51 in all Stokes parameters. As an example, the left panel of Figure 4.1.1 shows
an amplitude vs. uv-distance plot of the M51 C-configuration observation at 3GHz. Note
that the huge gap towards small uv-distances (< 600λ) results from the minimum spac-
ing between individual antennas, already mentioned in Section 3.1.2, which is unavoidable.
However, a large gap between 40 – 70m (700 – 900λ) is conspicuous. This gap produces ar-
tifacts as obviously visible in a preliminary total intensity image of M51 produced using
the C-configuration data in the right panel of Figure 4.1.1. The large stripe-like artifacts
leads to non-uniform background and obvious systematics that results in wrong flux density
estimates and missing real emission on scales of 4.9′ – 8.6′ from M51 itself at 3GHz (M51 has
an angular diameter of about 7.6′). Note that the range of scales of emission that this gap
in the uv-plane corresponds to is smaller at higher frequencies (between 3.9′-6.9′ at 4GHz).
In particular for polarization analysis, missing emission on certain spatial scales in Stokes Q
and U maps will result in finding incorrect polarization angles and hence, incorrect proper-
ties of the magneto-ionic medium including the polarized intensity, the Faraday depth, and
the intrinsic polarization angle (e.g., Gaensler et al., 2001). Therefore, data from the VLA in
D-configuration were required to densely sample the missing uv-range (40 – 70m; 700 – 900λ)
to reliably image M51 and to estimate the real flux density of the observed structures.

To fill the missing spacings of the data in C-configuration, additional observations in
D-configuration were performed in October 2015. To achieve the same surface brightness
sensitivity as for the C-configuration data, 1.5 hours of on-source time were required, 2
hours including overhead. The same flux density, phase, and leakage calibrator sources as
for C-configuration were observed. Table 4.2 shows a summary of the observations.

4.2 Flagging and Calibration

Calibration and data reduction were done using the NRAO Common Astronomy Software
Applications (CASA) package (McMullin et al., 2007). After automatic flagging of the be-
ginning and end of each spectral window due to decreasing sensitivity towards the edges and



4.2 Flagging and Calibration 39

Figure 4.1.1: Left: The uv-coverage for C-configuration data at 3GHz. The gap in the
uv-plane between 700 – 900λ corresponds to angular scales of 4.9′ – 8.6′ at 3GHz. Right:
Total intensity map of M51 at S-band using C-configuration data only after preliminary
data reduction. The color scale is in Jy beam−1. The image clearly contains stripe-like
artifacts and regions of missing flux density (negative bowls).

the first 10 seconds of each scan, Hanning smoothing was applied to smooth the side lobes of
the Sinc function, resulting from the Fourier transformation of a box function (the visibilities
in frequency space are present at separate frequency channels with 1 – 2MHz channel width,
causing a box-function like distribution). Then, an initial bandpass calibration was applied
on the flux density calibrator to improve the detection rate of RFIs using the automatic
flagging algorithm RFlag. After applying RFlag, the visibilities of the calibrators and the
science target in the MSs were carefully inspected for further RFI excisions manually. Due
to flagging of RFI, and flagging the beginning and end of each spectral window, the effective
frequency band is reduced to 1000MHz (2.56GHz – 3.56GHz), divided into nine spectral
windows.

Individual antennas are moved on rails and thus, it is physically impossible to move them
on the exact right position (with sufficient accuracy). Because the visibilities u and v are a
function of position, to use the right baseline positions is crucial for a good image quality with
no artifacts. Therefore, as a first step of calibration, the task gencal was used for an a priori
antenna position correction. Then, the CASA task setjy, using the standard Perley and
Butler (2013a) flux density scale, was used to determine the absolute flux density of the total
flux density calibrator 3C 286 by placing the correct visibilities of the flux density calibrator
into the model column of the data set. For M51 3C286 was used, a strong quasar with well-
known and stable total flux density scale of 10.9 Jy at 2.565GHz (Perley and Butler, 2013a).
To prevent small atmospheric and instrumental time variations of the phase, an initial phase
calibration was done using the task gaincal, averaging over 30 second intervals within the
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Table 4.2: Detailed Observational Parameters of Different Array Configurations of M51.

Source Config tint θ σth
min arcsec µJy beam−1

(1) (2) (3) (4) (5)
M51 C 2×90 7.4× 4.7 ∼ 4
M51 D 90 24.4× 17.5 ∼ 13

Notes. (1) Name of the source; (2) Array configuration; (3) Total on-source integration time;
(4) Full resolution in the synthesized image; (5) Theoretical rms noise (Equation 3.1.3).

bandpass. For phase calibration, a bright unresolved source near the since target was used
(J1313+5458 in case of M51). The next step is to solve for antenna-based delays of the
signal of each antenna relative to a reference antenna. The reference antenna can be chosen
by the user, taking care to use one which is located near the center of the antenna array.
For this observation antenna ea25 was used as reference antenna. To solve for variations
with frequency, a bandpass calibration of the total flux density calibrator is needed. The
variations are caused by slightly different antenna bandpasses. Bandpass calibration was
done for both amplitude and phase for each spectral window. Then, gaincal was used to
calibrate for the complex gain (amplitude and phase) for all calibrators and since targets.
Because the flux density scale of the flux density calibrator is known, the task fluxscale can
then be used to set the right flux density scale to all other sources, comparing the complex
gains of each source with those of the flux density calibrator.

The previous run of setjy only sets the total intensity level of the flux density calibrator.
Because 3C 286 has a well-known and stable polarization angle of +33◦ (Perley and Butler,
2013b), the flux density calibrator is also suitable for polarization calibration. Using the
manual mode in setjy, the polarized flux density model can be generated using the known
polarization angle and fractional polarization of 3C 286 (Perley and Butler, 2013b). The
polarization fraction is known with accuracy of 0.03% while the polarization angle has an
uncertainty of only 1◦ at 5GHz. Both quantities are very stable over the past 20 years. As
it was necessary to solve for antenna-based delays in total intensity, one needs to solve for
the cross-hand delays due to delay differences between right-handed and left-handed circular
polarization. This was done using gaincal with gaintype KCROSS. Another important
step of polarization calibration is to solve for instrumental polarization. Mechanical and
electronical effects (e.g. spillover between clouds on the sky above the antennas) can result in
an artificial polarized signal in the data measured by a radio telescope. Thus an unpolarized
source can appear to be polarized and the level of polarization in a polarized source can be
erroneous. For this purpose an unpolarized calibrator needs to be observed (J1407+2827 in
case of M51). Leakage polarization calibration was done using the CASA task polcal which
derives the level of leakage polarization from the unpolarized calibrator which can later be
subtracted from all observed sources (including calibrators and target sources). As a last step
of calibration, one needs to set the right polarization position angle into the model column of
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the calibrator 3C 286. To do so, the task polcal was used with the parameter poltype=’Xf’
for position angle (X) and frequency-dependent (f) calibration. The polarization calibrator
3C 286 has a well-known RM of 0 radm−2 (Perley and Butler, 2013b). We have verified that,
after calibration, 3C 286 has a RM consistent with zero (using RM-Synthesis).

All the tasks and steps described above generate calibration tables. The calibration
solutions in those tables must be applied to the raw data column of each source. This was
done by CASAs task applycal, which writes the calibration results into the corrected data
column, which can then be used for further scientific analysis. When applying the calibration
solutions to the data, the solutions were linearly interpolated. Calibration was performed
for each observation separately. For imaging, the calibrated visibilities of the target source
M51 from each configuration observation were combined using the task concat.

Despite calibration of the since target, small phase (and sometimes amplitude) errors
can remain in the data. To reduce the errors, self-calibration was applied to the data.
For the process of self-calibration, primary images are formed for each spectral window
separately using the CORRECTED_DATA column of the MS. The cleaning threshold of
the flux density for the primary images should be high enough to make sure that no artifacts
from bad phase/amplitude solutions are erroneously interpreted as real signal and modeled
during the imaging process. The model image formed during this imaging process is then
used as a new model for calibration which in particular means one uses the target source
as a new calibrator. Self-calibration can be used to eliminate phase and amplitude errors.
We tested self-calibration for amplitude only, phase only, and a combination of phase and
amplitude. Furthermore, we applied self-calibration multiple times. This test has shown that
only one circle of self-calibration of the phase improved the dataset (such as reduction of
imaging artifacts), whereas multiple circles and amplitude corrections show no improvements.
Therefore, our final calibrated dataset was only self-calibrated for phase errors.

4.3 Imaging

Images of Stokes I, Q, and U were created using the clean algorithm in CASA (Högbom,
1974). Details on the synthesized imaging procedure are given in Section 3.1.1. The NRAO
CASA team is currently developing a new version of clean, called tclean, where the “t”
stands for test-version1. Since the test version provides more combinations of different algo-
rithms such as multi-scale (see below) together with wideband image reconstruction tclean
was used for imaging. The observations were done using a wide-band receiver, covering a
frequency range of 2GHz (2 – 4GHz). Observing with wide frequency bands not only pro-
vides simultaneous analysis of science targets at multiple frequencies but also improves the
uv-coverage and therefore the sensitivity in the final wideband image. Figure 4.3.1 shows
the different uv-coverages of one single spectral window (left panel) and the full observing
band using only the effective bandwidth after flagging of bad spectral windows and channels
(right panel). It is clearly shown that using the full frequency band the density in uv-coverage

1https://casa.nrao.edu/casadocs/casa-5.0.0/global-task-list/task_tclean/about

https://casa.nrao.edu/casadocs/casa-5.0.0/global-task-list/task_tclean/about
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Figure 4.3.1: Left: uv-coverage of spectral window 0 with about 128MHz bandwidth
(2.560 – 2.688GHz). Right: uv-coverage of the full observation with about 1000MHz band-
width (2.56 – 3.56GHz).

highly improved.

Applying a Fourier transformation to the calibrated visibilities forms a dirty image, which
is the first step of imaging. The dirty image is the true image on the sky, convolved with the
dirty beam, also known as the Point Spread Function (PSF). One can create a dirty image
by imaging with zero iterations. For more details on synthesized imaging see Section 3.1.1.
The dirty image can be used to check how strong the artifacts of the PSF can influence the
final image and how high the level of sidelobes is compared to the main lobe. Figure 4.3.2
(left) shows the dirty image of the concatenated visibilities of all configuration observations.
The sidelobes seen in the image do not exceed a level of about ± 7% of the main peak,
measured using CASA viewer.

The field of view of an interferometric observation, also referred as primary beam, is
defined by the antenna size and the observing wavelength. At 3GHz, the primary beam of
the VLA antennas amounts to 0.25 degrees or 15.5 arcmin (shown in the right panel of Figure
4.3.2). Away from the phase center, the antenna response decreases by a factor of two at the
Half Power Beam Width (HPBW). To correct for this, the image’s flux density levels need
to be corrected for the primary beam attenuation. This is especially important for extended
sources, since the antenna response is different for different parts of the source itself. The
primary beam has an approximately Gaussian shape whose size is frequency dependent.
When observing with wide frequency bands, the primary beam shape varies by a factor of
νmax/νmin across the band (factor of two at S-band) which results in apparent steepening of
spectral indices of sources away from the phase center (or the outer regions of an extended
source). To correct for this, one can either use the option pbcor=True in tclean (only for
nterms=1, see below) or apply the task impbcor (for nterms> 1). The task impbcor needs
a primary beam pattern image, produced during the bevorhand tclean run. For wideband
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Figure 4.3.2: Left: Dirty beam also called Point Spread Function (PSF). Right: Prelimi-
nary Stokes I image to visualize the field of view and size of the primary beam (with unit
Jy beam−1).

imaging, the new task widebandpbcor was used, which computes a set of primary beams
at different frequencies across the observing frequency band and calculates a primary beam
spectrum to apply the right correction of the flux density scale at each frequency. The
frequency chunks can be specified giving a list of spectral windows and channels therein.
Further, one can give relative weights to the frequencies selected using the spectral window
and channel lists. Since for the M51 data all nine spectral widows show the same quality (in
terms of e.g. occurring RFI), equal weights were given to the frequencies.

Since the total flux density of a radio source changes with frequency (see Section 2), for
observations with wide frequency bands variations of the total flux density level across the
band needs to be taken into account. Using the multi-frequency synthesis (mfs) algorithm in
tclean (Rau and Cornwell, 2011), the spectral dependency of the sky’s flux density across
the band is fitted by a polynomial Taylor expansion

Iν =
Nt−1∑
t=0

It ·
(
ν − ν0

ν0

)t
, (4.3.1)

where It is the sky’s flux density at the t-th order of Taylor expansion and Nt the user
specified number of Taylor terms used and ν0 a reference frequency (given by the midpoint
between the highest and lowest frequency). One can choose the number of terms for the
expansion using the parameter “nterms” in tclean. nterms= 1 is the default, generating
an image assuming a spectrum with zero spectral index, i.e. no frequency dependency of the
sky’s flux density. In radio-frequency regime, the emission of M51 is mainly produced by
synchrotron radiation whose spectral dependency is given by a power law. Using nterms= 2,
tclean fits a constant spectral index to the visibilities across the frequency band. In this



44 4.3 Imaging

case, the total intensity is given by

Iν = Iν0 ·
(
ν

ν0

)αtot

, (4.3.2)

where Iν0 is the total intensity at the reference frequency ν0 and αtot is the spectral index
of the total flux density. Using tclean with nterms= 2 produces an image at the central
frequency of the frequency band. Additionally, a spectral index map is generated which
shows the spatial distribution of the in-band spectral index across the galaxy. Details about
the in-band spectral index and problems that arise by computing the in-band spectral index
using multi-frequency synthesis imaging are described in Section 4.3.1. To correct for the
spectral dependency of the primary beam, widebandpbcor was applied to the mfs total
intensity image, which also fits Taylor polynomials to the primary beam response within the
observing band. Further, the option “calcalpha” can be chosen in widebandpbcor to correct
the spectral index map for the primary beam.

To find the optimal input parameters for deconvolution, different input parameters were
tested. One important parameter is the stopping threshold until tclean should search for
peaks in the residual image (a detailed description on synthesized imaging is given in Section
3.1.1). The root mean square (rms) noise σ in the image gives a good estimate for the cleaning
threshold. To check the image quality, a threshold of ∼ 3σth using the theoretical rms noise
given by Equation 3.1.3 was used. The threshold needs to be low enough to make sure
the entire flux density of the source is recovered, but if the threshold is too low, doubtful
features due to calibration errors or clean artifacts might be treated as real signal. If the
image quality is satisfying, hence no clean artifacts and questionable features (e.g. no rings
or stripes) are visible in the image, one can clean down to the image rms noise. In case of
our M51 measurements, the rms noise in the images is measured in a box with the size of
about 20 beams at a region free of emission towards the north-west of the galaxy. Since the
synthesized beam should be sampled by about 5 pixels across its minor axis, for the beam
size of the current data set of about 6′′ (minor axis), a cell size of 1′′ was used for imaging.

During cleaning, the sources in the field are represented by point sources and the final
image is the sum of these point source components (Dirac delta functions) convolved with
the PSF. To improve imaging of extended sources, different extensions of the classical clean
algorithm for handling extended sources are available. One example is multi-scale cleaning
where the emission on the sky is decomposed into scales with different angular sizes (Corn-
well, 2008). During multi-scale cleaning the residual image (see Section 3.1.1) gets smoothed
to different user-specified scale sizes. To image extended sources it is recommended to select
different scales which represent the scales existent in the data, including the zero-scale for
point sources, one scale of about the beam size and some larger scales. The largest scale
should represent half of the largest extent of the source. M51 has an apparent diameter of
about 400′′ at 3GHz and the minor axis of the synthesized beam is about 6′′. This results
in a scale sample of 0, 6, 9, 18, 30, 45, 60, 100, and 200 pixels. The scales are given in pixels
and since the cell size (or pixel size) is chosen to be 1′′, the scales correspond to the angular
size on the sky in arcsec.

Another important imaging parameter to choose is the right weighting algorithm to be
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Figure 4.3.3: Stokes I images of M51 using spectral window zero only (at 2.56GHz). For
each image different weighting algorithms were applied. The left panel shows the synthesized
image with uniform weighting (robust= −2), the middle panel the image with natural
weighting (robust= +2) and the right panel with a compromise between natural and uniform
weighting (robust= 0). The unit of the flux density is Jy beam−1 and all images have the
same scale.

applied to the data. The most common weighting schemes for interferometric data are
listed in Section 3.1.1. Figure 4.3.3 shows Stokes I images of M51 after applying different
weighting schemes using only the first spectral window. There are differences in the image
sensitivity and synthesized beam sizes: Uniform weighting gives the highest resolution but
there is some missing flux density in the left image of Figure 4.3.3 (compared to the middle
one). Natural weighting gives the highest flux density with slightly larger rms noise, but the
synthesized beam size is large. Also the natural weighted images contains strong artifacts
across the entire image. Giving a Briggs parameter (see Section 3.1.1) between the two
extremes gives the highest signal-to-noise ratio (factor 2 larger compared to robust= ± 2).
Table 4.3 summarizes the differences in image parameters after applying different weighting
algorithms. To archive a good balance between high resolution and good flux density coverage
and high signal-to-noise ratio, robust-weighting with a robust parameter of 0 was used for
the final images.

Because of the in-band spectral index problem (discussed in the next section) and the
effect of bandwidth depolarization we divided the frequency band into nine spectral windows
and created individual images for each spectral window in Stokes I, Q, and U . For the final
synthesized images of M51 we used the following set of parameters in tclean:

• As a stopping threshold we used 1σ of the rms noise in the corresponding images,
measured in a box with size of about 20 times the beam size at a source-free location
towards the north-west of M51.

• We used only a single Taylor expansion term, assuming no frequency dependence of
the flux density within a single spectral window (nterms= 1).
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Table 4.3: Image Parameters at 2.56GHz After Applying Different Weightings.

robust close to beam σ Iint S/N
arcsec µJy beam−1 mJy

(1) (2) (3) (4) (5) (6)
-2.0 uniform 7.73 × 5.48 50 680 14
+2.0 natural 14.05 × 10.14 60 730 12
0.0 compromise 8.91 × 6.10 30 690 23

Notes. All parameters given in this table are obtained from the test images in Figure 4.3.3.
(1) Briggs’s robust parameter; (2) Weighting scheme the briggs parameter corresponds to;
(3) Synthesized beam size; (4) rms noise; (5) Total integrated flux density; (6) Signal-to-noise
ratio.

Table 4.4: Final Image Parameters of M51.

Stokes threshold νc nterms beam cell σ
µJy beam−1 GHz arcsec arcsec µJy beam−1

(1) (2) (3) (4) (5) (6) (7)
Imfs 20 3.06 2 7.2× 5.2 1 25
Ispw 30 2.624 – 3.624 1 7.0× 4.5 – 8.9× 6.1 1 15 – 25
Q,U spw 20 2.624 – 3.624 1 7.0× 4.5 – 8.9× 6.1 1 15 – 22

Notes. (1) Stokes parameter where ‘mfs’ stands for multi-frequency synthesis and ‘spw’ for
spectral window; (2) tclean stopping threshold; (3) Central frequency of the final image;
(4) Number of Taylor coefficients; (5) Synthesized beam size; (6) Cell size of each pixel in
the final image; (7) rms noise in the final image (without primary beam correction - with
pbcorr the rms noise is about 20% larger).

• For multi-scale cleaning we used a scale sample of 0, 6, 9, 18, 30, 45, 60, 100, and 200
arcseconds, which corresponds to about 360 – 7400 pc.

• For all images we used Briggs-weighting with a robust parameter of 0.0 as a compromise
between natural and uniform weighting, hence a compromise between high resolution
and good sensitivity.

The final image parameters are listed in Table 4.4.

4.3.1 In-band Spectral Index

For imaging of wideband observations, the total intensity spectral index must be taken
into account (see Section 2.1.2). For observations with wide frequency band receivers, the
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Figure 4.3.4: Total integrated radio continuum spectrum of M51 with a fitted power law
giving a total spectral index αtot = −0.81 ± 0.05. The flux densities and references are
listed in Table 4.5. In the bottom left, a zoom in to the S-band frequency range with the
integrated flux densities of the spectral window images is shown. The red data point at
3.06GHz shows the total flux density level obtained from the mfs Stokes I image (using
nterms= 2) which is underestimated by about 10%. The blue data point which lies within
the S-band range comes from single-dish observations (Klein et al., 1984) and is in agreement
within the errorbars with our observation.

synthesized imaging algorithm clean (Högbom, 1974) has implemented a procedure called
multi-frequency synthesis. Using this algorithm gives the possibility to chose the number
of Taylor coefficients to model the frequency dependence of the sky’s brightness (see Rau
and Cornwell, 2011 and Equation 4.3.1 and 4.3.2 in Section 4.3). This method revealed a
problem of not recovering the right amount of flux density for extended sources. For regions
with low signal-to-noise ratio (especially in the outskirts of M51, where most of the extended
emission is located) tclean (the same holds for clean) gives a spectral index which is too
steep.

Figure 4.3.4 shows the total integrated radio continuum spectrum of M51 at frequencies
ranging from 151MHz up to 23GHz, showing data points from previous observations of
several authors. The corresponding flux densities and references are listed in Table 4.5. The
red data point at 3.06GHz shows the integrated flux density of the new S-band observation
at Imfs = 635 ± 2mJy (the errors is dominated by the noise contribution in the images:
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Table 4.5: Integrated Total Radio Continuum Flux Densities of M51.

Frequency Flux density Reference
GHz Jy
0.151 8.1± 0.6 Mulcahy et al. (2014)
0.408 3.5± 0.1 Gioia and Gregorini (1980)
0.610 2.63± 0.06 Segalovitz (1977)
1.4 1.4± 0.1 Dumas et al. (2011)
2.6 0.771± 0.05 Klein et al. (1984)
3.06 0.635± 0.002 Imfs This work
2.56 0.822± 0.002 Ispw This work
2.69 0.779± 0.002 Ispw This work
2.82 0.759± 0.002 Ispw This work
2.95 0.731± 0.002 Ispw This work
3.06 0.704± 0.001 Ispw This work
3.18 0.688± 0.001 Ispw This work
3.31 0.661± 0.002 Ispw This work
3.43 0.644± 0.002 Ispw This work
3.56 0.628± 0.002 Ispw This work
4.85 0.420± 0.080 Stil et al. (2009)
8.35 0.308± 0.103 Dumas et al. (2011)
10.7 0.241± 0.014 Klein and Emerson (1981)
14.7 0.190± 0.020 Klein et al. (1984)
22.8 0.142± 0.015 Klein et al. (1984)

Notes. The listed flux densities are plotted in Figure 4.3.4. The errors reported for our
S-band flux densities are dominated by the noise contribution in the individual images:
∆I = σI ·

√
Nbeams.

∆I = σI ·
√
Nbeams, where Nbeams is the number of beams within the integration area). The

power-law fit to the flux densities from 151MHz to 23GHz gives a total integrated spectral
index of αtot = −0.81 ± 0.05. By comparing the integrated flux density at S-band with the
power-law fit, the missing flux density in the mfs Stokes I image amounts to about 70mJy
(10%). To obtain the right amount of flux density, we produced spectral window images
applying nterms= 1 in tclean which corresponds to a spectral index of zero within the sub-
bands of about 128MHz bandwidth. This results in spectral window images with the right
level of total flux density. The integrated flux densities of M51 from the spectral window
images are shown as green diamonds in Figure 4.3.4. To better compare the flux density
level with the power law fit, a zoom-in version of the plot is shown in the bottom left corner
of Figure 4.3.4. The total intensity measurements of the new spectral window images are
in excellent agreement with the power-law fit performed using the archival Stokes I data at
multiple frequencies. This shows that our observations cover the right flux density level and
thus, the data are most likely do not suffer from missing short spacings (see Section 3.1.2).
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We only show the total integrated radio continuum spectrum for the purpose to validate if
the right amount of flux density was detected by our observations. For a detailed discussion
of the spectrum, please see Mulcahy et al. (2014).

Figure 4.3.5 shows the spectral index distribution of M51. The left panel shows the
spectral index distribution evaluated by fitting a power law to the spectral window images
on a pixel basis. The right panel shows the spectral index map formed by tclean. To
compare both results, the color scale is identical. The spectral index comparison shows
that the multi-frequency synthesis algorithm computes spectral indices which are steeper
on average by a factor of almost 3, compared to the spectral indices computed by a power
law fit to the spectral window images. To quantify this statement, Figure 4.3.6 shows the
histogram of the spectral index distribution for both cases. The power-law fit spectral index
distribution shows a mean of -0.92 with a standard deviation of 0.69. Using

Imfs = Iν0 ·
(
ν

ν0

)αtot

(4.3.3)

with a reference frequency ν0 = 2.56GHz at the beginning of S-band and a reference flux
density of Iν0 = 822mJy, an average spectral index of -0.92 would give rise to a total inte-
grated flux density of 698mJy at 3.06GHz, which is very close to the flux density measured
in the spectral window image (Ispw3.06GHz = 704 ± 1mJy). However, the spectral index dis-
tribution computed by tclean has a mean of -2.55 with standard deviation of 2.37 which
gives a flux density of only 522mJy at 3.06GHz. Furthermore, the histogram of the spectral
index from tclean shows a skewness of the distribution towards steeper spectral indices.
In this case, the distribution deviates significantly from a Gaussian distribution (expected
from the image noise), whereas the distribution of spectral indices from power-law fit shows
a shape close to a Gaussian distribution. This analysis shows once again that the in-band
spectral index computed by the clean algorithm is too steep and thus, is unsuitable for
further analysis. Furthermore, the total flux density level in the Stokes I image computed
using multi-frequency synthesis suffers from the wrong spectral index computation. For fur-
ther analysis (e.g. for computing the map of the degree of polarization) we used the Stokes
I map of the central spectral window at 3.06GHz instead of the mfs Stokes I image.

A too steep spectral index computed by CASA’s clean task was also found by other
authors, e.g. Basu et al. (2017) and Condon (2015). The reason for the computation of
the too steep spectral indices is beyond our current knowledge. For the multi-frequency
synthesized image, this results in an integrated flux density level which is below the flux
density extrapolated from other frequencies (assuming a constant spectral index across the
referred frequency range).

4.3.2 Separation of Thermal and Non-thermal Emission

Polarized emission is generated by non-thermal synchrotron radiation. As it was discussed
in Section 2.1, the observed total intensity emission of galaxies is a superposition of thermal
+ non-thermal radio emission. Therefore, to calculate an accurate (non-thermal) fractional
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Figure 4.3.5: Spectral index maps of M51. The left images show the spectral index map
from pixel-wise power law fitting of total intensity images of each spectral window (error
map at the bottom). The right images show the spectral index map computed by CASA’s
tclean at the same color scale.
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Figure 4.3.6: Histogram of the spectral index maps in M51. The left plot shows the
spectral index distribution from a pixel-wise power law fit of total intensity images of each
spectral window. The right plot shows the spectral index distribution computed by CASA’s
tclean. Data were only used where the signal to noise in total intensity exceeds three. The
solid line is the best-fitting Gaussian to the histogram. The calculated mean and standard
deviation from the data and the mean and standard deviation from the Gaussian fit are
shown, respectively.

polarization and total magnetic field strength, the thermal fraction of the total intensity
map of M51 must be subtracted from the Stokes I map. Thermal radiation is produced by
free-free emission or bremsstrahlung of free electrons (see Chapter 2). Free electrons in the
interstellar medium (ISM) of spiral galaxies are generated by ionization of neutral atoms
(mainly hydrogen) where star formation processes such as supernova explosions and stellar
winds are the most prominent ionization processes. Regions of recent star formation are the
strongest sources of thermal emission in the ISM of galaxies. Star forming regions, such as
molecular clouds, can be observed in infrared (IR) which traces stars and their environment,
and in millimeter and sub-millimeter range which traces continuum dust emission and tran-
sitions in molecules. A good tracer of ionized hydrogen in the ISM of galaxies is the Hα
emission line. It is generated by electrons of hydrogen atoms, falling from the third down
to the second lowest energy level. This transition has a characteristic wavelength of 656 nm
(Cox, 2000) and is therefore visible in the red part of the optical spectrum. However, Hα
emission can be attenuated by dust absorption within the ISM. To correct for this, the ab-
sorbed and then re-radiated photons can be observed in IR emission. A detailed method of
subtracting the thermal emission from radio continuum observations was developed by e.g.
Tabatabaei et al. (2007) and Tabatabaei et al. (2018). Using this method, a Hα map is used
as a tracer for the thermal radio emission. However, this method uses several assumptions
which can cause erroneous thermal fractions and hence wrong polarization fractions.

For the purpose of our study, instead of correcting each pixel of the total intensity map
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Table 4.6: Total Flux Densities and Thermal Fractions of M51.

Total Flux Density Value Reference
S4.85GHz 420± 80mJy Stil et al. (2009)
S1.4GHz 1400± 100mJy Dumas et al. (2011)
S3.06GHz 704± 1mJy This work
Thermal Fraction Value Reference
f th4.85GHz 0.15+0.12

−0.14 Tabatabaei et al. (2017)
f th1.4GHz 0.05+0.05

−0.04 Tabatabaei et al. (2017)
f th3.06GHz 0.09+0.08

−0.08 This work
Notes. The thermal fraction at 3.06GHz was obtained using Equation 4.3.5.

for thermal emission (using e.g. a Hα map) we assume a constant thermal fraction across
the entire galaxy. For this method, only a few data points at different radio frequencies are
needed. Tabatabaei et al. (2017) fitted the radio continuum spectrum of a sample of nearby
galaxies, including M51, using a Bayesian Markov Chain Monte Carlo (MCMC) interface.
The data points of the spectrum are taken from Effelsberg observations and archival data in
a frequency range of 1 – 10GHz. The total radio continuum spectrum can be expressed as

Stot
ν = Sth

ν + Snth
ν = A1 ν

−0.1 + A2 ν
αnth , (4.3.4)

where A1 and A2 are constant scaling factors and αnth is the non-thermal spectral index
which is assumed to be constant across the chosen frequency range (Tabatabaei et al., 2017).
With this method, a mean thermal fraction across the galaxy is generated. The thermal
fractions computed by Tabatabaei et al. (2017) are given in Table 4.6. Assuming a constant
thermal spectral index of αth = −0.1 and using the relation

fth(ν) = Sth
ν

Stot
ν

= Sν0 · f thν0

(
ν

ν0

)−0.1
/Stot

ν , (4.3.5)

with the numbers given in Table 4.6, the thermal fraction of M51 at ν = 3.06GHz, which is
the central frequency of S-band, amounts to 9%. This method gives a good approximation
for the mean thermal fraction of M51 at S-band. Note that we did not correct the Stokes
I map for thermal emission on a pixel-by-pixel basis. Instead we integrated the total inten-
sity in particular regions for scientific analysis and subtracted the thermal fraction from the
integrated total flux density: in Section 5.3.3 we investigate the degree of polarization as a
function of radius where the thermal fraction was subtracted from individual data points of
Stokes I to obtain the degree of non-thermal polarization. In Section 6.1.3 of Chapter 6,
we compare different depolarization models to the observed degree of (non-thermal) polar-
ization as a function of wavelength and applied the above described method to subtract the
thermal fraction from Stokes I at all available wavelengths. In this method, the associated
uncertainties of the thermal fraction were not taken into account.
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In reality, the thermal fraction can have spatial variations across the galaxy. Mulcahy
et al. (2017) performed a detailed thermal separation of their broadband S-band data of the
face-on spiral galaxy NGC628. They found a thermal fraction of 10 – 20% in the spiral arms,
20 – 30% at locations coinciding with HII regions and up to 47% in the central part of the
galaxy. The spatial variations in the thermal fraction in NGC628 are lower limits to those
in M51, because M51 has a higher star formation rate but similar size as NGC628 (Heesen
et al., 2014).

4.4 Summary of the Radio Polarization Dataset of M51

One important result of our analysis of wideband interferometric data shows that the in-band
spectral index at S-band derived by the multi-frequency synthesis application in CASA’s task
clean is unreliable that is, the in-band spectral indices are too steep by about a factor of
two. Note that this is only true when applying multi-frequency synthesis with number of
Taylor coefficients > 1. Not only the spectral index distribution is unreliable, due to a strong
bias towards steeper spectral indices also the total integrated flux density at S-band is too
low by about 10% (when using nterms= 2 in clean). Hence, the flux densities observed
by the broadband S-band receiver of the VLA and analyzed by CASA’s clean task must
be taken with caution. For this reason, we used images in Stokes I, computed across the
nine spectral windows of the effective frequency band, assuming no frequency dependence
of the sky’s brightness across those sub-bands. Comparing the flux density with the total
integrated radio spectrum at other frequencies (if available) provides a trustful test whether
the right amount of flux density was detected (as it is the case for all Stokes I spectral
window images of our study). Details on the in-band spectral index problem are given in
Section 4.3.1.

For the polarization study, we generated maps in StokesQ and U for each spectral window
and applied RM-Synthesis to obtain maps of the linearly polarized intensity, the polarization
angle, and the RM. In Section 5.3 of Chapter 5 we describe the RM-Synthesis procedure in
detail and give the chosen RM-Synthesis parameters used to generate the polarized intensity
map.

Additionally, the maps of Stokes I (at the central spectral window), Q, and U (the maps
of all spectral windows) were smoothed to 15′′ resolution to be able to compare the results
of our new S-band observations with VLA data at higher frequencies in C- and X-band at
4.85GHz and 8.35GHz (Fletcher et al., 2011) which are available at a resolution of 15′′.
To compare this to data at lower frequencies, we also smoothed the broadband L-band (1 –
2GHz) VLA data set (Mao et al., 2015) to 15′′ resolution in Stokes I, Q, and U . This
provides us with a powerful radio polarization data set between 1 – 8GHz to investigate in
Chapter 6 the magneto-ionic medium of M51 at different physical depths and to investigate
wavelength-dependent depolarization across the widest wavelength coverage in polarization
of a nearby spiral galaxy to date. Table 4.7 gives an overview of the combined data set.

To ensure that the polarization analysis is not affected by bandwidth depolarization, we



54 4.4 Summary of the Radio Polarization Dataset of M51

Table 4.7: Combined Radio Polarization Dataset of M51.

Band ∆ν δν Nmaps σI σQU Reference
GHz MHz MHz µJy beam−1 µJy beam−1

(1) (2) (3) (4) (5) (6) (7)
L (1 – 2) 400 (1.12 – 1.84GHz) 8 44 35 8 A
S (2 – 4)∗ 1000 (2.56 – 3.56GHz) 128 9 30 6 This work
S (2 – 4) 1000 (2.56 – 3.56GHz) 128 9 60 9 This work
C (4.85) 500 - 1 30 10 B
X (8.35) 1100 - 1 20 8 B

Notes. All maps have a resolution of 15′′ except the with ∗ marked S-band maps with
a resolution of 10′′ × 7′′; (1) Frequency band; (2) Effective bandwidth (after flagging); (3)
Channel width; (4) Number of maps given the effective bandwidth and the channel width;
(5) rms noise in the total intensity map (across the band for L-band); (6) average rms noise
in the Stokes Q and U maps; (7) References of the maps: A from Mao et al. (2015) and B
from Fletcher et al. (2011). At S-band we give the rms noise values of the total intensity
map of the central spectral window only since this map was used for analysis (see discussion
of the in-band spectral index in Section 4.3.1).

examined the amount of depolarization within the observational frequency bands (1100MHz
at X-band, 500MHz at C-band, 1000MHz at S-band, and 400MHz at L-band, also listed
in Table 4.7). The reduction of the degree of polarization by bandwidth depolarization
is dependent on the amplitude of the observed RM and the observational frequency and
bandwidth (compare Equation 2.2.12). The effect is strongest at low frequencies. In fact,
the degree of polarization would reduce by more than 5% at L-band (given a bandwidth
of 8MHz) if |RM| is greater than about 300 radm−2. The maximum amplitude of RM
observed at L-band in M51 amounts to only about 30 radm−2. For S-band (with subbands
of 128MHz width), a |RM| of 500 radm−2 would reduce the degree of polarization by 5%,
but the maximum observed |RM| at S-band is a factor of about two smaller. Also at higher
frequencies (at X and C-band) the amplitude in |RM| does not exceed the limit which reduces
the degree of polarization by more than 1%. Therefore, bandwidth depolarization does not
affect our subsequent analysis.



CHAPTER 5

The Magnetized Disk-halo Transition Region
in M51

5.1 Introduction

Observations show that large-scale magnetic fields exist not only in disks of galaxies, but
also in galactic halos (e.g. Krause, 2014; Beck and Wielebinski, 2013; Mao et al., 2012c;
Irwin et al., 2012). Due to the lack of simultaneous measurements of both disk and halo
field structures in galaxies, the origin of large-scale halo fields and how they are connected
to the underlying galactic disk remains poorly understood.

The grand design face-on spiral galaxy M51 provides a perfect laboratory for magnetic
field studies in galaxies. Figure 5.1.1 shows an optical image of M51, overlaid with radio
contours and a table with parameters of the galaxy. It has two clearly separated spiral arms
where star formation takes place. The bright source located at the northern outskirts of
M51 is its irregular companion dwarf galaxy NGC5195.

M51 is well studied at multiple radio frequencies but observations of the linearly polarized
emission in the vicinity of the frequency range of S-band (2 – 4GHz) was only performed
with the Effelsberg 100-m single-dish radio telescope at a limited resolution of about 4.5′
and with a narrow frequency band (Mulcahy, 2011). Why is this particular frequency range
interesting? This question can be answered by considering wavelength-dependent Faraday
depolarization: The polarized emission of M51 at different frequencies seems to originate
from different layers of the face-on galaxy, that is from different physical depths. At high
radio frequencies (5 – 8GHz) the linearly polarized emission from the disk of the galaxy
experiences low Faraday depolarization whereas at low radio frequencies (at around 1GHz),
the polarized signal from the disk is almost completely depolarized. Figure 5.1.2 shows
the observed degree of polarization of M51 at frequencies between 1 – 8GHz at the same
angular resolution and the same color scale. One can see that the degree of polarization
decreases with increasing wavelength (from bottom to top). Especially at L-band (top panel

55
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Alternative Name NGC5194
Hubble Type SAbc
Redshift 0.001544
Distancea 7.6Mpc (1′′ ≈ 37 pc)
Position of centerb 13h29m52s.709

+47◦11′42′′.59
Apparent Size (3GHz) ∼ 7.6′
Linear size (3GHz) ∼ 17 kpc
Galactic Latitude +47◦
Galactic Longitude +202◦
Inclinationc −20◦
Position Anglec −10◦
SFRd ∼ 3.9M� yr−1

Figure 5.1.1: The Whirlpool spiral galaxy M51. Shown are the contours of total radio
emission at λ 6 cm (VLA+Effelsberg) and magnetic field lines, overlaid on an optical image
(Fletcher et al., 2011). The Table on the right summarizes physical parameters of M51.
Notes: a from Ciardullo et al. (2002); b RA and DEC in J2000 coordinate system from Ford
et al. (1985); c Inclination of 0◦ is face-on, position angle of 0◦ is north, from Tully (1974);
d Star formation rate from Heesen et al. (2014).

of Figure 5.1.2) the central region of M51 is strongly depolarized. Therefore, filling in the
gap of polarization observations between high and low radio frequencies, allows us to probe
an unknown physical layer of M51. Berkhuijsen et al. (1997) and Fletcher et al. (2011)
proposed to probe a thick polarized disk of M51 at high frequencies (4.85 and 8.35GHz)
and the halo of M51 at low frequencies (1GHz). At S-band, we hope to probe the layer
in between the disk and the halo and we hope to learn something about the transition or
possible interaction between the disk and halo of M51.

To investigate the transition between the disk and halo seen in polarized emission, we
observed M51 with the Very Large Array (VLA) at S-band (2 – 4GHz). Our new broadband
S-band polarization data fill the gap between data observed with the VLA at L-band (1 –
2GHz) by Mao et al. (2015), and C-band (4.85GHz) and X-band (8.35GHz) by Fletcher
et al. (2011). With this combined high quality and broad frequency coverage data set we
are able to investigate the magneto-ionic properties in different layers of M51. Preliminary
results of this were already presented in conference proceedings (Kierdorf et al., 2018).

Polarization studies of M51 show that different configurations of the regular magnetic
field exist in the disk and in the halo (e.g., Fletcher et al., 2011). According to Fletcher et al.
(2011), the regular field in the disk is best described by a superposition of two azimuthal
modes (axisymmetric plus quadrisymmetric), whereas the halo field has a dominating bisym-
metric azimuthal mode (see Section 1.2 in Chapter 1). The difference in the magnetic field
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Figure 5.1.2: Observed degree of polarization of M51 at different frequencies. All images
have the same color scale and are smoothed to the same resolution of 15′′ (which corresponds
to about 550 pc at the distance of M51). Note that the total intensity images used to calculate
the degree of polarization were not corrected for thermal emission.

configuration between the disk and the halo of M51 is still poorly understood. A better
understanding will come from observations of the transition region between the disk and the
halo, thus with our new S-band data.

Additionally, the new broadband observations offer the possibility to perform RM-
Synthesis to develop detailed models for the RM structure and therefore to see whether
M51 shows a complex behavior in Faraday depth and to resolve any different Faraday ro-
tating components from the different transition layers of the galaxy. The RM distribution
computed by RM-Synthesis has the strong advantage to generate RM values unambiguously
compared to the traditional method of measuring the polarization angles at (at least) two
separated frequencies in narrow frequency bands (see Section 3.2). Another strong advantage
of RM-Synthesis is the reduction of bandwidth depolarization.

The structure of this Chapter is as follows. Section 5.2 discusses the total intensity map
of M51 at 3GHz while in Section 5.3, we discuss the observed magnetic field component in
the plane of the sky at S-band, specifically the linearly polarized intensity map, the magnetic
field structure shown by the polarization angles, and the map of the degree of polarization (to
analyze the field regularity). Details on the RM-Synthesis application are given in Section
5.3.1. Section 5.4 treats the magnetic field component parallel to the line-of-sight, given
by the RM map observed at S-band. We discuss the global distribution of RM including a
structure function analysis as well as local features of RM. Section 5.5 gives a summary of
the scientific results.
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Figure 5.2.1: Total intensity of M51 at 3GHz with a resolution of 10′′ × 7′′ (left) and 15′′
(right), overlaid onto a Hα image (Kennicutt et al., 2003). The contours are drawn at [8, 16,
32, 64, 128, 256, 512]× 30µJy beam−1 (left) and [8, 16, 32, 64, 128, 256, 512]× 60µJy beam−1

(right). The beam size is shown in the bottom left corner.

5.2 Total Intensity at S-band

In this section, the total intensity radio continuum emission in M51 at S-band is described
and interpreted. We show Stokes I images at our highest resolution (10′′ × 7′′) and images
smoothed to 15′′ resolution. The S-band maps discussed in this section are listed in Table
4.7 along with the rms noises for both resolutions.

The radio continuum images of M51 at S-band are shown in Figure 5.2.1. Shown are the
total intensity contours at S-band at 10′′ × 7′′ resolution (left) and 15′′ resolution (right).
The 7′′ beam corresponds to a physical scale of about 360 pc at the distance of M51, whereas
15′′ corresponds to a physical scale of about 550 pc. Due to smoothing, the signal-to-noise
ratio in the 15′′ resolution Stokes I image is by a factor of about 1.5 – 2 higher compared to
the high resolution image (Table 4.7). Note that for S-band we report the total intensity
rms noise of the spectral window image used for analysis. All images are overlaid to the
optical image in Hα of Kennicutt et al. (2003)1. The two prominent spiral arms as well

1Hα emission is generated when electrons of hydrogen atoms falling from the third down to the second
lowest energy level. This transition has a characteristic wavelength of 656 nm (Cox, 2000), is visible in the
red part of the optical spectrum and is a good tracer of star formation activity (see Section 4.3.2).
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as the small irregular companion dwarf galaxy NGC5195 at the northern end of M51 are
well visible in total intensity radio continuum emission at S-band (Figure 5.2.1). In the
high resolution image, detailed structures of the gas are visible, especially spiral arms and
peaks from Hii regions, whereas in the smoothed version with 15′′ resolution, the emission
is detected towards slightly larger radii. The total intensity shows a close correspondence
with the optical spiral arms and central region of M51, where the majority of star formation
takes place. The results of the total intensity observations such as the appearance at S-band
are consistent with radio synchrotron observations at other frequencies, specifically at C and
X-band (Fletcher et al., 2011) and L-band (Mao et al., 2015).

Supernova remnants and strong stellar winds are the major sources of particle acceleration
and therefore for the production of CREs in the ISM of spiral galaxies (e.g. Blasi, 2013).
Hence, the spiral arms are well visible in total intensity (with a signal-to-noise ratio of 20 – 40
in our new S-band observation), tracing synchrotron radiation generated by CREs traveling
through magnetized plasma (see Section 2.1.2). In the high resolution total intensity image
one can ascertain some peaks of emission, e.g. at RA(J2000)= 13h29m44s and Dec(J2000)=
+47◦10′23′′, which well coincide with Hii regions (Hill et al., 1997), visible as strong emission
in the Hα image. This is expected since synchrotron emission and thermal bremsstrahlung,
the main contribution to the total radio continuum emission, are attributed to star formation
processes which most efficiently takes place in Hii regions (e.g. Draine, 2011).

Total intensity synchrotron emission mainly traces isotropic random magnetic fields gen-
erated by the small-scale dynamo. The small-scale dynamo works most efficiently in regions
with strong turbulence driven by star formation processes (e.g. Moss et al., 2012, see also
Section 1.1).

5.3 M51’s Magnetic Field in the Plane of the Sky at S-band

This section treats the properties of M51’s magnetic field component in the plane of the sky
perpendicular to the line-of-sight. Information on this component are given by the polarized
intensity PI and the polarization angle ψ maps. To obtain maps of PI and ψ at S-band we
applied RM-Synthesis to the polarization Stokes Q and U data. Details on the RM-Synthesis
application are given in Section 5.3.1. The results of the polarized intensity and structure
of the magnetic field (the PI and ψ maps) are discussed in Section 5.3.2. Using the PI and
Stokes I maps one can generate a map of the observed degree of polarization which will be
discussed in Section 5.3.3.

5.3.1 RM-Synthesis Application

To obtain the polarized intensity, RM and polarization angle map at S-band, we applied
RM-Synthesis to the polarization Stokes Q and U data. First, images in Stokes Q and U
were produced for each spectral window using tclean, which were concatenated to Stokes Q
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Table 5.1: RM-Synthesis Parameters and Specifications at S-band.

Parameter Value (Unit) Explanation
φmin −2000 (radm−2) Minimum Faraday depth
Nφ 2000 (radm−2) Number of steps
dφ 2 (radm−2) Step size
cutoff 6σQU (Jy) RM-Clean cutoff
λ2
min 0.0137 (m2) Minimum wavelength
δλ2 0.0013 (m2) Channel width
∆λ2 0.0066 (m2) Wavelength-coverage
δφ 522 (radm−2) Resolution in φ-space
||φmax|| 1357 (radm−2) Maximum detectable φ
max-scale 229 (radm−2) Maximum detectable scale

Notes. σQU is the average rms noise in the spectral window Stokes Q and U maps.

and U data cubes. The cleaning threshold and other imaging parameters are summarized in
Table 4.4. Then, RM-Synthesis was performed by applying the python-based code developed
by Michael Bell2, based on RM-Synthesis techniques of Brentjens and de Bruyn (2005), on
the data cubes. Details on the concept of RM-Synthesis are given in Section 3.2. RM-clean,
a technique to deconvolve the complex polarization from clean models, similar to the clean
algorithm used in interferometric imaging (e.g. Heald et al., 2009, see also Section 3.1.1)
is included in this package and was applied to the data cubes as well. The parameters
used to generate the polarized intensity and RM map of M51 as well as its limitations
given by the instrument setting (see Section 3.2.3) are summarized in Table 5.1. RM-
Synthesis produces cubes of Stokes Q, U , and polarized intensity with the Faraday depth
on the third axis. The Faraday depth was chosen to range from −2000 to +2000 radm−2,
to be able to detect possible contributions at large Faraday depths but not larger than the
maximum detectable Faraday depth of 1357 radm−2 given by the frequency configuration of
the observation (see Table 5.1). Additionally, a Faraday depth and polarized intensity map
of M51 at the Faraday depth of the main peak in the Faraday spectrum was generated. The
rms noise in the polarized intensity map is given in Table 4.7. The rms noise in polarized
intensity σQU = (σQ + σU)/2 at S-band was measured in a region at a source free location
in the Stokes Q and U Faraday cubes, taking the average rms noise from all Faraday depth
channels (at all Faraday depths within the cube).

The peak polarized intensity map together with Faraday spectra from different locations
across M51 is shown in Figure 5.3.1. The resolution in Faraday depth, obtained from the
wavelength coverage of the observation (Equation 3.2.6), amounts to 522 radm−2. Given the
poor resolution in Faraday space, no Faraday spectrum shows a complex behavior (multiple
peaks or broad features, see Section 3.2 in Chapter 3). In case of only detecting a single
unresolved Faraday depth feature in Faraday spectrum, RM≈ φ can be assumed. Therefore,

2http://www.github.com/mrbell/pyrmsynth

http://www.github.com/mrbell/pyrmsynth
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Figure 5.3.1: Linearly polarized intensity of M51 at 15′′ resolution observed at S-band
(right panel). The three panels on the left show Faraday spectra computed at three different
locations in M51 (from a single pixel). With the resolution in Faraday depth of 522 radm−2,
the Faraday spectra show no complex behavior because only one single peak is visible.

for the Faraday depth at the highest peak in polarized intensity we adopt the notation “peak
RM” (or just “RM”) in this thesis. Combining L- and S-band and applying RM-Synthesis
will be part of a future project.

5.3.2 Polarized Intensity and Magnetic Field Structure

Figure 5.3.2 shows the contours of polarized intensity (obtained from RM-Synthesis, see
Section 5.3.1) at 10′′×7′′ resolution (left) and 15′′ resolution (right), overlaid with polarization
E + 90◦-orientations, representing the plane of polarization rotated by 90◦ to show the
magnetic field structure. The contours are again overlaid to a Hα image from Kennicutt
et al. (2003). Due to smoothing, the signal-to-noise ratio in the 15′′ resolution Stokes Q and
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Figure 5.3.2: Linearly polarized intensity of M51 at 3GHz with a resolution of 10′′ × 7′′
(left) and 15′′ (right), overlaid onto a Hα image (Kennicutt et al., 2003). The contours are
drawn at [8, 12, 16, 24, 32, 64, 128, 256, 512]× 6µJy beam−1 (left) and [8, 12, 16, 24, 32, 64,
128, 256, 512]× 9µJy beam−1 (right). The polarized intensity maps are overlaid with the
polarization E + 90◦-orientations, not corrected for Faraday rotation to show the magnetic
field structure. The beam size is shown in the bottom left corner.

U images increases by a factor of about 1.5 – 2 compared to the high resolution images. The
magnetic field structure observed at S-band shown by the polarization E + 90◦-orientations
has a spiral pattern. The magnetic field orientations are not corrected for Faraday rotation,
thus the displayed line segments are not the angles of the intrinsic magnetic field ψ0. To
derive the intrinsic magnetic field orientation one has to correct for Faraday rotation using
ψ0 = ψ−RM · λ2 (see Section 2.2.1). However, the average error of about 20 radm−2 in the
observed RM leads to an error in the polarization angle of about ± 10◦. Hence, the corrected
angles show some scatter across the galaxy. Because of this illustration issue, we only show
the observed, not corrected angles. Anyway, the plotted orientations are close to the intrinsic
one (they differ only by about ± 10◦) and thus illustrate the magnetic field structure in
the galaxy sufficiently. The magnetic field structure observed at S-band is consistent with
observations at C and X-band (Fletcher et al., 2011), and L-band (Mao et al., 2015), that is
the polarization angles are arranged as spiral patterns at all frequencies. However, a closer
look shows that the angles slightly differ which is caused by Faraday rotation between the
bands.

Compared to the total intensity map, which shows a strong correspondence with the
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optical spiral arms, the polarized intensity map is more complicated. Some parts of polarized
emission coincides well with the optical spiral arms, but at some locations the peak of
polarized emission is seen in the inter-arm regions. Such “magnetic arms” are observed
in other face-on galaxies as well, for example in NGC6946 (Beck and Hoernes, 1996) and
IC 342 (Beck, 2015). In NGC6946, the magnetic arms are well separated from the gas spiral
arms but in M51, the situation is more complicated: At some locations, the inter-arm region
shows a strong polarized signal (near the eastern inner spiral arm at RA(J2000)= 13h29m58s
and Dec(J2000)= +47◦11′33′′). However, at other inter-arm locations, only weak or even no
polarized signal is detected. For example between the inner and outer eastern spiral arm
(at RA(J2000)= 13h30m02s and Dec(J2000)= +47◦11′00′′), a large region is located where
the signal is completely depolarized. The formation of gas spiral arms in M51 is believed
to be initiated by density waves (Lin and Shu, 1964; Kaplan and Pikelner, 1974; Byrd
and Howard, 1990, see also Beck, 2016), which can also explain the formation of magnetic
arms: quasi-static waves of high density compress the gas and magnetic fields during their
galactic orbit. Compressed magnetic fields show up as strong polarized signals. Due to the
compression of the gas, molecular clouds can be formed. The formation of stars is initiated,
which is followed by evolution processes (stellar winds and supernova explosions/remnants)
that generate thermal emission, turbulent magnetic fields and CREs. During the process
of compression and star formation, the gas continues to rotate through the disk around the
center of the galaxy. Hence, the processes of compression and star formation happen after
each other in time and due to the continuous rotation also spatially. Therefore, the peak
in polarized intensity should be located at the inner edge of the gas spiral arms (when the
gas rotates counter-clockwise as it is the case in M51, Walter et al., 2008) as it was shown
by Patrikeev et al. (2006) using maps of the CO, infrared and radio continuum emission.
However, in M51 the peak polarized intensity seems to appear at arbitrary locations relative
to the gas spiral arms at S-band. Consistently this was also found at other radio frequencies
(see Fletcher et al. (2011) for a detailed description of total and polarized intensity in M51
seen at X and C-band). The relative locations of the magnetic and material arms traced by
different observations were investigated in details in Patrikeev et al. (2006). The discrepancy
of the location of the peak polarized intensity relative to the gas spiral arms could originate
from tidal interactions with the small irregular companion galaxy NGC5195, located at the
northern end of M51, which could result in spiral arms showing considerable structures in
the form of short-lived kinks and bifurcations (Dobbs et al., 2010).

Another explanation for the presence of “magnetic arms” is that turbulent gas motions
in star forming regions causes an only weakly polarized signal, whereas in more quiescent
regions such as the inter-arm regions, the magnetic field is not disrupted and the large-
scale dynamo has sufficient time to generate regular magnetic fields without suppression by
continues injection and amplification of turbulent fields by supernova shocks and/or stellar
winds (as it is the case in the gas spiral arms). However, magnetic arms do not occur in
all inter-arm regions in M51 and also not in all nearby face-on spiral galaxies. Hence, the
formation of magnetic arms is still under debate. See Chapter 4.9 in Beck (2016) as a review
on magnetic arms in nearby spiral galaxies.
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The arbitrary locations of magnetic arms compared to the gas spiral arms has been
observed at other radio frequencies as well (at C and X-band, Fletcher et al., 2011, and L-
band, Mao et al., 2015). In other words, the polarized intensity spatial distributions across
the galaxy are very similar at different frequencies, and therefore in different layers (see also
Figure 5.1.2 in Section 5.1). As a future project, we will perform a detailed analysis of the
structure in polarized intensity at different frequencies using a wavelet analysis of the relative
positions and amplitudes of spiral structures as it was done for M83 in Frick et al. (2016).

5.3.3 Field Regularity

By dividing the linearly polarized intensity by the (non-thermal) total intensity one can
generate a distribution of the observed degree of polarization in M51 (see Section 2.2 in
Chapter 1). The observed distribution of the degree of polarization in M51 is shown in the
top panels of Figure 5.3.3. Again we show images with different resolutions: The left panel
shows the full resolution image with 10′′×7′′ beam size and the right panel shows the degree
of polarization at 15′′ resolution computed using the smoothed versions of polarized and total
intensity images. The degree of polarization map was clipped by the polarized intensity map
using five times rms noise in polarized intensity (σPI , see Table 4.7) as a clipping threshold.
To compute the non-thermal degree of polarization one should divide the polarized intensity
only by the non-thermal contribution to the total emission. However, the total intensity map
used to compute the degree of polarization map was not corrected for thermal emission on
a pixel-by-pixel basis. Thus, the degree of polarization values shown in the maps are lower
limits of the real (non-thermal) degree of polarization and are especially underestimated in
regions where strong thermal emission contributes to the total radio continuum. More details
on the procedure of separating the thermal contribution from the total radio continuum
emission are given in Section 4.3.2. Also, as discussed in Section 4.3.1, the total intensity
image obtained by multi-frequency synthesis (mfs) cannot recover the right amount of total
flux density and hence, for computing the degree of polarization across M51 the total intensity
spectral window image at 3GHz was used. The polarized intensity map was generated by
RM-Synthesis and hence produces PI at the central frequency of 3GHz in the effective
S-band range. The error map of the polarization fraction contributed from the image rms
noise in total and polarized intensity was computed by Gaussian error propagation

∆p =
√(

σQU
I

)2
+
(
PI · σI
I2

)2
, (5.3.1)

where σI is the rms noises in Stokes I, σQU is the average rms noise in Stokes Q and U , and
PI and I are the pixel-wise polarized intensity and total intensity values. To use Equation
5.3.1, we assume a Gaussian distribution of the noise in Stokes I, Q, and U . The error maps
are shown in Figure 5.3.3. The typical error of the degree of polarization at 15′′ resolution
amounts to about 1% at high signal-to-noise ratio regions and up to about 8% at locations
with low signal-to-noise ratio. The degree of polarization is a measure of the ordering of the
magnetic field responsible for the synchrotron emission: The higher the intrinsic degree of
polarization, the more aligned or ordered are the magnetic field lines. However, the observed
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degree of polarization can be attenuated by depolarization effects within the beam and along
the line-of-sight. Different depolarization effects are summarized in Section 2.2.2.

At the locations of the gas spiral arms, the degree of polarization is low (< 10%)
which originates from tangled and/or turbulent magnetic fields due to star-forming activity,
whereas at some inter-arm locations, the degree of polarization is high (up to about 40%),
resulting from ordered or undisrupted magnetic fields. The global distribution of the degree
of polarization in Figure 5.3.3 shows a clear radial increase from about 2% in the center up
to about 40% at the outer spiral arms at S-band. To better illustrate this, we computed the
degree of polarization as a function of the radius of the galaxy determined from the average
total and polarized intensities at 15′′ resolution in radial rings. Note that we did not sub-
tract thermal emission from the total intensity map. To get an estimate of the non-thermal
emission in each ring, we assumed an exponentially decreasing radial profile of the thermal
flux density3

Sth
ν (r) = Sν(0) · exp

(
− r
ls

)
, (5.3.2)

where r is the radius, Sν(0) is the thermal flux density at the center of M51 (at radius r = 0),
and ls the scale length which is the radius at which the thermal flux density of the galaxy
has decreased by a factor of e from the center. The scale length of ls = 40′′ was extracted
from the Hα surface brightness in M51 as a function of radius (Figure 2 in Kennicutt, 1989).
The slope of this dependency gives the scale length. To determine the thermal flux density
at the center of M51 Sν(0), we integrated the thermal flux density over radius

Sth
ν =

∫ rmax

0
Sν(0) · exp

(
− r
ls

)
dr ⇔ Sν(0) = Sth

ν

ls
(
1− exp

(
− rmax

ls

)) , (5.3.3)

where Sth
ν = f thν · Stot

ν was calculated using an average thermal fraction f thν = 9 %, derived
by Tabatabaei et al. (2017) (including dust-extinction correction) and the total integrated
flux density Stot

ν at the central spectral window (at 3.06GHz) from Table 4.6 in Section
4.3.2. Note that this assumption ignores local spatial variations (by a factor of 2 – 4) of the
thermal fraction as discussed in Section 4.3.2. The thermal flux density Sth

ν (r) estimated via
Equation 5.3.2 was then subtracted from the total averaged flux density in each ring.

The degree of (non-thermal) polarization as a function of radius at S-band is shown in
Figure 5.3.4. The plotted error bars in Figure 5.3.4 are derived from the rms noise in the
maps in Stokes I, Q, and U via Gaussian error propagation (compare Equation 5.3.1). The
degree of polarization increases from a few percent at small radii up to about 20% at larger
radii. Additionally, we show the degree of (non-thermal) polarization as a function of radius
at higher (X- and C-band) and lower (L-band) frequencies. The trend of an increasing degree
of polarization towards larger radii is similar at all frequencies, whereas the amplitudes are
significantly different (about a factor of three larger at higher frequencies and a factor of two
lower at L-band compared to S-band). There are two bumps in the degree of polarization as

3Assuming an exponential decrease of the thermal emission in a spiral galaxy is valid as it was shown
in e.g. NGC6946 (Figure 10 in Walsh et al., 2002). Evidences of an exponential decrease of the SFR and
therefore of the thermal emission in M51 is given Mulcahy et al. (2016)
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Figure 5.3.3: Observed degree of polarization at 3GHz (top panels) at 10′′× 7′′ resolution
(left) and 15′′ resolution (right) and the corresponding error map (bottom panels). The
beam circle is shown in the bottom left corner. Note that the total intensity image used to
calculate the degree of polarization was not corrected for thermal emission and hence, the
observed degree of polarization is underestimated in regions where strong thermal emission
contributes to the total radio continuum.
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Figure 5.3.4: Degree of non-thermal polarization as a function of radius in M51. The rings
are displayed in the right panel, overlaid to the total intensity distribution in M51 at S-band
with 15′′ resolution in rings of 20′′ radial width in the plane of the galaxy (with inclination
l = −20◦ and position angle PA= −10◦) out to a maximum radius of 220′′ (this refers to
the middle of the ring). The error bars are calculated from the rms noise in the maps from
which the degrees of polarization are derived.

a function of radius at 100′′ (∼ 3.7 kpc) and about 200′′ (∼ 7.4 kpc). The rings at those radii
are well coinciding with the radius of the inter-arm regions between the two well pronounced
gas spiral arms in M51. As discussed above, the inter-arm regions are believed to host
well-ordered magnetic fields which results in a high degree of polarization. If this is the
case, then we expect the minima to appear at the position of the gas spiral arms where
the magnetic field is disturbed by turbulence and hence, the degree of polarization is lower.
Indeed, the minima in Figure 5.3.4 occurs at the galaxy center and at a radius of about 140′′
(∼ 5.2 kpc), which is exactly the radius at which both spiral arms are located. The degree
of polarization changes by almost a factor of two between the arm and inter-arm regions.
Note that the rings are not perfectly coinciding with the spiral arms – due to some pitch
angles4 one can only approximately assume circular shaped spiral arms. However, because
the strongest/weakest emission of both prominent spiral arms/inter arms appears within the
same rings, this approximation is sufficient for the purpose of this study.

The higher fractional polarization at larger radii could be caused by a decrease of Faraday
depolarization as a function of radius. To verify that this is indeed the case, we calculated the
depolarization between different bands. Figure 5.3.5 shows the depolarization (DP) between

4The pitch angle is defined as the angle between the tangent to the spiral arm and the tangent to a
perfect circle, measured at the point where the arm and the circle intersect (e.g. Carroll and Ostlie, 1996).
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S-band (2 – 4GHz) and X-band (8.35GHz) and L-band (1 – 2GHz) and X-band, where DP
= 1 means no depolarization and DP = 0 means total depolarization. Indeed, DP increases
towards larger radii (from 0.1 – 0.4 between X- and L-band and from 0.2 – 0.7 between X-
and S-band), which shows that the depolarization gets weaker at larger radii. A decreasing
Faraday depolarization towards larger radii implies a decreasing turbulent magnetic field
strength probably accompanied by a decreasing electron density towards larger radii (com-
pare Equation 2.2.15). One can use the relationship between the degree of polarization
and the ordered Bord and turbulent Bturb magnetic field strength (Burn, 1966, corrected by
Heiles, 1996):

pobs
pmax

= B2
ord

B2
ord + 2

3B
2
turb

, (5.3.4)

with pobs and pmax are the observed and maximum degrees of polarization, to determine the
ratio of the isotropic turbulent field compared to the ordered field (regular plus anisotropic
random):

Bturb

Bord
=

√√√√3
2

(
pmax

pobs
− 1

)
(5.3.5)

Assuming a theoretical maximum degree of polarization 70%5 and using a typical degree
of polarization in the inter-arm regions (at small radii up to ∼ 100′′, ∼ 3.7 kpc) of about
20% gives a turbulent field by a factor of 2 larger than the ordered field. With a degree of
polarization of about 40% observed at larger radii (compare Figure 5.3.3) this ratio of the
ordered and turbulent field shrinks and the strengths become about equal.

5.4 M51’s Magnetic Field Along the Line-of-sight at S-band

In this section, the component of the magnetic field parallel to the line-of-sight in M51 is
discussed. By analyzing the RM map (obtained by RM-Synthesis, see Section 5.3.1) at S-
band, a possible connection of the magnetic field in the disk and in the halo is investigated.
The RM map obtained from RM-Synthesis is the first RM map of M51 at S-band.

5.4.1 Global RM Distribution

The RMmap of M51 at S-band is shown in the top panels of Figure 5.4.1 at 10′′×7′′ resolution
(left) and 15′′ resolution (right). The RM map was clipped by the polarized intensity image
using five times the average rms noise in Stokes Q and U σQU (Table 4.7) as a clipping
threshold. The error in RM can be obtained by

σφ = 0.5 δφ
S/NPI

, (5.4.1)

5Assuming a typical synchrotron spectral index of αsyn = −1.1 at the inter-arm regions (Fletcher et al.,
2011).
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Figure 5.3.5: Faraday depolarization between S-band (2 – 4GHz) and X-band (8.35GHz)
and L-band (1 – 2GHz) and X-band in M51 as a function of radius in rings of 20′′ radial
width. The depolarization was calculated by the ratio of the degrees of polarization at the
corresponding frequencies, where DP = 1 means no depolarization and DP = 0 means total
depolarization.

where S/NPI is the signal-to-noise ratio in polarized intensity and δφ is the resolution in
Faraday depth (e.g. Iacobelli et al., 2013). The RM error across M51 is shown in the
bottom panels of Figure 5.4.5 with a typical value of about 20 – 30 radm−2.

The observed RM at S-band ranges from ∼ −150 radm−2 to ∼ +150 radm−2, which
is much larger compared to the magnitudes found at L-band by Mao et al. (2015) of only
± 30 radm−2. Fletcher et al. (2011) found magnitudes of ± 200 radm−2 between λ 3 – 6 cm.
The varying amplitudes in RM found at different wavelengths results from the fact that
the polarized emission from different layers in M51 experiences different amount of Faraday
rotation: The polarized signal at short wavelengths (3 and 6 cm) originates from the disk
and experiences Faraday rotation from all upper layers above the disk and the disk itself
which are contributing to the observed RM. At S-band (around λ = 10 cm) the polarized
signal from the disk is partly depolarized and the remaining signal experiences less Faraday
rotation on the way to the observer which leads to a smaller amplitude in RM. At long
wavelengths (around 20 cm) the signal from the disk is almost completely depolarized which
is also reflected in the small amplitude of RM detected at L-band (see also Figure 5.1.2 in
Section 5.1).

Thanks to M51’s mild inclination of l = −20◦, the RM map at S-band can detect sig-
natures of the disk-halo magnetic field structure. Since the magnetic field orientations at
S-band show a spiral pattern over large scales (compare Figure 5.3.2), one expects to see an
obvious pattern also in RM across the galaxy if there exists a large scale regular magnetic
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Figure 5.4.1: RM map of M51 (top panels) at 10′′ × 7′′ (left) and 15′′ (right) resolution.
The bottom panels show the corresponding error maps, calculated using Equation 5.4.1. The
beam ellipse is shown in the bottom left corner of each image.
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field (as it was observed in e.g. M31 by Berkhuijsen et al., 2003). The RM maps in the top
left panels of Figure 5.4.1 are dominated by fluctuations with no obvious large-scale signa-
tures of a coherent field structure. This shows that the line-of-sight magnetic field component
has a disordered structure across the galaxy. Therefore, the magnetic field in the disk-halo
transition region of M51 seems to be dominated by magnetic fields with many reversals.
This appears to be contradictory because the magnetic field orientations indicated by the
polarization angles show an obvious systematic pattern along the spiral arms. However, the
RM map shows many small patterns and fluctuations with changing sign. This contradic-
tion is difficult to resolve. Anisotropic random fields could be one possibility. However,
the large amplitudes of RM of ± 150 radm−2 indicate regular magnetic fields because for a
purely anisotropic random magnetic field one would see only small amplitudes in RM. One
explanation for the fluctuating nature of the RM could be provided by significant vertical
magnetic field components perpendicular to the galaxy plane. Those vertical components
could dominate the signal in Faraday rotation and could remove any large-scale pattern from
a regular field in the disk-halo transition region. A detailed comparison of the structures
appearing in the RM maps at S-band and between λ 3 – 6 cm by Fletcher et al. (2011) is pro-
vided by a structure function analysis in Section 5.4.2. Local features of regular magnetic
fields which are transported from the disk into the halo, as another possible explanation for
the fluctuating character of the RM, are investigated in Section 5.4.3.

In other face-on spiral galaxies (e.g. NGC6946, IC 342, and M31) strong regular magnetic
field components were found, shown by a clear north-south asymmetry in the RM map in
the case of NGC6946 (Beck, 2007). Fletcher et al. (2011) have found a large-scale pattern
in the RM map of M51 after smoothing their data to 30′′ which corresponds to ≈ 1.1 kpc
(left panel of Figure 5.4.2). The visible pattern of large regions where RM changes sign is
still rather complicated and difficult to interpret. An axisymmetric or bisymmetric spiral
magnetic field in the disk would produce a single or double periodic azimuthal variation
in the RM map. To test whether we can see a pattern in the RM map on larger scales
in our S-band data, we created a RM map at 30′′ resolution (right panel of Figure 5.4.2).
There seems to be a dominant negative RM pattern at the north-east and south-west of the
galaxy, which is difficult to explain by a simple axisymmetric or bisymmetric spiral field in
the disk. Instead, a quadrisymmetric azimuthal spiral field (with mode m = 2) could be
responsible for the pattern found at S-band with dominantly negative RM in the north-east
and south-west and positive RM in the north-west and south-east. However, for a proper
analysis of the RM map towards detecting signatures of a large scale RM pattern, one needs
to apply a Fourier mode analysis (e.g. Fletcher et al., 2011).

A histogram of the RM map is shown in Figure 5.4.3. One can obtain the RM dispersion
σRM,⊥, i.e. the dispersion from fluctuations of the magnetic field and thermal electron density
in the sky plane on scales larger than the beam size, from the standard deviation of the RM
distribution. The standard deviation given by the RM distribution in M51 at S-band at
10′′ × 7′′ and 15′′ resolution amounts to about 38 radm−2. Note that this RM dispersion
should not be confused with the σRM caused by turbulent magnetic fields and fluctuations
in the electron density within the telescope beam (Section 2.2.2). σRM,⊥ is basically the
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Figure 5.4.2: RM map of M51 at 30′′ between λλ 3 and 6 cm (left panel) (Fletcher et al.,
2011) and at S-band (right panel). The beam ellipse is shown in the bottom left corner of
the image.

dispersion of RM between the beams. Therefore, σRM,⊥ is a lower limit for the RM dispersion
within the beam σRM.

In the ISM of galaxies, sources of turbulence appear on different scales: Disruption in
density waves, shearing regions, and superbubbles appear at kpc scales, whereas supernova
remnants can reach sizes up to 100 pc. Hii regions and winds of massive stars can interfere
with the ISM on pc-scales (e.g. Elmegreen and Scalo, 2004). From the dispersion in RM
across the galaxy, Fletcher et al. (2011) derived a turbulence cell size of 50 pc for the ISM in
M51 (assuming a linear diameter of the beam of 600 pc, a RM dispersion σRM,⊥ of 15 radm−2,
an average electron density of 0.1 cm−3, a path length through the disk of 1 kpc, and a
magnetic field strength of 20µG). This is a typical turbulent cell size in spiral galaxies,
which is by a factor of 6 – 12 (in linear scale) smaller than the physical size of our telescope
beam of 330 pc at 7′′ resolution and 550 pc at 15′′ resolution. Therefore, all our observations
are affected by beam depolarization, which originates from turbulent magnetic fields and
fluctuating electron densities on scales smaller than the telescope beam (Section 2.2.2). To
investigate the appearance of different scales from a turbulent magnetic field in the RM map
and their correlations we generated a RM structure function which is discussed in Section
5.4.2.
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Figure 5.4.3: Histogram of the RM map at 10′′×7′′ (left panel) and 15′′ (right panel), shown
in Figure 5.4.1. Data were only used where the signal-to-noise ratio in polarized intensity
exceeds five. The solid line is the best-fitting Gaussian to the histogram with means of 0.5
and -2.7 radm−2 and standard deviations of 37.8 and 37.9 radm−2, respectively.

5.4.2 Rotation Measure Structure Function

The statistics of fluctuations in RM can tell us about the magnetic field amplification by
turbulence in the ISM on different scales. However, RM is a quantity not only dependent
on the magnetic field component parallel to the line-of-sight but also on the electron density
as well as the path length through the magnetized medium. In other words, features in
the RM structure function could reflect fluctuation of the electron density, the magnetic
field component along the line-of-sight and/or the path length and a combination of those
quantities.

The second order structure function in RM is defined as (Simonetti et al., 1984; Haverkorn
et al., 2004; Mao et al., 2015)

SFRM(δd)obs =
〈
[RM(d)− RM(d+ δd)]2

〉
, (5.4.2)

where d is the position of a pixel in the RM map and d+δd is the position of any neighboring
pixel with distance δd to the reference pixel at position d. The brackets 〈 ... 〉 denote the
average. Using Equation 5.4.4 we calculate the observed structure function of RM for any
distance within the galaxy obtained from the RM map. Note that we excluded polarized
background sources from the RM map to compute the structure function. The contribution
of uncertainties of the observed RM by the rms noise in the Stokes Q and U images can
be taken into account by subtracting a DC offset from the observed structure function
(Haverkorn et al., 2004; Mao et al., 2015)

∆SFRM(δd) =
〈
∆RM(d)2 + ∆RM(d+ δd)2

〉
. (5.4.3)
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Figure 5.4.4: RM structure function of M51 constructed from the RM map at S-band
(blue) and from the RM map computed from narrow band observations at 3.6 cm and 6.2 cm
wavelength (red) (Fletcher et al., 2011). The structure functions were binned in equal log
intervals of 0.1. The errors bars denote the standard deviation in each bin interval. Note
that for computation of the structure function at S-band, a RM map with a 5σ clipping
threshold in polarized intensity was used.

With
SFRM(δd) = SFRM(δd)obs −∆SFRM(δd) , (5.4.4)

where ∆SFRM is the typical error in the corresponding RM map, we obtain the structure
function of the RM map in M51 SFRM(δd) (Haverkorn et al., 2004).

We computed the structure function from our new S-band RM map which has an average
RM error of +20 radm−2. For a direct comparison we also computed the structure function
using the RM map derived from λλ 3 and 6 cm VLA data by Fletcher et al. (2011), which has
an average RM error of +10 radm−2. Figure 5.4.4 shows the structure function of the RM
map across M51 obtained from RM-Synthesis applied on the S-band Stokes Q and U data
at 15′′ resolution and from the RM map between λ 3.6 – 6.2 cm (Fletcher et al., 2011). We
only show the structure functions up to scales equal to the galaxy diameter (7′ or 17 kpc).
At large scales (log(δd) > −1.1; δd > 4.7′) the structure function from λ 3 – 6 cm shows a
strong increase also found by Mao et al. (2015). They interpreted the rise at large scales
as a signature of a large-scale RM gradient produced by coherent fields in magnetic arms of
M51. In the structure function from the RM map at S-band no such increase at larger scales
is detected, likely because the magnetic field at S-band (in the disk-halo transition region)
is dominated by vertical fields with many field reversals.
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The amplitude of the flat part of the structure function at S-band at about 10 cm ob-
serving wavelength (log(SFRM)S-band ≈ 3.2+0.2

−0.2) is significantly smaller compared to the
amplitude of the structure function obtained from data at shorter wavelength between λ 3 –
6 cm (log(SFRM)3 – 6 cm ≈ 3.7). The amplitude of the structure function obtained from
L-band (around λ 20 cm) lies below the S-band structure function (log(SFRM)L-band ≈ 2.2)
(Mao et al., 2015). From the amplitude of the flat part of the structure function one can
calculate the RM dispersion (amplitude ≈ 2σ2

RM). From this, we computed a RM disper-
sion at S-band of σRM ≈ 28+7

−6 radm−2. This value is smaller than the standard deviation
obtained from the histogram of the RM map at S-band (38 radm−2, compare Figure 5.4.3).
The reason why the σRM computed from the saturation level of the structure function from
S-band observations is smaller, compared to the standard deviation of the histogram is as
follows: When computing the structure function via Equation 5.4.4, we subtract the typical
error of the observed RM. This decreases the amplitude of the structure function and yields
a smaller value of σRM. To test this, we computed the structure function only from the
observed RMs which gives a RM dispersion of about 35 radm−2. This is consistent with the
standard deviation from the histogram. We tested also if the saturation level of the structure
function and the histogram gives the same value of σRM: We generated a Mock RM map
with a Gaussian distribution with a mean of zero and a standard deviation of 50 radm−2 and
25 radm−2. From this, we computed a structure function and indeed, the level of saturation
gives exactly 2σ2

RM,Mock, where σRM,Mock is the standard deviation of the Mock RM map.

For the structure function between λ 3 – 6 cm and at L-band (the amplitude of the struc-
ture function at L-band is given in Mao et al., 2015) we computed a RM dispersion of
50 radm−2 (60 radm−2) and 9 radm−2 (14 radm−2), with (without) error subtraction. Both
are in excellent agreement with the standard deviation computed from the histogram of the
observed RM (60.4 and 13.7 radm−2, respectively). The σRM at L-band is by a factor of five
smaller than the one at short wavelengths. The observations at L-band are taken at similar
resolutions (about 11′′) and hence, the different values reflects once again that we observe
different polarization layers of the face-on galaxy at different wavelengths: The RM disper-
sion at long wavelengths is smaller because the contribution from the turbulent magnetic
field and fluctuations in thermal electron densities is lower in the layer closer to the observer
(the near-side halo).

5.4.3 Local RM Features

Magnetic fields in spiral galaxies are believed to be transported into the halo by galactic
winds or fountains, supernova remnants, and so-called Parker instabilities (Parker, 1966;
Rodrigues et al., 2016; Moss et al., 2010; Braun et al., 2010). Also observations of edge-
on spiral galaxies provide evidence to expect vertical magnetic fields (e.g. Krause, 2014).
Evidences for such vertical field components is given by the RM map of a face-on galaxy
such as M51, since RM is tracing the magnetic field component along the line-of-sight.
Heald (2012) found a co-location of a gradient in RM of 38.2 radm−2 (ranging from +18.8
to +57.0 radm−2) and a hole observed in neutral Hydrogen (Hi) in the face-on nearby spiral
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galaxy NGC6946. The data are part of the Westerbork Spitzer Infrared Nearby Galaxies
Survey (SINGS) conducted by Heald et al. (2009). The uncertainty in RM is stated as
about 5 radm−2. The Hi hole is formed by star formation driven flows, transporting the
local magnetic field from the disk into the halo. Note that the variation of RM across the Hi
hole shows a sinusoidal variation, erroneously referred to as a gradient in the literature. Also
Mulcahy et al. (2017) found one RM variation coinciding with a Hi hole in the face-on spiral
galaxy NGC628 at S-band. In this case the RM ranges from −20 radm−2 to −130 radm−2

with an uncertainty of about 30 – 40 radm−2 (read off from the error map in Figure 18 of
Mulcahy et al., 2017). Mao et al. (2015) found no coincidence between Hi holes and RM
variations in M51 observed at L-band. Physically, it means at L-band deep layers through
the galaxy cannot be probed and thus, we are only probing a layer which lie above the
polarized emission generating disk.

M51 was observed in Hi as part of the THINGS (The Hi Nearby Galaxy Survey) project
(Walter et al., 2008). Bagetakos et al. (2011) provided a catalog of Hi holes in nearby
galaxies, detecting them by visually inspecting the Hi maps. Details on the selection criteria
of the Hi hole detections are given in Bagetakos et al. (2011). To compare the Hi hole
detections with the RM map seen in M51 at S-band, in Figure 5.4.5 the ellipses associated
with Hi hole detections are overlaid to the RM map. Shown are the RM maps for both,
the full resolution of 10′′ × 7′′ and the version smoothed to 15′′ resolution. One can clearly
see that the 15′′ map has a better signal-to-noise ratio compared to the high resolution
version. In the high resolution image a large fraction of Hi holes lie outside regions with
high signal-to-noise ratio.

By comparing the position of Hi hole detections with the RM map at 15′′ visually, a
RM variation of ∆RM = 124 radm−2 coinciding with a Hi hole was detected, with RM
increasing from −94 ± 46 radm−2 at the northern edge of the Hi hole to +30 ± 40 radm−2

at the southern edge. The Hi hole is located at RA(J2000)= 13h29m49s and Dec(J2000)=
+47◦10′02′′ with an expansion velocity of 14 km s−1 and a kinetic age of 29Myr (Bagetakos
et al., 2011). The location is indicated by a square in the right hand panel of Figure 5.4.5.
A zoom in to this region is shown in Figure 5.4.6. The midpoint of the RM variation is
close to the typical RM value in the surrounding area of the disk of about −20 radm−2. The
RM variation has a scale with a linear size of 600 pc, while the Hi hole itself has a linear
scale of about 800 pc in diameter. Not only the RM variation but also the orientation of
the surrounding magnetic field matches with the orientation of the Hi hole (south-east to
north-west). The RM variation and matching magnetic field orientation are indications that
at this location the regular magnetic field was transported into the halo by star formation
driven processes (shocks in supernova remnants), forming a large loop of magnetic field lines
along the regular mean field direction.

No other RM variations coinciding with Hi holes across the galaxy were found. There
are several possible reasons why only one coincidence of Hi holes and RM variations was
detected in M51 at S-band. (1) Hi holes need to have a certain age since they must be
old enough to have build up a vertical offset from the mean field, and young enough so
that shearing effects (e.g. from differential rotation) are not destroying the signatures in
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Figure 5.4.5: RM map of M51 at 10′′ × 7′′ (left) and 15′′ (right) resolution, overlaid with
the position of the Hi holes from Bagetakos et al. (2011). Both images have the same color
scale, ranging from −150 radm−2 to +150 radm−2. The beam ellipse is shown in the bottom
left corner of each image. The black square in the right panel shows the frame of the zoom
in to the Hi hole coinciding with a RM variation shown in Figure 5.4.6.

RM. (2) Hi holes are formed by multiple supernova explosions and stellar wind activities.
Therefore, the feature must appear in an ideal geometrical situation to be detectable. The
probability to find an undistorted magnetic field loop, observable as a RM variation across
the entire extend of the hole, could be small. (3) A simple reason for non-detections of RM
variations coinciding with Hi holes (at least in M51) could be the weak regular magnetic
field component in the disk an thus, that the field is dominated by anisotropic random
fluctuations. For anisotropic random fields we do not expect to see a variation in RM even
if a magnetic field loop is formed and coincides with the Hi hole because the randomly
occurring field reversals along the loop of anisotropic random fields would cancel out each
other. Hence, a RM variation can only be observed in case of a regular/coherent magnetic
field. If the total magnetic field in M51 is indeed dominated by anisotropic random fields,
the RM variation found in our S-band data could be an exceptional case where the magnetic
field is only regular/coherent locally at the position of the corresponding Hi hole. However,
Heald (2012) and Mulcahy et al. (2017) found also only one RM variation coinciding with
a Hi hole in the face-on nearby spiral galaxies NGC6946 and NGC628, respectively, even
though these galaxies have a strong regular magnetic field component. The fact of the rare
number of detections of Hi holes coinciding with RM features in three nearby face-on spiral
galaxies leaves open the question whether the detections are coincidental or not.
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Figure 5.4.6: Region of M51 with a RM variation of ∆RM = 124 radm−2 coinciding with
a known Hi hole marked by an ellipse. The left hand panel shows the RM map in radm−2

overlaid with the polarization E+ 90◦-orientations to show the magnetic field structure, not
corrected for Faraday rotation. The RM increases from −94 ± 46 radm−2 at the northern
edge of the Hi hole to +30 ± 40 radm−2 at the southern edge. The 15′′ beam is shown in
the bottom left corner. The selected region is indicated as a black square in Figure 5.4.5.
The right hand panel shows the RM values and the corresponding errors across the variation
(from south to north).

5.5 Summary

We studied the nearby face-on spiral galaxy M51 at S-band (2 – 4GHz) where no polarization
data of M51 existed before. The goal was to probe a so far unknown physical layer between
the disk and halo of M51 to investigate the transition region. In the following, we summarize
the results.

Total intensity The total intensity distribution in M51 at S-band shown in Figure 5.2.1
follows the optical spiral arms in the Hα image. This shows that the total magnetic field gets
mostly amplified in star-forming regions, related to the small-scale dynamo. The results of
the total intensity observations at S-band are consistent with radio synchrotron observations
at other frequencies at C and X-band (Fletcher et al., 2011) and L-band (Mao et al., 2015).

Polarized intensity The polarized intensity distribution in M51 at S-band (Figure 5.3.2)
shows a complicated structure. The peak polarized intensity (magnetic arms) seems to ap-
pear at arbitrary locations relative to the gas spiral arms. The discrepancy could originate
from tidal interactions with the small irregular companion galaxy NGC5195. Another expla-
nation is that in the inter-arm regions the large-scale dynamo has sufficient time to generate
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regular magnetic fields without weakening by continues injection and amplification of tur-
bulent fields by supernova shocks and/or stellar winds (as it is the case in the gas spiral
arms). Interestingly, the structure of the emission seen in polarized intensity seems to be
similar at different frequency bands (in different layers). In Section 5.3.2 we discuss possible
explanations. However, as a future project it would be interesting to perform a detailed
analysis of the structure in polarized intensity at different frequencies using e.g. a wavelet
analysis as it was done for M83 in Frick et al. (2016).

Degree of polarization At the locations of the gas spiral arms, the degree of polariza-
tion shown in Figure 5.3.3 is low (< 10%) which originates from tangled and/or turbulent
magnetic fields due to star-forming activity, whereas at some inter-arm locations, the degree
of polarization is high (up to about 40%), resulting from ordered or undisrupted magnetic
fields. The global distribution of the degree of (non-thermal) polarization in M51 shows a
clear radial increase which indicates that the total magnetic field must be more ordered at
larger radii and thus, the ordered field decreases more slowly than the turbulent field. Be-
cause we have polarization data at multiple radio frequencies, we were able to investigate the
radial trend of the depolarization between different frequencies (between S-band (2 – 4GHz)
and X-band (8.35GHz) and L-band (1 – 2GHz) and X-band). We found that the depolar-
ization gets weaker towards larger radii (compare Figure 5.3.5). This is porbably caused by
a decreasing turbulent magnetic field strength towards larger radii.

Global RM distribution No obvious large-scale RM pattern in our new S-band data
was found at a resolution of 15′′ (without any smoothing or spatial filtering). Due to the
inclination of the galaxy one would expect to see a pattern in the RMmap if a (strong) regular
magnetic field is present because the magnetic field orientations indicated by the polarization
angles show a systematic pattern across the spiral arms. Also the high amplitudes of the
observed RM of ± 150 radm−2 indicates the presence of regular fields. Instead, the RM map
at S-band (Figure 5.4.1) is dominated by fluctuations. This suggests that vertical components
could dominate the signal in Faraday rotation and could remove any large-scale pattern from
a regular field in the disk-halo transition region. The RM structure function at S-band in
Figure 5.4.4 shows a flat trend across all scales, resulting from uncorrelated field structures on
all scales probably because the magnetic field at S-band (in the disk-halo transition region)
is dominated by turbulence. However, after smoothing the data to a lower resolution of
30′′ (1 kpc physical size), the RM map shows some hint of a quadrisymmetric spiral pattern
(with mode m = 2) at S-band (compare Figure 5.4.2). The underlying m = 2 field indicated
in our 30′′ resolution RM map may be too weak to be seen in the structure function. From
the RM structure function, we extracted a RM dispersion of σRM ≈ 28 radm−2 at S-band.

Local RM features We investigated the RM map for features from vertical magnetic
field components. They are believed to originate from regular fields from the disk being
transported into the halo via galactic winds and/or supernova remnants, creating a positive
and negative RM feature which can possibly lie at the location of a Hi hole. We found only
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one such RM feature coinciding with a Hi hole in M51 at S-band shown in Figure 5.4.6. One
reason for having only one feature could be that the magnetic field in the disk is dominated
by anisotropic random fields. In other nearby face-on galaxies (with strong regular magnetic
fields in the disk) the detections of RM features coinciding with Hi holes are also rare (only
two detections in two galaxies), thus it remains an open question whether the detections are
coincidental or not.



CHAPTER 6

The Mystery of M51’s Multi-layer
Magneto-Ionic Medium: Application of an

Analytical Depolarization Model

In this chapter, the wavelength-dependent depolarization in M51 is discussed and compared
to depolarization models, of the degree of polarization as a function of wavelength. We
combine our new S-band polarization data with those at C- and X-band at 4.85GHz and
8.35GHz (Fletcher et al., 2011) and with the broadband L-band (1 – 2GHz) VLA data from
Mao et al. (2015). These data provide us with the widest wavelength coverage polarization
data set for a nearby face-on spiral galaxy. Details on the complete data set are given in
Section 4.4 in Chapter 4. Preliminary results of the analysis in this chapter were published
as a short International Astronomical Union (IAU) conference proceeding (Kierdorf et al.,
2018).

6.1 Wavelength-dependent Depolarization between 1 – 8GHz

In the ISM of spiral galaxies, cosmic ray electrons (CREs), thermal electrons, and magnetic
fields are mixed in the same spatial volume (e.g Longair, 2011). The CREs together with
the perpendicular to the line-of-sight component of the magnetic field produce synchrotron
radiation, while the thermal electrons together with the parallel to the line-of-sight compo-
nent of the magnetic field cause Faraday rotation of the plane of linear polarization. In such
a case, the observed degree of polarization changes as a function of wavelength (Burn, 1966).

In general, the degree of polarization as a function of wavelength decreases. However, in a
slab with a uniform layer in terms of regular magnetic fields, constant thermal and CRE den-
sities, the degree of polarization varies like a Sinc function (by differential Faraday rotation,
also known as ‘Burn slab’). A simple case of depolarization by differential Faraday rotation
in a Burn slab is shown in Figure 6.1.1. Depending on the considered wavelength-range, the

81
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Figure 6.1.1: Degree of polarization as a function of wavelength depolarized by differential
Faraday rotation (in a uniform layer with constant thermal electron and CRE density and a
purely regular magnetic field). The different curves show the degree of polarization resulting
from a Burn slab with RM of 50 radm−2 (solid line) and 100 radm−2 (dashed line).

degree of polarization may increase as a function of wavelength. To understand this, we need
to consider a purely regular magnetic field, in which the plane of polarization gets Faraday
rotated by different amounts, depending on the location relative to the observer (see the
discussion of differential Faraday rotation in Section 2.2.2). Because thermal electrons and
CREs are present in each layer, both Faraday rotation and emission of linearly polarized
radiation occur at each point along the line-of-sight. If the polarized emission from each
layer is cancelled by emission from another layer (which is the case when their polarization
angles differ by 90◦) the observed degree of polarization drops to zero. Those nulls appear
when RMλ2 = nπ with n ∈ Z, n 6= 0, where RM is the total rotation measure of the
emission region. If the wavelength increases further, the polarization angles change again
and let the polarization signal appear again and thus, the degree of polarization increases
with increasing wavelength.

Due to the general trend of a decreasing polarization fraction as a function of wavelength,
if a galaxy has a face-on orientation relative to the observer, linearly polarized emission at dif-
ferent wavelengths probe the ISM at different physical depths: Short radio wavelengths probe
the polarized emission through the entire disk of the galaxy because at short wavelengths
the signal experiences low Faraday depolarization on the way to the observer. At long radio
wavelengths, the polarized signal from the disk (and a possible far-side halo) experiences
strong Faraday depolarization and the remaining signal probes the polarized emission from
the upper disk and/or the halo. Note that in perfectly face-on galaxies (with 0◦ inclination),
only vertical components of regular fields and/or of turbulent fields are able to depolarize.
However, if the galaxy is only nearly face-on with a mild inclination, regular fields parallel to
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the disk can also contribute to depolarization. Summarizing, due to wavelength-dependent
Faraday depolarization, polarized signals at different wavelengths probe layers of different
physical depths of a face-on galaxy. With this, one can constrain the intrinsic regular and
turbulent magnetic field strengths in different polarization layers by comparing the observed
degree of polarization as a function of wavelength with models of depolarization mechanisms
(such as differential Faraday rotation, internal or external Faraday dispersion).

6.1.1 The Mystery of M51’s Multi-layer Magnetic Field Configuration

An excellent laboratory for studying depolarization effects in a multi-layer magneto-ionic
medium is the grand design face-on spiral galaxy M51. This galaxy is well studied at many
radio frequencies, but observations in polarization has only been performed at two widely
separated radio windows of short (3 and 6 cm) and long (around 20 cm) wavelengths (Beck
et al., 1987; Horellou et al., 1992; Berkhuijsen et al., 1997; Fletcher et al., 2011; Mao et
al., 2015). No high resolution polarization observations were performed at the intermediate
wavelengths in the vicinity of 10 cm1. Berkhuijsen et al. (1997) studied M51’s polarization
layers at 2.8, 6.2, 18.0, and 20.5 cm wavelength, where the λ 2.8 cm data were taken with
the Effelsberg 100-m radio telescope and the rest obtained using the VLA. Surprisingly,
they found different polarization patterns at high and low frequencies, which implies differ-
ent magnetic field configurations at different frequencies, concluding that this is caused by
different configurations of the regular magnetic field in the disk and in the halo.

Since the data taken by Berkhuijsen et al. (1997) had limited resolution due to the
Effelsberg beam at λ 2.8 cm (about 70′′) and the λ 6 cm data suffered from missing flux density
from extended angular structures because no single-dish map to correct for was available at
that time, Fletcher et al. (2011) performed new observations at λ 3.6 and λ 6.2 cm, combining
VLA and Effelsberg observations to obtain high angular resolution (15′′) and high sensitivity.
With the new data, Fletcher et al. (2011) confirmed the findings by Berkhuijsen et al. (1997)
of different magnetic field configurations in the disk and in the halo. They found that
the regular field in the disk can be described by a superposition of an axisymmetric and
quadrisymmetric azimuthal mode (m = 0, 2). In contrast, the regular magnetic field in the
halo shows a strong bisymmetric azimuthal mode (m = 1). According to Fletcher et al.
(2011), the radial component of the disk is directed outwards from the galaxy centre, whereas
in the halo the radial component is directed inwards in the north, opposite to the direction
of the disk field, and outwards in the south, same as the disk field (compare Figure 14 in
Fletcher et al., 2011).

The difference in the magnetic field configuration between the disk and the halo of M51
is still not understood. Fletcher et al. (2011) offered some speculative suggestions according
to which (1) interactions with M51’s companion galaxy NGC5195 could be responsible for
the configuration in the halo by driving a different mean field dynamo action e.g through
tidal forces resulting in a m = 1 mode. (2) Another possibility is that the halo field could be

1Polarization observations at λ 11 cm were performed with the Effelsberg 100-m single-dish radio telescope
at a poor resolution of about 4.5′ and with a narrow frequency band by Mulcahy (2011).



84 6.1 Wavelength-dependent Depolarization between 1 – 8GHz

a field generated during early evolutionary stages of M51 in the disk, and later transported
from the disk into the halo while different dynamo action built the present day disk field.
(3) Also, a velocity field that is different compared to the one in the disk could modify the
magnetic field pattern in the halo after the magnetic field has been transported from the
disk into the halo. However, Moss et al. (2010) argued that in case of an active galactic wind
the halo component of the field may enslave that of the disk, making separate field patterns
improbable (under the condition that the disk and halo fields are generated by a standard
mean-field α-Ω-dynamo, i.e. based on differential rotation and turbulence, see Section 1.2).
A better understanding of what causes the different modes comes with observation of the
transition region between the disk and the halo.

Shneider et al. (2014a) developed a model of the depolarization of synchrotron radiation
in a multi-layer magneto-ionic medium, applied specifically to M51. They developed model
predictions for the degree of polarization as a function of wavelength and distinguished be-
tween a two-layer system with a disk and a halo and a three-layer system with a far-side halo,
a disk and a near-side halo. Details are given in Section 6.1.2. The advantage of this model,
compared to the depolarization models described in Section 2.2.2, is that it contains multiple
layers, whereas the ‘classical’ depolarization models only considering different magnetic field
configurations within a single resolution element and for only one layer (QU-fitting deals with
multiple components by putting them into the sky plane instead of stacking them along the
line-of-sight). Another speciality of the models is the differentiation between isotropic and
anisotropic random magnetic fields.

In Shneider et al. (2014a) the models were compared to the observed degree of polarization
at the three wavelengths 3.6, 6.2, and 20.5 cm obtained by Fletcher et al. (2011). Figure
6.1.2 shows the model predictions of the normalized degree of polarization (p/p0) for a two-
layer and three-layer system. Details on the models will be explained in Section 6.1.2. With
the data points at λλ 3.6, 6.2, and λ 20.5 cm only it is not possible to distinguish between
different model predictions of a two-layer or three-layer system. As Figure 6.1.2 shows, our
new S-band data (the boundaries of S-band are indicated with the vertical red lines) provide
the crucial λ range to clarify which model fits the data best and therefore which system is
more likely for M51.

In Section 4.4 we summarize the observations at all available frequencies. With our
combined high quality and broad frequency coverage data set the depolarization curves shown
in Figure 6.1.2 can be sampled extremely well in wavelength space, with high sensitivity, thus
allowing actual tracing of these depolarization curves and figuring out what kind of magnetic
field configurations causes the depolarization in different layers of M51.

6.1.2 The Shneider et al. (2014a) Multi-layer Depolarization Model

Shneider et al. (2014a) modeled a nearly face-on (with 20◦ inclination) spiral galaxy with a
magnetized disk and a halo. They performed a multi-layer decomposition along the line-of-
sight for a two-layer (disk – halo) and a three-layer (halo – disk – halo) system separately. A



6.1 Wavelength-dependent Depolarization between 1 – 8GHz 85

Figure 6.1.2: Normalized degree of polarization as a function of wavelength for a two-layer
system (left) with a disk and a halo and a three-layer system (right) with a far-side halo, a
disk and a near-side halo in M51. The measured polarization values at the three observed
wavelengths 3.6, 6.2, and 20.5 cm (Fletcher et al., 2011) are displayed with error bars. The
images were taken from Shneider et al. (2014a). For this thesis, we observed M51 at wave-
lengths between 7.5 – 15 cm (S-band) indicated with vertical red lines to distinguish between
different models of depolarization with different underlying magnetic field configuration in
this galaxy. The nomenclature of the different models is as follows: Capital letters ‘D’ and
‘H’ stands for regular fields in the disk and halo. Capital letters ‘I’ and ‘A’ denotes isotropic
and anisotropic turbulent fields. Details on the different models are given in the next Section
6.1.2.

detailed schematic of the two-layer and three-layer system is shown in Figure 6.1.3. Since the
properties of the near and far side halo are assumed to be identical, including a third layer
(a far-side halo) is done by mirror reflection of the near-side halo, essentially a signature of
a symmetric quadrupolar field that is excited by the large-scale dynamo most easily (Beck
et al., 1996). Note that for a quadrupolar magnetic field configuration, vertical magnetic
field lines (with respect to the disk plane) are required (compare Figure 1.2.3 (c) in Section
1.2).

In the following, all equations to model the degree of polarization as a function of wave-
length in a multi-layer magneto-ionic medium are given. The equations are duplicated (with
some minor corrections) from Shneider et al. (2014a) for ease of subsequent discussion. For
detailed derivations of the equations please see Shneider et al. (2014a), and Sokoloff et al.
(1998) and Berkhuijsen et al. (1997). The degree of polarization for a two-layer and three-
layer system is given in normalized form (p/p0). The following assumptions were used to
model the degree of polarization as a function of wavelength in M51:

• The intrinsic degree of polarization at λ = 0 is assumed to be p0 = 0.7 everywhere
in the galaxy. This corresponds to the theoretical injection spectrum for electrons
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Figure 6.1.3: Graphical illustration of a two-layer system with a disk and a halo and
a three-layer system with a far-side halo a disk and a near-side halo (with respect to the
observer on the right side) illustrated with an inclination of l = −20◦. The properties of the
near and far-side halo are assumed to be identical, which in terms of a regular magnetic field
means a reflection of the physical system. Note that the vertical component of the regular
field is assumed to be zero which means that only the line-of-sight component of the plane
parallel field causes Faraday rotation. The ratio of the path length through the illustrated
disk and halo layer conforms the assumed ratio in the model.

accelerated in supernova remnants with αsyn = −0.5 (compare Equation 2.2.9). The
synchrotron spectral index of −0.5 was observed by Fletcher et al. (2011) at the spiral
arms where supernova explosions take place and where the particles get accelerated in
supernova remnants. In inter-arm regions, Fletcher et al. (2011) estimated an average
αsyn of −1.1 which gives an intrinsic degree of polarization of p0 = 76%. Therefore,
if assuming p0 = 0.7 would give an overestimation of (p/p0) by about 8%. At S-band
we observed the same synchrotron spectral index. For synchrotron spectral indices be-
tween −0.1 and −1.7, the theoretical maximum intrinsic polarization fraction amounts
to 60 – 80%. For this range, the assumed intrinsic polarization fraction of p0 = 0.7
would give a maximum error of (p/p0) of ± 0.15.

• The degree of polarization p and the polarization angle ψ are affected exclusively by
depolarization mechanisms in the ISM within the galaxy (depolarization effects from
the Galactic foreground are assumed to be negligible).
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• The disk and halo layers are considered to satisfy conditions for emitting synchrotron
emission and cause Faraday rotation in the same volume and thus, they both are
assumed to contain thermal electrons, CREs and magnetic fields.

• The model is based on the magnetic field modes found in M51 by Fletcher et al. (2011)
and hence it completely neglects the vertical components of the regular fields in the
disk and the halo. In Section 6.1.3 we compare the depolarization models with the
observed degree of polarization in a particular sector in M51. For the considered sector,
this assumption is valid because the observed RM (at S-band) amounts to only about
2 radm−2 and therefore, the depolarization effects are dominated by projection of the
plane-parallel magnetic field. However, in Section 6.1.4 we will discuss problems and
possible consequences which comes with this assumption.

• All models considered in our discussion are constructed under the assumption that
regular magnetic fields are present in the disk and halo.

• The scale height and the density of thermal electrons in the disk and halo are those
proposed by Berkhuijsen et al. (1997): ne = 0.11 cm−3 and L = 800 pc in the disk
and ne = 0.01 cm−3 (assumed as a tenth of the value in the disk) and L = 5 kpc in
the halo.

• The number of turbulent cells within the observational telescope beam is assumed to
be large enough to have a number of independent cells to be deterministic.

• Anisotropy of random magnetic fields is considered to be caused by compression in the
spiral arms and by shear from differential rotation, hence not in vertical direction.

• The case of depolarization caused by gradients of RM across the observational telescope
beam is not taken into account (Sokoloff et al., 1998).

All symbols used in the equations are summarized in Table 6.1.

The total magnetic field in spiral galaxies can be described as a superposition of a regular
mean field and a turbulent random field component B = Breg+bturb. To derive the degree of
polarization as a function of wavelength for a two-layer and three-layer system, we start with
the regular disk and halo magnetic field components. According to Fletcher et al. (2011),
the regular field in the disk of M51 can be described by a superposition of an axisymmetric
(m = 0) and quadrisymmetric (m = 2) azimuthal Fourier mode and the regular field
in the halo is best described by an axisymmetric, together with a bisymmetric azimuthal
mode with m = 1. In cylindrical polar coordinates (Br, Bφ, Bz), where (r, φ) are the radial
and azimuthal directions in the galaxy plane and z is the vertical component, the regular
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Table 6.1: Symbols used in the Equations.

Symbol (Unit) Description
Btot (µG) Total regular magnetic field
btot (µG) Total random magnetic field
Br Radial component of the magnetic field in the galaxy plane
Bφ Azimuthal component of the magnetic field in the galaxy plane
Bz Vertical component of the magnetic field in the galaxy plane
B0 Amplitude of the horizontal magnetic field

with mode m = 0 in the disk
B2 Amplitude of the horizontal magnetic field

with mode m = 2 in the disk
Bh0 Amplitude of the horizontal magnetic field

with mode m = 0 in the halo
Bh1 Amplitude of the horizontal magnetic field

with mode m = 1 in the halo
pa0 (◦) Pitch angle of the horizontal magnetic field

with mode m = 0 in the disk
pa2 (◦) Pitch angle of the horizontal magnetic field

with mode m = 2 in the disk
pah0 (◦) Pitch angle of the horizontal magnetic field

with mode m = 0 in the halo
pah1 (◦) Pitch angle of the horizontal magnetic field

with mode m = 1 in the halo
β2, βh1 (◦) Pitch angle of the horizontal magnetic field

Azimuthal angle at which the corresponding mode m 6= 0
is a maximum

ψ0i (◦) Intrinsic polarization angle of layer i = d,h (disk or halo)
α Parameter to distinguish between isotropic (α = 1) and

anisotropic case (α = 2 in the disk and α = 1.5 in the halo)
σI Total isotropic random magnetic field
σA Total anisotropic random magnetic field
Ii Synchrotron total intensity of layer i = d,h (disk or halo)
I Sum of the synchrotron total intensity of each layer

along the lone-of-sight (I = ∑
i Ii)

εi Synchrotron emissivity of layer i = d,h (disk or halo)
c Constant to calculate synchrotron emissivity
Li (pc) Path length through the entire layer i = d,h (disk or halo)
Ri (radm−2) Faraday depth of layer i = d,h (disk or halo)
σRMi (radm−2) Faraday dispersion of the intrinsic RM within

the volume of the telescope beam of layer i = d,h (disk or halo)
di (pc) Diameter of a turbulence cell in layer i = d,h (disk or halo)
l = −20 (◦) Inclination (l = 0◦ means face-on orientation; Tully, 1974)
φ = 100 (◦) Azimuthal angle of the considered sector
σRM,D = 15 (radm−2) Dispersion of observed RM at λ 6 cm with 15′′ resolution

(Fletcher et al., 2011)
D = 600 (pc) Linear size of the 15′′ telescope beam
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magnetic field components can be written as:

Br = B0 sin(pa0) +B2 sin(pa2) cos(2φ− β2),
Bφ = B0 cos(pa0) +B2 cos(pa2) cos(2φ− β2),
Bz = 0,
Bhr = Bh0 sin(pah0) +Bh1 sin(pah1) cos(φ− βh1),
Bhφ = Bh0 cos(pah0) +Bh1 cos(pah1) cos(φ− βh1),
Bhz = 0 (6.1.1)

The different modes are reflected in the indexing in the different terms in Equation 6.1.1. B0
and B2 are the amplitudes of the horizontal total magnetic field component in the disk and
β2 is the azimuthal angle at which the corresponding m 6= 0 mode is a maximum. pa0 and
pa2 are the pitch angles of the corresponding magnetic field component. The pitch angle is
defined as the angle between the tangent to the spiral arm and the tangent to a perfect circle,
measured at the point where the arm and the circle intersect (e.g. Carroll and Ostlie, 1996).
The same nomenclature as for the disk holds for the horizontal magnetic field component
in the halo where the index ‘h’ refers to the halo. φ is the azimuthal angle in the galaxy
plane measured anti-clockwise from the north end of the major axis, whereas the major axis
is defined as the axis with a position angle of PA= −10◦ away from the north direction
(Tully, 1974). Figure 6.1.4 illustrates the geometrical situation in M51. In the following, we
summarize the different ingredients included in the Shneider et al. (2014a) depolarization
models.

Regular magnetic field
Following Berkhuijsen et al. (1997), the regular disk and halo magnetic field components are
projected onto and perpendicular to the sky plane as

Bx = Br cos(φ)−Bφ sin(φ),
By = [Br sin(φ) +Bφ cos(φ)] cos(l) +Bz sin(l),
B‖ = − [Br sin(φ) +Bφ cos(φ)] sin(l) +Bz cos(l), (6.1.2)

where l = −20◦ is the inclination of the galaxy (Tully, 1974). The over-bar denotes the
mean (regular) field. The Cartesian reference frame in the sky plane has its origin in M51’s
center, with the x-axis pointing towards the northern end of the major axis (compare Figure
6.1.4), while the z-axis (the line-of-sight or ‘parallel’ component ‖) is pointing towards the
observer. From this, the total regular magnetic field strength can be calculated by:

Btot =
√
B

2
⊥ +B

2
‖ =

√
B

2
x +B

2
y +B

2
‖ (6.1.3)

Fitted model parameters for the disk (m = 0, 2) and halo (m = 0, 1) magnetic fields are given
as ratios B0/B2 and Bh0/Bh1 in Fletcher et al. (2011), where ‘h’ denotes the component in
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Figure 6.1.4: Geometrical situation in M51. The azimuthal angle φ is measured anti-
clockwise from the north end of the major axis, which is the axis with the position angle of
PA= −10◦ relative to the north direction on the sky. The Cartesian coordinate system of
the projection of the galaxy onto and perpendicular to the sky plane (x, y, ‖) is illustrated
as well.

the halo. From this and Equations 6.1.1 and 6.1.3 it follows

B0 = Btot,d

[
1 +

(
R2

R0

)2
cos2(2φ− β2) + 2

(
R2

R0

)
cos(2φ− β2) cos(p0 − p2)

]−1/2

,

B2 = Btot,d

[
1 +

(
R0

R2

)2
cos2(2φ− β2) + 2

(
R0

R2

)
cos(2φ− β2) cos(p0 − p2)

]−1/2

,

Bh0 = Btot,h

[
1 +

(
Rh1

Rh0

)2
cos2(φ− βh1) + 2

(
Rh1

Rh0

)
cos(φ− βh1) cos(ph0 − ph1)

]−1/2

,

Bh1 = Btot,h

[
1 +

(
Rh0

Rh1

)2
cos2(φ− βh1) + 2

(
Rh0

Rh1

)
cos(φ− βh1) cos(ph0 − ph1)

]−1/2

, (6.1.4)

where R0, R2, Rh1, and Rh2 are the fitted mode strengths modeled in Fletcher et al. (2011)
(see their Table A1), also given in Table 6.2. This can now be used to calculate the regular
disk and halo magnetic field components in and perpendicular to the sky plane

(
Bx, By, B‖

)
.

Turbulent magnetic field
Since b and its components (br, bφ, bz) are Gaussian random variables with zero mean, one
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can express the turbulent components of the total random magnetic field by its standard
deviations (σr, σφ, σz). To distinguish between cases with isotropic and anisotropic turbulent
fields, the parameter α > 0 was introduced. Since anisotropy is considered to be caused by
compression in spiral arms and by shearing effects from differential rotation, hence only in
the disk plane and not in vertical direction, we have

σ2
φ = ασ2

r , σr = σz . (6.1.5)

For isotropy, we have α = 1, hence σφ = σr = σz. In Cartesian coordinates, the turbulent
disk and halo magnetic field components are

σ2
x = σ2

r

[
cos2(φ) + α sin2(φ)

]
,

σ2
y = σ2

r

{[
sin2(φ) + α cos2(φ)

]
cos2(l) + sin2(l)

}
,

σ2
‖ = σ2

r

{[
sin2(φ) + α cos2(φ)

]
sin2(l) + cos2(l)

}
. (6.1.6)

From this, the total random magnetic field can be calculated as

btot =
√
σ2
x + σ2

y + σ2
‖ . (6.1.7)

For isotropy σx = σy = σ‖ = σI applies which results in a total isotropic turbulent field of

b2
tot = σ2

x + σ2
y + σ2

‖ = 3 · σ2
I = (2 + α) · σ2

I , (6.1.8)

with α = 1. In case of an anisotropic turbulent field, the total random field is

b2
tot = (2 + α) · σ2

A , (6.1.9)

with α > 1. Anisotropy in the halo is assumed to be smaller because no compression in
spiral arms can occur, i.e. α = 2 in the disk and α = 1.5 in the halo.

To describe the degree of polarization as a function of wavelength, other physical param-
eters besides the strength of the regular and turbulent magnetic field are needed. In the
next paragraph we discuss the observational parameters.

Observables
For a purely regular magnetic field, the intrinsic polarization angle (in the sky plane) is given
by (e.g. Berkhuijsen et al., 1997)2

ψ0 = 1
2π − arctan[cos(l) tan(φ)] + arctan

(
By/Bx

)
. (6.1.10)

If turbulent magnetic fields are present as well, the last term for the intrinsic polarization
angle changes to

〈ψ0〉 = 1
2π − arctan[cos(l) tan(φ)] + 1

2 arctan
 2BxBy

B
2
x −B

2
y + σ2

x − σ2
y

 , (6.1.11)

2Note if using python package, the numpy function arctan2 should be used, to make sure using the right
quadrant of the arctan function while calculating the polarization angle.
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where 〈...〉 denotes ensemble averaging. For a detailed derivation of this modification please
see Sokoloff et al. (1998) and Appendix A of Shneider et al. (2014a). To connect the degree
of polarization as a function of wavelength with the observed quantities I, Q, and U , one
starts with the complex polarization P = |P|(cos(2ψ) + i sin(2ψ)) = |P|e2iψ (see Section
2.2). ψ = 1

2 tan−1
(
U
Q

)
is the observed polarization angle. |P| is the length of the complex

polarization vector and is defined as the observed polarized intensity PI =
√
Q2 + U2. The

observed degree of polarization is p = PI/I, where I is the total non-thermal intensity. The
total rotation measure Ri, where i denotes different layers, in this case either disk ‘d’ or halo
‘h’, and the dispersion of the RM σRMi

within the telescope beam of an individual layer,
both given in radm−2, are needed as well. Ri, σRMi

, and the per-layer total synchrotron
intensity Ii are dependent on the path length through the emission layer Li (in pc):

Ii = εi Li , (6.1.12)
Ri = 0.81neiB‖i Li , (6.1.13)
σRMi

= 0.81nei b‖i (Lidi)1/2 (6.1.14)

The synchrotron emissivity is defined as ε = cB2
⊥, with constant c and B2

⊥ = B
2
⊥ + σ2

x + σ2
y .

Physically, the constant c corresponds to the CRE density in the emitting volume whose
value is not significant as it cancels out upon computing p (Shneider et al., 2014a). The
total synchrotron intensity from all layers is given by the sum of the synchrotron emission
of individual layers along the line-of-sight I = ∑

i Ii. nei is the average thermal electron
density (in cm−3), B‖i and b‖i are the strengths of the regular and turbulent magnetic field
components (in µG) along the line-of-sight, and di (in pc) is the turbulence cell size which
is defined as (Fletcher et al., 2011)

di '
[

DσRM,D
0.81nei b‖i (Li)1/2

]2/3

, (6.1.15)

with σRM,D is the RM dispersion (in radm−2), in Shneider et al. (2014a) erroneously referred
to as the RM dispersion within the beam but actually it is the dispersion of RM between
the beams (the RM dispersion from the histogram, see Figure 5.4.3). According to this,
σRM,D = σRM/

√
N , where N = (D/d) is the number of turbulent cells within the beam of a

linear diameter D (in pc). Note that for purely regular magnetic fields σx = 0 and σy = 0.
In this case the emissivity becomes ε = c · B2

⊥. In the following we name the synchrotron
total intensity for purely regular fields Ii and for models including turbulent fields Ĩi, where
ε̃ = c

(
B

2
⊥ + σ2

x + σ2
y

)
.

In general, the depolarization models given in Shneider et al. (2014a) simulate the galaxy
M51 as a multi-layer magneto-ionic medium with regular and turbulent magnetic fields. The
different models distinguish between scenarios of different magnetic field configurations in
terms of (1) regular magnetic fields, (2) isotropic random magnetic fields, and (3) anisotropic
random magnetic fields. The different models include either one of those or a mixture of the
different magnetic field configurations. Those magnetic field configurations are independently
considered to be present in different layers (disk and/or halo). The thermal electron density
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Table 6.2: Fixed Model Parameter Values.

Parameter (Unit) Disk Halo Parametera (Unit) cont. Disk Halo
Btot (µG) 5 5 R0 (radm−2) −46± 3
btot (µG) 14 4 R2 (radm−2) −33± 2
ne (cm−3) 0.11 0.01 pa0 (◦) −20± 1
nCRE (arbitrary) constant constant pa2 (◦) −12± 2
L (pc) 800 5000 β2 (◦) −8± 5
d (pc) 55 370 Rh0 (radm−2) +23± 6
α (anisotropy) 2.0 1.5 Rh1 (radm−2) +76± 11

pah0 (◦) −43± 13
pah1 (◦) −45± 5
βh1 (◦) +44± 5

Notes. Fixed parameters in the disk and halo used to model the degree of polarization as
a function of wavelength. The electron densities and path lengths are from Fletcher et al.
(2011), while the turbulence cell size d was computed using Equation 6.1.15 with the given
parameter values. For the number density of CREs, a constant number of 0.1 (in arbitrary
units) was used for modeling, while its value is not significant since its cancelling out during
the calculation of (p/p0). a from Fletcher et al., 2011

is always constant in individual layers, assuming different values in the disk and halo. The
magnetic field strengths are also constant in each layer, using different values for the regular,
and (isotropic and anisotropic) turbulent fields. The fixed parameters and their values are
given in Table 6.2. Other fixed parameters that are dependent on the geometry of the galaxy
and the location of the considered region of emission (see Section 6.1.3) are the inclination
l = −20◦, the position angle PA= −10◦, and the azimuthal angle φ = 100◦.

Since magnetic fields and thermal and cosmic ray electrons are present in all layers, pos-
sible depolarization mechanisms are (1) differential Faraday rotation, (2) internal Faraday
dispersion, (3) external Faraday dispersion, and (4) a mixture of all mechanisms. In the
case where turbulent magnetic fields are ‘switched on’, wavelength-independent depolariza-
tion such as beam depolarization has to be considered as well. The case of depolarization
caused by gradients of RM across the observational telescope beam is not taken into account
(Sokoloff et al., 1998). Shneider et al. (2014a) also included external Faraday dispersion
caused by turbulent magnetic fields in a foreground screen in their models. They only con-
sidered turbulent fields here because for regular magnetic fields, a foreground screen only
affects the observed RM but not the degree of polarization. Note that external refers to
the turbulent fields between the observer and the source (but not within the source) hence,
in the near-side halo for the two-layer system, and the disk and near-side halo in case of a
three-layer system.
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Wavelength-independent depolarization
In Section 2.2.2 wavelength-independent depolarization such as beam depolarization was
introduced, in the following denotes as W . Wavelength-independent depolarization only
occurs if turbulent magnetic fields are present in the emission region (and if the turbulence
is unresolved by the telescope beam). For purely regular magnetic fields W = 1. For
anisotropic random fields, wavelength-independent depolarization is given by (Sokoloff et
al., 1998)

(WA)i =


[(
B

2
x −B

2
y + σ2

x − σ2
y

)2
+ 4BxBy

]1/2

B2
⊥


i

, (6.1.16)

where i denotes either disk or halo. In the isotropic case (σx = σy = σ‖ = σ) this reduces to

(WI)i =
 B

2
⊥

B
2
⊥ + 2σ2


i

. (6.1.17)

If both anisotropic and isotropic random fields are present, the wavelength-independent
depolarization term is given by

(WAI)i =
 B

2
⊥

B
2
⊥ + 2σ2


i


[(
B

2
x −B

2
y + σ2

x − σ2
y

)2
+ 4BxBy

]1/2

B2
⊥


i︸ ︷︷ ︸

σx 6= σy

. (6.1.18)

The wavelength-independent depolarization defines the starting point of the degree of po-
larization (the value of the polarization fraction at λ = 0).

Wavelength-dependent depolarization can be caused by differential Faraday rotation due
to purely regular magnetic fields, and internal and external Faraday dispersion caused by
turbulent fields (see Section 2.2.2 for details). In the following the equations describing the
different effects for a two-layer and three-layer system are given.

Differential Faraday rotation (DFR)
When we consider one thick layer with regular magnetic fields and both, CREs and thermal
electrons, differential Faraday rotation occurs. The degree of polarization as a function of
wavelength has the form of a Sinc function or Burn slab. Differential Faraday rotation
means that each thin layer experiences different amount of Faraday rotation on the way to
the observer: The plane of linear polarization from the most distant thin layer gets rotated
most while the nearest thin layer has still its intrinsic polarization angle. The polarized
emission of two thin layers may cancel out each other (if their polarization angles differ
by 90◦). This happens more often as wavelength increases because the angle rotates as a
function of λ: ψ ∝ RMλ2. In a thick layer, for wavelengths smaller than the first null of
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the Sinc function-like trend of the degree of polarization, the remaining polarized emission is
coming from layers in the middle of the original thick layer (whose thickness decreases with
increasing λ) because only the polarization emitted from this region do not cancel out. The
resulting observed RM (which causes Faraday rotation) is half of the RM from the entire
thick layer: RMi = 1

2Ri, where Ri is the total rotation measure from individual thick layers
(the disk and/or the halo) given by Equation 6.1.13. In case of differential Faraday rotation
with two thick layers (disk and halo) the degree of polarization as a function of wavelength
has the form of a ‘double’ Sinc function, decreasing with increasing wavelength (Sokoloff
et al., 1998)(

p

p0

)
2layer

=
{
A2

d + A2
h + 2AdAh cos

[
2∆ψdh + (Rd +Rh)λ2

]}1/2
, (6.1.19)

where

Ai = (Ii/I) sinc
(
Riλ

2
)
, (6.1.20)

with i denoting either disk or halo and ∆ψdh = 〈ψ0d〉 − 〈ψ0h〉3. I = ∑
i Ii is the sum of the

synchrotron total intensity of all layers. For a three-layer model the corresponding equation
is: (

p

p0

)
3layer

=
(

2A2
h

{
1 + cos

[
2(Rd +Rh)λ2

]}
+ A2

d

+ 2AdAh

{
cos

[
−2∆ψdh + (Rd +Rh)λ2

]
+ cos

[
2∆ψdh + (Rd +Rh)λ2

]})1/2

(6.1.21)

Equations 6.1.19 and 6.1.21 are basically additions of Sinc functions, each resulting from
differential Faraday rotation in individual layers. The intrinsic degree of polarization in each
layer is dependent on the polarized emission originating in the layer and therefore of the
rotation measure per layer Ri as given by Equation 6.1.13. The angle of the polarization
plane of the emitted polarized wave experiences Faraday rotation on its way through the
layers with RMi = 1

2Ri in one layer and RMj = Rj in every other layer along the line-of-
sight, acting as a Faraday screen (with i and j denoting e.g. disk or halo; Sokoloff et al.,
1998). The Sinc functions are weighted with the fractional synchrotron intensity (Ii/I).

Internal Faraday dispersion (IFD)
For a purely turbulent magnetic field in the same volume as the emission region, internal
Faraday dispersion occurs. In this case Ai in Equation 6.1.20 needs to be modified to

Ãi = (Ii/I)
sinh

(
σ2
RMi

λ4
)

(
σ2
RMi

λ4
) exp

(
−σ2

RMi
λ4
)
. (6.1.22)

3The Sinc function is defined as sinc(x) = sin(x)/x. Note if using python’s numpy package to calculate
the model predictions, an additional factor of 1/π needs to be given in the argument of the Sinc function.
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With this, Equation 6.1.19 and 6.1.21 are modified to(
p

p0

)
2layer

= (WA)d Ãd + (WA)h Ãh , (6.1.23)(
p

p0

)
3layer

= 2 (WA)h Ãh + (WA)d Ãd . (6.1.24)

Here, only an example with anisotropic turbulent fields is given. For the isotropic case,
(WA)i becomes (WI)i and if both anisotropic and isotropic turbulent fields are present we
use (WAI)i. Internal Faraday dispersion decreases the degree of polarization proportional to
λ4 and the RM dispersion within the telescope beam σRMi

, while the RM dispersion is depen-
dent on the turbulent magnetic field strength and other parameters (see Equation 6.1.14).
Further, the degree of polarization is weighted by wavelength-independent depolarization.
Including turbulent magnetic fields changes the trend of the degree of polarization compared
to the trend when considering a uniform Burn slab: Instead of a Sinc function-like behavior
with periodically occurring drops to zero the degree of polarization shows a monotonically
decreasing function.

Differential Faraday rotation + Internal Faraday dispersion (DFR + IFD)
For a case where both regular and turbulent magnetic fields are present in the emission region,
DFR together with IFD occurs. For a two-layer system the observed degree of polarization
is then given by
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)
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=
W 2

d

(
Id
I

)2 (1− 2e−Ωd cosCd + e−2Ωd

Ω2
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d
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h

(
Ih
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h
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IdIh
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2
F 2 +G2

[
{F,G}(2∆ψdh + Ch)

+ e−(Ωd+Ωh){F,G}(2∆ψdh + Cd)
− e−Ωd{F,G}(2∆ψdh + Cd + Ch)

− e−Ωh{F,G}(2∆ψdh)
]

1/2

, (6.1.25)

with the substitutions Ωd = 2σRMdλ
4, Ωh = 2σRMhλ

4, Cd = 2Rdλ
2, Ch = 2Rhλ

2, F =
ΩdΩh + CdCh, G = ΩhCd − ΩdCh, and {F,G}(a) = F cos(a) − G sin(a). The first term in
Equation 6.1.25 represents the depolarization by differential Faraday rotation and internal
Faraday dispersion, hence by regular and turbulent magnetic fields in the disk. Wd describes
the wavelength-independent depolarization by the random magnetic fields. The second term
represents the same as the first one but in this case for the halo. The rest are mixed terms
from taking the absolute value of the complex polarization (p = |P|; see Section 2.2). For a
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three-layer system we have:
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1/2

(6.1.26)

Equation 6.1.26, is a typo-corrected form of the equation as it appears in Shneider et al.
(2014a): Compared to the third row of Equation 25 in Shneider et al. (2014a) the term
cos(D) was replaced by cos(Ch) and in the fourth row the term cos(C) was corrected to
cos(Cd).

Specific Modeling Examples
The above equations are for general cases. If one wants to explicitly give equations including
different magnetic field configurations the equations are mixed. In the following, equations
for a sample of models (summarized in Table 6.3) are given. Capital letters ‘D’ and ‘H’
denotes regular magnetic fields in the disk and halo while ‘I’ and ‘A’ denoting isotropic
and anisotropic turbulent fields. For example ‘DAIHI’ means a configuration of regular
fields together with isotropic and anisotropic turbulent magnetic fields in the disk (DAI),
and regular and only isotropic turbulent fields in the halo (HI). We only chose to show
some of the simplest combinations of the models summarized above. We exclude models
which have turbulent magnetic fields only in the halo but not in the disk, because those are
unrealistic since the driving source of turbulence are supernova remnants and stellar winds
which are known to be present mainly in the disk. We always give equations for the degree
of polarization as a function of wavelength for both two-layer and three-layer systems.

To compute the depolarization within a galaxy with only regular fields in the disk and
in the halo, we use Equation 6.1.19:

(
p

p0

)DH

2layer
=
{
A2

d + A2
h + 2AdAh cos

[
2∆ψdh + (Rd +Rh)λ2

]}1/2
(6.1.27)
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Table 6.3: Model settings of Equations 6.1.27 to 6.1.34 with regular and both isotropic and
anisotropic turbulent magnetic field configurations in the disk and halo.

Disk Halo
Reg. Iso. Aniso. Reg. Iso. Aniso.

DH X X
DAH X X X
DIHI X X X X
DAIHI X X X X X

Notes. The table shows model configurations which are used in this work to discuss the
degree of polarization as a function of wavelength for different magnetic field configurations
present in M51. Magnetic field configurations are individually given for the disk and the
halo. Capital letters ‘D’ and ‘H’ stands for regular fields in the disk and halo. Capital letters
‘I’ and ‘A’ denotes isotropic and anisotropic turbulent fields. The checkmarks show which
fields are switched “on” and “off”.

(
p

p0

)HDH

3layer
=
(

2A2
h

{
1 + cos

[
2(Rd +Rh)λ2

]}
+ A2

d

+ 2AdAh

{
cos

[
−2∆ψdh + (Rd +Rh)λ2

]
+ cos

[
2∆ψdh + (Rd +Rh)λ2

]})1/2

(6.1.28)

To model regular and turbulent fields together (DAH) we make use of Equation 6.1.25
using a wavelength-independent depolarization ofWh = 1 in the halo (denoted as (W = 1)h),
since in this example, only regular magnetic fields are present in the halo. In this case,
I = Ĩd + Ih, and Ĩd = ε̃d Ld is the synchrotron total intensity including turbulent magnetic
fields (in this case ε̃d = c ·

(
B

2
⊥ + σ2

x + σ2
y

)
in the disk). Also the term G needs to be replaced

by G = −ΩdCh since Ωh = 0. The degree of polarization for the DAH model in a two-layer
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system is given by:

(
p

p0

)DAH

2layer
=
(WA)2

d

(
Ĩd
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(6.1.29)

And for a three-layer system (HDAH) the degree of polarization as a function of wavelength
can be modeled as:
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1/2

(6.1.30)

The same equation holds also for the DIH model. Only those parameters which are specif-
ically calculated for an anisotropic case needs to be replaced for the isotropic case (e.g.
WA → WI). The next equation shows the model for depolarization resulting from regular
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and (isotropic) turbulent fields in the disk and halo (DIHI):
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(6.1.31)
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(6.1.32)

At last we give an equation for both regular and turbulent magnetic fields present in the disk
where both isotropic and anisotropic random fields are considered and regular plus turbulent
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fields with only isotropic random fields in the halo (DAIHI):(
p

p0

)DAIHI

2layer
=
(WAI)2

d

(
Ĩd
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(6.1.34)

Figures 6.1.5 and 6.1.6 show the influence of different magnetic fields strengths on the
degree of polarization as a function of wavelength for a scenario with only regular magnetic
fields (DH) and with regular plus turbulent magnetic fields (DAH) in a two-layer system,
respectively. For clarity we only change one parameter at a time in each plot. We used a
“cool” color scheme to show the change of regular magnetic field strength and “warm” colors
for the change of turbulent field strength. In the title of each plot, the italic-written letter
denotes the parameter which has changed (also shown in the legend). For example in the
left panel of Figure 6.1.5, we changed the total regular magnetic fields strength in the disk
(DH). The fixed parameter values are the same as given in Shneider et al. (2014a), reported
in Table 6.2. In case of purely regular magnetic fields, the intrinsic degree of polarization
(at λ = 0) starts at its theoretical maximum (chosen to be 70%). The overall trend is Sinc
function-like, as it is expected for a uniform Burn slab. Comparing the left and right panel
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of Figure 6.1.5 one can see that in the case of changing the magnetic field strength in the
disk, the positions of “null” remains always the same whereas increasing the magnetic field
strength in the halo decreases the wavelengths at which the degree of polarization drops
to zero (stronger depolarization at shorter wavelengths for higher magnetic field strengths).
This shows that in case of the DH model, the halo dominates the trend of the degree of
polarization as a function of wavelength. The reason is that the parameters used to model
the degree of polarization are the same in the disk and in the halo, except for the path
length Li (and the thermal electron density nei). The path length was used to calculate the
total synchrotron intensity emitted by individual layers. Because the path length through
the halo is by a factor of 6 larger than the path length through the disk, the emission from
the halo dominates the observed degree of polarization.

Figure 6.1.6 shows the degree of polarization as a function of wavelength for the DAH
scenario. Since turbulent fields are involved, the intrinsic degree of polarization at λ = 0
decreases significantly compared to scenarios with purely regular magnetic fields due to
wavelength-independent depolarization but the overall trend of the degree of polarization as
a function of wavelength remains Sinc function-like. In the top left and top right panels of
Figure 6.1.6 one notes that for the case of changing the regular magnetic field strength in
the disk, the wavelength-independent depolarization has only a small impact on the intrinsic
degree of polarization at λ = 0, whereas for an increasing regular magnetic field in the
halo, the intrinsic degree of polarization also increases. This is again because the halo term
in Equation 6.1.29 (the second term) dominates the degree of polarization (the wavelength-
independent depolarization term isWh = 1, which strongly impact the degree of polarization
at λ = 0).

Comparing the model DH and DAH, we find that the nulls appear at the same wave-
lengths, namely at ∼λ 23 and 33 cm (when comparing the left panel in Figure 6.1.5 and
the top left panel in Figure 6.1.6). The nulls appear at wavelengths depending on the total
RM of the layer (RMλ2 = nπ, where RM is the total rotation measure through the whole
layer, while RM/2 is the observed rotation measure), depending on the regular magnetic
field strength which is assumed to be equal in the disk and halo. The turbulent field in
the DAH model only attenuates the amplitude of the degree of polarization, especially at
short wavelengths. Since the regular magnetic field strength is equal in the disk and the halo
and therefore the RM is the same for model DH and DAH, the nulls appear at the same
wavelength.

Replacing the anisotropic random fields to isotropic random fields (compare red solid and
red dashed line in Figure 6.1.7) only decreases the intrinsic degree of polarization at λ = 0
(by a few %). This is expected when comparing fields with equal field strengths because we
consider anisotropy caused by compression along spiral arms and by shear from differential
rotation, hence only in the disk plane and not in vertical direction. Therefore, within the
beam the depolarizing component along the line-of-sight for anisotropic random magnetic
field is smaller compared to isotropic random fields which includes magnetic field lines in all
directions (also in vertical direction).
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Figure 6.1.5: Normalized degree of polarization as a function of wavelength for the model
DH in a two-layer system. Different colors show a varying total regular magnetic field
strength in the disk (left panel) and in the halo (right panel) in µG.

6.1.3 Application to M51

In Figure 6.1.7, selected model predictions for a two-layer (left panel) and three-layer (right
panel) system are shown. The simplest scenario contains only regular magnetic fields in the
disk and halo (denoted as DH). Figure 6.1.8 shows a simplified illustration of the situation
in M51 for the different models. The model parameter values are given in Table 6.2.

To compare the model predictions with observations, the observed degrees of polariza-
tion at X-band (8.35GHz), C-band (4.85GHz), S-band (2.56 - 3.56GHz), and L-band (1.12 -
1.84GHz) are also shown in Figure 6.1.7. We considered the total and polarized intensity
integrated in a sector with an azimuthal angle centered at 100◦ and an opening angle of
20◦ and radial boundaries 2.4 – 3.6 kpc (see Fletcher et al., 2011). This sector was chosen
because it represents an inter-arm region where the degree of polarization is high and with
high signal-to-noise ratio in polarized intensity. To perform the analysis per pixel is not
the right approach because one needs enough independent turbulent cells within the con-
sidered region to have deterministic expressions for the observed degree of polarization. If
we consider a turbulence cell size of 50 pc, our beam of 15′′ contains about 10 turbulent
cells and the considered sector contains about 5 beams, hence about 50 turbulent cells.
This is sufficient to be deterministic (Sokoloff et al., 1998). As discussed in Section 4.3.2,
polarized emission is generated by non-thermal synchrotron radiation. To calculate the non-
thermal fractional polarization, the thermal fraction of the observed total intensity must be
subtracted from the Stokes I values. To obtain the non-thermal total flux density at the
location of the considered sector, we assumed a thermal fraction f thν0 of 9% at ν0 = 3GHz
(Tabatabaei et al., 2017) and extrapolated the non-thermal flux densities at frequency ν

via Sν = f thν0

(
ν
ν0

)−0.1
Sν0 (compare Equation 4.3.5 in Section 4.3.2). This was done for all

spectral windows at S-band, at 4.85 and 8.35GHz, and at all channels of the L-band data
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Figure 6.1.6: Normalized degree of polarization as a function of wavelength for the model
DAH in a two-layer system. Different colors show a varying total regular magnetic field
strength in the disk (top left panel) and in the halo (top right panel) and a varying anisotropic
turbulent magnetic field strength in the disk (bottom panel) in µG.

set. Assuming that the thermal fraction in the sector is equal to the global average value is
reasonable since the region where the integrated total and polarized flux density were mea-
sured is located at an inter-arm location away from star-forming regions and hence with low
thermal emission. However, we explored the influence of a varying thermal fraction between
0 – 20% on the degree of polarization (as it was found in inter-arm regions of NGC628 at
S-band, Mulcahy et al., 2017): A higher thermal fraction increases the degree of polarization
(with respect to the degree of polarization computed using a global thermal fraction of 9%)
while the effect is strongest at short wavelengths and barely noticeable at L-band. For a
thermal fraction of 20%, the degree of polarization at λ 3.6 cm is underestimated by a factor
of 1.5 when using 9% thermal fraction while at the central wavelength of S-band (at about
10 cm) the degree of polarization is only underestimated by a factor of ∼ 1.2.

The values of the degree of (non-thermal) polarization using a thermal fraction of 9%
are shown in Table 6.4. The error bars reflect only the rms noise level in the images and
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Figure 6.1.7: Normalized degree of polarization as a function of wavelength for a two-layer
system (left) and a three-layer system (right) in M51. The observed degree of (non-thermal)
polarization values are displayed with error bars. The plots show some selected reconstructed
models from Shneider et al. (2014a), also seen in Figure 6.1.2 with same color. All model
profiles featured have been constructed from among the a set of parameters given in Table
6.2. Please see Table 6.3 for nomenclature and description of the model types appearing in
the legend.

are calculated via Gaussian error propagation using the rms noise in the Stokes I, Q, and U
images: rms ·

√
Nbeams, where Nbeams is the number of beams (about 5) within the integration

area. In a future analysis, a proper separation of the thermal and non-thermal emission of
each pixel in the observed total intensity maps can be performed. This method takes spatial
variations of the thermal fraction across the galaxy into account and would make sure to
compare the the models to a more truthful degree of (non-thermal) polarization.

By comparing the observed degree of polarization to the models, one can rule out models
with only regular magnetic fields in the disk and halo (DH) since the observed data deviate
most (a factor of 4 lower at S-band) from those model predictions. This is in agreement
with observations of turbulent magnetic fields in the ISM of spiral galaxies (e.g. Beck,
2016). Especially at short wavelengths the model DH has a degree of polarization close
to the intrinsic value without any wavelength-independent depolarization but because our
resolution does not resolve the turbulence, beam depolarization always occur. However, it
appears that none of the model predictions with the parameter values given in Table 6.2 is
in agreement with the observed data at S-band. For the two-layer system, the data points
deviates by a factor of about 2 from the models whereas for the three-layer case, some
data points are well reproduced by the model predictions but the model drops to zero at
λ ≈ 11 cm which is clearly ruled out by the observed data. In any case, our new S-band data
(the polarized emission from the disk-halo transition region) are crucial to evaluate whether
the model predictions fit the observations.

The discussed models contain many free parameters. However, some of the parameters,
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Table 6.4: Observed Degree of (non-thermal) Polarization.

X-band C-band S-band L-band
λ (cm) (p/p0) λ (cm) (p/p0) λ (cm) (p/p0) λ (cm) (p/p0)
3.59 0.50± 0.04 6.18 0.44± 0.03 8.41 0.27± 0.03 16.41 0.19± 0.03

8.73 0.29± 0.02 16.48 0.16± 0.03
9.07 0.23± 0.02 16.55 0.17± 0.04
9.43 0.21± 0.02 16.63 0.18± 0.03
9.83 0.21± 0.02 16.70 0.19± 0.03
10.17 0.19± 0.02 16.78 0.19± 0.02
10.64 0.18± 0.02 16.85 0.17± 0.03
11.14 0.16± 0.01 16.93 0.19± 0.04
11.70 0.19± 0.01 17.00 0.16± 0.03

17.08 0.17± 0.03
17.56 0.15± 0.03
17.65 0.18± 0.03
17.73 0.15± 0.02
17.98 0.18± 0.03
18.07 0.18± 0.03
18.16 0.19± 0.03
18.25 0.17± 0.02
18.34 0.18± 0.03
18.43 0.16± 0.03
22.80 0.07± 0.02
22.94 0.10± 0.03
23.08 0.08± 0.02
23.22 0.08± 0.02
23.37 0.08± 0.02
23.51 0.08± 0.02
23.66 0.08± 0.03
25.26 0.08± 0.01
25.43 0.07± 0.02
25.60 0.10± 0.04
25.78 0.06± 0.02
26.14 0.06± 0.02
26.51 0.05± 0.02
26.70 0.04± 0.02
26.89 0.14± 0.04

Notes. The total and polarized intensity values to calculate the degree of polarization were
integrated in a sector with an azimuthal angle centered at 100◦ and an opening angle of 20◦
and radial boundaries 2.4 – 3.6 kpc (see Fletcher et al., 2011).
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Figure 6.1.8: Simplistic illustration of magnetic field components present in a spiral galaxy
causing wavelength-dependent depolarization of the observed polarized signal considered in
our analysis. Illustrated are different layers referred as disk and halo including regular
and anisotropic turbulent and/or isotropic turbulent magnetic fields. Note that in reality,
magnetic field lines are always connected, which is not illustrated in this Figure.

specifically those in Table 6.2, like the path length L and the turbulence cell size as well as the
fitted parameters of the different Fourier modes in the disk and halo (pitch angle, azimuth,
and amplitudes of the Fourier modes), are constrained using prior studies (Berkhuijsen et al.,
1997; Fletcher et al., 2011). The remaining free parameters are the regular field strengths
and isotropic and anisotropic turbulent field strengths, both in the disk and halo. Also the
thermal electron densities in the disk and halo could vary significantly in the considered
sector from the global value.

Finding the “Best fit” Parameter Values
The most uncertain parameters in the Shneider et al. (2014a) model are the total regular
and turbulent magnetic field strengths and the thermal electron densities in the disk and
in the halo. For those values we only have global estimates which are strongly dependent
on assumptions, e.g. the field strengths are estimated assuming equipartition between the
energy densities of magnetic fields and cosmic rays (Fletcher et al., 2011; Beck and Krause,
2005; Berkhuijsen et al., 1997). The global values may also differ from those in individual
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Table 6.5: Free Parameters and “Best fit” for the Interactive Tool.

Parameter Starting Value Range DAH two-layer HDAH three-layer
Btot,d 5µG 0 - 20µG 10µG 10µG
Btot,h 5µG 0 - 20µG 3µG 3µG
btot,d 14µG 0 - 28µG 14µG 16µG
btot,h 4µG 0 - 8µG - -
ne,d 0.11 cm−3 0.00 - 0.22 cm−3 0.07 cm−3 0.07 cm−3

ne,h 0.01 cm−3 0.000 - 0.020 cm−3 0.01 cm−3 0.01 cm−3

Notes. Free parameters used to model the degree of polarization as a function of wavelength
(Figure 6.1.9). The range of parameters are chosen around a starting value reported in
Shneider et al. (2014a). The last two columns give the “best fit” values of the DAH model
for a two-layer and three-layer system.

sectors (especially for the thermal electron densities).

The question is now if changing some of the model parameter values in a reasonable range
would better match the model predictions to the observed degrees of polarization. For this
purpose, we developed an interactive tool in Python where some selected model parameter
values (such as the total regular and turbulent magnetic field strength and thermal electron
densities in the disk and halo) can be changed simultaneously to visually inspect if the
model matches the data with physically reasonable parameter values (Figure 6.1.9). This
is an important step towards an automatic least-square fit of the models to the data, since
those values can then later be used as initial conditions to perform e.g. a fit with a χ2

analysis. A χ2 fit will provide a strong method to determine the values of the parameters
accurately (if it converges to the right solutions). Furthermore, the interactive tool allows
one to gain intuitively how the degree of polarization as a function of wavelength changes
when various parameters are changed. The free parameters used in the interactive tool and
their ranges are summarized in Table 6.5.

Figure 6.1.10 shows the “best fit” of the model DAH (red dashed line). We explored
visually whether any reasonable combination of the free parameters can reproduce the ob-
served degree of polarization. These “best fit” magnetic field strengths and electron densities
are listed in Table 6.5 and are all physically plausible values. For the three-layer system it
is not possible to lift up the nulls in the model by changing any parameter in the given
range. Therefore, this three-layer model can be ruled out or, in other words, we do not
detect polarized emission from the far side halo. It is highly likely that the polarized emis-
sion from the far-side halo gets completely depolarized by the disk, so the third layer (the
far-side halo) is redundant in the model. For the total regular magnetic field strength we
found Btot,d ≈ 10µG in the disk and Btot,h ≈ 3µG in the (near-side) halo. For the total
turbulent magnetic field in the disk we found btot,d ≈ 14µG. The estimated uncertainties
of the field strengths are of the order of about 0.5 – 1µG (this is the range of field strengths
where the model can be matched to all data points including the errorbars).
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Figure 6.1.9: Interactive tool to adjust different model parameters. We only show two
selected models (DH and DAH) which are the same as in Figure 6.1.7. This tool was
developed within Python 2.7 Software Foundation (Python Language Reference, version 2.7,
available at http://www.python.org) using the module Matplotlib (Hunter, 2007).

Using the interactive tool, we matched the model DAH also to the observed polarization
fraction in two neighboring sectors. Both sectors are located at the same radius, one towards
the north (at azimuthal angle of about 90◦) of the original sector and one towards the south
(at azimuthal angle of about 120◦). For both sectors we found the same magnetic field
strengths to be matched as for the original sector. Consistency between matches to different
sectors is a strong indication that the model is physically meaningful. Using the interactive
tool it turned out that from the compilation of models considered here (compare Table
6.3), only the model DAH is able to represent the observed data well using reasonable field
strengths in the original sector as well as in the two neighboring sectors. To judge whether
the field strength is reasonable we compared the turbulent and total field strengths in the
disk with the observed values at λ 6 cm by Fletcher et al. (2011): They found strengths of
the ordered field (anisotropic turbulent) of btot,d ≈ 13µG and a total magnetic field strength
(Bd =

√
B2

tot,d + b2
tot,d) of 15 – 20µG in the inter-arm regions of M51.

Only for the DAH model it was possible to match the data points of all three sectors
with field strengths within those boundaries. For example, trying to match the model DIHI
(which includes turbulent fields in the halo) gives a regular field strength of about the same
strength in the disk and halo as for the model DAH but due to the turbulent field in the
halo the turbulent field in the disk has to be increased by about 5 – 6µG to match the data.
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Figure 6.1.10: “Best fit” of the model DAH (red dashed line) for a two-layer system (left
panel) and a three-layer system (right panel) in M51 to the observed degree of polarization
at multiple wavelengths.

This gives a total magnetic field strength which is too large (by about 5µG) compared to
the boundaries given by the observations at λ 6 cm by Fletcher et al. (2011). The same holds
for the model DIH in the northern sector. However, since those boundaries are only global
average values, we can not completely rule out the models DIH and DIHI. Nevertheless, the
model DAIHI gives strengths of the total random magnetic field a factor of 2 – 3 smaller
compared to the regular magnetic field but this can only be the case (physically) if the
degree of polarization is very high (if (p/p0) > 0.6) which is not the case in our observations.
Because we could only match the DAH model to the observations in the three sectors it looks
like the anisotropic field in the disk is essential. This could be a piece of evidence for the
presence of anisotropic random fields.

In their second paper, Shneider et al. (2014b) fitted the field strengths of the regular
and isotropic and anisotropic random fields in the disk and halo in 4 rings across the galaxy
M51. They used the models from the first paper (Shneider et al., 2014a) in different rings
and fitted the models to get the best-fit magnetic field configuration at each ring (statistical
comparison via χ2 analysis of predicted to observed polarization maps). They found that
a two-layer system provides better fits (consistent with our findings), although the best-fit
magnetic field strengths for a three-layer system are comparable. They found field strengths
of Btot,d ≈ 10µG, btot,d ≈ 11 – 14µG and Btot,h ≈ 3µG. This is in excellent agreement
with the field strengths found using our interactive tool. In Shneider et al. (2014b) the
models were compared to observational data at only three wavelengths. The observational
capabilities of our new broadband S-band radio polarimetric data will allow us to better
determine whether a two-layer or three-layer modeling approach is best suited for describing
the data and also to have tighter estimates for the regular and (isotropic and anisotropic)
turbulent field strengths in the disk and halo by fitting the degree of polarization as a function
of the azimuthal angle in 4 separated rings. This will be done in a future project.



6.1 Wavelength-dependent Depolarization between 1 – 8GHz 111

6.1.4 Discussion

The Shneider et al. (2014a) model has some advantages compared to ‘traditional’ depolar-
ization model fitting (QU-fitting, see Sokoloff et al., 1998; O’Sullivan et al., 2012): This
approach can directly give us the strengths of the (1) regular magnetic field, (2) anisotropic
turbulent magnetic field, and (3) isotropic turbulent magnetic field in the disk and halo,
respectively. QU-fitting gives us ‘only’ RM, σRM, p0 and the intrinsic polarization angle ψ0
within the telescope beam and for only one layer (QU-fitting treats multiple components
by putting them into the sky plane instead of stacking them along the line-of-sight). The
Shneider et al. (2014a) model considers multiple layers along the line-of-sight which allows
us to consider more complicated scenarios. So far, this model is the only one which distin-
guishes between isotropic and anisotropic turbulent fields and includes multiple layers along
the line-of-sight.

However, the Shneider et al. (2014a) model has certain limitations given by the considered
assumptions:

• The assumption that the thermal electron density is constant within the disk and also
within the halo of the galaxy is not physical. The ISM of galaxies is a complicated
system with varying thermal electron densities as a function of radius, azimuthal angle,
vertical height. However, because we considered only one sector, assuming a constant
electron density should be a sufficient approximation.

• For the CRE density, Shneider et al. (2014a) assumed the same value in the disk and
halo. However, this is inconsistent with the exponential scale heights of the synchrotron
emission in edge-on galaxies (Heesen et al., 2018). A typical scale height of hsyn '
1.5 kpc gives a CRE scale height hCR = hsyn · (3 + αsyn)/2 ' 3 kpc (assuming
energy equipartition between CRs and magnetic fields), so that the CRE density should
decrease by a factor of about 2 – 7 from the disk to the halo (heights of 2 – 6 kpc above
the disk). Would a different value in the disk and halo affect the models? If the
values in the disk and halo are different, they do not cancel out by calculating (p/p0).
A different CRE density would also change the synchrotron intensity. Figure 6.1.11
shows the influence of different CRE densities in the halo compared to the disk on the
degree of polarization as a function of wavelength. A cosmic ray density of a factor of
10 smaller in the halo decreases (p/p0) for the DAH model by a factor of 1.6 and for
DIH by a factor of 2.7 at λ = 0, respectively. However, even a CRE density a factor
of 10 smaller in the halo does not help to “lift up” the nulls in the three-layer model
and thus, it is still not possible to fit the HDAH model to the data with reasonable
parameters.

• Also the synchrotron spectral index and therefore the intrinsic degree of polarization
(at λ = 0) can be different in the disk and halo (also within a layer and along the line-
of-sight), because of energy losses as it is observed in edge-on galaxies (e.g. Schmidt
et al. 2019, submitted).
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• Assuming a constant size of turbulence cells within the disk and within the halo could
be too simplistic. There could be spatial variations of the turbulent properties. At
different locations, the size of the turbulence cell could vary: The turbulence cell
at the gas spiral arms could be smaller compared to the size of turbulence at inter-
arm locations (due to star forming processes, which mainly takes place in the dense
spiral arms, driving the turbulence). For example, in the Milky Way Haverkorn et
al. (2008) found a turbulence cell size less than 10 pc at the gaseous spiral arms,
while in the inter-arm locations the turbulence cell size amounts to about 100 pc.
According to Poezd et al. (1993), potential driving mechanisms of turbulence in the
halo of spiral galaxies are galactic fountains (with a typical scale of 0.3 to 1 kpc),
Parker instabilities (about 1 kpc scale), and supernova explosions with remnants of
about 0.3 kpc size (McKee and Ostriker, 1977). The authors adopt a turbulence cell
size a factor of 5 larger in the halo, compared to the one in the disk. The turbulence
cell size in M51 calculated via Equation 6.1.15 is by a factor of 6.7 greater in the
halo compared to the turbulence cell size in the disk (compare Table 6.2). This large
turbulence cell size in the halo could arise from using the same RM dispersion (σRM,D =
15 radm−2) in the disk and in the halo, as assumed by Shneider et al. (2014a). Their
assumptions of the same turbulence cell size and the same RM dispersion in disk and
halo are incompatible with observations: According to our study of the RM distribution
at different frequencies (in different layers; see Section 5.4.1), the RM dispersion is
different in the disk and halo. At L-band (tracing only the polarized emission from
the halo) we found σRM,D ≈ 9 radm−2 (this is measured from the standard deviation
of the historgram in the considered sector at L-band). This would give a turbulence
cell size a factor of 1.4 smaller in the halo (260 pc; a factor of 4.7 greater compared to
the disk). This is close to the difference in the size of turbulence scale in the disk and
halo discussed in Poezd et al. (1993).

• The assumption of a perfectly symmetric halo field (quadrupole-type) with identical
properties of the near and far-side halo in a three-layer system, is hardly realistic
because such magnetic field configurations possess a vertical component which however
has been neglected (see below). Furthermore, the densities of thermal and CR electrons
could be distributed non-symmetric.

Limitations which can not be solved by the presented models are:

• For the three-layer model it is not possible to “lift up” the zero drops by changing any
of the free parameters. Even when including turbulent fields, the Sinc function trend
of the degree of polarization as a function of wavelength remains (which is not the case
when including turbulent fields in the halo of the two-layer system). The reason is that
in the model, the regular field in the halo always dominates the trend of the degree of
polarization because of the large path length through the halo.

• Another problem of the model is that Shneider et al. (2014a) only considered the
degree of polarization as a function of wavelength. One future step would be fitting
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Figure 6.1.11: Influence of different CRE densities in the disk and halo. The left panel
shows the considered depolarization models with a CRE density of nCR,h = 0.05 (arbitrary
units) and the right panel with a CRE density of nCR,h = 0.01 (arbitrary units) in the halo.

the Shneider et al. (2014a) model to the observed Stokes Q(λ) and U(λ) values. This is
considering not only the amplitude of the polarized signal but also the phase between
Stokes Q and U . Furthermore, the rms noise in Stokes Q and U has Gaussian statistics
which makes a proper error analysis easier (the rms noise in polarized intensity is not
defined and hence we used the average rms noise in Stokes Q and U to estimate the
error of PI and thus the error of p).

• In the Shneider et al. (2014a) model vertical regular magnetic fields are completely
neglected. For the considered sector this is reasonable since the mean RM amounts to
only about 2 radm−2. However, for other sectors this assumption may be invalid. From
polarization observations of edge-on galaxies we know that vertical magnetic fields
exists in spiral galaxies and also some face-on galaxies show clear evidence of vertical
regular field patterns in the RM distribution. Mao et al. (2015) found a signature
of an overall vertical magnetic field component in their L-band data (in the halo) of
M51 which produces a RM of ∼ −9 radm−2. From dynamo theory we know that
each configuration of magnetic fields in spiral galaxies have a non vanishing vertical
component. For a quadrupolar magnetic field configuration as it was considered in the
discussed depolarization models, vertical magnetic field lines (with respect to the disk
plane) are required to fulfill the divergence-free condition (compare Figure 1.2.3 (c) in
Section 1.2). In a quadrupolar magnetic field, the negative direction of the vertical field
(away from us) must be accompanied by an outward-directed radial field in the disk,
which is indeed observed (see Figure 14 in Fletcher et al., 2011). Therefore, neglecting
a vertical field component in the models of depolarization is not physical.
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6.2 Summary and Future Work

Our comparison of the observed degree of polarization between 1 – 8GHz with depolarization
models of a multi-layer magneto-ionic medium shows that a two-layer system is more likely
for M51. This does not mean that the far-side halo does not exist, but instead we are simply
not able to detect the polarized emission from the far-side halo probably due to strong
depolarization by the turbulent magnetic disk. We demonstrate that the comparison of
the observed degree of polarization to the wavelength-dependent depolarization models is a
powerful tool to put constraints on the magnetic field strengths and thermal electron density
in different regions of the galaxy. In the following, I summarize all results from studying the
wavelength-dependent depolarization in M51:

• S-band data (the polarized emission from the disk-halo transition region) are critical
to distinguish between a two-layer (disk – halo) and a three-layer (halo – disk – halo)
model.

• The data can be fitted well by the two-layer model and thus, the two-layer model more
likely describes the magneto-ionic medium of M51.

• For the simplified three-layer system it is not possible to lift up the nulls in the model
by changing any parameter. Therefore, this three-layer model can be ruled out. In
other words, we do not detect any polarized emission from the far side halo.

• The DAH model can be well fitted to the data with reasonable field strengths. The
model can be fitted to neighboring sectors with the same field strengths which is a
strong indication that the model is physically meaningful even with the unrealistic
assumptions discussed above.

• Because we could only fit the DAH model to the observations in the three sectors with
reasonable field strength it looks like the anisotropic field in the disk is essential. This
could be a new piece of evidence for the presence of anisotropic random fields.

• We found Btot,d ≈ 10µG in the disk and Btot,h ≈ 3µG in the (near-side) halo and
btot,d ≈ 14µG in the disk. Those magnetic field strengths are well in agreement with
the field strengths found by Shneider et al. (2014b).

Performing a least-square fit of the different models to the data will answer the question
of which depolarization model fits best to the data in a systematic way. For model fitting,
starting values for the free parameters must be chosen carefully. Therefore, using the in-
teractive tool described above to put constraints on the parameter values is an important
step for a successful model fit. As a next step, we will apply the same method to other
sectors with different azimuthal angles and radii in M51. Further, since the different models
distinguish between isotropic and anisotropic turbulent magnetic fields, by comparing the
observed degree of polarization in different regions of the galaxy with the model predictions,
we can investigate turbulent magnetic field configurations at different locations in M51. The
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Shneider et al. (2014a) depolarization model is so far the only one which distinguishes be-
tween isotropic and anisotropic turbulent fields. Applying the depolarization models to other
nearby face-on spiral galaxies will help us to better understand the magnetic field properties
in spiral galaxies in general. A proper separation of the thermal and non-thermal emission
of each pixel in the observed total intensity maps can be performed in the future. This
method takes spatial variations of the thermal fraction across the galaxy into account and
would make sure to compare the models to a more truthful degree of (non-thermal) polariza-
tion. This would also help to compare the fractional synchrotron intensity Ii/I calculated by
the model with observations of edge-on oriented spiral galaxies to prove whether the model
generates meaningful fractions of the synchrotron intensity in the disk and halo.

As discussed in Section 6.1.4, the Shneider et al. (2014a) model includes several simplified
assumptions. Assuming a constant (and equal) CRE density in the disk and in the halo is
difficult to justify. Using different values in the disk and halo, based on e.g. observation of
edge-on galaxies, would improve the depolarization models. Also, a careful analysis of the
thermal emission in M51 would help to put stronger constraints on locally varying values
of the thermal electron density. Another problem which comes with the models is that it
completely neglects vertical magnetic fields which is not compatible with dynamo theory. In a
future analysis, including vertical fields would help to study possible influences of the vertical
magnetic field on the modeled degree of polarization. One can test for example if there is a
signature of a quadrupole or a dipole halo field in the equations by e.g. flipping the sign of
the vertical component. This would provide an important step towards understanding the
symmetry properties of different magnetic field configurations. However, the model already
gives a very good approximation for a multi-layer magneto-ionic medium and has strong
advantages compared to classical depolarization models: it contains much more – galaxy
specific – details and is able to decompose different layers along the line-of-sight, which
is especially advantageous in case of the complicated magnetic field configuration in M51
(having different configuration in the disk and halo).

Another possibility to constrain the parameters to describe the multi-layer magnet-ionic
medium of a face-on galaxy one can compare the observations with numerical simulations.
But to my point of view, analytical approaches (such as the one developed by Shneider
et al., 2014a) can highly complement these numerical simulations because using numerical
simulations to study the magnetic field in galaxies would be difficult, since the parameters
to describe the complicated ISM of a spiral galaxy are almost uncountable.
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CHAPTER 7

The Nature of Extragalactic Sources with
Unusually High Fractional Polarization

7.1 Introduction

Besides mapping the diffuse polarized synchrotron emission of extended nearby objects as
it was done in Chapter 5 and 6 on the nearby spiral galaxy M51, observations of linearly
polarized emission from extragalactic radio sources (EGSs) can provide information on the
intrinsic magnetic field of active galactic nuclei (AGNs), which are most likely the origin of
polarized emission of EGSs. For synchrotron emission with spectral indices between −0.1
and −1.0 (I ∝ ναsyn) the maximum observable fractional linear polarization can reach up
to 67 – 75% for a perfectly ordered magnetic field (compare Equation 2.2.9 in Chapter 2).
However, the majority of extragalactic radio sources appear to have low fractional polariza-
tion: The distribution of polarized emission in the sky shows a mean value of only ∼ 2%
fractional polarization (Tucci et al., 2004), based on the National Radio Astronomy Observa-
tory (NRAO) Very large Array (VLA) Sky Survey (NVSS)1 catalog conducted by Condon et
al. (1998) at 1.4GHz and 45′′ resolution. This indicates that most of the polarized radiation
from EGSs experience strong depolarization intrinsic to the source (by e.g. tangled magnetic
fields) and/or on the way to the observer as well as within the telescope configuration such
as the telescope beam and the observing bandwidth.

At the high end of the distribution of the observed fractional polarization of EGSs, there
have been studies investigating the origin of the extremely high fractional polarization. Shi et
al. (2010) identified 129 unresolved sources in the NVSS catalog with polarization percentage
> 30 %. These ultra highly polarized radio sources have fractional polarizations at 1.4GHz
that far exceeds what is expected from typical radio-loud AGN (7.5% for FR Is and; 4 –
10% for FR IIs2, e.g. Burn, 1966; Gardner and Whiteoak, 1966; Gaensler et al., 2015).
While a small region of a radio-loud AGN at high frequencies could reach such a high

1http://www.nrao.edu
2FR I and FR II stands for Fanaro-Riley Class 1 and 2 (Fanaroff and Riley, 1974).
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integrated degree of polarization (e.g. 3C 9 in Kronberg et al., 1996), when integrated
over the entire source (at the NVSS resolution of 45′′) the polarization level often reduces.
These highly polarized EGSs have comparable fractional polarizations at 1.4GHz to objects
with some of the highest fractional polarization ever measured: the “Sausage” radio relic
in the galaxy cluster CIZAJ2242 with 60% fractional polarization at 8.35GHz (Kierdorf
et al., 2017); J06587-558, a radio source in the field of a galaxy cluster, is 54% polarized
at 8.8GHz Liang et al. (2001). Note that the degree of polarization usually decreases with
increasing wavelength (by differential Faraday rotation, and internal and external Faraday
dispersion, see Section 2.2.2 in Chapter 2). Hence, the extremely high fractional polarizations
at 1.4GHz of these EGSs are exceptional and are worth to investigate and to probe the causes.
According to Shi et al. (2010), except for their ultrahigh fractional polarization, the optical
spectra, radio luminosity, linear size and spectral index of their sample of 129 sources appear
to be typical for radio-loud AGNs. Thus, it has been suggested that their high fractional
polarization is likely intrinsic. Therefore, sources with ultrahigh fractional polarization in
the NVSS catalog could represent a class of EGSs with intrinsically extremely well ordered
magnetic fields.

Not only do polarization properties of individual sources reveal to us their intrinsic mag-
netic field structures, polarized EGSs are also used background probes to study the magnetic
properties in intervening systems such as in the intra-cluster medium of galaxy clusters (e.g.
Bonafede et al., 2010; Pizzo et al., 2011), intervening galaxies along the line of sight (e.g.
Gaensler et al., 2005; Mao et al., 2008; Feain et al., 2009) and our own Galaxy (e.g. Taylor
et al., 2009; Mao et al., 2010; Harvey-Smith et al., 2011; Van Eck et al., 2011). Thus, under-
standing their polarization and magnetic properties is essential to distinguish the intrinsic
and intervening signal.

Strongly polarized radio emission of EGSs is most likely produced by magnetic fields
in relativistic jets of powerful AGNs (e.g. Kravchenko et al., 2017). Our knowledge on the
detailed structure and strength of the magnetic fields in those distant and compact sources is
limited by angular resolution. Studying wavelength-dependent depolarization using broad-
band polarization data (see Section 2.2.2 in Chapter 2) as well as applying rotation measure
(RM)-Synthesis (see Section 3.2 in Chapter 3) can lead to better understand the magneto-
ionic medium of those distant and compact objects. Both methods can distinguish multiple
components caused by different magnetic field structures and strengths within the beam
and/or along the line-of-sight. Thus, studying the linear polarization properties of unre-
solved EGSs at radio wavelengths provides a new opportunity to probe the magneto-ionic
medium on spatial scales below the resolution limit (e.g. Burn, 1966; Gardner and Whiteoak,
1966; Gaensler et al., 2015) and to learn more about the environment and evolution of radio
galaxies and AGNs (e.g. Goodlet and Kaiser, 2005; Bernet et al., 2008).

A physical reason for the high degrees of polarization in spatially unresolved EGSs obser-
vations at 1.4GHz are possibly (1) well-ordered intrinsic magnetic fields in the plane of the
sky on scales as large as the entire emitting region, thus on kpc scales (to minimize beam de-
polarization) and (2) environments with low thermal electron density and weak line-of-sight
magnetic fields to minimize Faraday depolarization (see Section 2.2.2 in Chapter 2). High
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resolution and multifrequency radio polarization observations of a large sample of highly po-
larized sources are necessary to investigate the reason for their exceptionally high fractional
polarization.

We selected 77 sources from the Shi et al. (2010) sample, only choosing sources away
from the Galactic plane with latitude |b|> 10◦, to avoid depolarization and Faraday rotation
by the Galactic disk (e.g. Oppermann et al., 2012). The selected sources were observed
with high angular resolution (up to about 9′′) and broadband receivers using the VLA at
L-band (1 – 2GHz). The sample of Shi et al. (2010) consists of highly polarized, unresolved
radio sources (at 45′′ resolution) which lie in regions well isolated from neighboring sources
and imaging artifacts. They visually excluded sources in the NVSS which are in fields with
strong side-lobes as a result of a nearby strong source, sources which are part of diffuse
emission, and sources with a neighboring source within 90′′. In order to confirm the high
polarization observed by the NVSS, Shi et al. (2010) observed 11 sources with higher spatial
resolution using the VLA and the Australia Telescope Compact Array (ATCA) at 1.4GHz
(using narrow band receivers). Characterizing the polarization properties of ultra highly
polarized EGSs from broadband observations opens a new window towards understanding
the process that generates highly ordered magnetic fields. Our new broadband observations
of a sample of 77 highly polarized EGSs provide an excellent dataset to extract information
on the in-band total intensity spectral index but importantly to perform RM-Synthesis on
the polarization data (Brentjens and de Bruyn, 2005, see also Section 3.2 in Chapter 3) to
verify the reported high degrees of polarization in the NVSS and to find out what causes
those exceptionally high polarization fractions.

The structure of this chapter is as follows. In Section 7.2 we describe the observations
and data reduction procedure. Section 7.3 presents the results of our study, followed by a
conclusion with a future outlook in Section 7.4.

7.2 Observation and Data Reduction

The observations were taken with the VLA at L-band (1 – 2GHz) in continuum mode in
full polarization (see Table 7.1 and 7.2). The observations were split into five sessions, i.e.
5 measurement sets (MSs), each covering different sections on the sky to minimize slewing
time. The MSs consist of 3 – 26 sources, each observed at L-band containing 16 spectral
windows with 64 1-MHz channels. The observations were done using the VLA to reach
high spatial and spectral resolution as well as a wide frequency coverage to archive the
most suitable data set to study the polarization properties of EGSs by e.g analyzing their
Faraday complexity using RM-Synthesis (see Section 3.2 in Chapter 3). Each source was
observed in the snapshot mode with an on-source time of ∼ 90 seconds. The observations
were carried out in C, CnB, and B-array configurations. 3C 48 and 3C286 were observed as
flux density calibrators, while 3C 286 and 3C138 were used as polarization angle calibrators
whose polarization angles are +33◦ and −11◦ across the effective frequency band of L-band
(see Section 7.2.1), respectively (Perley and Butler, 2013b).
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Table 7.1: Radio Continuum Observational Parameters of the Ultra-Highly Polarized EGSs.

Frequency (GHz) 1 – 2 (reduced to 1.32-1.93 after flagging)
Bandwidth (MHz) 1000 (reduced to 600 after flagging)
No. of spectral widows 16 (reduced to 8 after flagging)
Total no. of channels 1024
Central Frequency (GHz) 1.63
Array Configuration C; CnB; B
Observing dates 18 Feb/30 April 2012;

04/05/21 May 2012; 28 July 2012
Total Flux Density Calibrator 3C 286, 3C 48
Polarization Angle Calibrator 3C 286, 3C 138

Table 7.2: Detailed Observational Parameters of Different Array Configurations.

No. of sources MS Config. tint θ σth
min arcsec µJy beam−1

(1) (2) (3) (4) (5) (6)
13 1,2 C 1.5/target > 24× 15 ∼ 60
38 3,4 CnB 1.5/target > 14× 10 ∼ 60
26 5 B 1.5/target > 5× 4 ∼ 58

Notes. (1) Number of sources; (2) Name of measurement sets (MSs); (3) Array configu-
ration; (4) Total on source integration time; (5) Resolution in the synthesized images; (6)
Theoretical rms noise (Equation 3.1.3 in Chapter 3) for the full bandwidth.

7.2.1 Flagging and Calibration

Calibration and data reduction were done using the NRAO Common Astronomy Software
Applications (CASA) package (McMullin et al., 2007). Calibration and flagging was per-
formed for each MS separately. After automatic flagging of the beginning and end of each
spectral window due to decreasing sensitivity towards the edges and the first 10 seconds of
each scan, Hanning smoothing was applied to smooth the side lobes of the Sinc function,
resulting from the Fourier transformation of a box function (the visibilities in frequency
space are present at separate frequency channels with 1MHz channel width, causing a box
function-like distribution) to make it easier to detect Radio Frequency Interference (RFI).
An initial quick bandpass calibration was applied on the flux density calibrators to improve
the detection rate of RFIs using the automatic flagging algorithm RFlag. After applying
RFlag, the visibilities of each source (calibrators and science targets) in the MSs were care-
fully inspected for further RFI excisions manually. Due to flagging of RFI, and flagging
the beginning and end of each spectral window, the effective frequency band is reduced to
600MHz (1.32GHz – 1.93GHz) in each MS, respectively.
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Individual antennas are moved on rails and thus, it is physically impossible to move them
on the exact right position (with sufficient accuracy). Because the visibilities u and v are a
function of position, to use the right baseline positions is crucial for a good image quality with
no artifacts. Therefore, as a first step of calibration, the CASA task gencal was used for an
a priori antenna position correction. Then, the CASA task setjy, using the standard Perley
and Butler (2013a) flux density scale, was used to determine the absolute flux density of the
total flux density calibrators 3C 48 (MS1, MS5) and 3C286 (MS2, MS3, MS4) by placing the
correct visibilities of the flux density calibrator into the model column of the MS. Whenever
it was possible, 3C 286 was used as flux density calibrator, since it is a strong quasar with
well-known and stable total flux density scale of 15.0 Jy at 1.465GHz (Perley and Butler,
2013a). To prevent small atmospheric and instrumental variations of the phase with time, an
initial phase calibration was done using the task gaincal, averaging over 30 second intervals
within the bandpass. For phase calibration, a bright unresolved source near the since target
was used. The next step is to solve for antenna-based delays of the signal of each antenna
relative to a reference antenna. The reference antenna can be chosen by the user, taking
care to use one which is located near the center of the antenna array. For this observations
antenna “ea09” was used as reference antenna. To solve for variations with frequency, a
bandpass calibration of the total flux density calibrator is needed. The variations are caused
by slightly different antenna bandpasses. Bandpass calibration was done for both amplitude
and phase for each spectral window of 3C 48 (MS1, MS5) and 3C286 (MS2, MS3, MS4).
Then, gaincal was used to calibrate for the complex gain (amplitude and phase) for all
calibrators and since targets. Because the flux density scale of the flux density calibrator is
known, the task fluxscale can then be used to set the right flux density scale to all other
sources, comparing the complex gains of each source with those of the flux density calibrator.

Because 3C 286 (MS2, MS3, MS4) and 3C138 (MS1, MS5) have well-known fractional
polarization and polarization angles (Perley and Butler, 2013b), they are suitable for polar-
ization calibration. The initial run of setjy only sets the total intensity of the flux density
calibrator source. Using the manual mode in setjy, the polarized flux density model can
be generated using the known polarization angles and fractional polarizations (Perley and
Butler, 2013b). Likewise it was necessary to solve for antenna-based delays in total intensity,
one needs to solve for the cross-hand delays due to delay differences between right-handed
and left-handed circular polarization. This was done using gaincal with gaintype KCROSS.
In polarization, another important step of calibration is to solve for instrumental polariza-
tion. For this purpose an unpolarized calibrator needs to be observed. Leakage polarization
calibration was done using the CASA task polcal. As a last step of calibration, one needs
to set the right polarization position angle into the model column of the calibrators 3C 286
and 3C138. To do so, the task polcal using the parameter poltype=‘Xf’ for position angle
(X) and frequency-dependent (f) calibration, was used.

All the tasks and steps described above generate calibration tables. The calibration
solutions in those tables must be applied to the raw data column of each source. This was
done by CASAs task applycal, which writes the calibration results into the corrected data
column, which can then be used for further scientific analysis. When applying the calibration
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solutions to the data, the solutions which are nearest (in time) to the data visibilities were
interpolated. After calibration and flagging was done, the visibilities of the target sources
were split from the observed MSs to individual MSs of each target.

7.2.2 Imaging

Images of the targets in Stokes I, Q, and U were created using the clean algorithm in CASA.
Details on the synthesized imaging procedure are give in Section 3.1.1 in Chapter 3. Primary
beam correction was not necessary since each target source is located at the pointing center,
where the antenna response is unadulterated. Images in Stokes I, Q and U were created
(1) using the entire frequency band to have images with the highest possible signal-to-noise
ratio and (2) by averaging over 16MHz to get enough data points to study the synchrotron
spectrum within the observational frequency band and to be able apply RM-Synthesis. To
maximize the signal-to-noise ratio of the particularly weak sources, natural weighting were
used during imaging. To speed up the imaging process, clean regions were used around all
radio sources found in the field of view (FOV) of each target. The images were cleaned down
to a threshold of about three times the image noise. The rms image noise was measured in a
box free of emission with size of about 20 beams and only a few beams away from the target
of interest. We used a cell size of 2′′ for sources observed in C, and CnB-array configuration
and 1′′ for sources observed in B-array configuration.

The average rms noise of images using the entire band belongs to about 500µJy beam−1

(a factor of about 10 greater than the theoretical rms noise). Due to strong radio sources off
the phase center which lie within the primary beam, about 50% (39 out of 77) of the total
intensity images are strongly affected by artifacts. One example is shown in the left panel of
Figure 7.2.1. The science target in the image center is located on top of a stripe-like artifact,
caused by the strong source in the north-east of the field. Stripe-like artifacts which proceed
parallel to each other through the entire image, not particularly resulting from a strong radio
source in the field can be seen in about 20% of the images (15 out of the 77 observations).
One example of such interference-artifacts (Ekers, 1999) is shown in the right panel of Figure
7.2.1. They result from interfering signals within the oberving band. Because of the short
observation time and the resulting poor uv-coverage, it is not possible to eliminate those
artifacts. Self-calibration, where the model image of the target is used as a new model for
calibration, was tested but did not improve the results – most likely because the sources are
not strong enough. Within the 77 observed targets, 11 sources were not detected in Stokes I
within our detection limits due to large artifacts caused by strong point sources in the FOV.
The rms noise in those images amounts to 1 – 2mJy beam−1, a factor of 20 – 30 greater than
the theoretical rms noise and a factor 2 – 4 larger than the average rms noise in the Stokes
I images of all other targest obtained by using the entire frequency band. This reduces our
sample to 66 sources.
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Figure 7.2.1: Total intensity images of two targets and their surrounding field. The left
panel shows an example of artifacts caused by a strong point source in the field. The right
panel shows an example of artifacts referred as interference with repeating diagonal stripes
across the entire image, not resulting from a strong point sources.

7.2.3 Flux Density Measurements

One difficulty of this project was to find the optimal way of measuring the flux density of the
particularly weak sources. For unresolved sources at the NVSS beam of 45′′×45′′, the NVSS
flux densities were obtained by fitting elliptical Gaussians to the point sources, using the
resulting peak value (Condon et al., 1998). A radio source is unresolved or “point-like” when
the integrated flux density is equal to the peak flux density. For our sample, 55 out of 66
detections (about 80%) have 0.6 < I/Imax < 1.4, while the average error is about 0.7mJy.
Hence, the majority of the sources within this project are unresolved in our observations.
The rest of the sources are partly resolved with slightly larger angular scale than one beam
but not as resolved that one can recognize different components. Because of the poor uv-
coverage in our observations, most images are affected by artifacts which makes a Gaussian
fit to obtain the flux densities inappropriate (see Figure 7.2.1). Also the low signal-to-noise
ratio of the targets in Stokes I prevent us from fitting elliptical Gaussians to measure the
flux densities. To obtain the integrated flux densities in Stokes I, the flux densities were
integrated within the contour of 3 times the rms noise in Stokes I (σI). σI was measured by
taking the average rms of 4 boxes free of emission near the target source in the total intensity
images. The flux densities in Stokes Q and U were obtained within the same integration
area as the total intensity. The disadvantage of this method is that the flux density in Stokes
Q and U can include positive and negative pixels. Hence, integration gives a lower limit of
the true polarized flux density.
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7.3 Results

Out of the 66 detections, only 30 sources have signal-to-noise ratio (SNR) greater than 10 in
Stokes I across L-band. Sources with lower SNR (< 10) were excluded for further analysis.
Only 12 of the sources with high SNR in Stokes I have SNR greater than 6 in polarized
intensity (only 4 with SNR greater than 10 in PI - see Section 7.3.2). According to the
study of George et al. (2012), a SNR of 6 in polarized intensity is necessary for a sufficiently
low false detection rate of peaks in the Faraday spectrum. Some of our sample of high SNR
sources suffer from little artifacts (in all Stokes images) described in the previous section
(Section 7.2.2) and some are simply strong enough to reach a signal to noise > 10 in Stokes
I. The properties of the resulting final sample of 12 sources are summarized in Table 7.3.
In Figure 7.3.9 images of the final sample sources are shown.

For the 12 sources we found 5 matches with the optical Sloan Digital Sky Survey (SDSS).
The redshift of those sources ranging from 0.04 up to a redshift of 0.7. Using the angular
diameter distance formula we computed spatial scales of our resolution elements of about
10 kpc up to about 100 kpc, assuming a cosmology of H0 = 69 km−1 s−1 Mpc, ΩM = 0.3 and
Ωλ = 0.7.

7.3.1 Total Intensity and Spectral Index

We reached angular resolutions from around 50′′ (for D-configuration observations) up to 9′′
(for B-configuration observations) in the total intensity maps. About 80% of the targets
are spatially unresolved. As discussed in Section 7.2.3, we measured the integrated flux
densities in total intensity (Stokes I) by integrating within the contour level of 3 times the
rms noise in Stokes I (σI). The flux density error given by the image noise is calculated via
∆I = σI ·

√
Nbeams, where Nbeams is the number of beams within the integration area.

To measure the in-band spectral index αtot (I ∝ ναtot) we made images for each target,
averaging over 16MHz within the effective frequency band (after flagging). This results in
about 30 flux density measurements across the effective frequency band for each target. A
power law fit to the data points gives αtot and the corresponding uncertainty while the fit is
weighted by the error of each data point (given by the image rms noise). Figure 7.3.1 shows
the in-band total intensity spectrum of the source J0302+1537 as an example. Our analysis
shows that the error in spectral index from power-law fit decreases with an increasing number
of data points across the band (even if each data point has a larger error). Therefore, using
16MHz averaged images gives the most precise spectral indices with the smallest errors.
In regular circumstances the best-fit error should not change when changing the number of
data points within a given frequency interval. However, we assume that some subtle imaging
procedures could be the reason for getting a smaller error when averaging in 16MHz chunks.
The distribution of the in-band spectral indices of our sample of 12 sources is shown in Figure
7.3.3. The mean spectral index of our sample is αtot = −0.79 with a standard deviation of
0.83. Since the SNR of the sources in the 16MHz images is low, which causes large errors in
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Table 7.3: Results of the Final Sample of 12 Sources with signal-to-noise ratio > 10 in Stokes I and ≥ 6 in PI.

Source I ± ∆I rmsI Imax PI rmsQU p ± ∆p φ ± ∆φ αtot ± ∆αtot SNPI SNI Beam
(mJy) (mJy b−1) (mJy b−1) (mJy) (mJy b−1) (%) (radm−2) (′′)

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)
J0108+2808 4.20± 0.62 0.40 4.18 2.11 0.35 50.3± 11.2 −44± 10 0.67± 0.73 6.0 10.5 10 × 9
J0302+1537 14.20± 0.82 0.44 11.70 5.31 0.35 37.4± 3.3 −14± 4 −0.88± 0.29 15.2 26.6 22 × 18
J0642+4522 13.64± 0.78 0.46 12.59 5.23 0.59 38.4± 4.8 +18± 7 −1.05± 0.38 8.9 27.4 12 × 9
J0742+6057 10.42± 1.03 0.69 9.27 3.97 0.51 38.0± 6.2 −14± 8 −0.52± 0.46 7.8 13.4 12 × 9
J0851−1424 14.12± 1.42 0.80 10.50 3.57 0.37 25.3± 3.7 +18± 6 −1.90± 0.29 9.6 13.1 44 × 23
J1107+2601 5.97± 0.53 0.37 6.06 1.63 0.20 27.3± 4.1 +2± 7 −0.25± 0.44 8.2 16.4 21 × 18
J1111+2711 8.90± 0.48 0.26 7.82 4.28 0.31 48.1± 4.3 −4± 4 −0.21± 0.27 13.8 30.1 22 × 18
J1223+2104 5.80± 0.58 0.37 5.23 2.43 0.18 42.0± 5.2 −8± 5 −0.14± 0.33 13.5 14.1 25 × 18
J1340+4255 7.76± 0.83 0.51 7.24 2.31 0.16 29.7± 3.8 +8± 4 −1.45± 0.28 14.4 14.2 28 × 16
J1419+3407 9.32± 0.70 0.41 8.75 3.38 0.23 36.3± 3.7 +10± 4 −1.27± 0.44 14.7 21.3 37 × 17
J1723+7829 10.79± 1.00 0.62 10.55 2.19 0.29 20.3± 3.3 −52± 8 −2.39± 0.48 7.5 17.0 28 × 16
J2022−2915 10.28± 0.62 0.36 9.36 2.68 0.38 26.1± 4.0 −34± 8 −0.12± 0.61 7.0 26.0 52 × 15

Notes. (1) NVSS source name; (2) Integrated total flux density; (3) rms noise in total intensity; (4) Peak total intensity;
(5) Total linear polarization obtained by RM-Synthesis; (6) rms noise in Stokes Q and U ; (7) Percentage polarization; (8)
Faraday depth; (9) In-band total intensity spectral index; (10) signal-to-noise ratio in polarized intensity; (11) signal-to-noise
ratio in total intensity; (12) Beam size in arcsec.
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Figure 7.3.1: Total intensity spectrum of the source J0302+1537. The solid line represents
the power-law fit to obtain the spectral index αtot.

αtot, the distribution of our in-band spectral indices should be taken with caution (compare
Table 7.3). Our sample has a very broad distribution of synchrotron spectral indices with
steep, flat and inverted spectra. The same holds if we include all sources from our sample,
i.e. those with low SNR in Stokes I. Due to the broad distribution and the large errors of
the spectral indices, we cannot draw any conclusion.

We note that some of our targets have matches in the Faint Images of the Radio Sky
at Twenty-Centimeters (FIRST) catalog at 1.4GHz and 5′′ resolution, but FIRST data lack
polarization information. 5 sources from our high SNR sample were measured in FIRST.
Figure 7.3.2 shows the direct comparison of the peak and integrated Stokes I flux density of
those sources from our new broadband observations and the values reported in the FIRST
catalog. There is a systematic shift of data points below the 1:1 line. Thus, the flux densities
of the FIRST measurements seems to be underestimated which could result from missing
fluxes of the slightly resolved sources in FIRST: The FIRST data were obtained in VLA’s
B-array configuration. At 1.4GHz, the largest detectable angular scale in B-configuration
(for snapshot observations) amounts to about 60′′. For emission structures larger than the
detectable angular scale, the VLA cannot detect emission – the flux density is simply missed
also referred to as “resolved out”.

7.3.2 Polarized Flux Densities

The polarized flux densities (in Stokes Q and U) were obtained within the same integration
area as the total intensity (see Section 7.2.3). To obtain the polarized intensity PI and the
Faraday depth φ for each source, we performed RM-Synthesis on the polarization data ob-



7.3 Results 127

0 2 4 6 8 10 12

I (mJy)

0

2

4

6

8

10

12

I F
IR
S
T
 (

m
Jy

)

integrated
peak

Figure 7.3.2: Comparison of the peak and integrated total intensity I from our new wide-
band observations to the values reported in the FIRST catalog. The green solid line repre-
sents the 1:1 line.

tained from flux density integration. RM-Synthesis was performed using the python-based
code developed by Michael Bell3, based on RM-Synthesis techniques of Brentjens and de
Bruyn (2005). RM-clean, a technique to deconvolve polarized flux density from clean mod-
els, similar to the CLEAN algorithm used in interferometric imaging (e.g. Heald et al., 2009)
is included in this package and was applied to the data as well. We performed RM-Synthesis
on all sources but in our analysis we only discuss those with a SNR greater than 6 in po-
larized intensity. The Faraday spectra of our selected sample of 12 sources are shown in the
right panels of Figure 7.3.9. The polarized flux density PI is given by the amplitude and
the Faraday depth φ by the position of the highest peak. The parameters used during the
application of RM-Synthesis and the limitations given by our L-band observations are sum-
marized in Table 7.4. The error in Faraday depth can be obtained by σφ = 0.5 δφ/(S/NPI)
where S/NPI is the SNR in polarized intensity and δφ is the resolution in Faraday depth
(e.g., Iacobelli et al., 2013). The error in PI is given by the rms of Stokes Q and U in
Faraday depth spectra, obtained from all data 3× the full width half maximum (FWHM)
away from the highest peak (shown as a green line in the Faraday spectra in Figure 7.3.9).

The fractional polarization p is the ratio of the linear polarization PI and the total
intensity I. Since the polarized intensity is a positive-definite quantity, the noise in Stokes Q
and U (assumed to be Gaussian) results in a positive value for PI even if no signal is present.
Therefore, the distribution of the polarized intensity is given by a Rician distribution and
thus needs to be corrected for polarization bias. For sources with very high SNR in PI (as
it was the case for our M51 observations, see Chapter 5), no polarization bias correction
is needed. For this project, the polarized intensities are corrected for polarization bias by

3http://www.github.com/mrbell/pyrmsynth

http://www.github.com/mrbell/pyrmsynth
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Figure 7.3.3: Distribution of the total intensity spectral index of the sample of 12 sources
with SNR > 10 in Stokes I and ≥ 6 in PI. The mean spectral index is αtot = −0.79 with
a standard deviation of 0.83. Since the SNR of the sources in the 16MHz images is low,
which causes large errors in αtot, the distribution of our in-band spectral indices should be
taken with caution (compare Table 7.3).

PIcorr =
√
PI2 − 2.3σ2

QU where σQU is the rms noise of Stokes Q and U and PI the peak
polarized intensity in the Faraday depth spectrum (George et al., 2012). The results of 12
sources from our sample are shown in Table 7.3. The distribution of the degree of polarization
is shown in Figure 7.3.4 with fractional polarizations between 20 – 50% with a mean of 34.9%
and a standard deviation of 9.0%.

The distribution of Faraday depths obtained by performing RM-Synthesis on the sources
is shown in Figure 7.3.5. For all sources except J0302+1537 and J0642+4522 these are the
first measurements of Faraday depth since they are not included in the NVSS RM catalog
(Taylor et al., 2009) due to low SNR (< 8) in polarized intensity in NVSS. J0302+1537 and
J0642+4522 are included in the NVSS RM catalog with Faraday depth of−4.2± 12.5 radm−2

and +36.1 ± 11.7 radm−2, respectively. Within the error bars only the Faraday depth of
J0302+1537 from NVSS RM catalog agrees with the Faraday depth obtained from our
broadband analysis4. In the histogram only sources with SNR ≥ 6 in polarized intensity
from RM-Synthesis are displayed (compare right panels in Figure 7.3.9). The Faraday depth
distribution is broad as evident in the histogram between about −50 and +20 radm−2 with
a mean of −9.5 radm−2 and a standard deviation of 22.4 radm−2.

Every Faraday spectrum from our sample of 12 sources only has one single component

4To check whether the values are in agreement within the error bars, the following criterion must be
fulfilled: |m1−m2|√

∆m2
1+∆m2

2

< 1, where m1 and m2 are the values of measurement 1 and 2 and ∆m1 and ∆m1 are
the corresponding error bars.
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Table 7.4: RM-Synthesis Parameters and Specifications at L-band.

Parameter Value (Unit) Explanation
φmin −2000 (radm−2) Minimum Faraday depth
Nφ 2000 (radm−2) Number of steps
dφ 2 (radm−2) Step size
cutoff 6σQU (Jy) RM-Clean cutoff
λ2
min 0.0242 (m2) Minimum wavelength
δλ2 0.0039 (m2) Channel width
∆λ2 0.0275 (m2) Wavelength-coverage
δφ 126 (radm−2) Resolution in φ-space
||φmax|| 1400 (radm−2) Maximum detectable φ
max-scale 130 (radm−2) Maximum detectable scale

(with a resolution in Faraday depth of 126 radm−2, see Table 7.4). The Faraday depth is
therefore likely produced by a simple Faraday screen (with a regular magnetic field) in front
of the synchrotron emitting medium (Burn, 1966). This means the sources experience little
Faraday depolarization which is in agreement with the detected high fractional polarization.
Furthermore, the mainly low Faraday depths, with a mean of only−9.5 radm−2, are probably
caused by a low line-of-sight magnetic field component which is again in agreement with a
strong perpendicular component and therefore with the high degree of polarization.

Besides investigating the distribution of p, αtot, and φ, we examined possible correlations
between these variables. We could not identify any correlation between fractional polariza-
tion and Faraday depth (left panel of Figure 7.3.6). However, between fractional polarization
and spectral index (see right panel of Figure 7.3.6) there seems to be a (possibly linear) corre-
lation with a correlation coefficient of 0.7 (the degree of polarization increases with increasing
spectral index). One interpretation could be radio jets in AGNs being responsible for the
polarized emission of EGSs: The jet should be collimated (the magnetic field more ordered)
near the core where in turn particles get freshly accelerated (e.g Romero et al., 2017) which
means they emit synchrotron emission with a flat spectral index. In other words, the radio
emission of EGSs with flat spectral indices originates from the region near the central core
of the AGN whereas the spectral index gets steeper along the jet (Hovatta et al., 2014)
and in turn the magnetic field of the jet is more highly collimated (more ordered) near the
core and thus the degree of polarization of EGSs with emission from the core region (with
flat spectral indices) should be higher. Certainly, this result should be taken with caution
because we only consider a sample of 12 sources where both the fractional polarization and
spectral indices suffer from large errors. In Section 7.4 we discuss how new observations can
examine this correlation.
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Figure 7.3.4: Distributions of the observed degree of polarization of the sample of 12
sources with SNR in our broadband observations > 10 in Stokes I and ≥ 6 in PI. The blue
color shows the broadband results while the yellow color shows the histogram of the values
reported in the NVSS catalog. The mean polarization fraction of our broadband high SNR
sample is p = 34.9% with a standard deviation of 9.0% while the NVSS distribution shows
a mean of 33.2% and a standard deviation of 4.6%.
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of 12 sources with SNR > 10 in Stokes I and ≥ 6 in PI. The mean Faraday depth is
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Figure 7.3.6: Observed degree of polarization versus the Faraday depth (left) and the
in-band spectral index (right).

7.3.3 Comparison with the results from Shi et al. (2010)

In order to confirm the high polarization observed by the NVSS, Shi et al. (2010) observed 11
sources with higher spatial resolution using the VLA and the Australia Telescope Compact
Array (ATCA) at 1.4GHz (using narrow band receivers). Shi et al. (2010) confirm with their
observations that the high linear polarizations measured by the NVSS are reliable but their
observations show that the fractional polarizations do not agree exactly with those listed
in the NVSS, ranging from 8 to 50% (see their Figure 8). Three sources of our sample of
high SNR sources coincide with their sample of high resolution observations (J0302+1537,
J0642+4522, and J0742+6057). For those candidates, the fractional polarizations of the
observations of Shi et al. (2010)5 only agree for the source J0302+1537 within the error bars
with our values (compare Table 7.3).

7.3.4 Comparison with the NVSS

About half of our sample sources show lower polarization fractions than those published in
the NVSS catalog (Condon et al., 1998): 5 out of 12 sources in our sample show fractional
polarizations < 30 % which was our target selection criterion from NVSS. In Figure 7.3.7
we plot the values of the total and polarized intensity and the degree of polarization of
our new measurements and the NVSS values for direct comparison. The NVSS values are
reported in Table 7.5. From the direct comparison of the high SNR sources with the values
reported in the NVSS catalog, 5 out of 12 sources agree within the error bars in Stokes I. For
polarized intensity, 9 out of 12 sources have consistent values within their error bars, while
in fractional polarization 7 sources have agreeing NVSS and new measurement values. We
found the same number of sources with values of Stokes I, PI, and p above and below the

5J0302+1537: p = 40 ± 7 %, J0642+4522: p = 31 ± 4 %, and J0742+6057: p = 49 ± 8 %.
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Table 7.5: NVSS Values of Sources from our Final Sample with signal-to-noise ratio > 10
in Stokes I and ≥ 6 in PI in our New Measurements.

Source INVSS ± ∆INVSS PINVSS ± ∆PINVSS pNVSS ± ∆pNVSS θ
(mJy) (mJy) (%) (′)

(1) (2) (3) (4) (5)
J0108+2808 9.2± 0.5 2.8± 0.6 30.4± 6.7 13.23
J0302+1537 13.5± 0.6 4.2± 0.4 31.1± 3.3 12.25
J0642+4522 16.4± 0.6 5.1± 0.5 31.1± 3.3 12.08
J0742+6057 12.1± 0.6 3.7± 0.5 30.6± 4.4 10.81
J0851-1424 11.4± 0.6 4.0± 0.7 35.1± 6.4 1.02
J1107+2601 5.2± 0.4 1.9± 0.4 36.5± 8.2 10.04
J1111+2711 9.2± 0.5 2.8± 0.6 30.4± 6.7 11.73
J1223+2104 4.9± 0.5 2.3± 0.5 46.9± 11.3 12.49
J1340+4255 7.0± 0.4 2.1± 0.4 30.0± 6.0 8.50
J1419+3407 9.2± 0.5 2.9± 0.6 31.5± 6.7 5.18
J1723+7829 10.0± 0.6 3.2± 0.5 32.0± 5.4 7.73
J2022-2915 9.4± 0.6 3.1± 0.6 33.0± 6.7 9.85

Notes. (1) NVSS source name; (2) Total NVSS flux density; (3) Total NVSS linear polar-
ization; (4) NVSS fractional polarization; (5) Distance from pointing center in arcmin.

1:1 line. Therefore, a systematic that shifts the data points in just one direction can be ruled
out for the observed discrepancy. However, note that the measurements of our total and
polarized flux densities are performed differently in the NVSS in the following ways: (1) The
total intensity flux densities of our observations are measured within the 3σI contour (see
Section 7.2.3) while the flux densities reported in the NVSS catalog are the peak values from
elliptical Gaussian fits. (2) The bandwidth of our observation is significantly larger (about
600MHz compared to only 42MHz for the NVSS observations). For our broadband images
we did not apply multi-frequency synthesis, where the spectral dependency of the sky’s flux
density across the band is fitted by a polynomial Taylor expansion. To test whether this
method influences the total intensity significantly, we applied this method to one source of
our sample (source J1107+2601). The result shows that the flux density does not change
significantly, only the rms noise decreases by a factor of 1.5. However, as a future work we
will apply the multi-frequency algorithm to all Stokes I and also to Stokes Q and U data.
(3) NVSS images have slightly larger beam sizes (45′′ compared to the beam sizes reported
in Table 7.3 between about 10′′ – 50′′). Therefore, confusion within the slightly larger NVSS
beam could be responsible for the discrepancy in total intensity. However, this effect would
systematically shift the NVSS flux densities to larger values but the comparison shows that
the data differ in both directions.

In the comparison of the new broadband measurements with the values reported in the
NVSS described above, different strategies of imaging and flux density measurements could
cause the disagreement of both data sets. To compare “apples with apples”, we downloaded
the Stokes I, Q, and U postage stamps of the 12 high SNR sources in our sample. For the
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Figure 7.3.7: Comparison of the total intensity I (top left), linearly polarized intensity PI
(top right), and degree of polarization p (bottom) from our new wideband observations to
the values reported in the NVSS catalog. The green solid line represents the 1:1 line.

same sources we produced images using only the uv-data of our new observations within the
narrow NVSS bands of 42MHz. The flux density in both data sets were measured using the
peak pixel value in Stokes I and the pixel value of Stokes Q and U at the same position.
Note that we did not smooth our images to the 45′′ beam of the NVSS postage stamps
because the image quality (rms noise) of our data using the narrow NVSS band is extremely
bad and smoothing would decrease the image quality (increases the rms noise) even further.
This might affect the comparison in the sense that the NVSS data points show a systematic
shift towards larger values.

A direct comparison of these samples show that 5 out of 12 of the polarized intensity
values are larger and 6 out of 12 are equal within the error bars in the NVSS postage stamps
compared to the new VLA data. Only one source has a higher polarized intensity in our new
narrow band images. The smaller beam size of our new measurements should result in the
opposite effect: due to beam depolarization the NVSS images should give smaller polarized
flux densities. For the Stokes Q and U values 12 out of 24 data points agree within the error



134 7.3 Results

bars while about equal number of sources appear above and below the 1:1 line. However, the
polarization fractions from the NVSS postage stamps are systematically larger: 8 sources
have larger polarization fraction, 5 sources agree (within the error bars) and one source has
lower polarization fraction in the NVSS postage stamps compared to our new observations).

Assuming no other systematic effects in either set of the observations, there can be a
physical reasons for a lower/higher fractional polarization in our new observations namely
source variability for both higher and lower total intensity and polarization. Note that
there is no systematic change of the flux densities in terms of changes in the same/opposite
direction in both Stokes I and PI. The data of the NVSS were observed in the late 1990s,
about 15 years before we observed them again. Because we only selected sources by their
fractional polarization measured 15 years ago in the NVSS epoch, the sample could contain
some sources in a phase of lower/higher polarization during our new observations. The
amplitude of variability (the discrepancy in the flux densities) in Stokes I ranges from a
factor of about 1.4 less flux density up to a factor of about 2.5 higher flux density in the new
observations. In polarized intensity the discrepancy is always similar by an average factor of
about 1.2 higher values in the old observations. Since the epochs of observation is separated
by 15 years, this amount of variability is easy to achieve: Based on long-term observations of
about 70 (radio-loud) AGNs over 30 years by e.g. Peterson (2001) and Hovatta et al. (2008),
variability of both total intensity and polarization is a common characteristic of AGNs and
occurs with multiple timescales and appear to be aperiodic and have variable amplitude.
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Figure 7.3.8: Comparison of the total intensity (top left), linearly polarized intensity
(top right), Stokes Q and U (bottom left), and the degree of polarization (bottom right)
measured from images created using uv-data from our new observations only in the NVSS
frequency (narrow) band to the values from NVSS postage stamps images. All flux densities
are measured using the same method described in the main text. The green line represents
the 1:1 line. Shown are only 12 sources from our sample with high SNR in Stokes I and
PI. Note that the images have different resolutions (the NVSS postage stamp images have
45′′ resolution while the images from our new observations have resolutions between about
10′′ – 50′′, see Table 7.3).
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Figure 7.3.9: (Left) Linearly polarized flux density (gray scale in Jy beam−1) overlaid with
total intensity contours at levels of [3, 6, 12, 24]×σI (blue) where σI is reported in Table 7.3
with the corresponding beam shown in the bottom left corner. The green contours show the
NVSS total intensities with 45′′ resolution and the same contour levels. (Right) Faraday
depth spectrum. The black line shows the polarized intensity distribution as a function of
Faraday depth, the blue lines the RM-clean components and the green line shows the rms
level.
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Figure 7.3.9: – Continued.
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Figure 7.3.9: – Continued.
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7.4 Summary and Future Work

The results of our observations of ultrahighly polarized EGSs at high angular resolution and
wide frequency coverage show a broad distribution of Stokes I spectral indices. However,
due to the large errors of the in-band spectral indices we cannot conclude whether the
synchrotron emission is generated at a particular location within the AGN (e.g. Hovatta
et al., 2014). To decrease the uncertainty level of αtot, detections of a subset of sources
from our sample at other frequencies and longer integration times are needed to improve the
frequency coverage and SNR of Stokes I within the narrow 16MHz frequency channels. But
because the flux densities are low (a few mJy only), detecting these candidates at higher
frequencies is a challenge and only practical for a few sources.

Our polarization studies show a broad distribution in fractional polarization between
20 – 50%. 5 out of 12 sources in our sample show fractional polarizations < 30 % which
was our selection threshold from NVSS. However, some sources exhibit higher degrees of
polarization in our observations. Because those sources are particularly weak in Stokes I
(the source with the highest integrated flux density has only 14mJy in Stokes I), the sample
could suffer from systematic effects, causing the discrepancy with the values reported in the
NVSS catalog. Different possibilities are discussed in detail in Section 7.3.4.

We found a correlation between fractional polarization and spectral index (see right panel
of Figure 7.3.6) with a correlation coefficient of 0.7 (the degree of polarization increases with
increasing spectral index). Possible reasons are discussed in Section 7.3.2.

Given our resolution in Faraday depth of about 126 radm−2, all sources with high frac-
tional polarization show only one prominent peak. As discussed in Section 3.2.3 in Chapter
3, the effective bandwidth of L-band is sufficient to fulfill the requirement of detecting Fara-
day thick sources. Therefore we can conclude that we detect only Faraday simple sources.
The Faraday depth is therefore probably produced by one or more simple Faraday screens
(with a regular magnetic field) in front of the synchrotron emitting medium (Burn, 1966).
This means the sources experience little Faraday depolarization which is in agreement with
the detected high fractional polarization. Similar trends were observed in other work as well:
For example the broadband radio-polarimetric study of 100 AGNs by O’Sullivan et al. (2017)
shows that sources with high integrated degrees of polarization at 1.4GHz have low Fara-
day depolarization and are typically dominated by a single RM component in the Faraday
spectrum.

In our study we found a very broad distribution of total flux density spectral indices
but these values suffer from large errors. Therefore, to improve the frequency coverage and
additionally the resolution, we performed follow-up observations at higher frequencies for
some sources of our previous sample. To avoid selection bias, we selected sources with both
steep and flat spectral indices where the expected total flux density is high enough to be
detectable at higher frequencies. With our analysis we were able so select a representative
sample of sources for a follow-up project. In the following the observations and goals of the
new project are summarized.
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Higher angular resolution observations would help to better understand the nature and
morphology of these highly polarized sources and their magnetic field structure. This would
help in the interpretation what kind of sources we are considering here and that these sources
may be a special class of polarized EGSs. We performed new follow-up observations of a
sub-sample of 12 (5 of them are included in our high SNR sample) ultra highly polarized
radio sources with the VLA in A-configuration at L-band and S-band, with the goal to
better understand the origin of their unusually high degree of polarization, what remains
unresolved in our current study. The new observations provide high angular resolution to
spatially resolve the sources and hence, to obtain information on their morphologies to fully
understand the nature of these sources and to get detailed information on the magnetic
field structure. We note that some of our targets have matches in the FIRST catalog at 5′′
resolution, but FIRST data lack polarization information. At 5′′ angular resolution of the
FIRST survey, we find indications that these sources are unlikely to remain unresolved at 10
times better angular resolution than the NVSS. With new observations in A-configuration
at S-band we are able to reach sub-arcsecond resolution (0.65′′ at 3GHz). Furthermore, the
new observations will improve the frequency coverage to study the in-band spectral index
nature of the sources significantly. We expect to reduce the error of the spectral index by a
factor of ∼ 3.

With new L and S-band observations we expect to reach higher resolution in Faraday
depth of about 40 radm−2 to resolve possible multiple RM components along the line-of-
sight. Additionally, applying RM-Synthesis on high angular resolution Stokes Q and U
images, will allow us to obtain spatially resolved RM maps of the highly polarized sources
and study their magnetic field structures in detail, assuming that the RM originates in the
same emission region. For example, consistent RM sign along a highly polarized source (after
subtracting the Galactic foreground) will allow us to distinguish whether the high fractional
polarization is due to genuinely coherent magnetic field (with consistent direction), or due
to compressed anisotropic magnetic fields with changing RM sign. On the other hand,
transverse RM gradients are expected to be present in the inner parts of the jet and suggest
helical magnetic field structures (e.g. Gabuzda et al., 2015).

Larger λ2-coverage in Stokes Q and U will also allow us to perform QU -fitting. If the
highly polarized sources show complex Faraday spectra (more than one Faraday rotating
component within the telescope beam or along the line-of-sight), it is necessary to consider
different Faraday depolarization models (see Section 2.2.2) to get detailed information on
the Faraday rotating components, describing both the change of polarization angle with
wavelength ψ(λ2) and the change in the degree of polarization with wavelength p(λ2). For
the different scenarios O’Sullivan et al. (2012) summarized several models where the Q(λ2)
and U(λ2) data are fitted simultaneously to various models. By doing this, it is possible
to figure out the physical parameters of the magneto-ionic medium, such as the intrinsic
fractional polarization p0, the RM dispersion σRM, and the RM. To distinguish between
different scenarios it is crucial to have a large range of λ2.

To apply QU -fitting it is necessary to measure the flux density of Stokes Q and U images
per channel (averaged over 4 – 16MHz depending on RM and SNR). Further, to robustly
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measure the Stokes Q and U flux density, it is essential to have sufficient SNR while CLEAN-
ing to avoid imaging related artifacts. In our previous observations, due to only 90 seconds
on-source time, we could only reach about 2σ sensitivity per channel after averaging over
16MHz. This is insufficient to perform QU -fitting. With the new observations, we expect to
reach 3σ sensitivity per 4-MHz channel, i.e. 6σ per 16-MHz channel. Further, the new higher
sensitivity L-band observations along with S-band would provide us excellent λ2-coverage
(0.006m2 – 0.09m2) to robustly perform QU -fitting and distinguish between different Faraday
depolarization models.



CHAPTER 8

Summary, Conclusions, and Outlook

In this thesis, I present the radio observational study of astronomical objects regarding their
magnetic field properties, namely their strength, structure, and ordering. Cosmic magnetic
fields on different astronomical scales were studied in two separated projects: I probed the
diffuse polarized synchrotron emission of the nearby face-on oriented spiral galaxy M51 where
the obtained observations provide us high spatial resolution on scales down to several hun-
dreds of pc and polarized emission from a sample of extragalactic background sources where
I investigated magnetic fields on kpc scales. The observations for both projects were per-
formed using the Very Large Array (VLA) which is one of the leading radio interferometers,
providing high spatial resolution and good sensitivity. Additionally, using broadband polar-
ization data allows me to probe the frequency-dependent character of the polarized emission
and thus to study depolarization mechanisms caused by different underlying magnetic field
configurations.

8.1 Analyzing Wideband Polarimetry Data

In Chapter 4, I presented details on the observation, data reduction, and imaging procedures
of the M51 wideband data. The observations of M51 were carried out at S-band between 2 –
4GHz where no polarization data of this galaxy exists previously. Finding the best possible
imaging parameters for extended structures using wideband interferometric data is not trivial
and required a detailed discussion. I showed that the multi-frequency synthesis algorithm
in CASA’s task clean (which is the common astronomical data reduction software used for
VLA data) provides in-band total intensity spectral indices which are too steep by about
a factor two and thus unreliable. As a consequence, the integrated total intensity obtained
using the entire broadband was underestimated by about 10%.
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8.3 The Mystery of M51’s Multi-layer Magneto-Ionic Medium: Application of

an Analytical Depolarization Model

8.2 The Magnetized Disk-halo Transition Region in M51

All scientific results of the study of the unknown polarization layer at S-band are presented
in detail in Chapter 5. Studying M51 at S-band traces a so-far unknown polarized layer
which is proposed to probe the transition region between the disk and halo. The goal was to
make a major step towards understanding how large-scale magnetic fields are generated in
the halo of spiral galaxies and how they are connected to the disk field. Here, I highlight
some of the major findings and discuss prospects for future works.

The linearly polarized emission in M51 at S-band has a complicated appearance: The
peaks in polarized intensity (referred as magnetic arms if they are located in inter-arm
regions) are located at arbitrary positions relative to the gas spiral arms which is different
from observations of other nearby face-on spiral galaxies. This is consistent with previous
radio observations of M51 at higher (5 and 8GHz) and lower (1.5GHz) frequencies. The
discrepancy could result from tidal interactions with the small irregular companion galaxy
NGC5195, located at the northern end of M51.

Furthermore, I found an increasing degree of polarization as a function of radius at S-band
which implies a decrease of the wavelength-dependent depolarization. This was confirmed by
calculating the depolarization between different frequency bands which implies a decreasing
turbulent magnetic field strength and/or a decreasing thermal electron density towards larger
radii in M51.

I found the observed RM in the disk-halo transition region to be dominated by fluctu-
ations. This was also shown by the RM structure function at S-band. A fluctuating RM
pattern indicates that the RM in the disk-halo transition region is dominated by vertical
(with respect to the galaxy plane) magnetic fields.

8.3 The Mystery of M51’s Multi-layer Magneto-Ionic Medium:
Application of an Analytical Depolarization Model

M51 shows different patterns of the polarized intensity, magnetic field structure, and RM
at high (5 and 8GHz) and low (1.5GHz) frequencies. The different patterns were pro-
posed to originate from different magnetic field configurations in the disk and in the halo.
To get information on the field strength and structure in those different layers, I studied
wavelength-dependent depolarization between 1 – 8GHz. The new S-band polarization data
were combined with VLA observations at C- and X-band at 4.85GHz and 8.35GHz and with
broadband L-band (1 – 2GHz) VLA data. I compared the observed degree of polarization as
a function of wavelength to a depolarization model which takes a multi-layer approach and
hence is advantageous compared to ‘classical’ depolarization models which cannot handle
different line-of-sight components of the magnetic field.

The results of the model comparison with the observational data are summarized in detail
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in Chapter 6. The new S-band data are critical to distinguish between a two-layer (disk –
halo) and a three-layer (halo – disk – halo) system. I found that a possible far-side halo is
inconsistent with the radio polarization observations between 1 – 8GHz and thus, a two-layer
system is more likely for M51. The depolarization model contains physical parameters whit
initial values that are required to be updated to match the observed degree of polarization
at S-band. As an important first step towards finding the best-fit model parameter values,
I developed an interactive tool in Python where the values of the regular and turbulent
magnetic field strength, and of the thermal electron density can be changed simultaneously
to visually inspect if the model fits the data with physically reasonable parameter values.

In the future, the best-fit parameter values from the interactive tool can be used as initial
conditions to perform a least-square fit of the depolarization models to the observed degree
of polarization as a function of wavelength. A least-square fit will provide a robust method
to determine the values of the parameters accurately (if it converges to the right solutions).
Applying the model fit to numerous sectors across the galaxy will enable me to study spatial
variations of different magnetic field configurations. Further, the model can be adapted to
be applicable to other nearby face-on oriented spiral galaxies (e.g. NGC6946, IC 342, and
NGC628).

Despite being able to describe the observations, the analytical depolarization model that I
am working with contains limitations and unrealistic assumptions: Assuming an equal cosmic
ray electron density in the disk and in the halo is not physical. Also, the depolarization
model neglects the presence of vertical magnetic fields whereas from dynamo theory it is
known that each configuration of magnetic fields in spiral galaxies have a non vanishing
vertical component. Furthermore, signatures of vertical magnetic fields were detected in
the observed RM at S-band (see Section 5.4 in Chapter 5). In a future analysis, including
vertical fields would help to study possible influences of the vertical magnetic field on the
modeled degree of polarization.

8.4 The Nature of Extragalactic Sources with Unusually High
Fractional Polarization

The second topic of my thesis, where I study magnetic field properties of extragalactic polar-
ized background sources, is presented in Chapter 7. I observed a sample of 77 extragalactic
radio sources (EGSs) with the VLA at L-band (1 – 2GHz). The sample sources were selected
to be highly polarized with polarization fractions > 30% in the NRAO VLA Sky Survey
(NVSS) catalog at 1.4GHz. This exceptionally high degree of polarization was postulated to
originate from extremely well-ordered magnetic fields. Since polarized emission of EGSs is
most likely produced by radio jets and/or radio lobes of AGNs, studying polarization prop-
erties of EGSs provides a new tool to investigate the formation and structure of magnetic
fields in radio jets and lobes.

Due to imaging issues such as artifacts from poor uv-coverages and particularly weak
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signals of the targets in total intensity, only 12 sources were usable for scientific analysis.
The final sample consists of sources with the highest signal-to-noise ratio in total intensity
(> 10) and polarized intensity (≥ 6). For those sources, I find a linear correlation (with
a correlation coefficient of 0.7) between the observed degree of polarization and the total
intensity synchrotron spectral index. I propose that this correlation can be produced by
different emission regions traced by the observation of the EGSs: The radio emission of
EGSs with flat spectral indices could originate from a region near the central core of the
AGN where the jet is highly collimated and hence the magnetic field is well-ordered. This
results in an observed flat spectral index and a high degree of polarization.

Due to the large wavelength coverage of the L-band observations I was able to apply RM-
Synthesis on the polarization data with a resolution of 126 radm−2 in Faraday depth (this is
a factor of about five better compared to the resolution in Faraday depth at S-band). For the
final sample of 12 high signal-to-noise ratio sources I found all Faraday spectra to be simple,
containing only one prominent peak in Faraday depth (given the Faraday depth resolution
and with a signal-to-noise ratio greater than 6). The Faraday depth is therefore likely by one
or multiple simple Faraday screens (with a regular magnetic field) between the synchrotron
emitting medium and the observer. This means that the sources experience little Faraday
depolarization which is in agreement with the detected high fractional polarization.

The NVSS catalog was observed using the legacy system about 15 years before the
expanded VLA project was completed. I compared my new observations with the values
reported in the NVSS catalog and found the two data sets to note have matching total
intensity, polarized intensity and hence, polarization fraction. The observed total intensity,
polarized intensity, and fractional polarization disagree in the sense that either the new values
are lower or higher. 5 out of 12 sources in my sample show fractional polarizations < 30 %
which is below my selection threshold from the NVSS. On the other hand, 6 sources exhibit
higher degrees of polarization in my observations (one agrees exactly). Because the sources
have both higher and lower degrees of polarization in the new measurements the discrepancy
is unlikely caused by systematics such as confusion of background sources within the larger
NVSS beam or bandwidth depolarization in the new broadband polarization observations.

Assuming no systematic effects in either set of the observations, a physical reason for
a lower/higher fractional polarization in my new observation could be source variability in
both total intensity and polarization. NVSS sources were observed in the late 1990s, about
15 years before I observed them again. Variability of both total intensity and polarization
is a common characteristic of AGNs and occurs with multiple timescales and appear to be
aperiodic and have variable amplitude (based on long-term observations of 70 AGNs over 30
years).

With my analysis I was able so select a representative sample of 12 sources for a follow-
up project. I performed new observations of a sub-sample of 12 (5 of them are included
in my high signal-to-noise ratio sample) ultra highly polarized radio sources with the VLA
in A-configuration at L-band and S-band in March and April 2018, with the goal to better
understand the origin of their unusually high degree of polarization, what remains unre-
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solved in my current study. The new observations provide high angular resolution (down to
sub-arcseconds) to spatially resolve the sources and hence, to obtain information on their
morphologies to fully understand the nature of these sources and to get detailed information
on the magnetic field structure.

8.5 The New Era of Wideband Radio Polarimetry

This thesis provides insights into a new era of polarimetric observations using broadband
capabilities. Broadband multi-channel potentialities allow simultaneous observation at mul-
tiple frequencies which drastically decreases the amount of observing time. Furthermore,
broadband observations solve the problem of unambiguous RM detections when using polar-
ization measurements at only two separated wavelengths. Also, deviations from the linear λ2

dependency of the polarization angles can be detected only with a well sampled wavelength-
coverage. With broadband polarization data, depolarization mechanisms can be used as a
powerful new tool to probe the 3D structure of magnetic fields in galaxies. Most of the
depolarization mechanisms are caused by Faraday rotation, so that they are wavelength-
dependent and related to the thermal electron density and the magnetic field component
along the line-of-sight. Observations at cm and mm-wavelengths are well-suited to mea-
sure the variation of the degree of polarization as a function of wavelength for the typical
ISM properties (µG magnetic field strengths and thermal electron density of the order of
0.01 – 0.1 cm−3). Additionally, modern techniques like RM-Synthesis combine broadband
multi-channel observations into Faraday depth spectra which encode the polarized emission
from different origins along the line-of-sight and with the observing resolution element. For
both tools, the key instrumental aspect for a successful scientific polarization analysis is the
total wavelength coverage, the spectral resolution, and the minimum observing wavelength
(see Section 2.2.2 in Chapter 2, and Section 3.2.3 in Chapter 3). In my thesis I successfully
applied those tools to new broadband observational data of both diffuse polarized emission of
a nearby spiral galaxy and polarized emission from unresolved polarized background sources
and devised new ways of analyzing and interpreting these broadband multi-channel data.
Future prospects provided by the new Square Kilometre Array (SKA) with dramatically
improved broadband coverage and excellent surface brightness sensitivity will highly com-
plement the study of magnetic fields in the ISM of nearby galaxies. For those new radio
astronomy era, my thesis was an important step towards analyzing and interpreting these
broadband polarization data.
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